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Chapter 1

Introduction

Nearly all the physical processes that determine the structure and evolution of stars
occur in their (deep) interiors. The production of nuclear energy that powers stars
takes place in their cores for most of their lifetime. The effects of the physical
processes that modify the simplest models of stellar evolution, such as mixing and
diffusion, also predominantly take place in the inside of stars.

The light that we receive from the stars is the only information that astronomers
can use to study the universe. However, the light of the stars originates from their
surfaces. Therefore it would seem that there is no way that the analysis of starlight
tells us about the physics going on in stellar interiors.

1.1 Variable stars

However, there are stars that reveal more about their physics than others. For
instance, variable stars are objects for which we can measure a time-dependent light
output, on a time scale shorter than that of evolutionary changes. There are two
major groups of variable stars, extrinsic and intrinsic variables.

Extrinsic variables do not change their light output directly. For example, the
light changes of eclipsing binary stars are caused by two stars passing in front of each
other, so that light coming from one of them is periodically blocked. The component
stars of eclipsing binaries do not need to be variable themselves. By analysing the
temporal light variations and orbital motion of eclipsing binaries, one can determine
their fundamental properties, and by assuming that their components are otherwise
normal stars, determine fundamental properties of all stars, such as their mass. In
this way, stars and stellar systems can be understood better.

Intrinsic variables, on the other hand, change their light output physically. Su-
pernovae can become brighter than their host galaxies because of the ejection of
large amounts of material. Even more revealing are stars that can change their
physical size: pulsating variables.
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1.2 Pulsating stars

How can a star change its size? Under some special physical conditions, stars can
store energy in some particular interior layers for some time. This would for instance
be a zone where a certain chemical species becomes (partly) ionised. Many stars
have such ionisation regions in their interiors as a natural consequence of the gradual
increase of temperature and pressure from the stellar surface to the core.

If a (partial) ionisation region is located in a region where the thermal time scale
is of the same order of magnitude as the dynamic time scale, stellar pulsations can
develop (Cox 1980). The energy that is stored during a contraction of the star, is
released when it tries to reach its equilibrium state by expanding. Therefore, the star
actually expands beyond its equilibrium radius. When the material recedes, energy
is again stored in the stellar interior, and the whole cycle repeats: a periodic stellar
pulsation evolves. This is a rough description so-called kappa mechanism (Baker
& Kippenhahn 1962 and references therein) that drives many different groups of
pulsators.

There are other mechanisms that can cause a star to pulsate, for instance stochas-
tic excitation by turbulence in surface convection zones of solar-like stars, or excita-
tion by dust formation in red (super)giant stars. As the existence of stellar pulsations
is always linked to some excitation mechanism that requires certain physical condi-
tions, several types of pulsating stars exist in certain regions of the HR Diagram.
An overview of many types of pulsating variables is shown in Fig. 1.1.

The previous argument can also be reversed: if the instability region of some
class of pulsating variables is accurately known, its excitation mechanism must be
able to account for it. This is already a first constraint on the interior structure of
a pulsating variable. However, some types of pulsators are suitable for much more
detailed studies: multiperiodic radial and nonradial pulsators. The research field
that deals with such studies is called asteroseismology.

1.3 Asteroseismology

We start with a definition: asteroseismology is the study of the interior of (nonra-
dially) pulsating stars by means of their normal mode spectrum. This technique is
analogous to the determination of the Earth’s inner structure using earthquakes: we
use stellar pulsations as “starquakes” or, more scientifically, we use stellar pulsation
modes as seismic waves.

What is a pulsation mode? It is nothing more than an individual stellar oscil-
lation. The latter come in many different flavours, and we do not intend to give a
complete overview of pulsation modes. Instead, we refer the reader to the excellent
monograph by Unno et al. (1989) for more detailed information. For the present
purpose, it is most important to know that there are two main groups of pulsation
modes, the pressure (p) and the gravity (g) modes. These modes are classified after
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Figure 1.1: Theoretical HR diagram with many classes of pulsating stars indicated.
The dashed line is the theoretical main sequence, the dotted line the white dwarf
cooling track and some evolutionary tracks are also indicated. Used with permission
from J. Christensen-Dalsgaard.

9



the force that restores the stellar equilibrium shape following the motion caused by
pulsation, either pressure or buoyancy.

Pulsation modes are additionally defined by the shape of the distortions they cre-
ate on the stellar surface and interior. In general, the pulsations separate the stellar
surface into expanding and receding as well as heating or cooling areas. The shape
of these distortions can be quantified with (combinations of) spherical harmonics;
an example of these is shown in Fig. 1.2.

            ��������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������������

Figure 1.2: Schematic description of the surface distortions produced by pulsation
modes with a spherical degree ` = 3. Whilst the brighter areas of the star are
moving outward, the darker parts move inward, and vice versa. Graphics courtesy
by W. Zima.

Between the expanding and receding surface areas, no motion takes place. The
lines along which this is the case are called the node lines. The number and direction
of these node lines are used for the classification of the pulsation modes. The total
number of node lines on the stellar surface is the spherical degree `, which must in all
cases be larger than or equal to zero. The number of node lines that are intersected
when travelling around the stellar equator is the azimuthal order m. Pulsation
modes with m 6= 0 are travelling waves, and as they can run either with or against
the rotation of the star, m can lie in the interval −`, `. Finally, the number of node
lines in the stellar interior is called the radial overtone k (or sometimes n).

In this framework, radial pulsations can just be seen as modes with ` = 0; all
other modes are called nonradial oscillations. A mode with k = 0 is called the
fundamental mode, a mode with k = 1 is named the first overtone, etc. Pulsation
modes with periods longer than that of the radial fundamental mode are usually g
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modes, whereas p modes have periods equal or shorter than that; radial pulsations
are always p modes.

Now, asteroseismology takes advantage of the fact that some stars can oscillate
in many of these radial and/or nonradial modes simultaneously. This is the key
for asteroseismology, as each pulsation mode carries information about the region in
which it propagates, its pulsation cavity. Every single pulsation mode has a different
cavity, and its oscillation frequency is determined by the physical conditions in its
cavity.

Therefore, interior structure models of the stars can be refined by measuring
the oscillation frequencies of pulsating stars and by reproducing them with stellar
models. The prerequisite for successful seismic modelling, however, is that the
observer provides the largest possible number of intrinsic pulsation frequencies with
a correct identification of all the underlying modes to the theorist. Should the
observer fail to do so, for instance by over-interpreting the observational results or
by providing incorrect mode identifications, any seismic model computations will
lead to incorrect results.

Asteroseismology can go even beyond an improved understanding of stellar struc-
ture. For instance, some of the most massive pulsating stars will become Type II
Supernovae in the future. Supernova explosions are mostly responsible for the en-
richment of the interstellar medium. If we know the interior structure of an imme-
diate supernova progenitor, we will be able to constrain the chemical evolution of
galaxies. Asteroseismology of pulsating white dwarf stars teaches us about nuclear
reaction rates, neutrino physics and the history of the object’s evolution on the
Asymptotic Giant Branch. It is therefore clear that asteroseismology has a large
impact on astrophysics in general.

1.3.1 Success stories and challenges

The greatest successes of asteroseismology were obtained for the star closest to us,
the Sun. The interior structure of the Sun was modelled to fine detail (e.g., see
Christensen-Dalsgaard 2002 for an extensive review) because millions of pulsation
modes can be used for seismic analyses. Since the solar surface can be resolved
in two dimensions, even local asteroseismology (e.g., dealing with subsurface and
meridional flows) can be carried out. However, the recent revisions in the solar
elemental abundances (Asplund et al. 2004) suggest that our present solar model
needs some modifications.

Comparing the Sun and the distant stars, two major problems for asteroseismol-
ogy are immediately obvious: asteroseismologists have to work with integrated light
as stellar surfaces cannot be (sufficiently) resolved and much less light is available.
This means that only a restricted range of modes, depending on their ` values, is
available for analysis, and that the accuracy of asteroseismic observations will be
poorer than helioseismic data.
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Nevertheless, asteroseismology of some pulsating white dwarf stars (e.g., see
Winget et al. 1991, 1994) was quite successful, resulting in exact determinations of
masses, rotation periods, luminosities, and chemical element layer masses, as well
as in estimates of magnetic field strengths.

Why was this possible? The frequencies of the pulsation modes of these stars
were arranged in clear patterns. Pulsating white dwarfs oscillate in g modes of high
radial order. Asymptotic theory then predicts that consecutive overtones are equally
spaced in period (Tassoul 1980). Consequently, the pulsation modes of these stars
could be identified by just examining their frequency spectra.

Regrettably, this mode identification method does not work for all pulsating
stars. Even in cases where a sufficient number of pulsation modes was observed, so
that patterns within their frequencies were to become visible, they escaped detection
(e.g., see Handler et al. 2000). A second problem that is common in the analysis
of asteroseismic data is that only a small percentage of the theoretically predicted
number of pulsation modes is observed in reality, and that it is not clear which
particular set of modes the star chooses to excite to measurable amplitude.

As a result, additional observational methods that allow an identification of
the stellar pulsation modes are required. The interplay of the different surface
distortions and the changes in gravity and temperature caused by a given mode
combined with limb darkening effects give us this possibility. Therefore, amplitude
ratios or phase shifts between different photometric passbands, also in combination
with radial velocity data, can reveal the pulsation mode (Dziembowski 1977). The
line profiles of an oscillating star will also reflect the pulsations (Ledoux 1951) and
can thus be used to identify the mode. The shape of the mode can be reconstructed
by Doppler Imaging (Hatzes 1998). We conclude that one can derive, or at least
constrain, the ` and m values for at least the strongest pulsation modes of a given
star.

However, some words of caution are necessary here: unless the identifications
from any individual technique are unambiguous, extreme care must be taken when
applying such methods. If possible, cross-checks between different techniques must
be made, but it must also be checked whether they are indeed (mostly) independent.
We refer to the discussion by Balona (2000) who showed that the agreement of the
mode identifications derived from one photometric and one spectroscopic technique
were not due to their reliability, but resulted from the two methods being basically
sensitive to the same quantities.

In planning an observational project one should therefore take care that mode
identification methods can be applied. However, their limitations must be kept in
mind and must be critically examined.

Another observational challenge for asteroseismology is that pulsational signals of
extremely low amplitude (less than 1 millimagnitude or a few centimetres/second)
need to be detected reliably, requiring the acquisition of large amounts of high-
quality measurements. Finally, the observer should be careful to measure stars not
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only have identifiable pulsation modes, but also can be treated by theory within its
current limitations. Close interaction between observers and theorists is therefore
required. In fact, the subfields of asteroseismology where the first successes were
obtained, benefited from just this interaction.

1.3.2 Multisite observing campaigns

To detect the required number of pulsation frequencies of a star with the necessary
reliability, measurements from a single site are usually not sufficient. The regular
daytime breaks caused by the Earth’s rotation leave too many gaps in the data.
As a consequence, ambiguities in the identification of the intrinsic frequencies arise.
These become worse the closer one comes to the observational noise level, because the
relative effect of the interference of intrinsic variations with noise becomes stronger.

Therefore, an asteroseismic data set should have gaps as few and as small as
possible. There are two basic strategies to reach this goal, observations from space
satellites, or multisite campaigns. The latter involve collaboration of colleagues
interested in the matter over the whole globe. Each group applies for observing
time at their home observatory for the same time slot, observers are sent to sites
where no local collaborators are available, and then the whole network measures
the same target. In this way, daytime gaps can often be minimised, and nighttime
gaps only occur at geographical longitudes covered by few sites and suffering from
unfortunate weather conditions.

This type of observing has been done more than 50 years ago for the first time,
when communication between the different collaborators was much less efficient than
nowadays (de Jager 1963). However, worldwide campaigns were carried out regularly
within the last 20 years with collaborations such as the Delta Scuti Network, founded
by Michel Breger in 1983 (e.g., see Breger et al. 1987) or the Whole Earth Telescope
(Nather et al. 1990). The latter network is particularly well known not only for its
scientific success but also for its real-time communication between a headquarters
staffed 24 hours per day and the individual observers at the remote sites.

We would like to stress that these campaigns are not organised to minimise the
work of each individual involved in such a collaboration; they are required to reach
the scientific goal of the team. Therefore, the amount and complexity of the data sets
obtained during a multisite observing campaign is considerably larger than for single-
site observations: all observers carry out a full single-site study, and the principal
investigator has to reduce, combine and analyse the whole set, often needing the
help of co-investigators. Therefore, the naive assumption that the amount of work
put into such an effort (as far as the ones where the present author is/was involved)
by each individual co-author of the resulting paper is equal to 1/n, where n is the
number of paper authors, or the more sophisticated view that it is ∼ 1/k!, where k
is the position in the author’s list, is plainly wrong: each author contributes much
more than that.
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1.3.3 Conclusions and outlook

We believe that the future of asteroseismology is a bright one. Some classes of pul-
sating stars recently became available for seismic modelling. Mode identification
methods are maturing and will become more and more reliable. Several interest-
ing individual objects were discovered recently (“hybrid” pulsators showing both
low-order p and g modes as well as high-order g modes). Because of the construc-
tion of giant mirrors, telescopes of the 2 – 4 metre class are becoming more easily
available for stellar astronomy, which will be particularly helpful for the applica-
tion of spectroscopic mode identification methods. Present asteroseismic satellite
missions (in particular MOST, Walker et al. 2003) are already delivering data of
unprecedented quality, and it is hoped that other space projects such as the recently
launched COROT satellite (Baglin 2003) will open further dimensions in precision
asteroseismology.

1.4 Structure of the following chapters

The following parts of this work are based on 43 refereed papers in major astro-
nomical journals. They are ordered in sections after the groups of pulsators that
were studied, starting with three groups of variables just a little more massive than
the Sun, moving up the main sequence to B stars and then making an excursion to
the stellar graveyard along the white dwarf cooling track. The sections themselves
are split into subject groups, following an order that should help the reader under-
stand the development within each subject group. It is therefore hoped that less
experienced colleagues can use this work as an introductory reference.
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Chapter 2

Delta Scuti stars

2.1 Introduction

These A/F-type pulsators (with periods between 30 minutes and 6 hours) located
around the intersection of the classical instability strip with the main sequence were
among the first groups of stars to be seismically explored. It is not yet possible to
determine details of their interior structure, but some progress has been made.

Section 2.2 presents a case study for a δ Scuti star. CD−24 7599 = XX Pyx
was serendipitously discovered to pulsate during a Whole Earth Telescope (WET)
run (Sect. 2.2.1) and turned out to be an unevolved multiperiodic variable. Conse-
quently, it was observed during another WET campaign (Sect. 2.2.2) that revealed
the presence of 13 independent pulsation modes, a record at the time. Repetitive
structure within the mode frequencies was discovered and was used to derive the
mean stellar density and the distance to XX Pyx - the first such determinations for
a nonradially pulsating δ Scuti star. Section 2.2.3 is devoted to the study of the
temporal variations of the pulsation frequencies and amplitudes of XX Pyx. Section
2.2.4 reports on a massive theoretical survey to find a seismic model for the star.
This survey essentially confirming the findings of Sect. 2.2.2, but it was not possi-
ble to find the desired seismic model. A subsequent extended multisite campaign
(Sect. 2.2.5) again increased the number of known pulsation frequencies to a new
record by then, and showed that the amplitude variability of XX Pyx occurs on time
scales down to three weeks, still the shortest such time scale known for a δ Scuti
star. Section 2.2.6 reports additional light variability of the star on a longer time
scale than the pulsation, already suspected and discussed by Handler (1994), who
was however unable to prove the presence of slow variability because the observing
technique used in the earlier studies of the star was unsuitable for these purposes.
Finally, Sect. 2.2.7 proves that XX Pyx is located in a close binary system, which
complicates its seismic modelling considerably. Therefore, progress must be made
on the theoretical side to account fully for the physical environment of this star,
before new observations would be justifiable.
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Section 2.3 is devoted to another thoroughly studied δ Scuti pulsator, FG Vir-
ginis. As for XX Pyx, its initial study revealed a large number of pulsation fre-
quencies (Sect. 2.3.1) from an extended multisite campaign. The capabilities of the
WET network are used to search for the presence of roAp-like oscillations in FG
Vir (Sect. 2.3.2). This is interesting because both types of oscillation have never
been seen to co-exist in the same star, and it gives some constraints on the physical
conditions under which rapid oscillations in A stars become excited, and what the
driving mechanism would be. Further multisite campaigns on FG Vir not included
here (Breger et al. 1998, 2004) increased the number of known pulsation frequencies
further, culminating in the detection of more than 60 mode frequencies for the star
(Sect. 2.3.3), which is still exemplary in the field.

Section 2.4 deals with some additional δ Scuti stars that are interesting can-
didates for seismic studies. The star 4 CVn is an evolved pulsator and should,
according to theory, have many more modes excited than main sequence stars such
as FG Vir and especially XX Pyx. However, it does not (Sect. 2.4.1), given a simi-
lar detection level as for the other stars. This raises the important question of the
existence of a pulsational mode selection mechanism in δ Scuti stars and if so, what
it would be. Section 2.4.2 reports on an extended study of the star BI CMi that
also has 20 pulsation modes detected, putting it into an exclusive club of only four
δ Scuti stars with more than 15 mode frequencies known; all four of them are dis-
cussed in the present work. AV Ceti (Sect. 2.4.3) is interesting for another reason:
it rotates at least twice as fast as all the other δ Scuti stars discussed in detail here.
This should complicate the identification of the pulsation modes, and likely does.

Finally, Sect. 2.5 takes a look at the question of how the chemical surface abun-
dances of δ Scuti stars affect their pulsational behaviour. It is well known that
metallic-line and magnetic A stars do not show pulsation of the δ Scuti type, with
a few exceptions - two of them reported in Sect. 2.5.1. The spectroscopically pecu-
liar stars of λ Bootis type are briefly introduced in Sect. 2.5.2; they are discussed
in detail by Paunzen (2003). Many of these objects are located in the δ Scuti in-
stability strip and do pulsate, perhaps differently than their chemically “normal”
counterparts, which may suggest that chemical peculiarity would be more than just
a stellar “skin disease”.
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2.2 CD−24 7599 = XX Pyxidis

2.2.1 Nonradial pulsation of the unevolved hot δ Scuti star
CD−24 7599 discovered with the Whole Earth Tele-
scope

Original paper:

G. Handler, M. Breger, D. J. Sullivan, A. J. van der Peet, J. C. Clemens, D.
O’Donoghue, A.-L. Chen, A. Kanaan, C. Sterken C. F. Claver, K. Krisciunas, S. J.
Kleinman, D. T. Wickramasinghe, B. J. Wills, J. L. Provençal, R. E. Nather, D. E.
Winget, T. K. Watson, M. A. Barstow, D. A. H. Buckley, 1996, A&A 307, 529
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2.2.2 New Whole Earth Telescope observations of
CD−24 7599: steps towards δ Scuti star seismology

Original paper:

G. Handler, H. Pikall, D. O’Donoghue, D. A. H. Buckley, G. Vauclair, M. Chevre-
ton, O. Giovannini, S. O. Kepler, P. R. Goode, J. L. Provencal, M. A. Wood, J. C.
Clemens, M. S. O’Brien, R. E. Nather, D. E. Winget, S. J. Kleinman, A. Kanaan,
T. K. Watson, A. Nitta, M. H. Montgomery, E. W. Klumpe, P. A. Bradley, D. J.
Sullivan, K. Wu, T. M. K. Marar, S. Seetha, B. N. Ashoka, H. S. Mahra, B. C.
Bhat, V. C. Babu, E. M. Leibowitz, S. Hemar, P. A. Ibbetson, E. Mashal, E. G.
Meǐstas, W. A. Dziembowski, A. A. Pamyatnykh, P. Moskalik, S. Zola, G. Pajdosz,
J. Krzesinski, J. E. Solheim, S. Bard, C. M. Massacand, M. Breger, M. J. Gelbmann,
E. Paunzen, P. North, 1997, MNRAS 286, 303
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2.2.3 On the frequency and amplitude variations of the δ Scuti
star CD−24 7599 (=XX Pyx)

Original paper:

G. Handler, A. A. Pamyatnykh, W. Zima, D. J. Sullivan, N. Audard, A. Nitta,
1998, MNRAS 295, 377
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A B S T R A C T

We present 132 h of new time-series photometric observations of the d Scuti star CD¹24 7599

acquired during 86 nights from 1993 to 1996 to study its frequency and amplitude variations.

By using all published observations we demonstrate that the three dominating pulsation modes

of the star can change their photometric amplitudes within one month at certain times, while

the amplitudes can remain constant within the measurement errors at other times. CD¹24 7599

also exhibits frequency variations, which do not show any correspondence between the

different modes.

The typical time-scale for the amplitude variations is found to be several hundred days,

which is of the same order of magnitude as the inverse linear growth rates of a selected model.

We find no evidence for periodic amplitude modulation of two of the investigated modes (f2
and f3), but f1 may exhibit periodic modulation. The latter result could be spurious and requires

confirmation. The observed frequency variations may either be continuous or reflect sudden

frequency jumps. No evidence for cyclical period changes is obtained.

We exclude precession of the pulsation axis and oblique pulsation for the amplitude

variations. Beating of closely spaced frequencies cannot explain the amplitude modulations of

two of the modes, while it is possible for the third. Evolutionary effects, binarity, magnetic

field changes or avoided crossings cannot be made responsible for the observed period

changes. Only resonance between different modes may be able to explain the observations.

However, at this stage a quantitative comparison is not possible. More observations, especially

data leading to a definite mode identification and further measurements of the temporal

behaviour of the amplitudes and frequencies of CD¹24 7599, are required.

Key words: techniques: photometric – stars: individual: CD¹24 7599 – stars: individual: XX

Pyx – stars: oscillations – d Scuti.

1 I N T RO D U C T I O N

Frequency and amplitude variations have been discovered in

various classes of pulsating star. Several different causes can be

distinguished.

Amplitude variability may simply be produced by beating of

independent close pulsation frequencies. The different pulsation

modes of rapidly oscillating Ap (roAp) stars vary in amplitude over

the rotation period because these stars are oblique pulsators (Kurtz

1982). Some RR Lyrae stars change their amplitudes as well as the

shape of their light curves: the Blazhko effect (Blazhko 1907). The

peculiar Cepheid HR 7308 exhibits periodic amplitude variations

attributed to a resonance (Van Hoolst & Waelkens 1995). Several

objects belonging to different classes of pulsators have been

reported to switch their mode spectrum on short time-scales: e.g.
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the d Scuti star 21 Mon (Stobie, Pickup & Shobbrook 1977) or

pulsating central stars of planetary nebulae (Ciardullo & Bond

1996). For other stars, some pulsation modes only seem to be

excited at certain times; they come and they go (e.g. Matthews,

Kurtz & Wehlau 1987 for a roAp star; Kleinman 1995 for cool DA

white dwarfs). Some further objects seem to change their ampli-

tudes slowly compared with their pulsation periods (e.g. Breger

1990a and Poretti, Mantegazza & Bossi 1996 for d Scuti stars;

Jerzykiewicz & Pigulski 1996 for a b Cephei star; Nather 1995 for a

DB white dwarf), but most of the pulsation modes are detected all

the time.

Frequency changes are also attributable to several causes. In case

of binarity, periodic frequency modulation owing to the orbital

motion of the pulsating star is generated (e.g. Kleinman et al. 1994;

Kiss & Szatmary 1995). Stellar evolution predicts variations of

pulsation frequencies because of temperature and radius changes.

Evolutionary frequency changes seem to have been detected for

AHB1 variables (Diethelm 1996) and for the hot DA white dwarf

G117-B15A (Kepler et al. 1991, 1995), but the cool DA G29-38

(Kleinman 1995) exhibits frequency modulations on much shorter

time-scales.

Cyclic frequency variability has been found for the roAp star HR

3831 as well as for a number of related objects (see Martinez &

Kurtz 1995). Because of the similarity to the frequency changes of

solar p modes during a solar cycle, Kurtz et al. (1994) suggested that

the frequency variability of HR 3831 may be caused by a magnetic

cycle of roAp stars.

For d Scuti stars, the situation is also difficult. Breger (1990b)

noted that evolved stars show decreasing periods, which is in

conflict with their expected evolutionary period change. Rodriguez

et al. (1995) recently updated this study and confirmed the results

for evolved d Scuti stars. Moreover, they pointed out that main-

sequence d Scuti stars show period variations that are much too

large to be attributed to stellar evolution alone. It may also be the

case that period changes of some d Scuti and SX Phe stars are not

smooth, but that period jumps occur at certain times (Powell, Joner

& McNamara 1995).

Photometric variability of the d Scuti star CD¹24 7599 was

discovered during an observing run of the Whole Earth Telescope

(WET: Nather et al. 1990) network. The star was included as a

second target in this campaign, and seven frequencies of pulsation

were detected (Handler et al. 1996, hereafter Paper I). Follow-up

WET observations revealed the presence of at least six more

pulsation modes, and by undertaking a preliminary seismological

analysis, Handler et al. (1997b, hereafter Paper II) showed that the

star is a 1.85-M( object in the first half of its main-sequence

evolution. Recently, CD¹24 7599 has been given the variable star

designation XX Pyx (Kazarovets & Samus 1997).

It was noted in Paper II that significant amplitude variations

occurred within the two years between the two WET runs. Since

this time-scale for amplitude variations of a d Scuti star appeared

to be very short, it was decided to monitor the star more often in

order to constrain this time-scale. Of course, such long-term

monitoring also allows us to look for possible frequency varia-

tions. In this paper we report the results of the first three years of

this programme.

2 DATA AC Q U I S I T I O N A N D R E D U C T I O N

New time-series photometric observations of CD¹24 7599 were

acquired with various instruments and observing techniques at

several sites; a summary of these observations is given in Table 1.

Data were acquired at McDonald Observatory (MD) in Texas, USA,

with the 0.8-, 0.9- and 2.1-m telescopes, at the South African

Astronomical Observatory (SA) with the 0.5-m telescope, at the

Cerro Tololo Interamerican Observatory (CT) in Chile with the

0.6-m telescope, and at Mt John University Observatory (MJ), New

Zealand, with the 1.0-m telescope. Our codes for the instruments

are as follows: P1D denotes differential photometry with a single-

channel photometer, P1H stands for high-speed photometry with a

single-channel photometer, P2H is high-speed photometry with a

two-channel instrument, and P3H represents high-speed photome-

try with a three-channel photometer. Some time-series CCD photo-

metry was also acquired.

All photoelectric observations were obtained through a Johnson

B filter, since generally (except for the SA data) blue tubes were

used. This maximizes the number of photons counted for this rather

faint (V=11.50 mag) star by simultaneously producing highest

signal-to-noise ratio data (for a discussion see Breger 1992).

Because of the much more numerous photoelectric measurements,

we also used the B filter for the CCD observations. Regrettably, the

CCD run from 1995 December 20 was acquired through a V filter

because of minor technical problems.

Integration times were 5 or 10 s, respectively, for the photo-

electric measurements, while we integrated for 25 s with the CCD,

which had a readout time of 15 s.

Since some pulsation modes of CD¹24 7599 have low photo-

metric amplitudes, we could not expect to be able to monitor the

frequency and amplitude variations of all modes. Consequently, we

restricted ourselves to the modes that showed relatively high

amplitudes in most of the data sets. Moreover, due to the multi-

periodic nature of the light variations, we had to be careful not to run

into aliasing ambiguities.

Therefore we decided to monitor the star whenever possible for a

time span of at least 12 nights. The (usually) dominating pulsation

modes of CD¹24 7599 have frequencies of 33.44, 36.01 and 38.11

cycle d¹1 (387.0, 416.8 and 441.1 mHz, respectively) and can

therefore be separated from each other and from the further

known pulsation frequencies together with their alias structure

when observing for 12 nights or more.

2.1 Photometric reductions

The two- or three-channel photoelectric measurements were

reduced as described in Paper II. SAO 176755 was always used

as Channel 2 comparison star; in Paper II we showed this object to

be constant in light. It is also outside the d Scuti star instability strip

(Handler 1995). In a few cases, we used the Channel 2 data to

correct for sky transparency variations or thin clouds.

Single-channel high-speed measurements were sky-subtracted

and corrected for extinction. Whenever doubts about the good

photometric quality of the nights occurred, the respective runs

were discarded.

The differential observations were also corrected for sky back-

ground and extinction, and a differential light curve of CD¹24 7599

relative to the comparison stars SAO 176755 and HD 76912 (the

latter showing no evidence for variability) was generated.

Our CCD data were processed and reduced as described by

Handler, Kanaan & Montgomery (1997a); none of the eight

selected comparison stars was discovered to be intrinsically vari-

able. The single run acquired through the V filter was also used in

the analysis after increasing the measured amplitude by a factor of

1.32, adopting the theoretical B=V amplitude ratio given by Watson

(1988). The possible phase shift introduced by including this run is

378 G. Handler et al.
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small compared with the accuracy of our O¹C values to be derived

in the next section.

The reduced data were summed into 120-s bins to give all the

observations equal weight and to decrease the number of data points

to a reasonable amount. Finally, the times of measurement were

converted into Heliocentric Julian Date (HJD). Neither barycentric

nor leap-second corrections were applied; they simply were not

necessary.

3 A NA LY S I S

3.1 Amplitude variations

Our frequency analysis was performed with an updated version of

the program PERIOD (Breger 1990c). First, amplitude spectra were

calculated for all the monthly subsets of data. It was found that f1 =

441.1 mHz is prominent in all data sets, except 1993 March. We pre-

whitened that frequency by fitting a synthetic light curve to the

monthly data sets and calculated amplitude spectra of the residuals.

The result is displayed in Fig. 1.

Fig. 1 shows several remarkable features. The amplitude of f1
dropped to half its value from 1994 May to November. Afterwards,

it grew again to decrease by about 40 per cent from 1995 October to

1996 February. Moreover, the amplitude of f2 was dramatically

reduced between 1993 March and 1994 May. Since then, the

amplitudes of f2 and f3 seem to have increased slowly.

To quantify the amplitude variations better, we simultaneously

fitted, whenever unambiguously detected, f1, f2 and f3 as well as any

further pulsation frequency (if clearly present in the amplitude

The d Scuti star CD¹24 7599 (¼XX Pyx) 379
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Table 1. New photometry of CD¹24 7599.

Telscp. Inst. Obs. Date Start Dt

(UT) (UT) (hrs)

MD 0.8 P1D GH, ES 17 Mar 93 2:32:47 1.11

MD 0.8 P1D GH, ES 20 Mar 93 2:16:43 0.73

MD 0.8 P1D GH 26 Mar 93 2:23:02 0.97

MD 0.8 P1D GH 27 Mar 93 2:29:58 0.55

MD 0.8 P1D GH 28 Mar 93 2:29:20 0.74

MD 0.8 P1D GH 31 Mar 93 2:34:36 0.77

MD 0.9 P2H GH 24 Nov 94 11:51:30 0.79

MD 0.9 P2H GH 26 Nov 94 11:11:00 1.50

MD 0.9 P2H GH 27 Nov 94 11:25:15 1.28

MD 0.9 P2H GH 29 Nov 94 9:03:25 0.91

MD 0.9 P2H GH 30 Nov 94 11:27:20 1.27

MD 0.9 P2H GH 1 Dec 94 11:15:30 1.11

MD 0.9 P2H GH 2 Dec 94 11:10:15 1.56

MD 0.9 P2H GH 3 Dec 94 10:47:05 1.90

SA 0.5 P1H GH 2 Mar 95 18:10:39 2.11

SA 0.5 P1H GH 3 Mar 95 18:22:45 2.03

SA 0.5 P1H GH 4 Mar 95 18:18:10 1.89

CT 0.6 P1H WZ 5 Mar 95 0:30:05 1.60

CT 0.6 P1H WZ 6 Mar 95 0:25:03 1.99

SA 0.5 P1H GH 6 Mar 95 18:00:52 2.19

CT 0.6 P1H WZ 7 Mar 95 1:14:56 1.37

CT 0.6 P1H WZ 8 Mar 95 0:14:41 2.27

SA 0.5 P1H GH 8 Mar 95 17:56:18 1.99

CT 0.6 P1H WZ 9 Mar 95 0:10:43 2.16

CT 0.6 P1H WZ 10 Mar 95 0:15:18 2.06

CT 0.6 P1H WZ 11 Mar 95 0:10:59 1.87

SA 0.5 P1H GH 11 Mar 95 18:00:32 1.63

CT 0.6 P1H WZ 12 Mar 95 0:04:17 2.04

CT 0.6 P1H WZ 13 Mar 95 0:00:57 1.90

SA 0.5 P1H GH 13 Mar 95 17:57:00 1.63

SA 0.5 P1H GH 14 Mar 95 17:59:09 1.57

SA 0.5 P1H GH 19 Mar 95 17:56:00 1.66

CT 0.6 P1H WZ 19 Mar 95 23:51:25 1.71

SA 0.5 P1H GH 20 Mar 95 17:51:20 1.61

CT 0.6 P1H WZ 20 Mar 95 23:49:35 1.57

MD 0.9 P3H AN 21 Mar 95 1:24:00 1.74

CT 0.6 P1H WZ 21 Mar 95 23:43:22 1.67

MD 0.9 P3H AN 22 Mar 95 2:17:00 1.26

SA 0.5 P1H GH 22 Mar 95 23:12:19 0.53

SA 0.5 P1H GH 23 Mar 95 17:39:59 1.47

CT 0.6 P1H WZ 23 Mar 95 23:40:42 1.41

MD 0.9 P2H GH 17 Oct 95 10:31:50 1.51

MD 0.9 P2H GH 18 Oct 95 10:41:30 1.36

MD 0.9 P2H GH 19 Oct 95 10:37:45 1.46

MD 0.9 P2H GH 20 Oct 95 10:24:20 1.65

MD 0.9 P2H GH 21 Oct 95 10:20:10 1.78

Table 1 – continued

Telscp. Inst. Obs. Date Start Dt

(UT) (UT) (hr)

MD 0.9 P2H GH 22 Oct 95 10:24:15 1.73

MD 0.9 P2H GH 24 Oct 95 11:17:05 0.84

MD 0.9 P2H GH 25 Oct 95 10:28:15 1.72

MD 0.9 P2H GH 27 Oct 95 10:00:10 2.14

MD 0.9 P2H GH 28 Oct 95 9:50:25 2.36

MD 0.9 P2H GH 30 Oct 95 9:36:15 0.92

MD 2.1 P2H GH 12 Dec 95 8:47:30 1.14

MD 2.1 P2H GH 14 Dec 95 9:11:50 3.28

MD 2.1 P2H GH 15 Dec 95 8:30:50 2.67

MD 0.9 CCD GH, MM 16 Dec 95 11:47:30 1.16

MD 0.9 CCD GH 20 Dec 95 10:53:18 1.57

MD 0.9 CCD GH 21 Dec 95 10:14:26 1.21

MD 0.9 P2H GH 25 Dec 95 9:13:50 2.90

MD 0.9 P2H GH 27 Dec 95 10:43:50 2.07

MD 0.9 P2H GH 28 Dec 95 10:47:00 2.08

MD 0.9 P2H GH 29 Dec 95 6:09:10 1.03

MD 0.9 P2H GH 30 Dec 95 10:26:35 1.39

MD 0.9 P2H GH 8 Feb 96 3:13:10 1.32

MD 0.9 P2H GH 11 Feb 96 3:47:40 1.06

MD 0.9 P2H GH 12 Feb 96 6:53:40 1.33

MD 0.9 P2H GH 14 Feb 96 3:59:30 0.73

MJ 1.0 P2H DJS 16 Feb 96 14:39:20 2.08

MJ 1.0 P2H DJS 17 Feb 96 14:01:40 2.13

MJ 1.0 P2H DJS 20 Feb 96 14:52:10 1.22

MJ 1.0 P2H DJS 21 Feb 96 14:45:00 2.07

MD 0.9 P2H JG, GH 22 Feb 96 6:40:29 1.46

MD 0.9 P2H GH 6 Mar 96 1:50:00 1.14

MD 0.9 P2H GH 10 Mar 96 1:45:20 1.08

MD 0.9 P2H GH 11 Mar 96 3:27:20 2.68

MD 0.9 P2H GH 12 Mar 96 1:55:35 0.78

MD 0.9 P2H GH 13 Mar 96 1:52:20 1.33

MD 0.9 P2H GH 15 Mar 96 1:56:10 1.22

MD 0.9 P2H GH 16 Mar 96 1:57:30 1.18

MD 0.9 P2H GH, NA 18 Mar 96 2:02:15 1.17

MD 0.9 P2H GH, NA 19 Mar 96 2:07:20 1.13

MD 0.9 P2H GH, NA 21 Mar 96 2:11:04 1.04

MD 0.9 P2H NA, GH 24 Mar 96 2:04:40 2.42

MD 0.9 P2H NA, GH 25 Mar 96 2:10:13 1.00

MD 0.9 P2H NA 26 Mar 96 2:17:28 1.38

MD 0.9 P2H NA 28 Mar 96 2:05:07 1.36

Total 86 nights 132.40

Observers: GH ¼ G. Handler, ES ¼ E. Serkowitsch, WZ ¼ W. Zima, AN ¼

A. Nitta, MM ¼ M. H. Montgomery, DJS ¼ D. J. Sullivan, JG ¼ J. A. Guzik,

NA ¼ N. Audard.



spectra and if identified in Paper II) to the data and derived the

amplitudes for these frequencies. We note that because of the

small 1993 March data set we could only fit f2, and because of

the short time baseline for 1994 November, we only considered

f1 and f3. On the other hand, we also included f6=312.5 mHz in

the synthetic light curves for 1995 March and December.

f13=361.2 mHz was detected in 1995 October. We note that we

did not attempt to quantify the amplitude variations of f6 and f13:

these frequencies are close to aliases of f5=335.6 mHz and

f9=315.6 mHz, respectively. Amplitude variations of f6 and f13

may therefore simply be caused by beating with such aliases and

cannot be considered to be reliably determined.

The results of our analysis are summarized in Table 2; the

amplitudes for the two WET data sets were taken from Paper II.

A graphical representation of the amplitude variations is dis-

played in Fig. 2. We have also indicated 1j error bars deter-

mined following Kovacs (1981). Because of the probable

presence of further low-amplitude pulsation frequencies, these

error bars may be underestimates owing to correlated noise:

e.g. see Kepler et al. (1995). However, since our considered

pulsation modes always dominate the amplitude spectra and

since we checked that our frequency solutions are stable,

correlated noise should neither systematically nor significantly

influence our analysis.

380 G. Handler et al.
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Figure 1. Monthly amplitude spectra of CD¹24 7599 before (left-hand panels) and after pre-whitening f1=441.1 mHz (right-hand panels). Spectral windows are

inserted in the right-hand panels. The locations of f1, f2=416.8 mHz and f3=387.0 mHz are indicated. Amplitude variations on time-scales down to 2 months are

clearly visible.



From Fig. 2 it turns out that some pulsation modes of

CD¹24 7599 can change their photometric amplitudes on time-

scales down to one month. We looked for amplitude variations on

even shorter time-scales by subdividing the two WET data sets as

well as the three-site data from 1995 March, but we could not find

evidence for such short-term amplitude variability.

We also searched for possible periodicities in the amplitude

variations. The uppermost panel of Fig. 2 indeed indicates some

cyclic variability of the monthly amplitudes of f1. We quantified this

by calculating a sinusoidal fit to these data. Our best fit (yielding a

period of 446 d, a mean amplitude of 11.5 mmag and an amplitude

of the amplitude variations of 4.3 mmag) leaves a surprisingly low

residual scatter of only 0.11 mmag per monthly data point, which is

smaller than the smallest error of each individual determination of

the amplitude of f1.

Therefore one may be inclined to believe that f1 indeed shows

periodic amplitude variations. However, we keep in mind that we

had to determine four independent parameters (frequency, ampli-

tude, phase and zero-point) from only eight data points for our

sinusoidal fit, which leaves ample room for spurious results. We

also note that our fit fails to predict the low amplitude of f1 (< 5

mmag) for 1993 March: the fit suggests an amplitude of about 15

mmag for this data set.

An examination for possible periodic amplitude variations of f2
and f3 yielded negative results. Most of the promising modulation

frequencies were near the Nyquist frequency of the data set, and

those clearly below the Nyquist frequency gave residuals much

higher than those of the individual measurements. We conclude that

there is some evidence for periodic amplitude variation of f1 (but

confirmation is needed), and no evidence for periodic amplitude

variability with constant modulation amplitude of f2 and f3 with

time-scales between 4 months and 4 yr.

On the other hand, we may estimate the time-scale on which the

amplitude variations occur from examining Fig. 2: it is about 450 d

for f1, approximately 250 d for f2 and about 350 d for f3.

3.1.1 Pulse shapes

Owing to non-linearities (e.g. the Blazhko effect in RR Lyr stars),

the pulse shapes of the different modes may vary when their

amplitudes change. However, only f1 has large enough amplitude

in most data sets to allow a meaningful comparison.

Therefore we determined its pulse shapes in the following way:

we fitted the best n-frequency solution to the 1992 March, 1994

May, 1994 November, 1995 March, 1995 October, 1995 December

and 1996 February + March subsets of data. Then we calculated a

synthetic light curve from all the frequencies except f1 and its

harmonic (if detected). This synthetic light curve was subtracted

from the data, so that only the modulation of f1 plus noise remained.

Consequently, we constructed phase diagrams with respect to f1,

consisting of 25 normal points. Some of them are shown in Fig. 3.

There seems to be no significant change in the pulse shape of f1
when the amplitude of the pulsation changes. To quantify this

suspicion further, we applied the following test. We aligned the

phases of our pulse shapes and normalized the amplitudes to the

same value. We generated differential phase diagrams by subtract-

ing these normalized pulses from each other. Then we Fourier

analysed the differential pulse shapes and looked for power at

harmonic frequencies. To judge the significance of such peaks, we

generated pulse shapes consisting of Gaussian noise sampled in the

same way as the differential phase diagrams and having the same

standard deviation (as determined when calculating the normal

points). Even with this procedure, we could not detect any sig-

nificant change in the pulse shape of f1 dependent on its amplitude.
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Table 2. Monthly amplitudes of CD¹24 7599 (in mmag).

f1 ¼ 441 mHz f2 ¼ 417 mHz f3 ¼ 387 mHz

Mar 1992 11.5 6 0.2 10.0 6 0.2 6.4 60.2

Mar 1993 < 5 14.5 6 1.8 < 5

May 1994 15.9 6 0.2 3.3 6 0.2 3.8 6 0.2

Nov 1994 7.4 6 0.4 < 2.5 4.1 6 0.4

Mar 1995 10.8 6 0.3 2.8 6 0.3 2.8 6 0.3

Oct 1995 12.0 6 0.4 2.7 6 0.4 5.4 6 0.4

Dec 1995 8.6 6 0.4 5.8 6 0.4 4.0 6 0.4

Feb 1996 7.3 6 0.5 6.5 6 0.5 4.1 6 0.5

Mar 1996 7.5 6 0.5 3.2 6 0.5 7.8 6 0.5

Figure 2. Time-dependent variation of the amplitudes of the three strongest

modes of CD¹24 7599. The error bars are of 1j size. The downward arrows

denote data sets for which we could only infer upper limits of the amplitudes.

A possible sinusoidal fit to the amplitudes of f1 is also shown (see text). Note

the larger scale of the lowest panel.



3.2 Frequency variability

To search for possible frequency variations in our data set, we first

have to determine the best frequency values for the three modes

under consideration. Yearly or monthly aliasing may prevent a

correct determination of the pulsation frequencies. However, since

our data sets often comprise a good fraction of a month or of a year,

this problem is not severe.

We first took the frequencies from Paper II as accurate starting

values. Afterwards, we refined these frequencies by fitting them to

the combined 1996 February/March data set. Consequently, we

could also incorporate the 1995 December and October data, further

refining our frequencies. This allowed us to bridge to the 1995

March data, and with the frequency values from this combined

data set it was easy also to include the 1994 data and to improve

our frequencies once more. Finally, also the 1993 and 1992 data

could be used. With this procedure we finally determined

f1 ¼ 441:088 mHz, f2 ¼ 416:797 mHz and f3 ¼ 387:011 mHz.

There is no aliasing ambiguity for any of these values.

We simultaneously fitted the frequencies listed above to the

whole data set as well as to the monthly subsets, and constructed

‘observed minus calculated (O¹C) diagrams for each of the

pulsation modes. These are displayed in Fig. 4, while the O¹Cs

for the monthly data subsets are listed in Table 3. We note again

that the 1j errors may be underestimates, but the basic shape of

the O¹C diagrams is not expected to be influenced. We are

careful to point out that there is no aliasing ambiguity in the O¹C

diagrams themselves. Examining Fig. 4, we find no correspon-

dence between the behaviours of the frequency variations of the

different modes.

We show possible fits to the O¹C diagrams. Following Kepler et

al. (1995), we calculated a parabolic fit of the form

O ¹ C ¼ DE0 þ DP × E þ
1

2
× P × E

2 ×
dP

dt

to the data, where DE0 is a possible shift in the zero-epoch, E stands

for the epoch, DP represents a possible inaccuracy in the adopted

period, P is the period itself and dP=dt is the secular period change.

The individual data points were weighted inversely proportionally

to their error size. This yields values of dP=dt of

þ2:55 6 0:31 × 10¹10 s s¹1 for f1, ¹6:9 6 1:2 × 10¹10 s s¹1 for f2
and þ0:5 6 1:1 × 10¹10 s s¹1 for f3. While f1 and f2 show formally

very significant changes, f3 can be assumed to have constant

frequency throughout the whole data set.

We also computed piecewise linear fits to the O¹C values of f1
and f2 to illustrate that the parabolic fits are not unambiguous. One

could as well claim that f1 and f2 were constant from the beginning

of our observations until the end of 1994, and then they suddenly

decreased by 0.0039 mHz and increased by 0.0149 mHz, respec-

tively. No such statement about f3 is possible. Finally, we note that

the present data set is too small to look for eventual cyclic frequency

changes. We can only state that the time-scale for such cyclical

changes cannot be shorter than <1000 d, and that the shape of the

O¹C diagram for f1 should not be interpreted in this way with the

current number of data available.
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Figure 3. Phase diagrams for f1 for different subsets of data. The errors have

at worst the size of the dots. No change in the pulse shape seems to

accompany the amplitude variations.

Figure 4. O¹C diagrams for the three strongest modes of CD¹24 7599. The

error bars are 1j. Some possible fits are shown: the full line assumes a

constant period change, while the dash–dotted lines correspond to sudden

changes of otherwise constant pulsation frequencies.

Table 3. O¹C values of CD¹24 7599 (in seconds).

f1 ¼ 441 mHz f2 ¼ 417 mHz f3 ¼ 387 mHz

Mar 1992 þ138 6 9 ¹104 6 10 þ30 6 18

Mar 1993 þ45 6 91

May 1994 ¹118 6 8 þ500 6 46 ¹39 6 40

Nov 1994 ¹209 6 40 þ274 6 81

Mar 1995 ¹115 6 13 þ461 6 55 ¹73 6 56

Oct 1995 þ5 6 23 þ289 6 107 ¹129 6 56

Dec 1995 þ88 6 28 þ51 6 45 þ37 6 67

Feb 1996 þ54 6 45 ¹39 6 58 þ16 6 94

Mar 1996 þ19 6 45 ¹283 6 106 þ60 6 53



4 D I S C U S S I O N

4.1 Amplitude variations

The simplest explanation for amplitude variability is beating of

closely spaced pulsation frequencies, where the beat period is not

resolved in our data sets. Beating would result in periodic, sinusoi-

dal amplitude modulation. This cannot be the case for f2 and f3, but

is possible for f1. This would require at least two close frequencies.

Since it has been shown in Paper II that CD¹24 7599 is a main-

sequence star, its theoretical frequency spectrum is simple and

therefore the occurrence of closely spaced frequencies with high

photometric amplitudes is unlikely. Beating of unresolved frequen-

cies would generate phase variations on the same time-scale as the

amplitude variations. Since the dominant contribution to the O¹C

diagram of f1 in Fig. 4 does not occur on that time-scale, we cannot

examine this hypothesis in more detail. We conclude that beating of

multiple modes is not the cause for the amplitude variations of f2
and f3, while it is possible, but not probable, for f1.

Balona (1985) suggested that precession of the pulsation axis

could explain the amplitude variations of some binary b Cephei

stars. This is also conceivable for non-radially pulsating d Scuti

stars. However, the short time-scales of the amplitude variations of

CD¹24 7599 and their complicated nature argue against such an

interpretation; the latter also provides strong evidence that possible

oblique pulsation is not responsible for the amplitude variations.

Furthermore, low- (Paper I) and high-resolution (Paper II) blue

spectra as well as a low-resolution red spectrum (Kerschbaum,

private communication) obtained for CD¹24 7599 showed no trace

of a binary companion to the star. We conclude that precession of

the pulsation axis or oblique pulsation of CD¹24 7599 does not

generate the observed amplitude variations.

Another possible explanation for amplitude variability in multi-

modally pulsating stars is non-linear interaction between the

different modes. In this case, their amplitude variations should

occur on time-scales of the order of the reciprocal of their linear

growth rates.

To allow a qualitative comparison of the temporal behaviour of

the star’s pulsation amplitudes with theory, we computed a number

of pulsational models (see Paper II for more details) for

CD¹24 7599. We tried to match the observed frequency range of

the star with the unstable mode domain of our models, but did not

focus too much on reproducing the location of the star in the

Hertzsprung–Russell (HR) diagram as inferred in Paper II. Finally,

we chose a 1.95-M(, log Teff = 3.907 model, which exhibits a

pulsationally unstable frequency range of 285–468 mHz; the (so

far) detected pulsation modes of CD¹24 7599 lie within 312–441

mHz. Moreover, this model has two radial modes at the same

frequencies as the observed f1 and f10. Linear growth rates of this

model are shown in Fig. 5.

The growth rates of our model in the frequency range of interest

are about 4–9 yr¹1. Their reciprocal is of the same order of

magnitude as the time-scales of the amplitude variations. It is also

interesting that the predicted time-scales of amplitude variation

become much smaller for modes near the high-frequency cut-off

compared with modes at somewhat lower frequencies. This resem-

bles the observed behaviour of CD¹24 7599 well. Therefore we

consider the qualitative agreement between theory and observations

to be very encouraging.

Of course, we cannot quantify this result further, since we do not

(yet) have definite mode identifications for CD¹24 7599 available.

Therefore our model is rather ill-constrained and the growth rates of

a final model of the star may be different from those calculated here.

However, they are expected to be of the same order of magnitude. It

should also be noted that more observations of the temporal

behaviour of the modes are required to constrain the observed

time-scales of the amplitude variations better. For more details on

this kind of amplitude modulation we refer to the discussion by

Jerzykiewicz & Pigulski (1996).

We may also compare the shape of the amplitude modulations

with those predicted by non-linear theory. Moskalik (1985) studied

resonant coupling of an unstable mode to two lower frequency

stable modes. This can lead to periodic amplitude modulation with a

slow exponential increase followed by a rapid drop in amplitude,

accompanied by a large phase jump. Our observed amplitude

variations do not show such features; phase jumps are not present

in our O¹C diagrams.

Buchler, Goupil & Hansen (1997) investigated resonances in

non-radial pulsators by means of the amplitude equation formalism.

They obtained solutions with constant and variable amplitudes. In

the case of 2:1 resonances they found periodic (but not necessarily

sinusoidal) amplitude modulations. This may be observed for f1, but

not for f2 and f3. On the other hand, Van Hoolst (1995) studied 1:1

resonances and showed that irregular amplitude variations, resem-

bling those of f2 and f3, are possible.

4.2 Frequency variability

One of the most interesting branches of pulsating star research

utilizes period changes to infer the evolutionary speed of stars in

several parts of the HR diagram. However, it has turned out that for

many objects the observed period changes do not unambiguously

reflect effects of stellar evolution. For main-sequence d Scuti stars,

evolutionary period changes of the order dP=dt < þ7 × 10¹14 s s¹1

are expected (e.g. see Rodriguez et al. 1995). However, the

measured period changes of two of the examined modes of

CD¹24 7599 are 3–4 orders of magnitude too large, and one has

even negative sign. The period variability of CD¹24 7599 can

therefore not solely be caused by its evolutionary temperature and

radius changes.

With two modes having different signs of dP=dt, a binary origin

can also be ruled out for (a large fraction of) the observed period
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Figure 5. Growth rates for a 1.95-M(, log Teff = 3.907 model for CD¹24

7599. Circles represent radial modes, squares are dipole modes, and

triangles correspond to quadrupole modes. Open symbols denote mixed

modes, and only m ¼ 0 modes are displayed. The pulsationally unstable

frequency range is 285–468 mHz.



changes. Furthermore, as noted above, there is no trace of a

secondary in any spectrum that we have available for the star.

Possible magnetic field changes are also very unlikely to cause

the frequency variations of CD¹24 7599. It is a rather hot d Scuti

star (Papers I and II), and can therefore only possess a very shallow

surface convection zone (even compared with most roAp stars).

Moreover, we have no spectroscopic evidence for the presence of a

magnetic field in CD¹24 7599.

Another possibility for generating frequency variations would be

avoided crossing (Aizenman, Smeyers & Weigert 1977). In cases

where g and p modes are very close in frequency, large period

changes are expected. However, we consider this to be unlikely for

two reasons. First, it would be surprising if two of the three modes

that we monitored were just in the short-lived stage where avoided

crossing occurs. Secondly, in the evolutionary stage of CD¹24 7599

as inferred in Paper II, only one g mode of , ¼ 2 will be excited.

Following Dziembowski & Pamyatnykh (1991), this mode would

be expected to have a frequency of about 315 mHz. The two modes

observed to show significant period variations have frequencies of

417 and 441 mHz, respectively.

Considering resonances (as investigated by e.g. Buchler et al.

1997) between different modes as the explanation of the observed

behaviour, one would expect the frequency variations to occur on

similar time-scales to the amplitude variations. While this may be

the case for f1 during the late 1995 and 1996 observations, it is not

seen for the other two modes. The dominating part of the

frequency variations should then be the result of some other

effect.

5 S U M M A RY A N D C O N C L U S I O N S

We have studied the amplitude and frequency variations of the

d Scuti star CD¹24 7599 over a time span of four years. The three

dominating pulsation modes of the star can change their photo-

metric amplitudes within a month. The associated time-scales are

about 450 d for f1, approximately 250 d for f2 and , 350 d for f3. No

changes in the pulse shapes accompany the amplitude variations of

f1. There is some evidence that the amplitude variations of this

mode may be periodic, but confirmation is needed.

Precession of the pulsation axis in a possible binary system or

oblique pulsation cannot explain the observations. Beating between

closely spaced pulsation modes is only possible, but not probable,

for f1. The time-scale of the amplitude variations is of the same

order of magnitude as the reciprocal of the growth rates of the

modes, which points towards resonant mode coupling as the origin

of the amplitude variations. However, the few possible quantitative

comparisons between observation and theory give inconclusive

results.

The frequency changes of CD¹24 7599, if interpreted as being

continuous, show very discrepant behaviour among the three modes

under consideration. dP=dt values of þ2:55 6 0:31 × 10¹10 s s¹1 for

f1, ¹6:9 6 1:2 × 10
¹10

s s
¹1

for f2 and þ0:5 6 1:1 × 10
¹10

s s
¹1

for

f3 can be derived. It is, however, also possible that sudden frequency

jumps of f1 and f2 occurred, while f3 remained constant within the

errors of measurement over the whole four-year data set.

Evolutionary effects, binarity, magnetic field variations or

avoided crossing cannot be made responsible for the observed

period changes. Resonant coupling of the modes may explain part

of the observations.

To conclude, a better quantification of the amplitude and

frequency variations of CD¹24 7599 can only be given when

definite mode identifications are available. For this star this

seems to be possible, considering its unevolved stage and its

therefore simple theoretical frequency spectrum (Paper II). A

large multisite campaign allowing us to achieve definite mode

identifications for the star will be undertaken at the beginning of

1998.

Further observations of the temporal behaviour of d Scuti stars (or

pulsating white dwarfs) exhibiting amplitude and frequency

changes are needed. CD¹24 7599 gives us a unique opportunity

to study these effects, since they occur on time-scales long enough

to be conveniently monitored, but short enough that a valuable data

set can be acquired within a few years.
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Abstract. Frequencies of 13 oscillation modes in the star
XX Pyxidis (CD–24 7599) are accurately measured but for none
of the modes the spherical harmonic degree (`) is known. We
present results of an attempt to construct the model whose low–
` mode frequencies reproduce possibly close the observations.
Models are constrained by the mean photometric and spectro-
scopic data for the star. However, the strongest constraint on
the effective temperture is from the requirement that the modes
excited in the star fall into the range of the modes driven by the
opacity mechanism.

Our models are built with the standard stellar evolution code
allowing no overshooting from the convective core. Effects of
rotation are taken into account both in stellar evolution and in
linear nonadiabatic oscillation calculations. Uniform rotation
rate and conservation of the global angular momentum during
evolution are assumed.

We find several distinct mode identifications and associated
stellar models leading to frequency fits of similar quality. De-
termination of thè values for some of the modes could remove
the ambiguity. None of the fits is satifactory: the mean depar-
tures exceed the mean observational frequency error by at least
one order of magnitude. The fits could be improved by means
of adjusting model parameters that were kept fixed. However,
such effort will be meaningful only after improving accuracy in
calculation of the effects of rotation in oscillation frequencies.

Key words: stars: oscillations – stars: evolution –δ Scu – stars:
individual: CD–24 7599 = XX Pyx

1. Introduction

Long–time network observations of Delta Scuti stars resulted in
establishing truly multimodal character of oscillations in a few
objects of this type. The four objects with the largest number
of modes detected are FG Virginis with 24 modes (Breger et al.
1997), 4 Canum Venaticorum with at least 17 modes (Breger
1997), XX Pyxidis with 13 modes (Handler et al. 1997a) and
BH Piscium with 13 modes (Mantegazza et al. 1996). Though
these numbers of modes in comparison with the Sun or certain

Send offprint requests to: W.A. Dziembowski

oscillating white dwarfs may appear small, reproducing mode
frequencies with model calculation represents a challenge.

What makes our task more difficult than in the solar and
white–dwarf cases, is the fact that the observed spectra do not
reveal patterns enabling mode identification. Modes detected in
δ Scuti stars are of low radial order and their frequencies do
not obey simple asymptotic relations. Further, these stars are
rather rapid rotators and rotational splitting is not equidistant.
Multicolor photometry may be used to determine the spherical
harmonic degree,̀. Spectroscopy allows, in addition, to deter-
mine the azimuthal order,m. In practice, however, reliablèand
m values are only seldom available. Thus, mode identification
in δ Scuti stars cannot be done independently of calculations
involving construction of equilibrium models and their oscil-
lation properties. The aim is to construct a stellar model with
frequencies of low–degree modes which fit the observed ones.
In analogy to helioseismology we use the nameseismic model.

The ultimate purpose of seismic model construction is test-
ing the ingredients of stellar evolution theory: its basic assump-
tions and the input microscopic physics. Stellar evolution theory
has reached an advanced level some 20 to 30 years ago. How-
ever, important questions concerning convection and rotation
remain unanswered. For instance, is the mixing–length theory
sufficient for describing convective flux in subphotospheric lay-
ers? If so, what is the best choice for the mixing length param-
eter,α, depending on stellar parameters? What is the extent of
element penetration,dover, from the convective to the radiative
regions? What is the law of the angular momentum evolution?
What is the role of rotationally induced instabilities in chemical
element mixing?

In recent years considerable progress has been made in treat-
ment of the equation of state and opacity for stellar interiors (see
Christensen–Dalsgaard & Däppen 1993 and references there,
Rogers et al. 1996, Rogers & Iglesias 1994 and references there,
Iglesias & Rogers 1996, Seaton 1996). The uncertainties, how-
ever, are difficult to estimate. It is therefore important to use
possibly diversified sets of observational data for testing. Ob-
servers provide us very accurate frequency measurements but a
major effort is needed to connect these quantities to other stellar
characteristics and to parameters used in model construction.

In the next section we will outline methodology of con-
structing seismic models, which, we believe, is applicable to all
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multimodeδ Scuti stars in the Main Sequence phase of evo-
lution. We should stress that our work is not the first effort
aimed at reproducing observed frequencies in objects of this
type. Goupil et al. (1993) modelled GX Pegasi for which five
frequencies have been measured. Breger et al. (1995) and Guzik
and Bradley (1995) constructed models of FG Virginis, which
approximately reproduced observations. Our target accuracy is
much higher – we want to approach the level of the observational
error.

The rest of this paper concerns XX Pyxidis (CD–24 7599),
which seemed to be a good choice for the first attempt in accu-
rate reproducing observed spectrum. Amongst most multimode
δ Scuti stars it is the hottest and least evolved. In such stars
the predicted spectrum of unstable modes is relatively simple.
With the progress of stellar evolution the instability extends to
mode of mixed pressure/gravity (p/g) character and to pure g–
modes. Separations in frequency between modes of the same
` > 0 decrease, which complicates mode identifcation. In post
Main Sequence stars the density of predicted spectra is so high
that the task of mode identification will remain impossible un-
less we discover the clue to mode selection. Furthermore, the
uncertainty in the description of the subphotosperic convection
is less severe in this relatively hot star.

After presenting data in Sect. 3, we discuss in Sect. 4 con-
straints on mean parameters of the star. The methodology of the
simultaneous search for mode identification and refinement of
model parameters is described in Sect. 5. In the same section
several alternative solutions are presented. In Sect. 6 we ex-
plain why these are unreliable and in the last section we discuss
prospects for construction of a still improved seismic model of
the star.

2. Construction of seismic stellar models

2.1. Principles

The number of modes detected in individualδ Scuti stars is far
too small to attempt to determine radial structure directly from
measured frequencies. Everything we may hope to achieve is
to use the observed frequencies to determine global parameters
characterizing the star and certain parameters of the theory. The
equations of problem are obtained by equating observed and
calculated frequencies,

fj,obs = fj,cal(`j , mj , nj ,P S ,P T ), (1)

wherej labels measured frequencies,`j , mj , nj are numbers
identifying the mode,P S gives the set parameters characteriz-
ing the model, andP T gives the set of free parameters of the
theory.

A comment is needed aboutnj . Nonradial modes excited in
δ Scuti stars could be p–modes, g–modes, and modes of mixed
character. In the present application, continuity off as function
of P for specified(`, m, n) is essential. The avoided crossing
effect causes that the continuity is guaranteed if we define the
n values at ZAMS where the g– and p–mode spectra are sepa-
rated in frequency. Following Unno et al. (1989) we will denote

with n < 0 and n > 0 modes which in ZAMS models are
consecutive g– and p–modes, respectively. For` > 1 there is
the fundamental mode which is denoted withn = 0. With this
choice, in evolved models some of modes denoted withn > 0
will have predominatly g–mode properties andvice versa.

The parameters given byP S are those characterizing the
evolutionary sequence like initial massM , chemical composi-
tion, X0 andZ0, and the angular momentum. In addition, there
is a single parameter identifying the model within the evolution-
ary sequence. The age is always a good choice. In the present
application we use the initial equatorial velocityVrot,0 instead
of the angular momentum andlog Teff instead of the age. The
latter choice is acceptable because XX Pyx is certainly in the
expansion phase of the Main Sequence evolution andTeff is a
monotonic function of the age. In any case there are five param-
eters inP S .

The quantities one may include inP T are mixing–length
parameterα, overshooting distancedover, as well as parame-
ters characterizing angular momentum evolution and mass loss.
None of these will be included in the present work. Constraining
these parameters is certainly the most important application of
asteroseismology. However, as we will see later in this paper,
we are not yet at this stage.

2.2. Tools

2.2.1. Evolution code

Stellar evolution code we use was developed in its original ver-
sion by B. Paczýnski, R. Sienkiewicz and M. Kozlowski. It is in
fact a modern version of B. Paczyński’s code (Paczýnski 1969,
1970), which is now written in a modular form enabling an
easy implementation of microscopic physics data from various
sources. In the present application we use most recent versions
of OPAL opacity (Iglesias & Rogers 1996) and equation of state
(Rogers et al. 1996) data. The nuclear reaction rates are the same
as used by Bahcall and Pinsonneault (1995).

The effect of averaged centrifugal force is taken into ac-
count in the equation for hydrostatic equilibrium. We assume
uniform rotation and conservation of global angular momen-
tum. These are the simplest assumptions which we are prepared
to abandon if this is required for a successful seismic model con-
struction. Similarily, we are prepared to introduce overshooting
and/or rotationally induced mixing of the chemical elements
outside of the convective core, but these effects are ignored in
the present work. With these assumptions the input parameters
for sequences are total mass,M , initial values for hydrogen
abundance,X0, metal abundance,Z0, and the equatorial ve-
locity Vrot,0. Initial heavy element mixture is that of Grevesse
& Noels (1993). The assumed parameters for convection are
α = 1, dover = 0. The choice ofα is unimportant in the present
application.

For selected values ofTeff the code returns all needed pa-
rameters of the model such aslog geff , Vrot or Ω and the matrix
of the coefficients needed for calculation of linear nonadiabatic
oscillation properties.
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2.2.2. Nonadiabatic oscillation code

The code we use is a modified version of the code developed long
ago by one of us (Dziembowski 1977). The important modifica-
tion is taking into account the effect of the averaged centrifugal
force. Modified equations for adiabatic oscillations are given by
Soufi et al. (1997). The corresponding change in the full nonadi-
abatic set is trivial. The input to this code specifies the range of
frequencies and the maximum value of`. The standard output
are the following characteristics of them = 0 modes: complex
dimensionless frequenciesσ, modified growth rates,η, and the
complex ratio of the flux to displacement eigenfunctions at the
surface,F .

The frequency,f , which we compare with observations is
given by the real part ofσ:

f = <(σ)
√

Gρ̄
π . (2)

For higher order p–modes beginning with, say,n = 5 or 6,
the nonadiabatic effects are important at the level of the accuracy
of frequency measurements. The growth rate is given by−=(σ).
A more convenient measure of mode stability isη which varies
from−1, if damping occurs everywhere in the stellar interior, to
+1, if driving occurs everywhere. At neutral stability we have
η = 0. Values ofη are important as constraints on modes and
models. We will use them in the next sections. AlsoF ’s have
applications in asteroseismology, especially, in determination
of `–values (see Cugier et al. 1994). However, we do not have
neccesary observational data on XX Pyx to make use of this
quantity.

2.2.3. Calculation of the rotational splitting

Rotation has an important effect on the structure of oscillation
spectra. Even at modest equatorial velocities such as 50–100
km/s the effect of rotation can not be reduced to the linear split-
ting ∝ mΩ. Our code calculating the rotational splitting is ac-
curate up toΩ2. It is a version of the code by Dziembowski
and Goode (1992) modified by two of us (WAD, AAP) and
M.–J. Goupil. It uses the adiabatic approximation. The same
nonadiabatic correction evaluated with the the code described
in the previous subsection is added to all modes within the mul-
tiplet.

3. Frequency data

More than 350 hours of time–series photometric observations
of XX Pyx are available. These include two Whole Earth Tele-
scope runs (Handler et al. 1996, 1997a) as well as follow–up
measurements to study the star’s amplitude and frequency vari-
ations (Handler et al. 1997b).

Analysis of the two WET data sets allowed the extraction of
13 pulsation frequencies plus one 2f–harmonic. These frequen-
cies are summarized in Table 1, and mostly taken from Handler
et al. (1997a, hereafter HPO). Moreover, from an examination
of the follow–up data, the values of frequenciesf1, f2 andf3

Table 1.Frequencies of the 13 pulsation modes and the2f1–harmonic
of theδ Scuti star XX Pyx unambiguously detected by HPO

Frequency Ampl. (1992) Ampl. (1994)
(cycles/day) (mmag) (mmag)

f1 38.1101± 0.0004 11.5± 0.2 15.9± 0.2
f2 36.0113± 0.0010 10.0± 0.2 3.3± 0.2
f3 33.4370± 0.0002 6.4± 0.2 3.8± 0.2
f4 31.3925± 0.0025 3.8± 0.2 1.9± 0.2
f5 28.9950± 0.0025 2.4± 0.2 2.7± 0.2
f6 27.0028± 0.0025 2.4± 0.2 1.6± 0.2
f7 34.6657± 0.0038 2.2± 0.2 2.0± 0.2
f8=2f1 76.2203± 0.0038 0.8± 0.2 1.1± 0.2
f9 27.2635± 0.0138 1.0± 0.2 1.9± 0.2
f10 29.6196± 0.0075 1.5± 0.2 1.3± 0.2
f11 33.6367± 0.0125 1.2± 0.2 1.7± 0.2
f12 28.6980± 0.0138 1.1± 0.2 1.5± 0.2
f13 31.2033± 0.0163 1.4± 0.2 1.1± 0.2
f14 31.9062± 0.0100 1.0± 0.2 1.7± 0.2

could be refined. The three revised frequencies are also listed
in Table 1. Their error sizes differ from those listed in HPO,
since these frequencies are now known without alias ambiguity.
However, these three frequencies are slightly variable (Handler
et al. 1997b). Therefore the error bars have been modified to
account for the latter effect.

4. Constraints

4.1. Mean surface parameters from observations

To estimate the position of XX Pyx in the H–R diagram, color
photometry and high–resolution spectroscopy of the star have
been carried out by HPO. Applying calibrations to the photo-
metric data, they infer that XX Pyx is a main–sequenceδ Scuti
star withTeff = 8300 ± 200 K, log g = 4.25 ± 0.15. From
their spectroscopy HPO determined the star’s projected rota-
tional velocity withv sin i = 52 ± 2 km/s and that the object
has approximately solar metal abundance:[M/H] = 0.0±0.2.

4.2. Structures in the power spectra

An important constraint for identifying the different pulsation
frequencies of XX Pyx with the corresponding quantum num-
bers was found by HPO. They searched for characteristic spac-
ings within the 13 pulsation frequencies with a Fourier tech-
nique: they assumed unit amplitude for all the individual pul-
sations they detected and Fourier analysed the resulting signal.
This is analogous to a spectral window: the power spectrum of
such a signal has maxima at the sampling frequency and its har-
monics (see Kurtz 1983). With this method it is possible to find
regular frequency spacings in an objective way.

There are two physical reasons why regular frequency spac-
ings can be present: in case of slow (rigid) rotation the members
of different multiplets are approximately equally spaced in fre-
quency. Since the measuredv sin i of XX Pyx is 52 km/s (HPO),
rotational splitting could, under favourable circumstances, be
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Fig. 1. Asymptotic frequency spacing of high-order p–modes of our
main–sequence models compared to the mean spacing of` = 0, 1, 2
modes in the frequency range excited in XX Pyx. Only axisymmetric
(m = 0) modes are shown. Rightmost points correspond to stellar
models of lowest mass and highest effective temperature. The higher
mass and/or the lower effective temperature the higher overtones of
p–modes are appeared in a fixed frequency range, therefore the mean
frequency spacing is approaching the asymptotic value. The scatter of
the datapoints, most pronounced for` = 0 modes, reflects the different
rotation rates of our models. The discontinuities of` = 2 modes at√

(ρ̄/ρ̄�) ≤ 0.46 are due to intruding g–modes, while more regular
level shifts of̀ = 1 and` = 2 modes are caused by different overtones
(and different number of these overtones) appearing in the frequency
range of interest.

detected. The second possibility is that consecutive modes of
the samè are excited. Even for low–overtone pulsations such
modes are approximately equally spaced in frequency.

To illustrate this second possibility, we used our basic grid of
the main–sequence models and their oscillation frequencies (see
Subsect. 5.2):M = 1.75 − 2.05 M� with a step of0.05 M�,
log Teff = 3.905 − 3.925 with a step of 0.05,Vrot,0 = 50 −
125 km/s with a step of 25 km/s. For each of these models,
we compared the asymptotic frequency spacing with the mean
spacing between frequencies of consecutive modes of a given`
value. We restrict to the observed frequency range of XX Pyx.
The results are shown in Fig. 1. (Remember that the asymptotic
frequency spacing for high overtone p–modes is determined
by the following formula, see Unno et al. 1989, Eq. (16.36):
∆ν = 0.5/(

∫ R

0
dr
c ), wherec is the sound speed, — i.e. it is

proportional to the square root of the star’s mean density.)

As can easily be seen from Fig. 1, the assumption that regular
frequency spacings are present even at relatively low overtones
is justified. The frequency spacings of the different`’s are very
similar. Consequently, HPO carried out the Fourier analysis de-
scribed above and discovered a regular frequency spacing within
the pulsation modes of XX Pyx, with a probability of less than
3% that this detection was caused by chance. Because of the
value of this spacing (≈ 26 µHz ≈ 2.25 c/d), HPO suggested
that it cannot reflect rotational splitting (since the second–order
terms would destroy any frequency symmetry at such high ro-
tation rates).

From a comparison of the Fourier analyses of the observed
and of several model frequency spectra, HPO concluded that
this spacing is caused by the presence of modes corresponding
to consecutive overtones of` = 1 and ` = 2 modes. HPO
determined the spacing of consecutive overtones of thesamè
with 54.0±2.3 µHz (= 4.67±0.20 c/d). This frequency spacing
is a measure of the sound crossing time through the object, and
thus it can be used to determine the mean density of the star.
For a model sequence with solar metallicity, HPO determined
ρ̄ = 0.246 ± 0.020 ρ̄�.

HPO performed several tests to verify the validity of this
method and the correct interpretation of its result (see their paper
for more details) and found their Fourier technique to be reliable,
since the frequency spectrum of XX Pyx is very well suited
for such an analysis: only a few overtones are excited, but a
large number of possible pulsation modes are photometrically
observed.

Actually, one can use this Fourier method to test a common
assumption in mode identification attempts from photometric
(and radial velocity) data: with increasing degree` of the pul-
sations, geometrical cancellation (Dziembowski 1977, Goupil
et al. 1996) decreases the photometric amplitude of the modes.
Therefore, it is usually assumed that only modes with` < 3
can be detected using photometric data. The photometric am-
plitude of an` = 3 mode with the same intrinsic amplitude as
an ` = 1 mode is only about a factor of 12 smaller, which is
approximately the range of photometric amplitudes of the dif-
ferent pulsation modes detected for XX Pyx. However, when
considering rotational splitting, seven modes of` = 3 can be
present, but only threè = 1 modes. Therefore it can not be
ruled out that a non–negligible number of` = 3 modes is ex-
cited to observable amplitude.

Consequently, we applied HPO’s Fourier technique to model
frequencies, incorporating modes with` = 3 and/or` = 4. In
cases where many of these high` modes were present, no signif-
icant frequency spacing could be found, since their rotationally
split patterns “masked” the regular spacing of the` = 0 − 2
modes. Only with a few of the high̀ modes the typical fre-
quency spacing could be revealed. This suggests that most of
the pulsation modes of XX Pyx are indeed of` = 0 − 2.

4.3. Implication from the stability survey

XX Pyx is a hotδ Scuti star located near the blue edge of the
instability strip. In such an object the opacity mechanism driving



A.A. Pamyatnykh et al.: Towards a seismic model of theδ Scuti star XX Pyxidis 145

Fig. 2. Normalized growth rates,η, plotted against frequency,f , in
selected models spanning the allowed ranges ofM andlog Teff . The
values ofM (in solar units) andlog Teff are given in each panel. Mod-
els were calculated withX0 = 0.7, Z0 = 0.02 andVrot = 0. The
symbolp5 is plotted near the corresponding radial overtone. The thick
horizontal line shows the range of frequencies measured in XX Pyx.

is confined to modes in a narrow range of frequencies and the
driving effect is marginal. This is seen in Fig. 2. Values ofη never
exceed 0.05. The range off whereη > 0 never spans more than
three radial orders for radial modes. In models considered the
lowest values ofn is 4 and the highest is 8. The behaviour of
η(f) in several models is shown in Fig. 2. The selected models
have the surface parameters in the range consistent with the data
on XX Pyx. The independence on` and occurence of a single
maximum are typical features for the opacity driven modes.

Values ofη do not have the same reliability as those off .
Our treatment of the optically thin layers and the convective flux
is crude. Therefore we will regard identifications with modes
of small negativeη’s as admissible. However, we can exclude
identifications involving radial modes withn < 4 andn > 8 as
well we can exclude all models with, approximately,log Teff >
3.925 and the low mass models withlog Teff > 3.92 (see Fig. 2).

5. A search for best parameters and mode identification

We have no observational information about the` andm values
for the modes detected in XX Pyx. The assignment of these two
quantum numbers as well asn may only be done together with
model parameter determination. The basis is Eq. (1) applied to
the 13 measured frequencies. We only assume that all modes
are of low degree. Most of the results we will present here were
obtained with the assumptioǹ≤ 2 for all modes. We carried
out also calculation allowing one of the mode to have` = 3.

Some of the results for such a case will be discussed at the end
of this section.

At this stage we allow no free theoretical parametersP T

and we fixX0 andZ0 at the values 0.7 and 0.02, respectively.
Thus, we allow only three free model parametres:M , Vrot,0,
andTeff . For each model the modes are assigned to minimize

χ2 = 1
j

∑j
i=1(fobs,i − fcalc,i)2, (3)

wherej = 13 or 12. The first value was used in the case when
we assumed̀ ≤ 2 for all modes. In the alternative version
we search for the minimum ofχ2 relaxing the fit for one of
measured frequency. In the automatic fitting routine we made
sure that each of the model frequencies was assigned at most to
one of the stellar frequencies.

5.1. Uncertainties in stellar and model frequencies

In our search for best models and mode identification we use
unweighted observational data. The reason is that the errors in
the frequency measurements are smaller than the uncertainities
in the theoretical values. In Table 1 we may see that the errors
range from4 × 10−4 for f1 to 163 × 10−4 for f13. Thus the
relative accuracy of frequency is, at worst,∼ 5×10−4, which is
by one order of magnitude less than the theoretical uncertainty.

The main problem on the side of theory is in the treatment
of rotation. We found that at equatorial velocities∼ 100 km/s
the second order perturbation treatment yields relative accuracy
in frequencies∼ 5 × 10−3.

5.2. Tabulation of model frequencies

With the codes described in Subsect. 2.2 we prepared tables
with frequencies for modes with̀= 0, 1, 2 covering the range
of the stellar pulsation frequencies. At this stage we neglected
the effects of near–degeneracy which we discuss in Sect. 6,
because it complicates calculations and it is not essential at this
stage. The range oflog Teff values was[3.905 − 3.925] with a
step of 0.05. The lower limit is somewhat less than the lower
limit allowed by the photometry (Subsect. 4.1) while the upper
limit follows from the stability consideration (Subsect. 4.3).
The range of equatorial velocities was[50 − 125] km/s with a
step of 25 km/s. Here the lower limit follows from thev sin i
measurement (Subsect. 4.1). The upper limit was adopted to
avoid large errors in treatment of rotation. The adopted mass
range was[1.75−2.05]M� with a step of0.05M�. The implied
range of the mean density is significantly larger than that inferred
in Subsect. 4.2. We consider models in the wider range of mean
densities because there is a nonzero probability that the HPO
spacing is caused by chance.

5.3. Properties ofχ2(M, Vrot,0, Teff)

We calculated values ofχ2 according to Eq.(3) withj = 13
for nearly 40000 models interpolating model parameters and
frequencies from the three–dimensional basic grid described
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Fig. 3.Values ofχ2 evaluated for frequencies in∼ 7000 models in the
rangesM = 1.75 − 2.05 M�, Vrot,0 = 50 − 110 km/s, log Teff =
3.905−3.925. The patterns are the same (but less dense) as in the case
of ∼ 40000 models used to choose best identifications.

above. At this stage we confined the upper limit of the equato-
rial rotational velocity still more, to the value of 110 km/s. In
Fig. 3 we plot the values ofχ2 against mean density, which is
the most important parameter determining p–mode spectra. We
see several dips inχ2 which allows us to isolate potential mode
identification. One of the dips occurs close toρ̄ = 0.246, which
was the preferred value from the observational frequency spac-
ing. The present analysis shows that there are few alternative
”good” values. We stress that a good fit may occur even if there
is no preferred spacing. The coincidence however speaks in fa-
vor of identfications corresponding to this particular dip. The
dips become shallower with the increasingρ̄ which merely re-
flects the fact that in less evolved models there are fewer modes
in the specified frequency range.

At this stage we have to consider the identifications asso-
ciated with the dips located near the following eight values of
ρ̄: 0.17, 0.19, 0.22, 0.25, 0.30, 0.36, 0.41 and 0.49. It should be
noted, however, that all the minimum values ofχ2 are still far
larger than the measurement errors.

Next important parameter is the equatorial velocity of ro-
tation which determines them–dependence. The plot ofχ2

againstVrot,0, which we do not reproduce here, shows two shal-
low minima around the values 60 and 100 km/s.

5.4. Possible models and identifications

There is no doubt that if all (or almost all) 13 modes detected
in XX Pyx are of` ≤ 2 degree then the mode identification and
model must correspond to one of the dips inχ2. At each dip we
chose a number of identifications with nearly the same lowest
values ofχ2. All such identifications are listed in Table 2. They
are grouped according to the dips. For each specified identifica-
tion the three model parameters –M , Vrot,0, log Teff – are deter-
mined through theχ2 minimalization. These and other model
characteristics are listed in Table 3.

Fig. 4.Position (symbols) of the best models in the H–R diagram. The
asterisks show the models used in Fig. 5. The evolutionary tracks for
models with indicated mass andVrot = 0 are shown with dashed lines.
The line denoted with BE shows the absolute blue edge; there are no
unstable modes in models to the left of this line. The lines denoted with
pn are the blue edges for the corresponding radial overtones and the line
denoted with 27 c/d is the blue edge for modes with the corresponding
frequency.

Not all models listed in Table 3 are consistent with the re-
quirement that the identified modes are pulsationally unstable.
Thus far we made a limited use of the constraint following from
the stability considerations.

In fact, the stability argument may be used to eliminate some
of the models listed in Tables 2 and 3 as candidates for the seis-
mic model of XX Pyx. A comparison of the model positions with
the blue edges in the H–R diagram, shown in Fig. 4, facilitates
the elimination. We see that all the models withM ≤ 1.9M�
and hotter than somelog Teff = 3.91 lie rather far from the blue
edge for modes withf ≤ 27 c/d, which is the lowest frequency
observed in XX Pyx. At higher masses the upper limit oflog Teff
should be moved to 3.914. In this way we may eliminate models
D2B, D2C, D3B, D3C and D8A.

Perhaps model D1A may be eliminated with the opposite
argument because it lies far to the red of the 27 c/d blue edge.
This means that there are unstable modes in the model with
lower frequencies that are not seen in the star. This is, however, a
much weaker argument because it is not an uncommon situation
that unstable modes are not excited with detectable amplitudes.
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Table 2. Possible identifications of the 13 modes detected in XX Pyx. Horizontal lines separate groups of the identifications associated with
the consecutive dips ofχ2 seen in Fig. 3. Note that within the group most of the identifications are identical. Models corresponding to each
identification are determined by minimalization ofχ2.

f6 f9 f12 f5 f10 f13 f4 f14 f3 f11 f7 f2 f1

27.003 27.264 28.698 28.995 29.620 31.203 31.392 31.906 33.435 33.637 34.666 36.012 38.110
Model l n m l n m l n m l n m l n m l n m l n m l n m l n m l n m l n m l n m l n m
D1A 2 3-1 2 3-2 1 5 1 2 4-1 1 5-1 2 5 0 2 5-1 2 5-2 1 6 0 1 6-1 2 6 1 2 6-2 2 7 2
D1B 2 3-1 2 3-2 1 5 1 2 4-2 1 5-1 2 5 0 0 6 0 2 5-2 1 6 0 1 6-1 2 6 1 2 6-2 2 7 2
D1C 2 3-1 2 4 2 1 5 1 2 4-2 1 5-1 2 5 0 2 5-1 2 5-2 1 6 0 1 6-1 2 6 1 2 6-2 2 7 2
D1D 2 3-2 2 4 2 1 5 1 2 4-2 1 5-1 2 5 0 2 5-1 2 5-2 1 6 0 1 6-1 2 6 1 2 6-2 2 7 2
D1E 2 3-1 2 4 2 1 5 1 2 4-2 1 5-1 2 5 0 0 6 0 2 5-2 1 6 0 1 6-1 2 6 1 2 6-2 2 7 2
D1F 2 3-2 2 4 2 1 5 1 2 4-2 1 5-1 2 5 0 0 6 0 2 5-2 1 6 0 1 6-1 2 6 1 2 6-2 2 7 2
D2A 1 4-1 2 3-1 2 4 0 0 5 0 1 5 1 1 5 0 1 5-1 2 5 1 2 5-1 1 6 1 2 6 2 2 6 1 2 6-2
D2B 1 4-1 2 3-2 2 4 0 0 5 0 2 4-2 1 5 0 1 5-1 2 5 1 2 5-1 1 6 1 2 6 2 2 6 1 2 6-2
D2C 1 4-1 2 3-2 2 4 0 2 4-1 2 4-2 1 5 0 1 5-1 2 5 2 0 6 0 2 5-1 1 6 1 2 6 2 2 6-2
D3A 2 3 0 1 4 1 2 4 2 1 4-1 2 4 1 0 5 0 2 4-1 1 5 1 1 5 0 1 5-1 2 5 1 2 5-1 1 6 0
D3B 2 3-1 1 4 1 1 4 0 1 4-1 2 4 1 0 5 0 2 4-1 1 5 1 1 5 0 1 5-1 2 5 1 2 5-1 1 6 0
D3C 2 3-1 1 4 1 2 4 2 1 4-1 2 4 1 0 5 0 2 4-1 1 5 1 1 5 0 1 5-1 2 5 1 2 5-1 1 6 0
D4A 2 3 2 2 3 1 0 4 0 2 3-2 1 4 1 1 4-1 2 4 2 2 4 1 0 5 0 2 4-2 1 5 1 1 5-1 0 6 0
D4B 2 3 2 2 3 1 2 3-1 2 3-2 1 4 1 1 4-1 2 4 2 2 4 1 0 5 0 2 4-2 1 5 1 1 5-1 0 6 0
D5A 1 3 1 2 2-2 1 3-1 2 3 2 2 3 1 2 3-1 0 4 0 2 3-2 1 4 0 2 4 2 2 4 1 2 4 0 1 5 1
D6A 2 2 2 2 2 1 2 2-1 2 2-2 1 3 1 1 3 0 1 3-1 2 3 2 2 3 0 2 3-1 2 3-2 1 4 1 2 4 2
D7A 2 1-2 1 2-1 2 2 2 2 2 1 2 2 0 0 3 0 2 2-2 1 3 1 1 3 0 1 3-1 2 3 1 2 3 0 1 4 1
D7B 2 1-2 1 2-1 2 2 2 2 2 1 2 2 0 0 3 0 2 2-2 1 3 1 1 3-1 2 3 2 2 3 1 2 3 0 1 4 1
D8A 2 1 0 0 2 0 2 1-2 1 2 0 1 2-1 2 2 2 2 2 1 2 2 0 2 2-2 0 3 0 1 3 1 1 3 0 2 3 1

Table 3.Parameters of models determined by theχ2 minimalization.Nm is the total number of modes with̀≤ 2 within the frequency range
of modes detected in XX Pyx. The number decreases with mean density which explains increase of theχ2 minima. Note that the difference in
mean radial mode degree between consecutive groups is close to 0.5. Models used in Fig. 5 are marked with asterisks in the last column.

Model M/M� Vrot(ZAMS) Vrot log Teff log L ρ̄/ρ̄� χ2 Nm Σ(n + l/2)/13
D1A 1.9869 57.50 51.92 3.90533 1.2906 .16692 .006876 30 5.92
D1B 2.0181 61.82 55.92 3.91101 1.3175 .16717 .006217 29 5.92
D1C 2.0160 60.18 54.43 3.91063 1.3158 .16710 .006224 29 6.00
D1D 2.0266 59.38 53.69 3.91247 1.3249 .16708 .007508 29 6.00
D1E 2.0165 61.55 55.69 3.91072 1.3161 .16715 .006108 29 6.00 ∗
D1F 2.0260 60.59 54.79 3.91235 1.3243 .16711 .007646 29 6.00
D2A 1.9953 108.01 99.30 3.91241 1.2876 .18680 .008070 27 5.73 ∗
D2B 2.0477 110.35 101.56 3.92169 1.3320 .18681 .007450 26 5.62
D2C 2.0333 66.67 61.20 3.92056 1.3233 .18842 .007387 26 5.62
D3A 1.9122 95.00 88.65 3.90567 1.2064 .21608 .007856 24 5.23 ∗
D3B 1.9986 97.64 91.16 3.92154 1.2819 .21614 .007181 23 5.23
D3C 1.9972 95.40 89.09 3.92132 1.2809 .21605 .007530 23 5.23
D4A 1.8722 66.67 63.00 3.90611 1.1635 .24711 .019895 20 4.77
D4B 1.8782 67.27 63.60 3.90723 1.1688 .24732 .020005 20 4.77 ∗
D5A 1.8367 81.32 78.62 3.90907 1.1149 .29872 .036899 19 4.23 ∗
D6A 1.8527 60.28 59.07 3.92234 1.1148 .36149 .045757 18 3.69
D7A 1.7556 75.00 74.63 3.90944 1.0074 .41550 .050614 17 3.27
D7B 1.7562 74.13 73.72 3.90933 1.0086 .41368 .048300 17 3.31
D8A 1.7500 61.11 61.17 3.91500 0.9819 .48689 .061828 18 2.85

In Fig. 5 the frequencies determined for XX Pyx are com-
pared with frequencies of low degree modes in selected models.
These are not all acceptable but they cover the whole range. The
common pattern of the model frequency spectra is the large de-
parture from the equidistant pattern of the rotational splitting.
This is particularly well seen in the case of the` = 1 triplets.

One may see that with the increasing radial order the triplet be-
comes more and more asymmetric, so that the prograde mode
m = −1 almost overlap the centroid modem = 0 at the high
frequency end. There is a near equidistant separation between
the consecutive centroid modes at each` in most of the cases.
The exception is the low frequency part of the` = 2 spectrum
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Fig. 5. Comparison of the XX Pyx frequencies (vertical lines) with
model frequencies (symbols) for` = 0 (top row), ` = 1 (middle
row), ` = 2 (bottom row). The encircled symbols denote the modes
identified with those excited in the star. Small open circles denote the
stable modes (always very close to instabilityη ≈ 0. Positions of
the selected models in the H–R diagram are denoted with asterisks in
Fig. 4. In Tables 2 and 3 these models (from top to bottom) are denoted
as D1E, D2A, D3A, D4B, and D5A.

in all, but the lowest mass models. Here we see the effect of
avoided crossingbetween two multiplets. Modes in this range
have mixed (p– and g–) character. Their frequencies are sen-
sitive to the structure of the deep interior and therefore these
modes are of special interest for seismic sounding.

5.5. Fitting 12 modes

Naturally, if we demand fitting for only 12 of the measured
frequencies we may attain significantly lower values ofχ2. To
estimate the effect we looked for the minimum ofχ2 considering
all possible choices of 12 modes for each model. As expected,
the general patterns of theχ2 dependence on̄ρ/ρ̄� were found

very much like those in Fig. 3. In particular, the dips occured at
the same locations. For the same set of models the absolute min-
imum of χ2 (0.00254) was reached at dip 3 (ρ̄/ρ̄� = 0.216).
The minimum value was nearly three times smaller than the
absolute minimum in the previous 13-mode case. The implied
mean frequency mismatch of 0.05 c/d is close to the estimated
uncertainty in calculated frequencies. It is, thus, clear that im-
provement on the side of theory is needed before we will be
able to produce a credible seismic model for this star. In the
next section we discuss two most needed improvements.

6. Problems

One important effect in the treatment of rotational frequency
perturbation which we did not include so far in our calcula-
tion was the near–degeneracy of certain modes which may be
coupled by rotation. The effect is discussed in details by Soufi
et al. (1997). Here we will present selected results for our model
D3A.

Uniform (more generally, spherical) rotation couples modes
if their azimuthal numbers (m) are the same and their degrees
(`) are the same or differ by 2. If the frequency difference be-
tween the two (or more) coupled modes is of the order of the
rotation frequency one has to use the version of the peturbation
formalism appropriate for the case of degeneracy i.e. to consider
as a zeroth order basis a linear combination of the nearly degen-
erate modes. The relative contributions of the components are
determined from the second order (inΩ) perturbation equations.

In application to XX Pyx a systematic near–degeneracy oc-
curs between thè = 0 and 2 modes and between the` = 1
and 3 modes. In the latter case, for each multiplet we have three
coupled modes corresponding tom = −1, 0, 1. These near–
degeneracies follow from rather high values ofn and, hence,
approximate validity of the p–mode asymptotics. We also con-
sidered coupling involving three modes, e.g.` = 0, 2, 4 or
` = 0, 2, 2, in the case of avoided crossing. In none of the cases
considered the inclusion of the third mode was essential.

Model D3A and its oscillation frequencies were obtained
by means of interpolation described in the previous section. In
order to evaluate the effect of the degeneracy we had to recal-
culate the model and its frequencies. A comparison of the two
upper panels of Fig. 6 clearly shows that the grid of models was
not sufficiently dense. The differences between interpolated and
calculated frequencies are easily seen, especially for the` = 2
modes near the avoided crossing. This inadequacy of our grid
is not essential at this stage but must be kept in mind in more
advanced efforts. In the top panel one may see how the fit is im-
proved if the` = 2 identification forf7 = 34.7 c/d is replaced
with the ` = 3. The value ofχ2 is then lowered by some 30
%. No fit improvement is achieved by allowing the` = 3 iden-
tification for another poorly fit frequencyf10 = 29.6 c/d. One
may see, however, in the mid panel that the situation changes if
instead of the interpolated frequencies one uses the calculated
ones.

A comparison of the mid and bottom panels shows the effect
of the coupling between nearly degenerate modes. The effect is
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Fig. 6. Effects of inadequate grid density and near degeneracy shown
for one of the best models (D3A). The upper panel shows interpolated
frequencies which are the same (except that` = 3 modes are added)
as in the mid panel in Fig. 5. The mid panel here shows frequencies of
the same modes for the recalculated model. Frequencies of the modes
coupled by rotation are connected with dashed lines. The resulting
frequencies of these modes are shown in the lower panel.

best seen in the case of` = 2 and 0 modes. The frequency dis-
tance between the modes increases when the coupling is taken
into account. In Table 4 we give the values of the frequency shifts
(δf ) caused by the mode coupling as well as the amplitudes of
the spherical harmonic components (Alow is corresponding to
` = 0 or 1 andAhigh is corresponding tò = 2 or 3). One may
see that the mutual contamination of the` = 0 and 2 compo-
nents is quite strong. This is bad news for prospects of mode
discrimination by means of two–color photometry because such
contaminated modes may appear in theamplitude ratio – phase
differencediagrams (Watson 1988, Garrido et al. 1990) in the
` = 0, 1 or 2 domains depending on the inclination of the ro-
tation axis. Fortunately, modes withm /= 0 are not affected.
The mutual contamination is also significant for the` = 1 and
3 pairs. In all the cases the nominal` = 3 modes will be most
likely observable through their̀= 1 contaminations.

7. Discussion

Clearly, we have not succeeded in constructing the seismic
model of XX Pyx. Models regarded as plausible, such as those
in Fig. 5, do not reproduce the frequencies within the observa-
tional errors. In fact, we are quite far from the10−3 − 10−2

c/d error range seen in Table 1. The departures from the fit for
some of the identifications are in fact easily visible in Fig. 5.
The problem proved more difficult than we have anticipated.
We believe that we learned something in the process and that

Table 4.Effects of coupling between nearly degenerate modes

fobs ` n m f0 δf Alow Ahigh

f6 0 4 0 26.832 0.139 0.923 -0.385
2 3 0 26.686 -0.139 0.761 0.649

f9 1 4 1 27.239 0.112 0.935 -0.356
3 3 1 26.720 -0.112 0.422 0.906

f5 1 4 -1 28.932 0.096 0.951 -0.308
3 3 -1 28.293 -0.096 0.374 0.927

f13 0 5 0 31.153 0.226 0.881 -0.474
2 4 0 30.678 -0.226 0.513 0.858

f14 1 5 1 31.923 0.153 0.915 -0.403
3 4 1 31.443 -0.153 0.481 0.877

f3 1 5 0 33.374 0.122 0.962 -0.275
3 4 0 32.302 -0.122 0.337 0.942

f11 1 5 -1 33.613 0.137 0.931 -0.365
3 4 -1 33.038 -0.137 0.441 0.897

f1 1 6 0 38.064 0.174 0.944 -0.329
3 5 0 36.988 -0.174 0.370 0.929

this knowledge should be shared with other groups undertaking
similar efforts.

Undoubtedly, an improvement of the fits could be accom-
plished by allowing adjustment of the chemical composition
parameters. The overshooting distance and parameters in the
radial dependence of rotation rate should also be regarded as
adjustable quantities. These degrees of freedom affect primar-
ily the positions of the mixed modes relative to pure p–modes.
In this application the mixed modes exist for` = 2 at the low
frequency end. Such modes extend to higher frequencies for
higher`’s. However, the freedom allows also a fine tuning of
the distances between pure p–modes. One could hope that there
is just one mode identification and one corresponding model
of the star for which the frequency fit within the measurement
errors is possible.

The reason why we cannot yet proceed this way is that our
treatment of rotation is not adequate. We used here a perturba-
tion theory which is accurate up to some 0.05 c/d, much worse
than the measurement accuracy. We are not yet sure that the
recently developed cubic theory (Soufi et al. 1997) would yield
a sufficient accuracy.

Observational determination of the` values for some of the
excited modes could significantly change the situation. Imag-
ine, for instance, that we find that the photometric data place the
f1 mode into thè = 0 domain of anamplitude ratio – phase
differencediagram (see Watson 1988, Garrido et al. 1990). We
may see in Table 1 that this mode has far the highest ampli-
tude and certainly it will be the first for which we will have
the required data. As we have discussed in Sect. 6, the possi-
bility that this is not à = 0 mode but rather à = 2, m = 0
mode must be considered. Fortunately, we do not see such an
identification forf1 in Table 2. Thus, we are left with only two
models, D4A and D4B, with very similar parameters and the
same identification for almost all modes excited in XX Pyx. We
could discriminate between the two if we knew` for f12 which
is the only mode with different identification. If, however, the
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f1 position in the diagram corresponds to an` = 1 domain, we
are less lucky. The possible models are not only six models with
` = 1 for f1 but also models D4A and D4B with̀= 0 because
radial modes contaminated with a` = 2 component may appear
in the ` = 1 domain. The ambiguity implies a wide range of
admissible model parameters.
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AB S TRACT

We report multisite observations devoted to the main-sequence d Scuti star XX Pyx,

conducted as the 17th run of the Delta Scuti Network. Over 125 nights a total of 550 h of

usable time-series photometric B- and V-filter data were acquired involving both photo-

electric and CCD measurements at eight observatories spread around the world, which

represents the most extensive single time-series for any pulsating star other than the Sun

obtained so far.

We describe our observations and reduction methods, and present the frequency analysis

of our new data. First, we detect six new pulsation and five new combination frequencies in

the star's light curves. We also discover evidence for amplitude and/or frequency variations

of some of the modes during the observations. These can occur on time-scales as short as

20 d and show quite diverse behaviour. To take them into account in the frequency analysis, a

so-called non-linear frequency analysis method was developed, allowing us to quantify the

temporal variability of the modes and to compensate for it. Following that we continue the

frequency search and we also incorporate published multisite observations. In this way, we

reveal three more pulsation and two more combination frequencies. In the end, we report a

total of 30 significant frequencies ± 22 of which correspond to independent pulsation modes.

This is the largest number of independent modes ever detected in the light curves of a d Scuti

star.
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The frequencies of the modes show preferred separations as already suggested by previous

work on this star; they are also arranged in clear patterns. These results lead to a refinement

of the stellar mean density � �r � 0:241^ 0:008 �r(� and to a new constraint on the rotation

rate of XX Pyx �nrot � 1:1^ 0:3 d21�: However, our attempts to identify the modes by

pattern recognition failed. Moreover, mode identification from multicolour photometry

failed as well because the high pulsation frequencies make this method unfavourable. The

diverse behaviour of the amplitude and frequency variations of some of the modes leaves

resonances as the only presently known possibility for their explanation.

Key words: techniques: photometric ± stars: individual: CD-24 7599 ± stars: individual:

XX Pyx ± stars: oscillations ± d Scuti.

1 INTRODUCTION

Asteroseismology is the study of the interior structure of

multiperiodically pulsating variable stars by identifying all the

observed pulsation modes and by reproducing the observed

frequency spectra via model calculations. With this method a good

understanding of the interior structure of the Sun and of pulsating

white dwarfs has been obtained. However, the application of

asteroseismological techniques to main-sequence pulsators other

than the Sun has proven to be difficult.

The most promising candidates for exploring the deep interior

of main sequence stars through asteroseismology are the d Scuti

stars. These are spectroscopically (mostly) normal A±F stars of

luminosity classes III±V; most of them are multiperiodic non-

radial pulsators. Regrettably, seismological studies of these

objects are not straightforward. The main problems are:

(i) Most of the excited pulsation modes have low photometric

amplitude; a large amount of data is required to detect them (e.g.

see Breger et al. 1999).

(ii) d Scuti stars are low radial order p- and g-mode pulsators;

asymptotic theory in general cannot be applied to decipher the

pulsation spectra.

(iii) Many well-observed d Scuti stars are in the phase of shell

hydrogen burning; theoretical frequency spectra of such evolved d

Scuti stars are very dense. It is therefore difficult to identify the

pulsation modes correctly as only a small percentage of unstable

modes is actually observed (Dziembowski & Krolikowska 1990).

(iv) Most multiperiodic d Scuti stars are fast rotators:

rotationally split multiplets may overlap in frequency and

second-order effects destroy equal frequency splittings (see

Templeton, Bradley & Guzik 2000 for an illustration). Differential

rotation would result in a further complication of the frequency

spectrum.

(v) Mode identification methods usually have different

sensitivities for different types of mode; they are therefore hard

to cross-calibrate. Their reliability is often questionable and

depends on the physical parameters of the target star (e.g. Balona

& Dziembowski, private communication).

One possible way to overcome all these difficulties is to select

stars with the simplest interior structure, slow rotation, and a large

number of excited and detectable pulsation modes for in-depth

studies. This idea is based on an examination of models of d Scuti

stars in the beginning of main-sequence evolution: the unstable

mode spectrum of such models only comprises p-modes and is

therefore relatively simple. If a sufficient number of these modes

is detected in a real star, and if several consecutive radial

overtones are excited, obvious patterns within the mode

frequencies should appear, even if rotationally split multiplets of

modes of different degree, `, overlap. These patterns will allow an

assignment of the pulsational quantum numbers ` and m to the

modes (if the star obeys the same physics as the models). This

method has been tested successfully (Handler 1998). Furthermore,

photometric colour information could be used to check these

mode identifications.

An ideal target for the application of this strategy is XX Pyx.

Using 220 h of measurement during two Whole Earth Telescope

(WET, Nather et al. 1990) campaigns, Handler et al. (1996, 1997)

detected 13 pulsation frequencies in the light curves; this

corresponds to approximately 40 per cent of the theoretically

predicted number of modes with ` # 2: For this low v sin i

(52 km s21) d Scuti star, Handler et al. (1997, hereafter HPO)

managed to obtain some initial seismological results despite the

lack of definite mode identifications: XX Pyx is a 1.85-M( star in

the first half of its main-sequence evolution. A first seismological

distance to a d Scuti star of 650^ 70 pc has been derived for this

object. Pamyatnykh et al. (1998) attempted to obtain a `best

seismic model' for the star, but they could not find even one model

that matched all the observed frequencies acceptably well. The

reason for this result was suspected to be due to deficiencies in the

model physics; the detection of more pulsation modes is hoped to

point towards the cause of the problem.

XX Pyx is just sufficiently evolved that it may have one (and

only one!) mode with g-mode properties in the interior excited.

This particular mode can be used to determine the star's interior

rotation rate and to measure the amount of convective core

overshooting (Dziembowski & Pamyatnykh 1991), because a

large fraction of this mode's kinetic energy originates from the

outer part of the convective core. The size of the overshooting

parameter is one of the most ill-determined quantities in stellar

model calculations: it is `found small if supposed small, large if

supposed large' (Renzini 1987). A determination of this parameter

is of crucial importance for the understanding of stellar structure

and evolution, in particular for modelling open cluster HR

diagrams (some people need convective overshooting to explain

them), solar and stellar activity (the underlying dynamo mechan-

ism) and, of course, stellar interiors.

Finally, XX Pyx has been reported to exhibit amplitude

variations on time scales as short as one month, as well as

frequency variability detectable over a few years (Handler et al.

1998, hereafter HPZ). This behaviour can make different sets of

normal modes detectable at different times. Then the combined
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ensemble of modes can be used for an asteroseismological

investigation. Such a strategy has been applied successfully

already (Bond et al. 1996, Kleinman et al. 1998).

For all the reasons stated above, we deemed it worthwhile to

devote a large observational effort to XX Pyx. A major multisite

campaign has therefore been organized by the Delta Scuti

Network (see Zima 1997); the initial results of that campaign

are the subject of this paper.

2 OBSERVATIONS

Our multisite photometry was carried out between 1998 January

15 and April 5; the total time-base of our data set is therefore 81 d.

We used 13 different telescope/detector combinations at nine

observatories suitably spread in geographic longitude, and we

obtained data during 125 clear nights at the different sites. We

utilized both charge-coupled devices (CCDs) and photomultipliers

(PMTs) as detectors, taking advantage of their different wave-

length sensitivities: CCD measurements were taken through the

Johnson (or Bessell) V filter whereas the PMT observations were

acquired through the Johnson B filter. A brief synopsis of our

measurements is given in Table 1, where PMT1 denotes a single-

channel photometer, PMT2 a two-channel photometer and PMT3

a three-channel photometer.

The photoelectric observations were taken as high-speed

photometric measurements, i.e. continuous 10-s integrations on

the target star were performed. Because of the faintness of XX

Pyx �V � 11:50mag� and its short periods, this is the observing

technique which promises the best results (see Handler 1995 for a

more detailed discussion) in the case of photoelectric observa-

tions. The integrations on the target star were only interrupted to

acquire measurements of sky background. If single-channel

photometers were employed, additional observations of a close

comparison star (SAO 176755) were obtained at hourly intervals.

For multi-channel photometers, the latter object served as a sky-

transparency monitor in Channel 2.

Our CCD measurements were obtained with a number of 512 �

512 and 1024 � 1024 chips, resulting in fields of view between

3� 3 and 11� 11 arcmin2. The telescopes were pointed to acquire

the maximum number of possible comparison stars on the frames,

and care was taken to minimize drifts of the images over the chip.

Integration times were chosen to yield one image every 60±120 s.

Bias and dark frames as well as sky or dome flat fields were also

taken every night (whenever possible).

3 REDUCTIONS

3.1 Initial CCD reductions; variable stars in the field

The reduction of the CCD frames was started by correcting for

bias and flat field using standard routines. For the SARA

observations, a correction for dark current was also useful. The

extraction of the stellar time series was mainly accomplished

using the momf package (Kjeldsen & Frandsen 1992), which

combines point spread function (PSF)-fitting and aperture

photometric techniques and gives excellent results. Under some

circumstances (e.g. slow image rotation during a run) this needed

to be supplemented by iraf aperture photometry. The momf

routines allow an easy choice of optimal aperture sizes, whereas

we followed Handler, Kanaan & Montgomery (1997) for

determining the best aperture radii for the iraf results. The

SAAO CCD measurements were analyzed using a modified

version of DoPhot; the results were compared to those obtained by

momf and found to be of similar quality.

We took special care in checking the constancy of the CCD

comparison stars; we found two new variable stars in the field. A

finding chart for those stars is given in Fig. 1. Variability of Star A

�V � 15:1; no identification found in the literature) was

discovered on the SAAO CCD frames. It varied sinusoidally

with a time-scale of about 20 d and an amplitude of about 0.1mag.

The new variable B (GSC 6589-0555, V � 14:5� showed slow

drifts of a few hundredths of a magnitude during the two nights of

observation from Wise Observatory. These light variations were

subsequently confirmed with the SARA data; the star was not

present on any of the other observatories' frames. We note that it

has a close companion which might affect the photometry, but this

is unlikely owing to the applied momf photometry algorithm and

because the magnitude changes were not correlated with seeing

variations. The light variations of GSC 6589-0555 are rather

complicated with a time-scale of about 20 h; no satisfactory

multifrequency solution could be found.

To pinpoint the nature of these two variables, classification

spectra were taken at the 1.9-m telescope of SAAO. Star A is of

mid-to-late K spectral type. This spectral classification is

corroborated by CCD colour photometry obtained at the SAAO

Table 1. Observing log of the 17th run of the Delta Scuti Network

Telescope Instrument Observer(s) Hours of measurement

McDonald 0.9-m PMT2 G. Handler, J. A. Guzik, T. E. Beach 104.7
McDonald 2.1-m PMT2 G. Handler 54.0
ESO 0.9-m Dutch CCD T. Arentoft, C. Sterken 102.2
SAAO 0.75-m PMT1 P. Martinez, F. Podmore, A. Habanyama, P. Meintjes, J. Brink 70.5
Siding Spring 0.6-m PMT1 R. R. Shobbrook 40.9
Siding Spring 1.0-m PMT1 R. R. Shobbrook 20.1
Perth 0.6-m PMT1 P. V. Birch, P. Crake, G. Lowe, T. Smith 57.2
SARA 0.9-m CCD M. A. Wood, T. Oswalt, C. F. Claver 54.9
SAAO 1.0-m CCD L. A. Crause, D. W. Kurtz 22.1
Wise 1.0-m CCD E. M. Leibowitz, P. A. Ibbetson 10.4
SAAO 1.0-m PMT1 R. Medupe 9.6
Kavalur 1.0-m PMT3 B. N. Ashoka, N. E. Raj 3.2
Itajuba 0.6-m CCD J. E. S. Costa 0

Total 549.8
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1.0-m telescope, which yielded V � 15:12^ 0:02; �B2 V� �

1:31^ 0:02; �V 2 Rc� � 0:72^ 0:04; and �V 2 Ic� � 1:40^
0.05. In accordance with the observed variability we think this

is most likely a spotted star. Star B has a spectral type of late A/

early F. It is therefore probably a variable star of the g Doradus

type. Needless to say, neither object was used as a comparison for

XX Pyx.

3.2 Initial PMT reductions; constancy of the comparison star

The photoelectric measurements were reduced in a very similar

way to that described by HPO (differences will be stated in what

follows), i.e. we made use of the time-series of SAO 176755 to

compensate for transparency variations or thin clouds (the latter

naturally only in the case of multichannel observations) whenever

necessary. This, of course, requires that this star be constant within

the detection limit of oscillations of XX Pyx.

Non-variability of SAO 176755 had already been demonstrated

for the new WET observations presented by HPO. However, the

present study is based on a considerably larger amount of data.

Therefore the expected noise level is much lower than previously,

and the constancy of SAO 176755 has to be evaluated again.

Another reason for doing so is that some variable stars can change

their amplitude of variability with time; as a result some stars may

appear constant at certain times, but variable at others.

We first considered the CCD photometry. Usable measurements

of SAO 176755 were obtained during the first 11 nights (50.4 h) of

SARA observation. On all the other frames the fields were either

too small to acquire the star or its images were partly saturated

(for obvious reasons the integration times were optimized for XX

Pyx and not for one of its potential comparison stars). We

computed an amplitude spectrum of these reduced data and found

no variations with an amplitude larger than 1mmag. Despite our

attempts to suppress image motion on the frames, we found a clear

1/f component in the amplitude spectrum. As this is also true for

the other comparison stars, we do not consider it to be intrinsic to

SAO 176755.

Our next step was to select the photoelectric multichannel data

which were taken under photometric conditions (25 nights from

McDonald Observatory) and to reduce the comparison star data.

We subtracted a polynomial or spline fit to the sky background,

removed bad points and corrected for extinction. We also

performed some low-frequency filtering of the data (as we will

do later for the programme star observations as well; we will

discuss this procedure further below) as we wanted to eliminate

possible PMT drifts and because we were only interested in

variability occurring on the same time-scale as the target star's

pulsations. We then filtered out the slow variations in the CCD

time-series, multiplied the resulting magnitudes by 1.32 (the

average theoretical B/V amplitude ratio for d Scuti-type pulsations

following Watson 1988), and merged it with the photoelectric light

curves after converting the times of measurement into Helio-

centric Julian Date (HJD). Then we calculated the amplitude

spectrum of the combined time-series comprising 143.1 h of

measurement, which is shown in Fig. 2.

There is no evidence for variability of SAO 176755 in Fig. 2

within the accuracy of our observations. We therefore conclude

that it can be used safely to correct the programme star time-series

if taken under non-perfect photometric conditions. Thus we were

able to proceed to the reduction of the variable star time series

obtained with PMTs. As before, we first corrected for sky

background, bad points and extinction. Whenever necessary, a

differential time series relative to SAO 176755 was constructed.

For multichannel photometers, this was done on a point-by-point

basis. However, boxcar smoothing of the Channel 2 data was

applied whenever possible so that as little additional noise as

possible was introduced in the light curves of XX Pyx; the width

of the smoothing function was chosen depending on the time-scale

on which transparency variations occurred. In the case of single-

channel photoelectric observations, low-order polynomials or

splines were fitted through the comparison star measurements and

the fits were subtracted from the target star observations.

Figure 2. Amplitude spectrum of the time series of the comparison star

SAO 176755 out to the Nyquist frequency. No variability with an

amplitude larger than 0.4mmag can be discerned; the distribution of the

peaks is compatible with noise. The sharp decrease in amplitude at

frequencies below <200mHz is due to low-frequency filtering. The

frequency ranges of interest for XX Pyx are indicated.

A

B

Figure 1. Finding chart for the new variables in the field of XX Pyx.

Coordinates (Epoch 2000.0) are: Star A: a : 08h58m34:s2, d : 224h33m52s;

Star B: a : 08h58m43:s7, d : 224h40m28s. The coordinates for star B are

from the Guide Star Catalogue and should therefore be accurate, whereas

the coordinates of star A were only roughly determined by us. North is on

top and east to the left, the field of view is approximately 8 � 8 arcmin2:
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3.3 Final reductions; low-frequency filtering

Because our primary goal is to detect as many pulsation

frequencies of XX Pyx as possible, we are interested in obtaining

the lowest possible noise level in the frequency range of interest.

However, low-frequency noise generated for example by residual

sky transparency variations, tube drift or image motion on the

CCD detector can increase the noise at higher frequencies due to

spectral leakage. Therefore, we decided to subject our time series

to low-frequency filtering. We are aware that this destroys

possible long-period stellar signals, but our combined data set is

so inhomogeneous that such signals are hardly to be trusted. This

had actually been a severe problem in the analysis of the first

multisite data on the star (Handler 1994). We must further note

that low-frequency filtering can be a dangerous procedure and has

therefore to be applied with great care. By no means do we want to

compromise the information supplied by the intrinsic variability of

the star.

We proceeded as follows: we calculated the HJD for the

preliminarily reduced light curves and combined the data for the

different filters. Then we performed a frequency analysis of these

data sets and removed a synthetic light curve consisting of all the

detected signals due to pulsation from the time-series. This gave

us a good indication of the frequency range excited in the star; we

found that pulsational variability of XX Pyx only occurs at

frequencies larger than 300mHz. Based on this result we decided

to filter out variations with frequencies less than 230mHz

(20 d21).

To accomplish this, we split the original and residual light

curves into those of the individual runs. We visually inspected

them and we calculated amplitude spectra of all these different

residual time series. Then we calculated synthetic light curve fits

to the residual data, by fitting straight lines and/or sinusoids with

all detected frequencies below 230mHz to these residuals and we

subtracted these synthesized low-frequency signals from the

corresponding original light curves.

As the last step, we summed the final PMT and CCD light

curves into 120-s bins to give all the observations equal weight

and to decrease the number of data points to a reasonable amount.

This time-series will be frequency-analysed in the next section.

We show some examples of our reduced light curves in Fig. 3.

These were obtained during the part of the campaign with the

highest duty cycle of the observations, but they are typical

concerning data quality; they are not our best light curves. We

refrain from showing all our data, as this would fill five journal

pages at a reasonable scale. We will do that, however, in a

publication to be submitted to the Journal of Astronomical Data,

where we will also make our reduced data (9139 B and 5415 V

measurements after binning) publicly available.

4 FREQUENCY ANALYSIS

4.1 Linear frequency analysis

Our frequency analysis was performed with an updated version of

the program period (Breger 1990). This package applies single-

frequency Fourier analysis and simultaneous multifrequency sine-

wave fitting. We extended it to be able to handle large data sets

with a rich frequency content.

We calculated the spectral window and amplitude spectra of our

data as well as amplitude spectra of residual light curves where the

previously identified periodicities were removed by means of a fit

consisting of simultaneously optimized frequencies, amplitudes

and phases. The frequencies were derived from the B filter data

(which have a better spectral window and span a larger time base)

and were kept fixed for the V filter observations to minimize

effects on the amplitudes and phases due to mutual influence of

the different signals.

All the parameters of our multifrequency fits are here assumed

to be constant over the duration of the data set. Therefore we call

this part of our frequency analysis linear. Results for the different

filters are plotted in Fig. 4.

After the detection of 13 frequencies we decided to combine the

residual B and V light curves; aliasing in the V filter data does not

allow a convincing representation of the results in this filter after

that point. We made use of these 13 frequencies to determine a

scale factor required to merge the B and V residuals. It must be

pointed out that different pulsation modes ought to have different

amplitude ratios in the two filters; this is a known tool for mode

discrimination. Therefore one should only merge such data as late

as possible during a frequency analysis, i.e. the error of the

determination of the amplitude ratio must considerably exceed its

intrinsic scatter to avoid the introduction of artefacts.

Consequently, we determined the amplitude ratios for all the 13

modes and we adopted the median of these ratios (which

amounted to 1.29) as the multiplication factor for the V filter

Figure 3. Some light curves obtained during the campaign. Diamonds: photoelectric SAAO data, plus signs: photoelectric McDonald observations, crosses:

CCD measurements from ESO, open circles: SARA CCD light curve
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residual light curves. We prefer the median over the mean to

minimize the effects of `outliers'. We then searched the combined

data for further periodicities and display the result in Fig. 5. The

frequencies derived at this step were determined from optimizing

the fit for the combined residual data set, but they were kept fixed

for the following determination of the amplitudes in the different

filters for the same reason as explained before.

We need to clarify the steps of the frequency analysis presented

in Fig. 5. In the combined residual data set (after removal of the

contribution of 13 periodicities) we first tried to identify

frequencies which were already detected by HPO, but not yet

found in the present data set. These frequencies are labeled with

arrows together with their identification in the upper half of the

second panel of Fig. 5. All of them are present, however with

small amplitude.

In the lower half of the second panel of Fig. 5 we show the

residual amplitude spectrum after removing 17 periodicities. We

can detect two more pulsation frequencies (again denoted with

arrows and their identifications), and we indicate two further

peaks with arrows close to them.

These two peaks and the peak labelled f18 in Fig. 4 have

something in common: they are very close (within 0.5mHz) to the

pulsation frequencies f1, f2 and f4. They are, however, fully

resolved. The two unlabelled arrows in Fig. 5 actually denote the

exact frequencies of f2 and f4. These close peaks are reason for

concern as will be explained below; we stop the search for

pulsation frequencies by means of linear frequency analysis at this

point. We just add that the highest peaks believed to be noise in

this frequency range have an amplitude of about 0.5mmag.

However, we can still search for the presence of combination

frequencies in our data.1 Some have already been detected by

Handler et al. (1996), but only one 2f-harmonic was significant.

Because of our large new data set we can hope to increase the

number of confirmed combination frequencies. Of course, the data

reduction techniques applied only allow us to look for frequency

sums; the frequency differences lie in the low-frequency range

where we have previously filtered the data.

The lowest panel of Fig. 5 presents the frequency spectrum of

XX Pyx in the range where combination frequencies are to be

expected. In the upper half of this panel three peaks stand out; they

all correspond to combination frequencies. After including the

signals due to these frequencies in the light curve solution, the

three next highest peaks can also be identified with combination

frequencies (lower half of the lowest panel of Fig. 5). We note that

a residual amplitude spectrum after adopting these three further

signals exhibits more peaks whose frequencies coincide with

combinations of pulsation frequencies but their amplitudes are

comparable to those of the highest noise peaks (<0.18mmag) in

the corresponding frequency domain. We therefore refrain from

taking them into account.

At this point we find it useful to summarize our preliminary

results from the linear frequency analysis and we do so in Table 2.

To give an impression of the accuracy of these values, we also quote

formal linear least-squares error sizes on our frequencies and

amplitudes using the formulae of Montgomery & O'Donoghue

(1999). These error bars should only be taken as a rough guide and

are certainly underestimates, as will become clear in Section 4.3.

Figure 4. Spectral window and amplitude spectra of our B (left-hand side) and V (right-hand side) light curves and the results of removing three, seven and

ten simultaneously optimized frequencies. The signals taken out from one panel to the next are labeled; the numbering is consistent with that used by HPO.

Frequencies already known are f1±f14, all peaks with higher indices correspond to new modes which are now at higher amplitude due to the star's well-known

amplitude variations. For reasons of presentation we stop this analysis after the detection of 13 frequencies.

1This will provide us with an important clue used in the following

analysis and in the interpretation of our results.
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4.2 Why go non-linear?

The main goal of our frequency analysis is to detect as many

intrinsic pulsation frequencies of XX Pyx as possible. However,

based on a simple numerical simulation we suspect that we have

not yet exploited the full frequency content of our data: we

calculated amplitude spectra of data consisting of white noise

only, with the same standard deviation, number of data points and

time distribution as the real data and `reduced' them in the same

way as the original measurements; the resulting noise level was

about a third of that of the observations, suggesting that further

signals could be present in the data.

As has been pointed out in the Introduction, XX Pyx is known

to exhibit detectable amplitude variations on time-scales as short

as a month (HPZ). Our data set spans almost three months.

Therefore it can be suspected that these peaks close to several of

the stronger modes could be caused by intrinsic amplitude (and

possibly frequency) variations during the observations.2 Prelimin-

ary tests showed that this is indeed the case and we must conclude

that classical frequency analysis methods such as applied in

Section 4.1 are not adequate for the present data set. To reach

our goal of detecting the maximum number of intrinsic pulsation

frequencies and to examine the suspected amplitude and/or

frequency variations during the observations, the latter have to

be quantified; we need to perform a non-linear frequency

analysis.

Before starting with this procedure, we turn to the discussion of

those close peaks appearing in the vicinity of the pulsation

frequencies f1, f2 and f4. We have labelled one of them as f18 and

included it in our linear frequency solution, but we have not yet

explained why.

We have reason to believe that this is an independent pulsation

mode. f18 is very close to the mode f1; the latter is the only

independent pulsation mode for which a 2f harmonic is reliably

detected (we called it f8). This harmonic is just the mathematical

result of the non-sinusoidal pulse shape of f1. Yet we also found a

peak very close to this harmonic ± f23 ± which is the sum

frequency of f1 and f18 (see Table 2). If f18 were an artefact which

describes an amplitude and/or frequency variation of f1, the

harmonic of f1 would be modulated in exactly the same way;

therefore the presence of f23 would be expected. However, in this

case the amplitude ratio of f1/f18 and f8/f23 must then be the same.

These amplitude ratios and their error sizes amount to 7:72^ 0:39
for f1/f18 and 1:36^ 0:38 for f8/f23 and are therefore significantly

different from each other. We note, however, that this argument is

only valid under the assumption that the pulse shape of f1 does not

vary when this mode changes its amplitude. HPZ have shown that

this assumption is justified.

Regrettably, we cannot use similar arguments for all the other

peaks appearing close to those corresponding to the dominating

pulsation modes, because f1 is the only mode with a detectable

Table 2. Results of the linear multifrequency solution for XX Pyx derived
from the Delta Scuti Network measurements acquired in 1998. Formal
frequency error estimates range from ^0.0004mHz for the strongest
modes to ^0.02mHz for the weakest combination frequencies; the formal
errors in amplitude are ^0.055mmag for B and ^0.054mmag for V.

ID Freq. Freq. B ampl. V ampl.
(mHz) (d21) (mmag) (mmag)

f1 441.085 38.1098 7.80 6.53
f2 416.813 36.0126 7.69 6.49
f3 387.009 33.4376 5.88 4.56
f4 363.424 31.3998 1.94 1.99
f5 335.621 28.9977 0.27 0.45
f6 312.624 27.0107 2.08 1.22
f7 401.188 34.6626 2.43 1.99
f 8 � 2f 1 882.171 76.2196 0.30 0.20
f9 315.494 27.2587 0.55 0.35
f10 342.779 29.6161 1.53 1.00
f11 389.271 33.6330 0.44 0.49
f12 332.178 28.7002 2.06 1.32
f13 361.143 31.2028 0.91 0.72
f14 369.207 31.8995 0.64 0.17
f15 398.166 34.4016 2.15 1.83
f16 418.248 36.1366 1.54 0.75
f17 420.446 36.3265 1.15 0.77
f18 440.571 38.0653 1.01 0.72
f19 313.678 27.1018 0.58 0.51
f20 422.322 36.4887 0.77 0.35
f 21 � f 1 � f 2 857.898 74.1224 0.26 0.22
f 22 � f 1 � f 3 828.095 71.5474 0.26 0.20
f 23 � f 1 � f 18 881.656 76.1751 0.21 0.23
f 24 � f 2 � f 3 803.822 69.4502 0.20 0.18
f 25 � f 11 � f 15 or f 14 � f 16 787.437 68.0345 0.22 0.18

Figure 5. Spectral window and amplitude spectra of our combined B and V

data for both pulsation as well as combination frequencies. The train of

thought in this part of the analysis and the meaning of the indicated peaks

are explained in the text.

2Another reason for the appearance of such close peaks would be

mismatches in the filter passbands between the different

observatories, generating apparent amplitude modulations. Esti-

mates of the size of such effects (Handler 1998) showed however

that they would not be noticeable in the amplitude spectra.
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harmonic. To be conservative, we will therefore not consider these

close peaks to be caused by possible pulsation modes.

Having set the stage this way, we can now start with our non-

linear frequency analysis. This is of course a very delicate

procedure and has, to our knowledge, never been attempted before

in a similar way. Consequently, we will proceed as carefully as

possible, describing our analysis as comprehensively as possible.

We will also provide discussions or justifications of our decisions

whenever deemed necessary.

4.3 Non-linear frequency analysis

To start our analysis, we first needed to isolate the light variations

of the mode whose amplitude and/or phase variations were to be

characterized. Therefore, we fitted the complete linear frequency

solution to all the data, determined all the frequencies, amplitudes

and phases and stored them. For each frequency under considera-

tion, we then calculated a synthetic light curve from this solution,

leaving out the parameters of the signal in question. This serves to

minimize the effects of mutual influence of the frequencies as

opposed to calculating an optimized �n2 1�-frequency fit to the

data. Our fit was subtracted from the data, leaving them with only

the light variation due to this single mode plus noise (plus possible

further periodic signals). This was done for all the 19 pulsation

modes detected so far and we will call the resulting data sets

`single-mode data sets' in what follows.

We note that this fit was calculated for the combined B plus

scaled V data set (again a median amplitude ratio of 1.29 was

adopted). In this way we gained a better time-distribution of the

data at the expense of increasing the uncertainty in amplitude

determination; the latter is easier to take into account and we will

attempt to do so later.

We then had to split the data sets into suitable subsets for

examining amplitude and phase stability. The optimal solution

would be to have as many subsets as possible, and all of these

should have good spectral window functions in order to suppress

the influence of other modes on the one under scrutiny. With real

data this cannot always be achieved. Consequently, we attempted

to partition the data as optimally as possible; for sections of data

where we could not obtain a very clean spectral window we

increased the time-base. We ended up with 19 non-overlapping

subsets of data containing between 367 and 1152 points and

spanning between 1.28 and 4.85 d. In other words, we had at least

13 cycles of any mode in each subset of data available.

Continuing the analysis, we took all the single-mode data sets,

fitted the corresponding frequencies again and optimized them.

Then we fixed the frequency and determined the corresponding

amplitude and phase, as well as the error estimates for those

quantities (following Montgomery & O'Donoghue 1999; actual

Figure 6. Amplitude and frequency variations of the three most unsteady modes. The adopted fit to compensate for them is superposed.

Figure 7. Temporal behaviour of all the other modes which were classified as having variable amplitudes. For comparison, the result for one mode with

constant amplitude (f18) is also displayed; the correspondingly adopted fits are shown as well.
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values will be shown in Figs. 6 and 7), in all the 19 subsets. The

temporal behaviour of the amplitudes and phases of the different

modes was investigated for variability.

We noticed that several modes seemed to show amplitude and

phase variations, which prompted us to seek criteria to distinguish

modes which were variable in time. However, this could not be

done in a generally applicable way. First of all, we noticed that our

errors were not random. Comparing the rms scatter of the ampli-

tudes and phases determined for all the modes in all the subsets

with the mean of the standard errors we derived before, we found

that the real scatter was a factor of 2 or more higher than the mean

of the formal error estimates.3 The latter has also been recognized

by Koen (1999) in his analysis of high-speed photometry.

Furthermore, the behaviour of the amplitudes in time was quite

different from mode to mode: some seemed to be linearly

increasing or decreasing, some exhibited apparent cyclical

variations, and some showed combinations of the features

described above. Finally, the error in phase does, of course,

depend on the amplitude itself. Because of all this, distinguishing

between variability and constancy is not straightforward; we

decided to rely upon common sense and experience. In other

words: our results will reflect personal bias.

After having classified the amplitude or phase behaviour of the

modes initially as:

(i) variable in amplitude and phase;

(ii) variable in amplitude only;

(iii) constant;

we modified the fitting procedure. We first note that we did not

find a mode which was variable in phase only, but this could be

serendipity. Another result of this first examination was that

allowing for phase variability of low-amplitude (,1.5mmag)

modes is not useful; the phases of such modes are too weakly

constrained. Therefore any apparent variability is doubtful.

The modification of the fitting procedure consisted of leaving

phase as a free parameter only for those modes where definite

phase variations were detected. For all the other modes we fixed

the phase and, if the mode was found to be constant in amplitude

as well, also the amplitude. This decreases the number of free

parameters in the fitting procedure and was intended to avoid

generating artefacts. For example, the calculated amplitudes of

weak modes tend to become systematically too large when

allowing their phases to be free parameters, exposing the analysis

to the danger of overcompensating for their contributions.

The resulting diagrams of amplitude and phase versus time

were then fitted according to which kind of variability these

parameters exhibited. Besides the diverse behaviour of the

amplitudes described above, cyclical phase variations were also

detected for some of the stronger modes. Consequently, we

constructed synthetic light curves for all the different modes

according to their behaviour, i.e. we generated sinusoids whose

amplitudes and phases varied in time correspondingly.

This is, of course, not yet the best solution. We already

mentioned the potential danger of mutual influence of the

pulsation modes. Hence we decided to apply our non-linear

frequency analysis iteratively. Therefore, we again calculated

synthetic light curves, including the preliminary results from the

nonlinear frequency analysis for the construction of the single-

mode data sets. We then repeated the procedure of searching for

and classifying the temporal variability, fitting these data with as

few free parameters as possible and finally constructing synthetic

light curves for the individual modes. After this iteration, the

scatter in the amplitudes and phases for the different subsets of

data decreased, indicating convergence and thereby justifying the

iteration.

At this point we can finally display the results of our analysis.

Our final classifications of the amplitude and phase variability of

the modes are summarized in Table 3; the determined amplitude

and phase variations are displayed in Figs 6 and 7. We point out

that the terms we use to describe the amplitude and frequency

variations correspond to the functions we fitted to compensate for

them; their intrinsic shape might well be different. We stress again

that our main aim in constructing the fits was to suppress spurious

peaks in the amplitude spectrum due to the temporal variability of

some modes. We seek no physical justification for the types of the

fits; some might be more suggestive, some less.

Still, we found it useful to derive some formal assessment for

our choices of the fits. We evaluated our solutions by means of the

Bayes Information Criterion (BIC)

BIC �
p logN

N
� log s2;

where p is the number of free parameters of a model fitted to data,

N the number of data points and s the standard deviation of the

residuals. The BIC means that for every free parameter introduced

into the fitted model the standard deviation of the residuals should

be decreased by a certain amount; the goal of testing models with

the BIC is to minimize the latter. In the present case �N � 19� the

rms residuals must decrease by 8 per cent for each new free

parameter to be accepted.

We tested several models with the BIC for each mode: constant

amplitude/phase �p � 1�; linearly changing amplitude �p � 2; a

Table 3. Amplitude and phase variations of some
pulsation modes of XX Pyx during the 1998
observations; in case of cyclical variability an
approximate time scale is given. Only variable
modes are listed.

ID Amplitude variability Phase variability

f2 Linear and cyclical (25 d) Cyclical (25 d)
f3 Cyclical (25 d) Cyclical (25 d)
f4 Cyclical (70 d) Cyclical (25 d)
f6 Cyclical (22 d) ±
f7 Cyclical (20 d) ±
f12 Cyclical (35 d) ±
f15 Linear ±
f17 Linear ±

3This is probably partly due to mutual influence of the different

modes; we performed simulations by generating multiperiodic

synthetic light curves sampled the same way as the observations,

using the frequencies from the linear solution, constant amplitudes

and phases of the component signals, convolved with Gaussian

noise and analysing them just as the real data. We found some

small systematic trends in the reconstructed amplitude and phase

behaviour over time. Another source of systematic error would be

the presence of further pulsation modes or of residual transparency

variations in our data. To examine the contribution of the latter, we

compared the rms scatter of amplitude determinations of subsets

of our comparison star data with the mean of the formal errors

thereof. We found that the `real' errors were about 50 per cent

larger than the formal values. All these effects together can

therefore explain at least a large fraction of the discrepancy

between the observed and formal errors.
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linearly changing phase would of course mean the chosen

frequency is incorrect) and sinusoidal amplitude/phase modulation

�p � 4�: The results of these tests supported our selections of the

employed fits in every case; we were actually more conservative

than the BIC would be. We note that the amplitude variations of f2
were fitted with a higher-order model (sinusoid plus two straight

lines, p � 6�: The BIC also confirmed this choice.

Having quantified the amplitude and phase variations of the

modes this way, we can now apply our non-linear multifrequency

fit to the data. However, this again requires caution. The scale

factor we applied to the V filter data is, as mentioned previously,

not expected to be the same for all the modes. In addition to the

dependence of the amplitude ratio on the type of the pulsation

mode, the amplitude variations also have an effect, as our B and V

filter data are mostly not simultaneous and therefore sample

different phases of the amplitude variations of different modes.

Before our nonlinear frequency analysis this was an unknown

factor and could not possibly have been taken into account; at this

point it can (at least to first order). On the other hand, deviations

of the originally adopted scale factor from its `real' value would

only generate noticeable results for the three strongest modes: our

previous detection level was around 0.5mmag. Therefore, even a

large difference (say, 10 per cent) from the real amplitude ratio

would only generate noise peaks much smaller than this detection

level for the weaker modes.

Consequently, we split the full non-linear synthetic light curve

into two subsets corresponding to the original B and V data. Then

we performed a linear frequency analysis on these data as

described in Section 4.1, adopting the exact frequencies

determined there. We stopped at the point where the B and V

residuals were originally merged. Then we compared the

amplitude ratios between the results in Table 2 and those for the

non-linear solution in each filter for each mode and determined

scale factors for each of the three strongest modes separately.

These were applied to the fits for the corresponding mode, and

the resulting synthetic light curves were added together and

adopted as our final non-linear multifrequency fits. These were

subtracted from the observed light curves in each filter. The

residuals were again combined with a scale factor of 1.29 for the V

filter data and subjected to additional linear frequency analysis.

Before presenting these results, we will however reconsider the

published observations of XX Pyx.

4.4 Reanalysis of the 1992 and 1994 data

As already mentioned in the Introduction, amplitude variations of

pulsating stars can serve to detect more modes over time than

would be possible with one data set obtained in a short period of

time only. XX Pyx was initially observed during two WET runs.

The analysis of these observations (HPO) resulted in 13 pulsation

frequencies, but also suggested that more modes are likely to be

excited in the star. Obviously, some of these suspected further

modes might already have been detected in the present data set,

and one can hope that by including the corresponding frequencies

in a reanalysis of the older data, some more modes which have

amplitudes too low to be detected in the new data can be revealed

in the WET observations because of the consequently decreased

noise level.

Therefore we re-reduced the WET observations in accordance

with the procedure outlined in Section 3.3, subtracted the

multifrequency solution by HPO from these data and searched

the residual amplitude spectra for new modes. We display the

result in Fig. 8.

Indeed, in the 1992 data, the new mode f15 clearly detected in

this study is obviously present. After removing this signal from the

data, a completely new mode f26 dominates the residual amplitude

spectrum. This peak has already been discussed by HPO and it

barely escaped detection then. Now we have no doubt it is

intrinsic to XX Pyx as it is also present (but not detected) in the

1998 data. We note that the combination frequencies f21 and f22
are also present in this data set (see Handler et al. 1996 for a

graphical representation) and can now be included as well.

The lower panel of Fig. 8 shows the residual amplitude

spectrum of the WET measurements in 1994. Here we can only

detect f17 in addition, but no further peaks can seriously be

claimed as being due to pulsation modes in this data set alone. It

should be noted that the 1994 WET data do not have a very good

spectral window. Therefore some modes may have artificially

decreased amplitudes there because of spectral leakage of

prominent neighbours which were prewhitened. Finally, we

would like to comment that the time bases of individual WET

runs on XX Pyx are smaller than any time scale of amplitude or

frequency variations we discovered in the new DSN data. Hence

they should hardly affect the frequency analysis of the 1992 and

1994 measurements.

4.5 Frequency analysis of the combined residuals

As the last step of our frequency search, we put all the residual

data together and we looked for possible further frequencies in the

combined data set. Of course, it would perhaps be more correct to

merge all the original data, then perform a frequency analysis on

this data set with fixed-frequency solutions allowing for variable

amplitudes and phases and to examine the resulting residuals.

However, because of the nature of the amplitude and frequency

variations already discovered and because of the large gaps in the

combined data set, this would lead to severe complications in the

analysis. In addition, we would need to combine the B and scaled

V data beforehand, which have different amplitude ratios and

which could also show phase shifts relative to each other. We are

therefore afraid that such an approach would generate more

Figure 8. Amplitude spectra of the residuals of the 1992 and 1994 WET

observations after prewhitening the frequency solution determined by

HPO. In the 1992 data, the new mode f15 found in this study is present, and

a completely new mode (f26) is also revealed. In the 1994 data, our new

mode f17 can be detected. No other new modes could be found in these

smaller data sets.
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artefacts than everything else and refrain from it. Instead, we just

examine the combined residuals consisting of the data from each

campaign pre-whitened separately. This could suppress possible

intrinsic peaks, which can then not be detected, but it is definitely

the safer modus operandi.

Fig. 9 shows the results of the analysis of the combined

residuals. In its upper panel, the detection of two more frequencies

of pulsation is presented. We note that peaks at these frequencies

are present (often prominently) in the residuals of each of the

1992, 1994 and 1998 data sets. In the lower panel of Fig. 9, the

two highest peaks in the domain of combination frequencies occur

at sums of known mode frequencies; the frequency of peak f29 can

be identified with f 1 � f 6; whereas f30 is consistent with three

frequency combinations: f 3 � f 28 or f 13 � f 16 or 2f11. We cannot

judge which of the identifications is correct.

4.6 Frequency content of the light curves of XX Pyx and

significance of mode detection

Until now, we did not attempt to prove that the frequencies

claimed by us represent significant detections. This was inten-

tional, because different modes were found in different data sets,

for which different circumstances apply and separate discussions

might hence have generated confusion. We now consider this

altogether.

The most widespread (and in our view most useful) criterion to

assess the significance of detections in frequency analyses was

proposed by Breger et al. (1993), which adopts an amplitude

signal-to-noise ratio of 4 as the limit for a reliable detection. We

refer to the aforementioned paper and to Handler et al. (1996) for

discussions of this criterion and for prescriptions for its use. Later,

Breger et al. (1999) suggested that a somewhat lower signal-to-

noise ratio of 3.5 would serve as a good gauge for the reality of

combination peaks as these must occur at predictable frequencies.

So far, these criteria have never led to spurious answers and we

will therefore adopt them for our analysis as well.

We calculated the amplitudes of all the modes and combination

signals for the data sets in which the detections were reported in

this paper. Then we determined the noise level following Handler

et al. (1996) and calculated the resulting signal-to-noise ratios for

all the peaks. The outcome is summarized in Table 4.

As one can see from this table, all the new frequencies

correspond to certain detections according to the criterion used,

although we caution that the combination peak with S=N � 3:5
only reached this value after rounding.

We find it useful to comment on the problem of mode detection

a little further. Because we are investigating a very large data set,

one could suspect that noise peaks can rather easily exceed our

adopted S/N threshold. Scargle (1982) inferred a so-called false

alarm probability criterion on which the reliability of frequency

detection can be judged. It has however been pointed out by

various authors (e.g. Martinez 1989) that this criterion gives

overoptimistic results. The results are also quite dependent on the

time-distribution of the data (Horne & Baliunas 1986). Because of

all this, a comparison using the formal methods developed in the

original papers does not seem useful.

We decided to do the following: we considered a hypothetical

signal which is present in the 1998 data set with a S/N of exactly

4.0. To derive the false alarm probability of such a detection, we

generated 300 data sets consisting of our residual data, but

shuffled in time (investigating the combined data set of all

campaigns would require an impracticably large amount of

Table 4. The frequency content of XX Pyx from the
combined analysis of the 1992±1998 multisite obser-
vations. The quoted amplitudes and signal-to-noise
ratios correspond to different data sets, namely those
where the amplitudes of the modes were determined for
the S/N calculation: 98B means the B amplitude of the
1998 data, 98C denotes amplitudes in the combined
1998 B and V data set, 92 labels the 1992 WET data
(mode detection in hindsight) and 929498 is the data
set consisting of the combined residuals of all the
multisite observations. Entries in the columns for
amplitude and S/N labelled with colons correspond to
modes which are variable in amplitude. The modes f5
and f14 are not significant here, but they were clear
detections by HPO.

ID Freq. Freq. Ampl. S/N Data set
(mHz) (d21) (mmag)

f1 441.09 38.110 7.80 65.3 98B
f2 416.81 36.013 7.7: 61: 98B
f3 387.01 33.438 5.9: 46: 98B
f4 363.42 31.400 1.9: 15: 98B
f5 335.63 28.998 0.35 2.9 98C
f6 312.63 27.011 2.1: 18: 98B
f7 401.18 34.662 2.4: 19: 98B
f8 882.16 76.219 0.27 4.9 98C
f9 315.50 27.259 0.51 4.3 98C
f10 342.78 29.616 1.53 12.2 98B
f11 389.28 33.634 0.52 4.0 98C
f12 332.18 28.700 2.1: 17: 98B
f13 361.14 31.203 0.91 7.1 98B
f14 369.21 31.900 0.45 3.3 98C
f15 398.17 34.402 2.2: 17: 98B
f16 418.25 36.137 1.54 12.4 98B
f17 420.45 36.327 1.2: 10: 98B
f18 440.57 38.065 1.01 8.7 98B
f19 313.67 27.101 0.59 4.7 98C
f20 422.32 36.489 0.63 5.1 98C
f21 857.91 74.123 0.27 4.7 98C
f22 828.12 71.549 0.26 4.4 98C
f23 881.52 76.163 0.24 4.3 98C
f24 803.83 69.451 0.21 3.6 98C
f25 787.37 68.029 0.21 3.5 98C
f26 341.07 29.468 0.87 4.1 92
f27 419.50 36.245 0.47 4.5 929498
f28 391.20 33.799 0.44 4.2 929498
f29 753.32 65.087 0.19 3.7 929498
f30 779.03 67.308 0.19 3.6 929498

Figure 9. Upper panel: amplitude spectra of the residuals of all three

multisite campaigns. Two further pulsation modes can be detected. Lower

panel: two more combination frequencies manifest themselves.

Delta Scuti Network observations of XX Pyx 521

q 2000 RAS, MNRAS 318, 511±525



computing time), and performed frequency searches on them.

About 1.5 million peaks in the amplitude spectra were considered

and their S/N was calculated in exactly the same way as for our

observations. We found 12 peaks that exceeded the empirical

criterion of S=N � 4:0; corresponding to a false alarm probability

of 8:0 � 1026 for a peak with this S/N. A similar experiment by

generating data sets of random noise with the same temporal

distribution as our real data gave a similar result (false alarm

probability 7:1 � 1026 for S=N � 4:0�: The residuals of the

observations are of course not random, but we use a determination

of the local noise in our calculations. We therefore take the effects

of non-random noise into account in first order. In any case, we

add that we do not use such formal criteria alone to judge the

reliability of peaks in the amplitude spectra. Other tests, such as

investigating subsets of data are always performed in addition.

Finally, we carried out some experiments to find other possible

frequencies, for example by dividing the data into carefully

chosen subsets, e.g. the data of highest quality. We also invoked

some frequency analysis techniques which employ weighting

(Arentoft et al. 1998) but in no case could we discover further

credible pulsation frequencies. We note however that the residual

light curves often show features which clearly indicate periodic

variability with the time scale of the detected pulsations, but these

do not seem to be coherent. Amplitude spectra of subsets of such

residual data often show strong peaks, but they never quite reach

S=N � 4:0; which can be taken as further support for the use of

this criterion. This apparent incoherence could be intrinsic (short

mode life-times, amplitude variations of yet undetected modes) or

be a result of multiperiodicity.

5 MODE TYPING

5.1 Frequency spacing

HPO reported the discovery of a preferred separation within the

frequencies of pulsation modes they revealed in the light curves of

XX Pyx. These authors suggested this was due to the presence of

modes with alternating even and odd values of the pulsational

quantum number ` for the following reasons:

(i) The number and frequency distribution of the detected

modes required that more than a one `-family be present.

(ii) Pulsational models show such sets of modes should occur

alternatively in the excited range of radial overtones.

(iii) The evolutionary state of XX Pyx is consistent with this

hypothesis only.

(iv) The characteristic frequency spacing is too large to be

interpreted in terms of rotational splitting.

Making use of this result, HPO could infer the frequency

spacing due to consecutive radial overtones and hence derive the

mean density of XX Pyx; the latter is possible because this

characteristic spacing is simply a measure of the sound crossing

time through the star. Because this preferred separation is not the

asymptotic one, HPO had to invoke model calculations to

determine the mean density of XX Pyx.

For obvious reasons it is very interesting to check whether this

mean frequency spacing is still present as we have now almost

twice as many modes available. Therefore, we repeated the

analysis described by HPO and we display the result in Fig. 10,

which contains the Fourier power spectrum of the frequency

values with amplitudes normalized to unity.

Comparing our result to that of HPO, we find practically no

difference. In fact, the characteristic frequency spacing became

even more significant. We follow the method described by HPO to

refine the mean frequency spacing of consecutive radial overtones

of XX Pyx to 53:6^ 0:5mHz: With this value we can also refine

the star's mean density to �r � 0:241^ 0:008 �r(:
As mentioned in the Introduction, the discovery of more

pulsation modes of XX Pyx should lead to obvious patterns within

the frequency values of the modes. To examine this idea, we show

a schematic frequency spectrum with all the pulsation modes in

Fig. 11.

Our prediction turned out to be correct. The modes of XX Pyx

are grouped within narrow frequency intervals with some gaps in

between. This is a clear indication of the expected essentially pure

p-mode spectrum split by rotation.

As a matter of fact, the appearance of this schematic frequency

spectrum can be used to estimate the stellar rotational velocity. If

one considers a series of model frequency spectra of d Scuti stars

in the evolutionary state of XX Pyx and studies the development

of their patterns depending on rotational velocity, the following

features become apparent: for a slowly rotating model, the

multiplet patterns form non-overlapping close groups. The faster

the model rotates, the more the multiplets begin to overlap in

frequency; gaps between the groups disappear. In a certain range

of rotational rates, the modes seem to form regular groupings

again, but the different subgroups are mixed in `. The reason for

Figure 10. Search for a preferred frequency separation within the 22

detected pulsation modes of XX Pyx. This diagram is very similar to fig. 7

of HPO and therefore dramatically confirms their result for 13 frequencies.

Figure 11. Schematic frequency spectrum of XX Pyx. Clear groupings of

modes can be seen.
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this `clumping' of modes is that the second-order effects of

rotation are of similar size as the first-order effects, causing the

modes with m # 0 of the same k and ` to be very closely spaced

in frequency, whereas the modes with m . 0 are mixed into the

next groups of closely spaced modes at lower frequency.

Increasing rotation even more, these groups again disappear,

because the second-order effects begin to dominate. As we know

that XX Pyx has a projected rotational velocity v sin i � 52^

2 km s21 (HPO), we can immediately rule out that the groupings

seen in Fig. 11 consist of members of the same `; rotational

splitting would be too large even if i < 908: Consequently, the
rotational velocity of the star must be in the correct range for

modes closely spaced in frequency, separated by gaps, to appear

again. Hence we can predict that the rotation frequency of XX Pyx

must be around 1.1 d21 or its vrot < 110^ 30 km s21:
As pointed out by the referee, one would expect to see evidence

for rotational splitting within the pulsation frequencies of XX Pyx.

Considering the large number of theoretically expected modes we

detected, the presence of several pairs of modes of m � �1 and

m � 21 of the same k and ` is very likely. Such mode pairs

should have very similar frequency differences (<2n rot), as first-

order rotational effects are small, second-order effects cancel for

frequency differences of modes of the same |m| and third- and

higher-order effects are negligible. We actually performed a

search for such frequency differences, but our results were

inconclusive. The reason for this could either be unfavourable

mode excitation or differential rotation.

Adopting the ranges of mean density and rotational frequency

inferred above and assuming that most observed modes must be

p-modes of radial order 4±6 (HPO) with ` # 2; we attempted to

perform an identification of all the modes by examining the mode

patterns. Regrettably, our initial attempts failed, although parts of

some solutions appeared quite promising. For example, the mode

groups (f9, f12, f5), (f14, f3, f11) and (f17, f18, f1) would be consistent

with ` � 1 triplets of k � 4; 5, 6 for a rotational frequency V �

0:9 d21; but several of the remaining modes can then not be fitted

reasonably with the remaining possibilities of ` � 0 and 2. A

definite mode identification therefore probably has to await

detailed model calculations.

5.2 Phase shifts and amplitude ratios

To aid in identifying the excited modes with their pulsational

quantum number `, time-series colour photometry can be

employed. Pulsation modes with different ` behave slightly

differently when observed at different wavelengths, which can in

principle be used as a mode discrimination tool (Balona & Stobie

1979; Watson 1988; Garrido, Garcia-Lobo & Rodriguez 1990;

Balona & Evers 1999). The most widespread method utilizes

amplitude ratios and phase shifts of the pulsations in two different

filters for determining `.

These values are in principle easy to determine from the

observed light curves. However, as we have shown in Section 4.3,

the amplitudes and frequencies of several modes are variable,

which complicates the analysis. As a matter of fact, for these

modes it only appears safe to use those parts of the data where

simultaneous B and V filter photometry has been obtained to

determine amplitude ratios and phase shifts: the intrinsic shape of

the star's amplitude and frequency variations is not known. Thus,

correcting for these to allow use of the whole data set is not

justified. There are, however, only about 60 h of overlapping B and

V measurements available.

Still, we calculated the amplitude ratios and phase shifts for

each of the 11 strongest modes; the results are listed in Table 5.

For modes which appear to be constant in amplitude and phase,

the values in Table 5 were calculated from a linear multifrequency

fit with fixed frequencies for the B and V data. For all the other

modes, we examined the overlapping data pre-whitened by the

other frequencies. These overlapping data were subdivided into

parts which were significantly smaller than the time scales of the

amplitude and frequency variations, and amplitude ratios and

phase differences were calculated for each subset by fixing the

frequencies. We adopted the mean value of the individual

determinations as our result and the mean error of this mean for

our error estimate. The error sizes for the modes constant in

amplitude and phase in Table 5 are based on the formulae by

Montgomery & O'Donoghue (1999), but the results were multi-

plied by a factor of two because of the correlated noise (see

Section 4.3) to yield approximately realistic estimates.

As one can see from Table 5, the error estimates for the

amplitude ratios and phase shifts for the modes f1±f3 are the

lowest, which makes these modes the best candidates for a

determination of `. However, a comparison between the observed

amplitude ratios and phase shifts for these modes and the

theoretical `areas of interest' (kindly calculated and provided by

M.H. Montgomery) in an amplitude ratio/phase shift diagram for a

Table 5. Amplitude ratios and phase shifts for
11 modes of XX Pyx. See text for information
on the determination of the quantities listed.

ID Freq. AB/AV fB 2 fV

(mHz) (degrees)

f1 441.09 1.194^ 0.027 11.0^ 1.3
f2 416.81 1.245^ 0.056 12.3^ 1.1
f3 387.01 1.272^ 0.056 22.3^ 1.9
f4 363.42 1.125^ 0.016 212.1^ 7.7
f6 312.63 1.449^ 0.183 121.2^ 16.5
f7 401.18 1.204^ 0.070 23.6^ 3.9
f10 342.78 1.530^ 0.207 21.3^ 7.8
f12 332.18 1.758^ 0.319 21.0^ 2.5
f15 398.17 1.175^ 0.196 18.5^ 6.2
f17 420.45 1.063^ 0.306 131.2^ 16.4
f18 440.57 1.402^ 0.272 11.0^ 11.1

Figure 12. Amplitude ratios and phase shifts for the three strongest modes

of XX Pyx compared with theoretically predicted values. Boundaries for

the ` � 0 area of interest are shown with full lines, those for the ` � 1 area

with dotted lines and those for ` � 2 with dash-dotted lines. No

meaningful result can be obtained from this diagram.
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Teff � 8414K; log g � 4:20; model for a pulsation constant Q �

0:016 d (Fig. 12) shows obvious disagreement between the

theoretically predicted values and the observations.4 We therefore

advise against the use of the information in Table 5 for mode

identification at face value. We cannot say whether the disagree-

ment is due to systematic errors in the determination of the

amplitude ratios and phase shifts or due to a problem of the

method itself.

Assuming the latter to be true, we can gain some understanding

when recalling the principles of this mode identification

technique. As mentioned above, it relies on the fact that the

amplitude and phase at a given passband depends on the spherical

harmonic degree, ` (see, for example, Balona & Evers 1999). The

dependence is due to the geometric variation and the integral of

the limb darkening. The limb darkening term is, however, of little

importance in determining the amplitude and phases. The gravity

and temperature variations do not depend on ` (Balona &

Dziembowski, private communication). Furthermore, the tem-

perature term is always larger than the geometric term and rapidly

dominates as the period decreases, since it is proportional to the

square of the pulsational frequency. This means that the depen-

dence of the amplitudes and phases on ` diminishes very rapidly

for higher-order p modes. For XX Pyx which is on the main

sequence and has such p modes excited, the amplitudes and phases

are practically independent of `. The photometric method of mode

identification therefore fails in this case.

6 DISCUSS ION OF THE AMPLITUDE AND

FREQUENCY VARIATIONS

One of the results of Section 4.3 was that three modes were

variable in amplitude and phase during the observations; five more

modes appeared to show amplitude variations only. In the

following, we would like to comment on this result and its

implications.

First of all, it must be pointed out that some of the five modes

for which only amplitude variations were reported may be variable

in frequency as well, but our data set is not sufficient to prove this.

Some of these modes have low amplitude; phase determinations

are therefore not well constrained. Second, it is now clear that the

analysis of the amplitude and frequency variations of XX Pyx by

HPZ can only be taken as a guide towards the long-term behaviour

of this star's modes. The variability we found in the present paper

is generally smaller in amplitude, but the time scales are shorter;

the data set of HPZ is insufficient to sample these variations

adequately. In any case, it appears pointless to attempt assigning

one certain time scale to the observed variations, although

approximate time-scales should be discussed.

Starting with the three modes that are variable both in amplitude

and phase, we need to say that the time scales of both variations

are the same (within the errors of determination) for two modes (f2
and f3), but they are vastly different for f4. The latter mode also

shows the largest relative amount of variability, both in amplitude

and phase. On the other hand, the amplitude variability of f2 seems

to be the most complicated of all modes.

Concerning the modes examined in Fig. 7, it is also evident that

not all amplitude variations necessarily contain a short-term cyclic

component with a time scale shorter than the length of our data

set. Some amplitudes just seem to change slowly in time. For

some modes with cyclically variable amplitudes it appears that the

amplitude of these variations is not necessarily constant (e.g. f6).

Finishing our description of the observed behaviour, we

consider the variability time-scales of all modes with cyclic

amplitude variations. It seems that they are all about the same

(except for f4 and maybe f12). How does all that relate to the

results of HPZ?

The diverse behaviour of the different modes rules out any

presently known explanations for the cause of the amplitude and

frequency variability, except resonances between the modes (see

HPZ for more detailed arguments). In this case one would expect

amplitude modulations with a time-scale of the order of the

inverse growth rates of the modes. HPZ examined that possibility

and suggested it is consistent with the observations, within the

uncertainties of the observations and of the growth rates (there is

no unique model for XX Pyx yet). One quantitative statement can,

however, be added now: the growth rates of the pulsation modes of

the models depend on frequency (e.g. see fig. 5 of HPZ). For

models of XX Pyx, this means that the growth rates for modes

near 320mHz are much smaller than those for modes around

420mHz (0.3 versus 8 yr21 for the specific model used by HPZ).

However, the time scales of the amplitude variations of the star are

not consistent with this picture; they do not show a frequency

dependence. The hypothesis of resonances being responsible for

the amplitude and frequency variations is however not invalidated:

a suitable choice of parameters for model calculations might be

able to reproduce the observed behaviour. The major drawback of

this hypothesis therefore manifests itself: it is extremely difficult

to verify observationally. Finally, we should add that theoretical

growth rates for mixed modes are quite different from those of

pure p-modes, which could also at least partly be responsible for

the apparent disagreement between observations and theory.

XX Pyx is not the only d Scuti star with well-documented

temporal variability of its pulsation spectrum: the star 4 CVn has

been observed for more than 30 yr. The amplitude variations of 4

CVn have most recently been described by Breger (2000).

Regrettably, possible frequency variability could not be examined

reliably because of large gaps in the data. We can therefore only

compare the amplitude variations of the two stars. Those of 4 CVn

seem to occur on much longer time scales (we caution again that

the data set for this star contains large gaps, as did that of HPZ;

therefore some variations could be undersampled) than those of

XX Pyx. Therefore, no repeated cycles can yet be seen in the

amplitude variations of 4 CVn. Still, some features are similar in

principle: there is no obvious correspondence between the

behaviour of the different modes, and it is also hard to define a

single characteristic time scale on which the variations of the

individual modes occur.

In addition, 4 CVn also shows one mode whose variations are

more dramatic than all the others, similar to our f4. This mode of 4

CVn also showed an apparent phase jump by 1808. We note for

completeness that we also observed this for some weak modes of

XX Pyx, but because these phase jumps occurred at very low

amplitude, the corresponding errors in phase determination are

large and this led us to doubt the reality of such features.

We finally mention that Breger (2000) noticed that the most

unstable mode of 4 CVn also generates the largest number of

combination frequencies, which he took as support for the idea

that the amplitude variations are caused by transfer of energy

between the modes. This is not the case for XX Pyx, where the

presence of combination terms rather seems to be dependent on

the amplitude of the parent modes. As a matter of fact, no

4It could be suspected that the signs of the observed phase shifts

are wrong. This is not the case.
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(possible) identification of the combination frequencies of XX

Pyx involves the most variable mode, f4. We do not wish to

comment further on this topic as the exact physical nature of the

combination frequencies is far from being understood, which will

make any statement relying on these features highly speculative.

7 SUMMARY AND CONCLUSIONS

The 17th run of the Delta Scuti Network, devoted to the unevolved

pulsator XX Pyx, resulted in the largest single data set ever

reported for a pulsating star other than the Sun: 550 h of multisite

measurements obtained in 125 clear observing nights at eight

different sites. Both photomultiplier and CCD detectors were

employed; filters were selected to take advantage of their different

wavelength sensitivities.

As a first result, our data analysis revealed two new variable

stars in the fields of some of the CCDs used. Turning to the

programme star, we found the frequency analysis of its time-series

photometric measurements disturbed by amplitude and frequency

variations occurring during our observations. We developed a non-

linear frequency analysis method which was employed to take the

temporal variability of the pulsation spectrum into account. We

also found that noise correlation leads to error estimates in

frequency, amplitude and phase that are approximately a factor of

two higher than their formal values. Finally, we were able to detect

22 independent mode frequencies for XX Pyx, which is the most

ever found for a d Scuti star. In addition, eight combination

frequencies were revealed. Compared to previous work on the star,

we therefore increased the number of pulsation frequencies by

nine and the number of combination frequencies by eight.

We found a preferred frequency separation within the pulsation

modes, confirming the result originally published by HPO. Having

now almost twice as many mode frequencies available, we find

that their values show clear patterns as well: they consist of

distinct groups of closely spaced modes. These results lead to a

refinement of the mean density � �r � 0:241^ 0:008 �r(� and to a

new constraint on the rotation rate of XX Pyx �nrot � 1:1^
0:3 d21�: Attempts to identify the modes by pattern recognition

failed. In addition, potential mode diagnostics obtained by the

analysis of our colour photometry failed as well. Consequently,

asteroseismology of the star requires detailed model calculations.

The diverse behaviour of the amplitude and frequency varia-

tions of some of the modes leaves resonances as the only plausible

possibility for their explanation. We attempted to point out

possible inconsistencies of the observations with the predictions of

this theory, although we are aware that it is difficult to conflict

with observations as it has little predictive power.
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AB S TRACT

We analyse 147 h of single-site CCD time series photometry of the multiperiodic low-

amplitude d Scuti star XX Pyx with the aim of investigating variability at low frequencies.

Part of the data were obtained in the context of the 1998 multisite campaign on XX Pyx, the

results of which were described by Handler et al. We find that periodic low-frequency

variations are present in the XX Pyx light curves, and we detect two frequencies at fA ¼

0:8695 cycle d21 and f B ¼ 1:7352 cycle d21, respectively, with amplitudes of 4.5 and

5.4mmag. The low-frequency variability is intrinsic to XX Pyx, and cannot be attributed to

instrumental or atmospheric effects. The near 2:1 ratio of the frequencies leads us to suggest

that XX Pyx is a d Scuti star in a binary system, with a possible binary period of 27.6 h. This is

strongly supported by the detection of radial velocity variations from the re-analysis of

echelle spectra obtained by Handler et al. However, in the absence of a spectroscopic period,

alternative explanations of the photometric variability involving pulsation are also possible;

the variations occur close to possible combination frequencies of the short-period (d Scuti)

variations, but high Q values of 0.57 and 0.28 d suggest that the variations are not a result of

normal (p-)modes. They could possibly be due to g-modes excited to observable amplitudes

as a result of resonance effects. Surface features (spots) are unlikely to be the cause of the

variations.

We searched for combination frequencies ð f i 2 f jÞ, f being the normal d Scuti frequencies

detected by Handler et al., but failed to detect any.

Key words: methods: data analysis – techniques: photometric – stars: individual: XX Pyx –

stars: individual: CD224 7599 – d Scuti.

1 INTRODUCTION

XX Pyx is one of the best studied low-amplitude multiperiodic d

Scuti stars, with close to 1000 h of photometric data collected since

its discovery as a variable star in 1992. In 1998 it was the target of a

large multisite campaign, organized in the framework of The Delta

Scuti Network (DSN). From this and earlier efforts, 22 independent

pulsation frequencies and eight combination frequencies (one

harmonic and seven at frequency sums of f i 1 f jÞ were detected in

the light curves of the star (Handler et al. 2000a, hereafter HAS).

Apart from detecting a number of previously unknown frequencies

and linear combinations, HAS also detected frequency and

amplitude variations on time-scales as short as 20 d. They did not,

however, consider light variations with frequencies below

20 cycle d21, since their data set was not sufficiently homogeneous

to trust low-frequency peaks in the amplitude spectrum. The

history of the study of XX Pyx is briefly reviewed by HAS, and an

overview is also given by Arentoft & Handler (2000).

In this paper we investigate the low-frequency part of the

amplitude spectrum of XX Pyx, below 7 cycle d21, the lower

frequency limit in the paper of Handler et al. (1996). No study has

so far looked at this extreme low-frequency part of the amplitude

spectrum, because the major part of the existing data had been

obtained using non-differential high-speed photoelectric photom-

etry, which is not suitable for investigating low-frequency

variability.

We are here exploring a region of the frequency spectrum often

not considered in multisite campaigns on d Scuti stars, mainly

arising from problems with instrumental instability and with

merging of data sets from different observatories, as discussed by

Breger (1994). However, recent campaigns have investigated the

low-frequency region of the amplitude spectrum also; examples are

the d Scuti stars 4 CVn (Breger et al. 1999), where combination

frequencies were found at values of f i 2 f j, andQ Tuc (Paparó et al.

1996; Sterken 1997), where two peaks at low frequencies in a 2:1

resonance were explained with the variable being a component of

an ellipsoidal binary system. This explanation was later confirmed

spectroscopically by De Mey, Daems & Sterken (1998).PE-mail: tarentof@vub.ac.be
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Among possible explanations for low-frequency variations are:

binarity, frequency differences as a result of mode coupling, actual

modes excited at frequencies favoured by resonant pulsation

energy transfer (Dziembowski 1982) or surface features, like spots.

Other possibilities include g-modes as in the g Dor stars.

As discussed by Breger (1994), and also by Sterken (2000), it is

indeed necessary in a multisite campaign to investigate light

variations at all time-scales, and not just those where pulsation

frequencies are expected to be found a priori. This is necessary for

obtaining a full asteroseismological picture of the star and for

searching for variability caused by effects other than pulsation.

Breger (1994) discusses the extension of multisite campaigns to

frequency ranges outside the ones normally considered (below 5

and above 50 cycle d21). He suggests that slow variations can be

searched for by obtaining a large amount of data from one site,

using the same instrumental set up, therefore avoiding merging

problems, e.g. as was mentioned above for XX Pyx. The data

presented in this paper meet this requirement; we have collected a

large amount (147 h) of homogeneous photometric time series

CCD data on XX Pyx using the Dutch 91-cm telescope at European

Southern Observatory (ESO), La Silla, Chile. The major part of the

data was obtained during the 1998 multisite campaign, but

additional data have been obtained before and up to one year after

the campaign. The part of the data set obtained during the 1998

campaign is discussed and published by Arentoft & Sterken

(2000).

In the present paper we search for low-frequency variations

in these data. In Section 2 we briefly discuss the observations

and reductions; in Section 3 we analyse the data and discuss

the results in Section 4. Finally, conclusions are drawn in

Section 5.

2 THE DATA

The CCD observations were carried out in 1997–1999 using the

Dutch 91-cm telescope at ESO, La Silla, Chile. Details of the

observations can be seen in Table 1.

The photometric reduction procedure was described by HAS and

in detail by Arentoft & Sterken (2000). The only difference from

the procedures described there is that the reduction parameters

have now been optimized and applied to all data together, thus not

on a night-to-night basis.

We have furthermore obtained BV magnitudes of the stars in the

observed field from CCD observations taken during a photometric

night on 1998 May at SAAO, South Africa. The frames were taken

in a sequence (within 10min); no correction for extinction was

therefore applied. The colours have been roughly transformed to

the standard system, using the known colours of XX Pyx and GSC

6589–0348, another catalogued star in the (larger) SAAO field.

The resulting colour–magnitude diagram is shown in Fig. 1 and the

colours of XX Pyx and the brightest of the comparison stars are

listed in Table 2. XX Pyx is not only the brightest, but also the

bluest star in the field. We will return to this point later in

the discussion.

3 LOW-FREQUENCY VARIATIONS

In this section we search the photometric data for long-term

changes and variability. The data obtained at ESO during the 1998

DSN campaign suggested the presence of slow variations, as can be

seen from the light curves in Fig. 2 and from the amplitude

spectrum shown in Fig. 3. The light curves indicate low-amplitude

variations on a longer time-scale superimposed on the main d Scuti

pulsations, which have periods of about 35–60min. The amplitude

spectra in Fig. 3, which were produced with the computer program

PERIOD98 (Sperl 1998), show that some 1/f noise is present in the

data (in both the comparison stars and XX Pyx), but they also

clearly indicate that variability on a 5–6mmag level is present in

XX Pyx at frequencies below 5 cycle d21.

Owing to these slow variations, we decided to continue the

monitoring of XX Pyx during the observing runs in early 1999.

These observations were conducted in a manner different from the

campaign observations; instead of continuous time series

observations we typically obtained groups of 4–5 CCD frames

taken 1–2 h apart, mostly complemented with a long continuous

stretch of 1–2 h. Such observations sample low-frequency

variations and night-to-night changes but are, of course, also

affected by the multiperiodic behaviour of XX Pyx.

Table 1. Log of CCD observations of XX Pyx with the Dutch 91-cm
telescope at ESO, La Silla.

Run Number of Number of Length Observer
nights frames (h)

1997 October 4 221 5.5 CS
1998 January(a) 9 1025 16.2 CS
1998 January(b) 17 4688 89.4 TA
1998 February 5 336 6.1 CS
1998 March 4 386 7.0 CS
1998 April 2 157 4.7 TA
1999 January(a) 7 124 2.4 TA
1999 January(b) 9 477 8.9 CS
1999 March 4 356 6.9 CS

Total 61 7770 147.1

Figure 1. Colour–magnitude diagram of the stars in the field observed at

ESO. The colours have been obtained from CCD frames at SAAO by

Handler. The position of XX Pyx is marked with a diamond.

Table 2. Colours of the brightest comparison stars, based on observations
obtained at SAAO. The identification of the comparison stars is given as the
extension to GSC 6589. GSC 6589–0504 was not in the field of view of the
SAAO images.

Star: XX Pyx 0504 0180 1726 0441 0756 0654

V 11.50 13.88 14.46 12.83 12.97 14.49 14.17
B2 V 0.34 – 0.64 1.29 0.67 0.79 0.84
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3.1 Long-term behaviour

To investigate the behaviour of XX Pyx on time-scales from days

to months, we proceeded as follows: for each night we determined

the mean differential magnitude of XX Pyx and subtracted this

from the light curve of that night, which leads to a data set

corrected for night-to-night variations. This was done to remove

the 28 frequencies ð20–80 cycle d21Þ – found to be present in the

complete 1998 campaign data obtained by HAS – in the most

optimal way. The purpose was to obtain precise values of the

nightly averages, not affected by the pulsations (which might

especially affect the smaller 1999 data set), and to check whether

the normal d Scuti variations have any effect on the signal at low

frequencies. In this procedure we also checked for bad data points.

As the reductions were done semi-automatically we did not inspect

each CCD frame visually. We therefore searched the light curves

for data points that deviate by 3s (rms) or more from the nightly

averages, and for these points we checked the corresponding CCD

frames. If a frame was found to be bad (because of clouds,

overexposure, bad centring etc.), the data point was removed. In

this way we discarded a total of only 25 points out of 7770. From

Figure 2.Differential light curves of XX Pyx, obtained at ESO, from several nights during the multisite campaign in 1998 January, before (left) and after (right)

pre-whitening with the frequencies detected in the campaign by HAS. Parts of the residuals still show signs of short-period variability, because of the fact that

the frequency solution found by HAS does not describe the observed light curves completely, as is also discussed by Handler et al. (2000b). Furthermore, the

subtracted solution does not take into account frequency and amplitude variability detected by HAS. The right panel also plots the light curves of one of the

constant stars (diamonds).

Figure 3. Spectral window (top) and amplitude spectra up to 60 cycle d21

for XX Pyx (a) and two constant stars (b, c) from the data obtained during

the DSN campaign in 1998.
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the resulting cleaned data set we subtracted the frequency solution

found by HAS, using simultaneous fitting. We then added the

previous estimates of the nightly averages to the residuals, and re-

determined the averages.

In Fig. 4 we show in the upper panel the long-term behaviour of

the XX Pyx residuals, and in the lower panel the same for a

comparison star. Although the scatter seems higher for XX Pyx, it

is fairly constant on long time-scales (months). Below we will

discuss variability on time-scales of days.

3.2 Fourier analysis at low frequencies

For analysing the low-frequency part of the periodogram we use the

residual data with the 28 frequencies subtracted, and the initially

removed nightly averages added. The data obtained in 1999 are too

sparse (950 points over 3 months) to allow simultaneous fitting of 28

frequencies, and amplitude and frequency variations detected by

HAS may imply that the frequency solution found in 1998 was not

valid in 1999. Thus the analysis presented below will focus on the

data obtained in 1998. The 1999 data will be used mainly for

confirmation and will be discussed separately.

We adopt the criterion that a peak should have a signal-to-noise

(S/N) ratio in amplitude of at least four to be significant, as discussed

by Breger et al. (1993). For peaks at combination frequencies, the

criterion can be lowered to 3.5 (Breger et al. 1999). In Fig. 5 we

show the 1998 amplitude spectrum at low frequencies before and

after fitting the 28 frequencies significant in the complete HAS data

set. This figure shows that subtracting the pulsations at higher

frequencies has only marginal influence on the low-frequency part of

the spectrum. This is expected because the data set is extensive and

the frequency regions are well separated. It is thus not important

whether we analyse the original data, or the data pre-whitened with

the 28 frequencies. Fig. 5 also shows clear peaks present at low

frequencies in the XX Pyx data, and that the same peaks are not

present in the amplitude spectra of the comparison stars. This proves

that the variation is not an instrumental effect; the other stars in the

field (two shown in Fig. 3) have some low-level 1/f noise in their

amplitude spectra, but no significant peaks.

Furthermore, Fig. 5 shows that the window function is poor, i.e.

peaks arising from periodic variations have prominent 1 cycle d21

aliases.

Two peaks (with sidelobes) stand out in the XX Pyx amplitude

spectrum (Fig. 5). The highest peak has an amplitude of about

5.7mmag, and is positioned around 1.7 cycle d21. The second

highest peak, disregarding the sidelobes of the first, is at

0.87 cycle d21 with an amplitude of about 4.7mmag. The highest

peak in the comparison star amplitude spectrum reaches 1.6mmag

and appears to be a result of the 1/f noise.

Determining the frequencies and amplitudes of these two peaks

using simultaneous fitting gives the frequency values of 0.869 and

1.733 cycle d21, with amplitudes of 4.5 and 5.9mmag, respect-

ively. In Fig. 6 we show how the spectrum looks after pre-

whitening with one (Fig. 6b) and two (Fig. 6c) frequencies. The

pre-whitened spectrum shows a group of peaks centred around

3 cycle d21, with an amplitude of 2.4mmag. The noise level in the

pre-whitened spectrum is 0.7mmag; this peak is thus not

significant on a 4s level (even pre-whitening with this frequency

as well does not lower the noise level sufficiently for it to become

significant). Furthermore, 3 cycle d21 roughly corresponds to the

length of the night. This peak remains present when nights with

many data points only are used, but in this case it is no longer the

highest low-frequency peak (no peaks are in this case outstanding),

Figure 4. The XX Pyx light curve pre-whitened with 28 frequencies (top)

and that of a comparison star (bottom), showing the data from the whole

period, i.e. 1997 October–1999 March.

Figure 5. The XX Pyx amplitude spectrum before (top) and after (middle)

pre-whitening the data with the 28 frequencies detected by HAS, based on

data obtained just before and during the 1998 multisite campaign. The

lowest panel shows the amplitude spectrum of one of the comparison stars.

Figure 6. The amplitude spectrum of XX Pyx before pre-whitening (a),

after pre-whitening with the 1.733 cycle d21 frequency (b), and after

simultaneous pre-whitening with both the 1.733 and the 0.869 cycle d21

frequencies (c). The lower panel (d) plots the spectrum of one of the

constant stars for comparison.
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and its amplitude is lower (about 2mmag). The two frequencies at

0.869 and 1.733 cycle d21 are, with the above-mentioned

amplitudes and noise level, clearly significant ðS=N . 4Þ, and are

thus detected. We label them as fA and fB to distinguish these slow

variations from the frequencies detected by HAS ð f 1–30Þ. The

motivation for doing so is that, as will become clear below, the

cause of the variations is not unambiguously determined. The

phased light curves are shown in Fig. 7 where the variations are

visible, but with amplitudes only slightly higher than the scatter in

the individual light curves. The results are tabulated in the 1998

entry of Table 3. The two other entries in this table will be

discussed below.

3.2.1 Including the 1997 and 1999 data

As a result of the limitations of the 1999 data set, we decided to

treat it separately. In Fig. 8 we show the amplitude spectrum at low

frequencies based on the 1999 data alone (lowest panel). The

central panel shows the spectrum of the 1998 data (discussed

above, for comparison), and the upper panel shows the amplitude

spectrum based on all obtained data. The latter displays the same

peaks as are present in the 1998 amplitude spectrum, with similar

amplitudes. The complete data set is used for determining the

frequencies, since it has the longest time-base (about 1.5 yr) and

therefore the highest frequency resolution. The 1997 data set only

consists of a few hundred data points and cannot be analysed

separately.

The amplitude spectrum of the 1999 data indicates that this data

set is not extensive enough to allow a detailed analysis. However,

as the highest peak at low frequencies occurs at 1.73 cycle d21, and

a peak is present at frequency 0.87 cycle d21, the data support the

results found from the 1998 data set. Furthermore, fitting a

synthetic curve using the nine frequencies of highest amplitude

detected by HAS to the 1999 light curves works better if the two

low frequencies detected here are included. Residuals without the

latter have a scatter of 7.6mmag, while including them brings the

scatter down to 5.7mmag. We will also show below that the two-

frequency solution fits the light curves well.

We have collected the frequencies and amplitudes determined

from the complete data set and from the 1998, 1999 data sets alone

in Table 3. In all cases, fitting the two frequencies and calculating

the noise from the pre-whitened spectrum leads to significant

detections. However, in the 1999 data set, fA is not the strongest

signal after pre-whitening with fB, and would not be found from

this data set alone. After pre-whitening the 1999 data with fA and

fB, the noise level in the amplitude spectrum decreases quite

drastically, as compared with the lower panel of Fig. 8. The two

frequencies have maintained constant phase during the observing

period, i.e. the 1999 data are in phase with the 1998 data. This will

be discussed further below.

3.2.2 Fit to the light curves

In Figs 9 and 10 we show the fit of the two-frequency solution to

the XX Pyx residuals, where the data have been summed into

3-h bins. This fit follows the residual data well, except for a couple

of points, e.g. from the night 50824, 32 and 34 (HJD, Fig. 9). In the

first case, the zero-point of the original light curve is shifted by

several mmag upwards as compared with the synthetic

30-frequency fit, which otherwise agrees well with the shape of

the light curve from that night. This is also the case on HJD 50834,

whereas the light curve from HJD 50832 is of rather poor quality

Table 3. Signal-to-noise (S/N) ratios of the detected low-frequency
variations in different sections of the data. The noise is calculated as
the mean value between 0 and 5 cycle d21 in the residual spectrum
after pre-whitening with 30 frequencies. The error in the frequency,
following Montgomery & O’Donoghue (1999), is, on the frequencies
found from the complete data set, about 0.000 05 cycle d21. This may
however be an underestimate, as was discussed by HAS and Arentoft
& Sterken (2000).

Data set Label Frequency Amplitude Noise S/N
(cycle d21) (mmag) (mmag)

All data fA 0.8695 4.50 0.77 5.82
fB 1.7352 5.39 0.77 6.97

1998 data fA 0.869 4.50 0.71 6.32
fB 1.733 5.86 0.71 8.23

1999 data fA 0.868 4.20 0.76 5.55
fB 1.734 6.35 0.76 8.39

Figure 8. Amplitude spectra of XX Pyx, based on all data (top), the 1998

data alone (middle), and the 1999 data alone (bottom). In the lower panel

are the positions of the two detected frequencies indicated with arrows.

Figure 7. The XX Pyx light curves folded with the low-frequency at 1.73

(top) and 0.87 cycle d21 (bottom). The other frequency has in both cases

been subtracted before the phase diagram was calculated. This plot is based

on data from 1998 January–February binned in 4-min bins, and pre-

whitened for the 28 d Scuti frequencies.
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(as a result of the Moon being very close to the field). Except for

the latter night, we have no explanations for these deviations. Fig.

10 shows that the same low-frequency variations as in 1998 are

present in the 1999 light curves. Data from a couple of nights were

of very low quality, and have been omitted.

3.3 Variability and amplitudes of the main d Scuti

frequencies

HAS found eight frequencies to be variable in amplitude, three of

them also variable in phase. The time-scale of the variability is

20–70 d for the amplitudes, and 25 d for the phases. Such variations

are not expected to influence the amplitude spectrum at low

frequencies, as we have already shown the modes themselves have

no effect. We did, however, perform tests which confirm this

expectation.

As the low-frequency variation is directly visible in the light

curves, we can immediately rule out the possibility of a spurious

signal from the Fourier analysis. We constructed synthetic data

from the fits used by HAS, which include the frequency and

amplitude variations, using the times of observations of our data

obtained during the 1998 multisite campaign. Calculating the

amplitude spectrum from these data did not result in any signal at

low frequencies. Also, subtracting the fit with the amplitude and

frequency variations included instead of simultaneously fitting the

28 frequencies alone proved to have no effect on the shape of the

amplitude spectrum at low frequencies; the same low-frequency

variations are present in the residual data, with the same

amplitudes.

Although the amplitudes from the fit to the 1999 data are

uncertain as a result of an extremely poor spectral window function

– especially in the region of 25–40 cycle d21 where a large number

of frequencies is present – it seems that f1 (at 38.110 cycle d21,

labelling as in HAS) had a much higher amplitude in 1999 than in

1998, more than 12mmag as compared with the 6.53mmag (V)

found by HAS. f2 seems to have only half the amplitude it had in

1998, whereas the amplitudes of f3 and f4 seem to have remained

constant. f6 has seemingly more than doubled its amplitude,

whereas f7 and f10 have a slightly higher amplitude. f15 also seems

to have increased its amplitude. Fitting only the three frequencies

of highest amplitude ( f1, f2, f3) to the 1998 and 1999 data

separately (thus minimizing the risk of overfitting the 1999 data)

results in the amplitude values collected in Table 4. Such rather

large variations in amplitude have been observed before for XX

Pyx (Handler et al. 1998).

3.4 Correlation with observational parameters

It is well known that instrumental and atmospheric effects can

cause higher noise levels at low frequencies and also produce

spurious peaks. However, as the low-frequency variations are not

present in the differential light curves of the constant stars, we

believe that they are not a result of instrumental effects. Still the

fact that XX Pyx is the bluest star in the field may lead to the

suspicion that the variations are due to a high-order extinction

effect. This is not the case as the maxima of the slow variations do

not coincide with meridian passage, although in many cases we

observed during the full night starting and ending at large airmass.

The slow variability, by nature, causes the light curve to coincide

with the trend in airmass only for some nights.

A way to test the influence of parameters like airmass, seeing,

sky-background and position on the CCD (x, y offset) is to

investigate the correlation between the light curves and those

Figure 9. Fit of the two-frequency solution to the XX Pyx residuals (1998,

only where long uninterrupted observations were obtained). The data have

been summed into bins of 3 h (or shorter for nights with shorter coverage)

for clarity. The synthetic curve fits the residuals well, but there are some

deviating points. The error bars correspond to the rms scatter in the bins.

See text for further discussion.

Figure 10. As Fig. 9, but for part of the data obtained in 1999.

Table 4. Amplitudes (in mmag) of the three
main frequencies of XX Pyx in the 1998 and
1999 data sets. The formal errors on the ampli-
tudes are, calculated followingMontgomery &
O’Donoghue (1999), 0.06mmag for the 1998
data, and 0.16mmag for the 1999 data. The
actual errors are certainly larger than the
formal ones because of the high number of
frequencies and the poor window function.

ID Frequency Amplitude Amplitude
(cycle d21) 1998 1999

f1 38.110 6.6 12.8
f2 36.013 6.4 2.8
f3 33.438 4.8 5.3
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parameters. However, correlating the XX Pyx light curves with

these quantities is difficult, as the time-scale of the variations in the

light curves is of the same order as e.g. the changes in sky-

background in the case of a rising or setting Moon, or the changes

in airmass. Thus for some nights one would expect large

correlations with certain parameters, while not so for others. This

is exactly what we find when we calculate correlation coefficients

within each night; for some nights the correlation with e.g. the

airmass is high, for other nights it is not, and blind decorrelation

with the mentioned parameters will surely lead to an erroneous

result. For several nights, however, there is no correlation with any

of the parameters, whereas the slow variation is directly visible in

the light curve. This is, e.g., the case for the nights of

HJD ¼ 50835, 50836, 50840 and 50843 (see Figs 2 and 9).

After pre-whitening the XX Pyx light curves with the detected

frequencies, there appears to be nothing but noise left in the

amplitude spectrum (Fig. 6). We can then try to decorrelate the

residuals with the observational parameters to search for very low-

amplitude peaks (e.g. combination frequencies). As described

above, we risk destroying the signal at low frequencies, but

although it is difficult to estimate the amplitudes of the

combination frequencies (see e.g. Breger et al. 1998) we expect

them to be very low. The sum frequencies detected by HAS all have

amplitudes below 0.3mmag, and if the frequency differences had

similar amplitudes, they would, without decorrelation, be

completely hidden in the noise (see Fig. 11c). We therefore tried

decorrelation by fitting one overall multiple linear regression fit of

the five parameters to all the data, and by fitting the same function

on a night-to-night basis, i.e.

V ¼ a0 1 a1F 1 a2s1 a3X 1 a4x1 a5y; ð1Þ

where, on a given CCD frame, F is the full width at half-maximum

(FWHM) of the stellar profile (seeing), s is the sky-background, X

is the airmass, and x,y the x,y offsets relative to a fiducial frame.

These methods were also applied by Frandsen et al. (1996) in a

search for d Scuti stars in NGC 6134. The overall fit to all data did

not show any correlation with the observational parameters, and

decorrelation did not improve the noise level. Fitting within the

individual nights, however, there is occasionally some correlation

with one or two of the parameters. As shown in Fig. 11, the

decorrelation on a night-to-night basis has a dramatic effect on

the 1/f noise, which is almost completely removed. The left panels

show the effects of the decorrelation on one of the constant stars

suffering from 1/f noise which is very efficiently removed. The

same is the case for XX Pyx, which is shown in the right-hand

panels of Fig. 11. However, one of the effects of this decorrelation

is to remove differences in nightly zero-points, and applying only

this simple correction to the data leads to improvements almost as

significant as the ones seen in Fig. 11 – although the general noise

levels are somewhat higher, and the peak at 3 cycle d21 is not as

suppressed as in the decorrelated case. An effect of the zero-point

correction is that the amplitudes of possible signals decrease

(Breger 1994), making the combination frequencies even harder to

detect.

The fact that applying zero-point corrections, e.g. with the

purpose of removing 1/f noise, does alter the amplitude spectrum at

Figure 11. The effect of decorrelating on a night-to-night basis with observational parameters like seeing, sky-background, x, y offset and airmass. The left

panel plots the results for one of the constant stars, (a) before decorrelation and (b) after; the right panel plots the results for XX Pyx, (c) before decorrelation

and (d) after. In panels (c) and (d) we also show the expected positions of the combination frequencies as a result of differences between the d Scuti frequencies.
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low frequencies is clearly demonstrated if the correction is applied

to XX Pyx before searching for low-frequency signals. The

resulting amplitude spectrum exhibits only one signal at low

frequencies, and not two as detected in the present paper, and the

highest peak occurs at a 1 cycle d21 alias to 1.73 cycle d21, with an

amplitude of only about 60 per cent of the real amplitude. As

Breger (1994) puts it, the temptation to shift the zero-points of

individual nights of data should be resisted.

In Figs 11(c) and (d) we show the expected position of frequency

differences, involving the strongest modes detected by HAS, in the

amplitude spectrum before and after decorrelation. The highest

peaks do not correspond to these values, and we do not detect any

combination frequencies in this part of the spectrum.

4 D ISCUSS ION

We find no instrumental or atmospheric explanation for the slow

variations in XX Pyx; the low-frequency variations reported in the

present paper are intrinsic to the star. Below we discuss possible

explanations for these variations.

4.1 Binarity

The two detected frequencies are close to a 2:1 ratio, the difference

of 2fA from fB is only 0.0038 cycle d21. This is still considerably

larger than the formal error quoted in Table 3, but there may be

other effects present which affect the frequency determination, as

discussed by Arentoft & Sterken (2000), and the formal errors are

certainly underestimates. In fact, the noise level in the amplitude

spectrum at high frequencies (90 cycle d21) is about 0.1mmag,

which is what is expected for the number of data points and the

noise per point. However, the noise at low frequencies is about

seven times higher, and if we scale the error estimate with the noise

ratio we get an error of 0.00035 cycle d21, still one order of

magnitude smaller than the deviation quoted above.

Still the near 2:1 ratio of the frequencies and the shape of the

light curves suggest that XX Pyx may be an ellipsoidal variable. If

binarity is indeed the cause of the low-frequency variations, the 2:1

ratio should be exact. Subtracting a forced fA 1 2fA fit from the

data removes the low-frequency variation, but leaves, as one would

expect, higher residual noise when compared with subtracting a fit

where both frequencies are left as free parameters. To assess

formally if the deviation from the 2:1 ratio is real, we apply the

Bayes Information Criterion (BIC)

BIC ¼
p logN

N
1 log s 2; ð2Þ

where p is the number of free parameters included in the fit, N is the

number of data points, and s is the standard deviation of the

residuals. Since equation (2) should be minimized, introducing an

additional free parameter should reduce the standard deviation of

the residuals sufficiently for the extra free parameter to be

accepted. We have compared the fitting of two frequencies as free

parameters ð p ¼ 7; two frequencies, amplitudes and phases and

one zero-point) with a forced fA 1 2fA fit ð p ¼ 6Þ to the 1998 and

1999 data sets, and we find that the BIC is smaller using seven free

parameters (with s ¼ 5:274mmag for p ¼ 7 and s ¼ 5:939mmag

for p ¼ 6Þ. 7527 data points were used in the fits. The BIC thus

argues against a binary explanation for the low-frequency

variations. Calculating forced fits with varying frequency ratios

(between 1.9 and 2.1) indicates by how much the optimal solution

differs from the 2:1 ratio. This is illustrated in Fig. 12, lower panel,

where the optimal choice of the frequency ratio appears to be closer

to 1.99 – with even a local maximum at a ratio of 2. This plot is

based on the extensive 1998 data set.

The question is if this deviation from 2 is significant or not. It

should be noted that in the very similar case of u Tuc (Paparó et al.

1996), the two low-frequency peaks below 1 cycle d21 were found

to deviate from a 2:1 ratio by a comparable amount as we find for

XX Pyx, but were later shown to be caused by binarity (De Mey

et al. 1998). However, Paparó et al. (1996) do not discuss a forced

f 1 2f fit to their data. We therefore re-analysed their ESO data

set along the same lines as above, to check whether our approach

would point towards the correct solution, i.e. binarity. Data were

obtained in uvby, with residual scatter ranging from about 4mmag

in y to 5.5mmag in u. Although the sampling rate was lower, the

data set is very similar to our data set on XX Pyx from 1998

January and February, in both quality and extent. Calculating the

BIC for a free fit of two frequencies and for a forced f 1 2f fit

showed that the y, b and v data support a forced fit, and thus the

binary solution, but the u data set supports a free fit. For the y data,

the BIC as a function of frequency ratio is shown in Fig. 12, upper

panel. The optimal frequency ratio is very close to 2. For the u data,

curiously, the optimal ratio is closer to 1.95. Binning our 1998

January–February XX Pyx data to a similar sampling rate as the u

Tuc data, and calculating the BIC from these data actually supports

the forced fit. This is not the case when we consider the equivalent

unbinned data. We conclude that in this case, the BIC cannot be

used to distinguish between different solutions.

We then re-considered the spectroscopic data acquired by

Handler et al. (1997, see this paper for a more complete description

of the observations). We re-reduced the spectra, but did not co-add

them all as did Handler et al. (1997), whose main aim was to

determine the rotational velocity of the star. Instead, we only

combined the spectra of the two individual nights. Because of

varying observing conditions (cloud and bad seeing in the first

night, clear and good seeing in the second night), the combined

spectrum from 1996 March 28 had an average continuum S=N <

12 whereas the spectrum from 1996 March 30 had S=N < 33.

The radial velocities from these two spectra were then calculated

by L. A. Balona by cross-correlating a synthetic spectrum with the

observed one. Individual measurements from eight echelle orders

where suitable spectral lines could be detected were averaged,

which also provides a good error estimate. We find average helio-

centric radial velocities of 148^ 7 km s21 from the combined

spectrum of the first night, and 188^ 5 km s21 for the second

Figure 12. BIC, calculated from (2), as a function of the ratio of the fitted

frequencies. See text for details.
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night. This radial velocity variation is significant, showing that XX

Pyx is in fact a binary star. It remained undetected by Handler et al.

(1997), as their available methods let them doubt any result from

the poor-quality spectrum of the first night.

We note for completeness that the rotational velocity of

52 km s21, as quoted by Handler et al. (1997) is still the best

estimate available; this result does not change when we analyse the

spectrum of the second night alone. The mean radial velocity

(172 km s21) quoted in that paper is however obsolete, as it

basically represents a weighted average of our two nightly

measurements.

The radial velocity shift of about 40 km s21 gives us a lower

limit of the radial velocity amplitude of 20^ 8:6 km s21. If the

period is 1.15 d (27.6 h), i.e. the photometric period (indicating a

close system), we can obtain an estimate of the mass function of the

possible binary system assuming circular orbits:

ðm2 sin iÞ
3

ðm1 1 m2Þ
2
¼ 0:001^ 0:001M(; ð3Þ

and of the projected orbital radius:

a sin i ¼ 0:45^ 0:2R(: ð4Þ

The companion must be a low-mass or compact object, as the

spectrum is not double-lined, and the inclination must be low given

that the system is not eclipsing. For the sum of the two masses to

exceed the mass of XX Pyx, we obtain from Kepler’s laws of

motion that the separation must be at least 5.6 R(, given a mass of

XX Pyx equal to 1.85M( as found by Pamyatnykh et al. (1998),

who also found a radius for XX Pyx of 1.95R(. This indicates a

low value of i, but, of course, the radial velocity amplitude is likely

to be higher than 20 km s21.

We can estimate the radial velocity amplitude for different

values of i as a function of the companion mass, as illustrated in

Fig. 13. This figure shows that it is possible to find a configuration

of a low-mass companion in an orbit with low inclination giving

rise to the lower limit of the radial velocity amplitude of

20^ 8:6 km s21. Also, if we assume the companion is a normal

star, i is probably higher than 108, otherwise the companion would

be massive enough to be seen in the spectra.

If the mass ratio is around 2 we obtain, following e.g. the

approximation by Eggleton (1983), an effective Roche lobe radius

of rRoche , 0:44. With a radius of XX Pyx equal to 1.95R(, the

required separation between the components is at least 4.4 R( for

XX Pyx to be within the Roche lobe, compatible with the required

distance following Kepler. With this required distance (5.6 R(),

XX Pyx would still be within its Roche limit even for a mass ratio

of 1.

We note that the frequency and amplitude variations found by

HAS occur at a longer time-scale than the binary period, should the

latter be the photometric period of 27.6 h; the two phenomena do

not appear to be directly related.

The referee suggested that orbital motion of XX Pyx could cause

observable frequency variations as a result of the light-time effect.

This effect would be most easily detectable by the appearance of

peaks in the amplitude spectrum that are symmetrically separated

by the orbital frequency and its harmonics from the dominating

pulsation frequencies.

We have therefore determined the amplitudes of such peaks which

are a function of the size of the light-time effect and of the amplitude

of the stellar pulsation frequencies. The detection level for signals in

the highest S/N ratio data available, the 1998 data set, is 0.466mmag,

whereas the amplitude of the strongest mode of XX Pyx in that data

set is 8.1mmag. For sidelobes caused by orbitalmotion to exceed this

detection level, a light-time effect larger than 40 s would be required.

This corresponds to a projected orbital radius of XX Pyx equal to

17.5R(.With an orbital period of 1.15 d, the projected radial velocity

amplitude of XX Pyx would be approximately 800 km s21, which is

highly unlikely. Hence we conclude that the pulsational frequency

variations induced by a hypothetical companion in a 1.15-d orbit can

by nomeans be detected in the available photometric data. If XXPyx

was a binarywith an orbital period longer than 10 d, orbital variations

could manifest themselves more easily, but we have no evidence for

the pairs of sidelobes predicted in such a case.

We have, however, used BINARY MAKER 2.0 (Bradstreet 1993) to

estimate the effect of low-mass or compact binary companions on the

photometric light curves of XX Pyx. We found that binarity could

account for the low-frequency variations reported in the present

paper: variations as those seen in Figs 9 and 10 can be generated by

different combinations of companion mass and inclination.

We also investigated the stability of the phases of the low-

frequency variations over the observing period. If we determine the

frequencies from the complete data set, and fit those frequencies to

the 1998 and 1999 data sets individually, we obtain stable phases for

the combined and individual data sets if we leave both frequencies

free. If we use a forced fA 1 2fA fit instead, there seem to be

inconsistencies in the phases from the two different years for fA, but

this is highly sensitive to the exact choice of frequency, and may not

be real – the overall solution is dominated by the 1998 data, and the

phases and frequencies may not be determined to a sufficiently high

precision. The actual errors may, as discussed above, be severely

underestimated in a formal assessment, and the differences could be

because of the uncertainties in the treatment of the observational

errors in this low-frequency part of the amplitude spectrum.

With the detected radial velocity variations, it would be

advantageous to obtain high-resolution high S/N ratio spectra of

XX Pyx. Owing to the faintness of the star this will require a large

telescope with a sensitive spectrograph, and should be carried out

to search for the faint companion and to obtain a spectroscopic

binary period.

4.2 Other possibilities

Since we do not know the spectroscopic period of XX Pyx, there is

a possibility that the low-frequency variations detected in the

Figure 13. Predicted radial velocity amplitude as a function of the

companion mass (in M() for different values of i. The solid horizontal line

shows the lower limit on the radial velocity amplitude as found from

spectroscopy, the dotted lines delineate the 1s uncertainty (see text).
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present paper are not a result of binarity – and could be because of

pulsation instead. One g-mode is expected to be excited in XX Pyx,

but at higher frequency (around 30 cycle d21, Handler et al. 1997).

The low-frequency variations could be due to g-modes, as is seen

in the g Dor stars. However, g-modes are normally not expected to

reach observable amplitudes at the surface of d Scuti stars, but the

2:1 ratio may give rise to resonance effects.

The gDor instability strip does overlap the d Scuti instability strip,

near the cool border of the latter, and pulsations connected with both

the d Scuti and the g Dor phenomenon may be excited in some stars

(Handler 1999). However, XX Pyx is situated near the hot border of

thedScuti instability strip, andgDor variations are thus not expected.

Of course, this does not rule out that g-modes could be present, but the

detection of radial velocity variations in the spectra, and thus binarity,

makes g modes less likely to be the cause of the variations. However,

g-modes cannot be ruled out even if a spectroscopic investigation

finds a binary period that agrees with the photometric frequency ( fA)

found in the present paper, as they may become tidally excited.

Extensive andhomogenous single-site two-colour photometrywill be

useful for examining the possibility of the presence of g-modes.

fA and fB fall in the region of the frequency spectrum where

combination frequencies, arising from differences between the main

d Scuti pulsations (at 25–40 cycle d21Þ, are expected to be found.

However, the amplitudes of the slow variations are of the same order

as the highest of the rapid pulsations, making simple combination

frequencies an unlikely explanation. This is especially the case for

the frequency at 0.8695 cycle d21, as the only possible close-by

combination is between frequencies with B amplitudes of 2.4 and

0.44mmag, respectively. Furthermore, the difference between these

two modes ( f7 and f30 in HAS) is 0.863 cycle d21, and the match is

thus not exact. Three possible difference values fall near the

frequency at 1.7352 cycle d21, but here also the match is not perfect.

A possible explanation could be normal modes excited near the

combination frequencies by resonant mode coupling (Dziembowski

1982). However, this was found not to be the case for the sum

frequencies: Handler et al. (1996) found that the amplitudes of those

peaks were larger in a subset of data with larger light modulation

than in the one with smaller light modulations. If the peaks at sum

frequencies were normal modes excited by the resonant mode

coupling, then the amplitudes were expected to remain constant. In

the present data the amplitudes of fA and fB do remain roughly

constant from 1998 to 1999, although the overall amplitude of the d

Scuti variations appears to have increased. However, with a mean

stellar density of XX Pyx, r ¼ 0:241r(, the Q values are too high

(0.565 and 0.283 d for the two frequencies) for acoustic modes to be

a likely explanation, as the Q values expected for d Scuti p-modes

are much lower.

The low-frequency variations could be connected with the

rotation of the star, as was suggested for FG Vir (surface feature,

Viskum et al. 1998). The rotation rate of XX Pyx is 1:1^

0:3 cycle d21 (HAS), consistent within the uncertainty with fA. The

variations could be caused by spots, possibly in connection with

differential rotation. At least one spot should remain visible on the

surface most of the time, as seen from the Earth, otherwise part of

the light curve would be flat, which does not seem to be the case.

The surface features should have remained on the surface over a

period of more than one year, which is very well possible (e.g. FK

Com, Korhonen et al. 1999, who found the same group of spots to

be present on the surface over 11 months, but drifting in phase by

0.2 because of the differential rotation). However, the high

temperature of XX Pyx (over 8000K) argues against a starspot

model, unless the starspots are caused by magnetic effects, i.e. if

XX Pyx is an oblique rotator. Photometric and spectroscopic data

(e.g. Handler et al. 1997) do not suggest that XX Pyx is a

chemically peculiar star, which makes starspots less likely to be the

cause of the low-frequency variations.

5 CONCLUSION

We have detected two low-frequency signals in the photometric light

curves of XX Pyx. The two frequencies, fA at 0.8695 and fB at

1.7352 cycle d21, are close to having a 2:1 ratio. We also report the

detection of a significant radial velocity variation from a re-analysis

of the spectra obtained by Handler et al. (1997), showing that XX

Pyx is a member of a binary system. The companion must be a low-

mass or compact object. We find it most likely that the photometric

variations are caused by the binarity, but the possibility of the

presence of g-modes is intriguing. Further spectroscopic investi-

gation is needed to search for the companion of this relatively faint

star, and to determine the spectroscopic binary period.
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2.2.7 The δ Scuti star XX Pyx is an ellipsoidal variable

Original paper:

C. Aerts, G. Handler, T. Arentoft, B. Vandenbussche, R. Medupe, C. Sterken,
2002, MNRAS 333, L35
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2.3 HD 106384 = FG Virginis

2.3.1 The δ Scuti star FG Virginis: I. Multiple pulsation
frequencies determined with a combined DSN/WET
campaign

Original paper:

M. Breger, G. Handler, R. E. Nather, D. E. Winget, S. J. Kleinman, D. J. Sul-
livan, Z.-P. Li, J.-E. Solheim, S.-Y. Jiang, Z.-L. Li, M. A. Wood, T. K. Watson,
W.A. Dziembowski, E. Serkowitsch, H. Mendelson, J. C. Clemens, J. Krzesinski,
G. Pajdosz, 1995, A&A 297, 473
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2.3.2 The δ Scuti star FG Virginis: II. A search for high
pulsation frequencies

Original paper:

M. Breger, G. Handler, E. Serkowitsch, P. Reegen, J. Provencal, M. A. Wood, J. C.
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Abstract. Extensive photometric multisite campaigns of the δ Scuti variable FG Vir are presented. For the years 2003 and
2004, 926 h of photometry at the millimag precision level were obtained. The combinations with earlier campaigns lead to
excellent frequency resolution and high signal/noise. A multifrequency analysis yields 79 frequencies. This represents a new
record for this type of star. The modes discovered earlier were confirmed.
Pulsation occurs over a wide frequency band from 5.7 to 44.3 c/d with amplitudes of 0.2 mmag or larger. Within this wide band
the frequencies are not distributed at random, but tend to cluster in groups. A similar feature is seen in the power spectrum of
the residuals after 79 frequencies are prewhitened. This indicates that many additional modes are excited. The interpretation is
supported by a histogram of the photometric amplitudes, which shows an increase of modes with small amplitudes. The old
question of the “missing modes” may be answered now: the large number of detected frequencies as well as the large number of
additional frequencies suggested by the power spectrum of the residuals confirms the theoretical prediction of a large number
of excited modes.
FG Vir shows a number of frequency combinations of the dominant mode at 12.7162 c/d (m = 0) with other modes of relatively
high photometric amplitudes. The amplitudes of the frequency sums are higher than those of the differences. A second mode
(20.2878 c/d) also shows combinations. This mode of azimuthal order m = −1 is coupled with two other modes of m = +1.

Key words. stars: variables: δ Sct – stars: oscillations – stars: individual: FG Vir – techniques: photometric

1. Introduction

The δ Scuti variables are stars of spectral type A and F in the
main-sequence or immediate post-main-sequence stage of evo-
lution. They generally pulsate with a large number of simul-
taneously excited radial and nonradial modes, which makes
them well-suited for asteroseismological studies. The photo-
metric amplitudes of the dominant modes in the typical δ Scuti
star are a few millimag. It is now possible for ground-based
telescopes to detect a large number of simultaneously excited
modes with submillimag amplitudes in stars other than the Sun
(e.g., Breger et al. 2002; Frandsen et al. 2001). Because pho-
tometric studies measure the integrated light across the stellar
surface, they can detect low-degree modes only. This is a sim-
plification for the interpretation because of fewer possibilities
in mode identification.

A typical multisite photometric campaign allows the dis-
covery of about five to ten frequencies of pulsation from about
200 to 300 h of high-precision photometry (e.g., V351 Ori,
Ripepi et al. 2003; V534 Tau, Li et al. 2004). These excellent

observational studies are then compared to theoretical pulsa-
tion models, but the fit is hardly unique (e.g., θ2 Tau, Breger
et al. 2002b). The uniqueness problem can be lessened by stud-
ies with even lower noise in the power spectrum. This can be
achieved by very accurate measurements from space and by
larger ground-based studies with more data, which concentrate
on a single selected star. These more extensive ground-based
studies also lead to to higher frequency resolution. The latter
is important, because δ Scuti stars can show a large number of
very close frequency pairs (or groups), which can only be re-
solved through long-term studies lasting many months or years.
The question of frequency resolution is an important aspect in
planning asteroseismological space missions (e.g., see Handler
2004; Garrido & Poretti 2004).

The Delta Scuti Network (DSN) is a network of telescopes
situated on different continents. The collaboration reduces the
effects of regular daytime observing gaps. The network is en-
gaged in a long-term program (1000 + hours of observation,
10 + years, photometry and spectroscopy) to determine the
structure and nature of the multiple frequencies of selected
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δ Scuti stars situated in different parts of the classical instabil-
ity strip. The star FG Vir is the present main long-term target
of the network. This 7500 K star (Mantegazza et al. 1994) is
at the end of its main-sequence evolution. The projected rota-
tional velocity is very small (21.3± 1.0 km s−1, Mittermayer &
Weiss 2003, see also Mantegazza & Poretti 2002).

A number of photometric studies of the variability of
FG Vir are available: a lower-accuracy study by Dawson from
the years 1985 and 1986 (Dawson et al. 1995, data not used
here), high-accuracy studies from 1992 (Mantegazza et al.
1994), as well as previous campaigns by the Delta Scuti
Network in 1993, 1995 and 2002 (Breger et al. 1995, 1998,
2004). Furthermore, for the year 1996, additional uvby photom-
etry is available (Viskum et al. 1998). 12 nights of data were of
high accuracy and could be included.

Because of the large scope of the long-term project on
the pulsation of FG Vir, the photometric, spectroscopic and
pulsation-model results cannot be presented in one paper. Here
we present the extensive new photometric data from 2003 and
2004 as well as multifrequency analyses to extract the multiple
frequencies excited in FG Vir. The analyses concentrate on the
available three years of extensive coverage (2002–2004) and
also consider the previous data (1992–1996).

Separate studies, presently in progress, will (i) present
mode identifications based mainly on high-dispersion line-
profile analyses and the data presented in this paper; (ii) exam-
ine the nature of close frequencies; (iii) compute asteroseismo-
logical models of stellar structure to fit the observed frequency
spectrum.

2. New photometric measurements

During 2003 and 2004, photometric measurements of the star
FG Vir were scheduled for ∼350 nights at four observatories.
Of these, 218 nights were of high photometric quality at the
millimag level with no instrumental problems. These are listed
in Table 1 together with the additional details:

1. The APT measurements were obtained with the T6 0.75 m
Vienna Automatic Photoelectric Telescope (APT), situated
at Washington Camp in Arizona (Strassmeier et al. 1997;
Breger & Hiesberger 1999). The telescope has been used
before for several lengthy campaigns of the Delta Scuti
Network, which confirmed the long-term stability and mil-
limag precision of the APT photometry.

2. The OSN measurements were obtained with the 0.90 m
telescope located at 2900 m above sea level in the South-
East of Spain at the Observatorio de Sierra Nevada in
Granada, Spain. The telescope is equipped with a simul-
taneous four-channel photometer (uvby Strömgren pho-
toelectric photometer). The observers for 2003 were:
E. Rodriguez, P. López de Coca, A. Rolland, and V. Costa.

3. The SAAO measurements were made with the Modular
Photometer attached to the 0.5 m and the UCT photome-
ter attached to the 0.75 m telescopes of the South African
Astronomical Observatory. The observers were V. Antoci,
E. Guggenberger, G. Handler and B. Ngwato.

4. The 0.6-m reflector at Siding Spring Observatory,
Australia, was used with a PMT detector. The observers
were P. Lenz and R. R. Shobbrook.

The measurements were made with Strömgren v and y fil-
ters. Since telescopes and photometers at different observato-
ries have different zero-points, the measurements need to be
adjusted. This was done by zeroing the average magnitude of
FG Vir from each site and later readjusting the zero-points by
using the final multifrequency solution. The shifts were in the
submillimag range. We also checked for potential differences
in the effective wavelength at different observatories by com-
puting and comparing the amplitudes of the dominant mode.
No problems were found.

The measurements of FG Vir were alternated with those
of two comparison stars. Details on the three-star technique
can be found in Breger (1993). We used the same compari-
son stars as during the previous DSN campaigns of FG Vir,
viz., C1 = HD 106952 (F8V) and C2 = HD 105912 (F5V). No
variability of these comparison stars was found. The two com-
parison stars also make it possible to check the precision of
the different observing sites. The residuals from the assumed
constancy were quite similar, i.e., for the (C1–C2) difference
we find a standard deviation of ±3 mmag for all observatories
and passbands except for ±2 mmag (2004 SAAO75 v as well
as y passbands) and ±4 mmag (2004 APT75 v and 2003 OSN90
ymeasurements. The power spectrum of the C1–C2 differences
does not reveal any statistically significant peaks.

The resulting light curves of FG Vir are shown in Figs. 1
and 2, where the observations are also compared with the fit to
be derived in the next section.

3. Multiple frequency analysis

The pulsation frequency analyses were performed with a pack-
age of computer programs with single-frequency and multiple-
frequency techniques (PERIOD04, Lenz & Breger 2005;
http://www.astro.univie.ac.at/∼dsn/dsn/Period04/),
which utilize Fourier as well as multiple-least-squares algo-
rithms. The latter technique fits up to several hundreds of
simultaneous sinusoidal variations in the magnitude domain
and does not rely on sequential prewhitening. The amplitudes
and phases of all modes/frequencies are determined by min-
imizing the residuals between the measurements and the fit.
The frequencies can also be improved at the same time.

Our analysis consists of two parts: We first examine the ex-
tensive 2002−2004 data and then add the available 1992−1996
data.

3.1. Frequencies detected in the 2002–2004 data

The following approach was used in an iterative way:

(i) The data were divided into two data sets to separate the
y and v filters, each covering the total time period from
2002−2004. This is necessary because the amplitudes
and phasing of the pulsation are strongly wavelength de-
pendent. In principle, the different amplitudes could be

Article published by EDP Sciences and available at http://www.edpsciences.org/aa or http://dx.doi.org/10.1051/0004-6361:20042480



M. Breger et al.: Detection of 75+ pulsation frequencies in the δ Scuti star FG Virginis 957

Table 1. Journal of the PMT observations of FG Vir for 2003 and 2004.

Start Length Obs./ Start Length Obs./ Start Length Obs./ Start Length Obs./
HJD hours Tel. HJD hours Tel. HJD hours Tel. HJD hours Tel.
245 000+ Year 2003 2748.29 4.6 SAAO50 2788.89 4.5 SSO60 3108.63 4.8 APT75
2656.99 1.7 APT75 2748.64 6.5 APT75 2792.66 2.9 APT75 3109.62 6.9 APT75
2667.81 5.7 APT75 2748.89 4.9 SSO60 2796.66 2.7 APT75 3110.26 2.0 SAAO50
2668.91 3.6 APT75 2749.25 5.9 SAAO50 2798.67 2.3 APT75 3110.63 6.9 APT75
2670.81 5.8 APT75 2749.64 6.5 APT75 2802.66 2.4 APT75 3111.63 6.8 APT75
2671.64 0.7 OSN90 2749.89 6.7 SSO60 2803.66 2.3 APT75 3113.23 6.5 SAAO50
2673.79 6.1 APT75 2750.26 5.5 SAAO50 2805.66 2.2 APT75 3114.64 5.3 APT75
2674.61 3.4 OSN90 2750.70 5.0 APT75 2806.66 2.0 APT75 3115.63 6.5 APT75
2675.62 3.1 OSN90 2750.93 5.8 SSO60 2809.88 2.8 SSO60 3117.63 5.9 APT75
2676.63 3.0 OSN90 2751.36 2.9 OSN90 2812.66 1.6 APT75 3118.63 6.3 APT75
2677.78 4.4 APT75 2751.37 2.3 SAAO50 2813.66 1.8 APT75 3119.63 6.1 APT75
2686.81 0.7 APT75 2751.91 2.8 SSO60 2813.87 1.8 SSO60 3120.63 6.0 APT75
2692.75 6.0 APT75 2752.90 3.4 SSO60 2814.65 0.8 APT75 3123.74 3.2 APT75
2693.82 4.2 APT75 2753.24 6.0 SAAO50 2816.66 1.4 APT75 3125.63 5.8 APT75
2699.96 1.9 APT75 2753.64 6.2 APT75 Year 2004 3130.64 5.1 APT75
2703.77 1.8 APT75 2754.25 5.7 SAAO50 3022.83 5.3 APT75 3131.65 4.8 APT75
2706.71 7.3 APT75 2754.64 6.0 APT75 3023.83 5.0 APT75 3132.66 4.6 APT75
2707.72 1.5 APT75 2754.90 4.4 SSO60 3031.81 1.3 APT75 3136.64 4.8 APT75
2709.71 7.4 APT75 2755.25 5.4 SAAO50 3032.81 5.8 APT75 3137.25 3.1 SAAO50
2710.71 7.3 APT75 2755.66 5.5 APT75 3033.93 2.8 APT75 3137.64 4.7 APT75
2711.71 6.1 APT75 2756.25 5.5 SAAO50 3034.85 4.9 APT75 3138.23 2.7 SAAO50
2712.67 1.2 OSN90 2757.65 5.6 APT75 3035.82 5.1 APT75 3138.64 4.4 APT75
2713.70 4.0 APT75 2758.64 3.9 APT75 3049.98 1.6 APT75 3139.24 3.1 SAAO50
2714.44 3.1 OSN90 2758.95 4.6 SSO60 3051.00 1.0 APT75 3139.64 4.4 APT75
2719.77 5.3 APT75 2759.65 5.6 APT75 3051.80 5.9 APT75 3140.22 3.2 SAAO50
2720.02 2.4 SSO60 2759.88 4.8 SSO60 3052.76 5.9 APT75 3141.64 1.9 APT75
2720.81 4.2 APT75 2760.37 3.6 OSN90 3053.90 0.8 APT75 3142.22 3.1 SAAO50
2720.98 6.1 SSO60 2760.64 5.6 APT75 3057.74 7.2 APT75 3144.23 3.9 SAAO75
2721.68 7.4 APT75 2760.93 5.4 SSO60 3060.76 6.6 APT75 3145.74 1.6 APT75
2722.67 7.4 APT75 2761.72 3.7 APT75 3061.73 7.4 APT75 3146.20 1.7 SAAO75
2722.98 5.7 SSO60 2761.88 4.6 SSO60 3062.90 0.9 APT75 3146.65 3.3 APT75
2723.75 4.3 APT75 2762.36 4.1 OSN90 3064.73 6.8 APT75 3147.21 4.4 SAAO75
2724.69 6.8 APT75 2762.64 5.5 APT75 3075.69 1.9 APT75 3147.64 3.8 APT75
2725.76 5.0 APT75 2762.88 5.6 SSO60 3079.71 6.8 APT75 3148.64 3.7 APT75
2726.75 5.3 APT75 2763.36 3.6 OSN90 3080.72 6.5 APT75 3149.65 3.7 APT75
2727.66 6.7 APT75 2764.65 4.8 APT75 3081.68 7.6 APT75 3152.20 4.1 SAAO75
2729.64 7.6 APT75 2765.65 4.0 APT75 3082.67 7.7 APT75 3153.65 3.3 APT75
2729.95 1.5 SSO60 2766.75 2.5 APT75 3086.74 4.8 APT75 3155.20 3.1 SAAO75
2730.64 7.6 APT75 2768.03 0.6 SSO60 3087.66 7.6 APT75 3156.19 4.0 SAAO75
2733.64 7.4 APT75 2768.65 4.9 APT75 3088.79 4.6 APT75 3157.30 1.5 SAAO75
2734.63 7.6 APT75 2769.36 3.6 OSN90 3090.84 0.8 APT75 3160.65 1.7 APT75
2735.63 7.5 APT75 2769.89 1.7 SSO60 3091.65 3.9 APT75 3161.65 2.7 APT75
2735.99 1.2 SSO60 2770.36 2.3 OSN90 3092.66 7.3 APT75 3162.65 2.7 APT75
2736.63 7.4 APT75 2771.08 1.2 SSO60 3093.64 7.5 APT75 3163.65 2.1 APT75
2736.94 1.0 SSO60 2775.65 4.1 APT75 3094.66 7.1 APT75 3165.65 2.4 APT75
2737.63 7.3 APT75 2776.65 4.5 APT75 3095.37 2.4 SAAO50 3166.65 2.3 APT75
2738.64 4.1 APT75 2777.75 1.9 APT75 3101.24 6.8 SAAO50 3167.65 2.5 APT75
2740.65 6.7 APT75 2778.65 4.0 APT75 3102.24 6.8 SAAO50 3168.65 2.5 APT75
2743.99 4.4 SSO60 2779.66 4.0 APT75 3102.73 4.9 APT75 3171.65 2.2 APT75
2744.28 5.1 SAAO50 2781.65 4.1 APT75 3103.63 7.3 APT75 3172.65 2.2 APT75
2745.26 1.8 SAAO50 2784.67 3.3 APT75 3104.62 0.7 APT75 3173.65 2.1 APT75
2745.90 4.6 SSO60 2785.65 3.8 APT75 3106.26 6.1 SAAO50 3174.65 1.8 APT75
2747.10 1.7 SSO60 2785.90 3.2 SSO60 3107.28 5.8 SAAO50 3175.65 1.9 APT75
2747.66 6.1 APT75 2786.67 2.5 APT75 3107.65 6.6 APT75 3177.65 1.8 APT75
2747.94 5.3 SSO60 2787.66 1.9 APT75 3108.24 6.7 SAAO50 3187.65 1.0 APT75
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Fig. 1. Multisite photoelectric three-star-photometry of FG Vir obtained during the 2003 and 2004 DSN campaigns. ∆y and ∆v are the observed
magnitude differences (variable – comparison stars) normalized to zero in the narrowband uvby system. The fit of the 79-frequency solution
derived in this paper is shown as a solid curve. Note the excellent agreement between the measurements and the fit.
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Fig. 2. Multisite photoelectric three-star-photometry of FG Vir obtained during the 2003 and 2004 DSN campaigns, continued.
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Table 2. Frequencies of FG Vir from 2002 to 2004.

Frequency Detection(1) Amplitude Frequency Detection Amplitude
cd−1 name Type amplitude v filter y filter cd−1 Name Type amplitude v filter y filter

S/N ratio millimag S/N ratio millimag

±0.04 ±0.05 ±0.04 ±0.05
5.7491 f47 5.7 0.48 0.28 23.3974 f12

(2) 22 1.73 1.25
7.9942 f44 5.9 0.42 0.34 23.4034 f4

(2) 71 5.65 4.02
8.3353 f78 f6 − f1 3.8 0.33 0.17 23.4258 f53 4.9 0.37 0.28
9.1991 f7 53 3.82 2.78 23.4389 f24 9.0 0.68 0.52
9.6563 f5 71 5.20 3.61 23.8074 f48 5.5 0.45 0.32
10.1687 f25 8.6 0.64 0.42 24.0040 f58 4.6 0.35 0.31
10.6872 f79 f4 − f1 3.5 0.26 0.15 24.1940 f10 29 2.26 1.58
11.1034 f20 11 0.67 0.65 24.2280 f3 74 5.79 4.20
11.2098 f38 6.4 0.35 0.43 24.3485 f18 12 0.99 0.63
11.5117 f70 f3 − f1 4.0 0.30 0.18 24.8703 f36 f1 + f2 6.4 0.48 0.38
11.6114 f50 5.3 0.35 0.27 25.1788 f30 7.3 0.59 0.39
11.7016 f33 6.9 0.42 0.44 25.3793 f45 5.7 0.37 0.31
11.8755 f63 4.4 0.27 0.25 25.4324 f15 2 f1 16 1.23 0.89
11.9421 f29 7.6 0.55 0.38 25.6387 f68 4.0 0.30 0.26
12.1541 f2

(2) 85 6.09 4.21 26.5266 f71 4.7 0.30 0.20
12.1619 f14

(2) 16 1.13 0.83 26.8929 f61 4.5 0.34 0.27
12.2158 f52 5.1 0.38 0.24 26.9094 f75 4.2 0.34 0.19
12.7162 f1 442 31.74 21.92 28.1359 f19 11 0.87 0.55
12.7944 f17 13 0.88 0.66 29.4869 f51 f7 + f11 5.2 0.39 0.28
13.2365 f27 8.3 0.45 0.56 30.9146 f60 4.5 0.31 0.27
14.7354 f49 5.3 0.29 0.38 31.1955 f57 4.6 0.35 0.27
16.0711 f13 20 1.56 1.07 31.9307 f34 6.6 0.49 0.40
16.0909 f31 7.3 0.55 0.39 32.1895 f32 7.0 0.56 0.38
19.1642 f26 8.6 0.55 0.59 33.0437 f74

(4) 4.3 0.29 0.19
19.2278 f9 30 2.51 1.69 33.7677 f43 f1 + f6 5.9 0.44 0.31
19.3259 f41 6.3 0.53 0.34 34.1151 f22 9.8 0.75 0.49
19.6439 f65 4.3 0.40 0.22 34.1192 f72 4.7 0.21 0.25
19.8679 f8

(3) 55 4.44 3.19 34.1864 f54 4.9 0.37 0.25
19.8680 (3) 30 2.40 1.78 34.3946 f55 4.6 0.31 0.28
20.2878 f11 26 2.13 1.45 34.5737 f23 9.3 0.69 0.45
20.2925 f56 4.6 0.31 0.39 35.8858 f76 4.1 0.22 0.21
20.5112 f35 6.6 0.41 0.52 36.1196 f40 f1 + f4 6.3 0.40 0.31
20.8348 f39 6.3 0.53 0.38 36.9442 f37 f1 + f3 6.4 0.43 0.27
21.0515 f6 55 4.43 3.08 39.2165 f69 4.0 0.27 0.16
21.2323 f16 14 1.06 0.80 39.5156 f59 f9 + f11 4.5 0.24 0.25
21.4004 f46 5.7 0.52 0.33 42.1030 f64 2 f6 4.3 0.22 0.28
21.5507 f28 7.9 0.61 0.42 42.1094 f62 4.5 0.24 0.25
22.3725 f42 f1 + f5 6.2 0.52 0.35 43.0134 f73 4.4 0.21 0.15
23.0253 f66 4.1 0.30 0.23 43.9651 f67 4.0 0.26 0.17
23.3943 f21 11 0.85 0.60 44.2591 f77 4.0 0.20 0.18

(1) The noise for the amplitude signal/noise ratios were calculated over a 4 cd−1 range. Limits for a significant detection are 4.0 for independent
frequencies and 3.5 for combination modes with known values. Numbers in italics indicate 1992−2004 data (see text).
(2) The close frequencies, 12.1541 and 12.1619 as well as 23.3974 and 23.4034 c/d, are all separate modes. In short data sets this could lead to
an erroneous identification as single modes with variable amplitude.
(3) For the possible frequency pair near 19.868 c/d the existence of two separate modes cannot be proved at this point. A single frequency with
a slowly variable amplitude (beat period ∼21.5 years) is also possible.
(4) The 2002–2004 data clearly show a mode at 33.044 c/d, though with considerably reduced amplitudes from 1992–1995 data. Breger et al.
(1998) listed the value of the frequency as 33.056 c/d, which was the highest peak from a broad selection of peaks separated by annual aliases
0.0027 c/d apart. We note that in the new data, a value separated by 1 annual alias, viz., 33.0461 c/d, is also possible.

compensated for by multiplying the v data by an exper-
imentally determined factor of 0.70 and increasing the
weights of the scaled v data accordingly. (Anticipating
the results presented later in Table 2, we note that this

ratio is confirmed by the average amplitude ratio of the
eight modes with highest amplitudes.) However, the small
phase shifts of a few degrees cannot be neglected for
the larger-amplitude modes. Consequently, the data were
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Fig. 3. Example of power spectra of the 1992–2004 data. Top: spectral windows showing effects of the daily and annual aliasing. Bottom:
new frequencies detected in the most difficult frequency region with the lowest amplitudes. The diagram shows that in the 40–45 c/d region
pulsation modes are present and have been detected. The choice of which peaks are statistically significant depends somewhat on the details of
the analysis.

analyzed together for exploratory analysis, but not for the
final analyses.

(ii) We started with the single-frequency solution for the two
data sets using the program PERIOD04. For the Fourier
analyses the two data sets were combined to decrease the
noise, while for the actual fits to the data, separate solu-
tions were made.

(iii) A Fourier analysis was performed to look for additional
frequencies/modes from the combined residuals of the
previous solutions. Additional frequencies were then iden-
tified and their signal/noise ratio calculated. Following
Breger et al. (1993), a significance criterion of amplitude
signal/noise = 4.0 (which corresponds to power sig-
nal/noise of ∼12.6) was adopted for non-combination fre-
quencies. The most clearly detected additional frequen-
cies were included in a new multifrequency solution. In
order for a new frequency to be accepted as real, the sig-
nal/noise criterion also had to be fulfilled in the multi-
frequency solution. This avoids false detections due to
spill-over effects because the Fourier technique is a single-
frequency technique. Furthermore, since there exist reg-
ular annual gaps, trial annual alias values (separated by
0.0027 c/d) were also examined. We note that the choice
of an incorrect annual alias value usually has little or no
effect on the subsequent search for other frequencies. The
choice of an incorrect daily alias (separated by 1 c/d)
would be more serious and we carefully examined differ-
ent frequency values.

(iv) The previous step was repeated adding further frequencies
until no significant frequencies were found. Note that only
the Fourier analyses assume prewhitening; the multiple-
frequency solutions do not.

In this paper we omit the presentation of very lengthy
diagrams showing the sequential detection of new

frequencies, except for the example shown in the next sub-
section. A detailed presentation of our approach and its re-
sults can be found in our analysis of the 2002 data (Breger
et al. 2004).

FG Vir contains one dominant frequency: 12.7162 c/d with a
photometric amplitude five times higher than that of the next
strongest mode. To avoid potential problems caused by even
small amplitude variability, for this frequency we calculated
amplitudes on an annual basis. The results of the multifre-
quency analysis are shown in Table 2. The numbering scheme
of the frequencies corresponds to the order of detection, i.e.,
the amplitude signal/noise ratio, and therefore differs from that
used in previous papers on FG Vir.

3.2. Further frequencies detected in the 1992–2004
data

An extensive photometric data set covering 13 years is essen-
tially unique in the study of δ Scuti stars, promising new limits
in frequency resolution and noise reduction in Fourier space.
The noise reduction is especially visible at high frequencies,
where the effects of systematic observational errors are small.
The analysis of the combined data had to work around two
problems: the earlier data is not as extensive as the 2002−2004
data and there exists a large time gap between 1996 and 2002.

The time gap did lead to occasional uniqueness problems
for the frequencies with amplitudes in the 0.2 mmag range:
next to the annual aliasing of 0.0027 c/d we find peaks spaced
0.00026 c/d, corresponding to a ∼10 year spacing (see Fig. 3,
top right). Fortunately, the excellent coverage from 2002−2004
minimized these ambiguities.

The relatively short coverage of the data from 1992 and
1996 excluded the computation of 79-frequency solutions
for individual years (to avoid overinterpretation). We have
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Fig. 4. Distribution of the frequencies of the detected modes. The diagram suggests that the excited pulsation modes are not equally distributed
in frequency.

consequently combined all the y measurements from 1992 to
1996 as well as the available 1995 and 1996 v data. Together
with the y and v data sets from 2002−2004, we had four data
sets.

Figure 3 illustrates some examples of the resulting power
spectra. Due to the large amount of APT data from 2002−2004,
which therefore dominates, the 1 c/d aliases are not zero (top
left). Nevertheless, due to the excellent frequency resolution,
these aliases are very narrow so that the aliasing problem is
not severe. The figure also shows the power spectrum of the
measurements in the 40−45 c/d region, which was the most
difficult region for us to analyze due to the small amplitudes of
all the detected frequencies.

The new detections are included in Table 2.
A comparison with the frequencies published in earlier pa-

pers shows that all the previously detected frequencies were
confirmed. This also includes those previously detected modes
not found to be statistically significant in the 2002 data alone.
In a few cases, different annual aliases were selected. However,
the main result is the increase in the number of detected fre-
quencies to 79, which more than doubles the previous results.

Figure 4 shows the distribution of frequencies in frequency
space. We note the wide range of excited frequencies, which is
unusual for δ Scuti stars, as well as the clustering of the excited
frequencies. This clustering persists even after the suspected
combination frequencies and 2 f harmonics are removed.

A new feature is the detection of frequencies with values
between 40 and 45 c/d. They all have small amplitudes of ∆y ∼
0.2 mmag. The lower noise of the new data now made their
detection possible.

3.3. Color effects

The light curves of pulsating stars are not identical at dif-
ferent wavelengths. In fact, amplitude ratios and phase shifts
provide a tool for the identification of nonradial modes (e.g.,
see Garrido et al. 1990; Moya et al. 2004). For δ Scuti stars,

the amplitude ratios between different colors are primarily
dependent on the surface temperature. For the individual pul-
sation modes, the phase differences and deviations from the
average amplitude ratio are small. This means that observa-
tional errors need to be small and any systematic errors be-
tween the different colors should be avoided.

For most nights there exist both v and y passband data, so
that amplitude ratios as well as phase differences can be de-
rived. However, our 79-frequency solution is not perfect. In or-
der not to introduce systematic errors in the phase differences
and amplitude ratios, for the calculation of amplitude ratios and
phase differences, we have omitted those nights for which two-
color data are not available. Consequently, no data from 1992
and 1993 were used and all 1995 (single-color) CCD measure-
ments were omitted.

Table 3 lists the derived phase differences and amplitude ra-
tios for the modes with relatively high amplitudes. The uncer-
tainties listed were derived from error-propagation calculations
based on the standard formulae given by Breger et al. (1999).
The results can now be used together with spectroscopic line-
profile analyses to identify the pulsation modes.

4. Combination frequencies

We have written a simple program to test which of the 79 fre-
quencies found can be expressed as the sum or differences
of other frequencies. Due to the excellent frequency resolu-
tion of the 2002−2004 data, we could be very restrictive in
the identification of these combinations. A generous limit of
±0.001 c/d was adopted. The probability of incorrect identifi-
cations is correspondingly small. A number of combinations
was found and these are marked in Table 2. They generally
agreed to ±0.0002 c/d.

How many accidental agreements do we expect? We have
calculated this number through a large number of numerical
simulations, assuming a reasonable agreement of the observed
frequency to within 0.0002 c/d of the predicted frequency. We
obtain an average of 0.93 accidental matchings of peaks with
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Table 3. Phase differences and amplitude ratios.

Frequency Phase differences in degrees Amplitude ratios
c/d φv − φy v/y

2002–2004 1995–20041 2002–2004 1995–2004

f1 12.716 –1.7 ± 0.1 –1.5 1.45 ± 0.00 1.45
f2 12.154 +3.1 ± 0.7 +2.8 1.44 ± 0.02 1.44
f3 24.227 –3.0 ± 0.7 –3.0 1.38 ± 0.02 1.40
f4 23.403 –3.5 ± 0.7 –3.3 1.40 ± 0.02 1.42
f5 9.656 –5.1 ± 0.8 –4.5 1.44 ± 0.02 1.43
f6 21.051 –3.7 ± 1.0 –4.2 1.44 ± 0.02 1.45
f7 9.199 –6.7 ± 1.1 –6.6 1.38 ± 0.03 1.40
f8 19.8682 –4.3 ± 1.9 –2.9 1.45 ± 0.05 1.44
f9 19.228 –4.6 ± 1.7 –3.9 1.48 ± 0.05 1.46
f10 24.194 –1.2 ± 1.9 –0.6 1.43 ± 0.07 1.38

1 Error estimates omitted: usually lower than for 2002–2004, but some instabil-
ity is possible due to large time gap.
2 Using single frequency with annual amplitude variations.

combination frequencies. We conclude that most or all detected
combination frequencies are not accidental. The argument is
strengthened by the fact that the combinations detected by us
all contain one of two specific modes, which reduces the chance
of accidental agreements to essentially zero.

We also note that the lowest frequency detected, f47 at
5.749 c/d, can be expressed as a triple combination of f1, f3
and f57. This may be accidental.

4.1. Combinations of the dominant mode
at 12.7163 c/d

Due to the presence of a dominant mode at 12.7163 c/d ( f1),
it is not surprising that some combination frequencies, f1 ± fi,
exist and are detected (see Table 2). In order to examine this
further, we have performed additional calculations with the
2002−2004 data. We have repeated our multifrequency solu-
tions described earlier while omitting all frequency combina-
tions of f1. The residuals of the y and v data were combined
to form the sum (y + 0.70v) to account for the different am-
plitudes at the two passbands. A new multifrequency solution
containing the possible combinations of the dominant mode
with f2 through f8 was made. The results are shown in Table 4,
in which small differences compared to Table 2 are caused by
the different procedures of our analyses. The amplitudes of the
sums ( f1 + fi) are higher than those of the differences ( f1 − fi).
We believe the result to be real and intrinsic to the star. The
differences are generally found at low frequencies, where the
observational noise is higher. Increased noise should lead to
higher amplitudes, which are not found.

4.2. Combinations of the 20.2878 c/d mode

Apart from the mode combinations involving the dominant
mode, f1, two other two-mode combinations are found, both
involving f11 at 20.2878 c/d. While the mode identifications are
still in progress, this mode can to a high probability be identi-
fied as a � = 1, m = −1 mode (Zima et al. 2003). At first sight,

Table 4. Combination frequencies involving the dominant mode.

f1± Amplitude in y (2002–2004)
Sum of frequencies Difference of frequencies

mmag mmag

f2 0.35 (0.06)
f3 0.28 0.19
f4 0.31 0.17
f5 0.33 (0.16)
f6 0.39 0.21
f7 (0.10) (0.07)
f8 (0.07) (0.13)

The amplitudes in brackets are too low for fulfilling the adopted crite-
rion of statistical significance.

this appears surprising, since the photometric amplitude is only
1.5 mmag. However, for the known inclination and mode iden-
tification, we calculate a geometric cancellation factor of ∼3.6,
so that the real amplitude of this mode is 5 mmag or larger.

The fact that the m value is not equal to zero has some in-
teresting consequences for the observations of combination fre-
quencies. The reason is that there are two frames of reference:
the stellar frame corotating with the star, and that of the ob-
server. For nonradial modes of m values � 0 (i.e., waves travel-
ing around the star), the frequencies between the two frames of
reference differ by mΩ, whereΩ is the rotation frequency of the
star (see Cox 1984, for an excellent discussion). The frequency
combinations occur in the corotating (stellar) frame, and not
the observer’s frame of reference. Consequently, many possi-
ble combinations involving non-axisymmetric modes should
not be observed as simple sums or differences of observed fre-
quency values.

It follows that for the non-axisymmetric (m = −1) mode at
20.2878 c/d, our simple method to search for combination fre-
quencies from the observed frequency values may only detect
combinations, fi + f j, with m = +1 modes.
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This strict requirement is met by the two identified combi-
nations of 20.2878 c/d! Both coupled modes, f9 = 19.2278 c/d
as well as f11 = 20.2878 c/d have been identified as m =

+1 modes. Such a combination of m values of opposite sign can
be detected because the combination is invariant to the transfor-
mation between the two frames of reference: −mΩ + mΩ = 0.

5. The problem of missing frequencies solved?

δ Scuti star models predict pulsational instability in many ra-
dial and nonradial modes. The observed number of low-degree
modes is much lower than the predicted number. The prob-
lem of mode selection is most severe for post-main-sequence
δ Scuti stars, which comprise about 40 percent of the observed
δ Scuti stars. The theoretical frequency spectrum of unstable
modes is very dense. Most modes are of mixed character: they
behave like p-modes in the envelope and like g-modes in the
interior. For example, for a model of the relatively evolved star
4 CVn, the models predict 554 unstable modes of � = 0 to 2,
i.e., 6 for � = 0, 168 for � = 1, and 380 for � = 2 (see Breger &
Pamyatnykh 2002). However, only 18 (and additional 16 com-
bination frequencies) were observed (Breger et al. 1999). The
problem also exists for other δ Scuti stars. A complication oc-
curs since the models so far cannot predict the amplitudes of
the excited modes.

Two explanations offer themselves: the missing modes ex-
ist, but have amplitudes too small to have been observed, or
there exists a mode selection mechanism, which needs to be
examined in more detail. Promising scenarios involve the selec-
tive excitation of modes trapped in the envelope (Dziembowski
& Królikowska 1990) or random mode selection.

Let us turn to the star FG Vir. Unpublished models com-
puted by A. A. Pamyatnykh predict 80 unstable modes with � =
0, 1 and 2 in the 8−40 c/d range. This number is smaller than
that mentioned previously for the more evolved star 4 CVn,
but until now this large number was not observed either. The
present study addresses the question by lowering the obser-
vational amplitude threshold to 0.2 mmag. We have detected

79 frequencies, of which 12 could be identified as harmonics or
combination frequencies. This leaves 67 independent frequen-
cies. There also exists considerable evidence that many more
modes are excited:

(i) consider the amplitude distribution of the detected modes
shown in Fig. 5. There is a rapid increase in the number
of modes as one goes towards low amplitudes. The present
limit near 0.2 mmag is purely observational. Consequently,
the number of excited modes must be much larger.

(ii) consider the power spectrum of the residuals after subtrac-
tion of the multifrequency solution (Fig. 6). We see excess
power in the 10−50 c/d range. This is exactly the region
in which the previously detected modes were found. This
indicates that many additional modes similar to the ones
detected previously are excited at small amplitude.

We can exclude the possibility that the large number of
observed frequencies is erroneous because of imperfect
prewhitening due to amplitude variability. We have examined
this possibility in great detail, with literally thousands of dif-
ferent multifrequency solutions allowing for amplitude vari-
ability. In no case was it possible to significantly reduce the
structure in the power spectrum of the residuals. In fact, the
“best” multifrequency solution adopted treated the two colors
as well as the 1992−1996 and 2002−2004 data separately and
allowed annual amplitude variability of the dominant mode at
12.7162 c/d. Amplitude variability, therefore, cannot explain
the excess power.

Consequently, the problem that the number of detected
modes is much smaller than the number of predicted low-�
modes no longer exists, at least for FG Vir. Of course, we can-
not conclude that each theoretically predicted mode is really
excited and has been detected. This would require much more
extensive mode identifications than are available at this stage.

In the previous discussion, we have concentrated on the
low-� modes which are easily observed photometrically. One
also has to consider that at low amplitudes, variability from
modes of higher � values might also be seen photometrically.

Article published by EDP Sciences and available at http://www.edpsciences.org/aa or http://dx.doi.org/10.1051/0004-6361:20042480
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The geometric cancellation effects caused by the integration
over the whole surface only become important for � ≥ 3. This
is shown by Daszyńska-Daszkiewicz et al. (2002), who calcu-
lated the amplitude reduction factors caused by temperature
variations across the disk. From this paper we can roughly
estimate a cancellation factor of ∼50 in the y passband for
� = 3 modes, implying that only the largest-amplitude modes
could be photometrically detected. Such modes would have
amplitudes similar to, or larger, than that of the observed dom-
inant (� = 1) mode at 12.7162 c/d and might therefore be ex-
pected to be few. Regrettably, the situation is somewhat more
complicated. The results presented in Fig. 2 of the Daszyńska-
Daszkiewicz et al. paper are actually based on models with
higher surface temperatures and could fit the β Cep variables.
A. Pamyatnykh has kindly calculated specific models fitting
the star FG Vir. Here the geometric cancellation factor be-
comes smaller by a factor of two or three. Consequently, some
of the low-amplitude modes observed by us could also be
� = 3 modes.

We conclude that the large number of detected frequencies
as well as the large number of additional frequencies suggested
by the power spectrum of the residuals confirms the theoret-
ical prediction of a large number of excited modes. A mode-
by-mode check for each predicted mode is not possible at this
stage.
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Abstract. The evolvedδ Scuti variable 4 CVn was observed
photometrically for 53 nights on three continents. We found a
total of 34 significant and 1 probable simultaneously excited
frequencies. Of these, 16 can be identified as linear combina-
tions of other frequencies. All significant frequencies outside
the 4.5 to 10 cd−1 (52 to 116µHz) range can be identified with
frequency combinations, fi ± fj , of other modes with gener-
ally high amplitudes. There exists a number of closely spaced
frequencies with separations of∼ 0.06 cd−1. This cannot be
explained in terms of amplitude variability.

The results show that even for stars on and above the main
sequence other than the Sun, a very large number of simultane-
ously excited nonradial oscillations can be detected by conven-
tional means.

Since all pulsation modes with photometric amplitudes of 1
mmag or larger have now been detected for this star, a presently
unknown mode selection mechanism must exist to select be-
tween the 1000+ of low-degree modes predicted to be excited
for this (and many other) stars.

Phase differences and amplitude ratios between they and
v colors are determined for the ten main modes. The phase
differences indicate p1 to p4 modes of̀ = 1 for four of these
modes.

The formulae to determine the uncertainties in the ampli-
tudes and phases of sinusoidal fits to observational data are
derived in the Appendix.

Key words: stars: variables:δ Sct – stars: oscillations – stars:
individual: AI CVn – stars: individual: 4 CVn

Send offprint requests to: M. Breger

1. Introduction

The δ Scuti variables pulsate with a large number of simulta-
neously excited radial and nonradial modes, which makes them
well-suited for asteroseismological studies. The amplitudes of
the more dominant modes in the typicalδ Scuti star are a few
millimag, which is much higher than found in the Sun. It is now
possible for ground-based telescopes to detect a large number
of simultaneously excited modes with millimag amplitudes in
stars other than the Sun. Because photometric studies measure
the integrated light across the stellar surface, they can detect
low-degree modes only. These studies require hundreds of tele-
scope hours at observatories spread around the world in order
to reduce aliasing caused by observing gaps and to lower the
noise level in the power spectra.

The Delta Scuti Network (DSN) is engaged in a long-term
program to determine the multifrequency structure of selected
δ Scuti stars situated in different parts of the classical instability
strip. These stars include 4 CVn (cool, evolved), BI CMi (cool,
less evolved), FG Vir (center), XX Pyx (hot, unevolved) andθ2

Tau (hot, evolved).
The star 4 CVn is of particular interest for a number of

reasons: (i) The star is highly evolved (log g = 3.5 ± 0.1 at
Teff = 6900±100K) for a δ Scuti variable and is on its way to
the giant branch. For these stars, a very dense forest of excited
modes is predicted (Dziembowski & Krolikowska 1990). (ii)
The star exhibits amplitude variability with a typical time scale
of years, but some rapid changes are also known. An example
is the rapid change of the amplitude of the 7.38 cd−1 mode
between 1974 and 1976. (iii) The amplitude variability may
be connected with transferring power between different modes
through resonances. In this respect, a study of combination fre-
quencies, fi ± fj , is important.
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Table 1.Journal of photoelectric measurements of 4CVn

Start Length Obs. Start Length Obs.
HJD hours HJD hours

116.71 6.39 McD 153.09 6.43 XL
117.88 3.97 McD 154.39 1.91 SNO
118.73 7.68 McD 154.65 8.97 McD
119.70 8.31 McD 155.65 8.86 McD
120.48 1.46 Suh 157.64 9.16 McD
121.71 8.08 McD 158.64 9.10 McD
122.73 7.62 McD 159.11 5.19 XL
123.48 2.49 Suh 159.36 4.29 Skib
123.81 5.47 McD 159.64 9.34 McD
127.72 7.62 McD 160.17 4.60 McD
128.68 6.60 McD 160.34 9.21 SNO
139.47 4.83 Pisz 161.01 8.18 XL
140.32 8.12 Pisz 161.35 5.93 Suh
141.35 6.01 Pisz 161.57 1.55 SNO
142.32 8.24 Pisz 162.48 5.76 SNO
143.21 3.73 XL 162.69 7.76 McD
144.14 5.77 XL 163.64 8.91 McD
145.12 6.54 XL 164.34 5.46 SNO
146.21 4.07 XL 164.80 2.81 McD
147.66 5.11 McD 165.93 2.00 McD
151.09 6.93 XL 168.69 6.22 McD
151.40 5.89 Pisz 170.33 7.34 SNO
151.68 8.26 McD 170.66 6.24 McD
152.09 7.40 XL 171.35 5.82 SNO
152.33 7.34 Skib 171.38 3.29 Suh
152.33 5.28 Pisz 171.88 2.60 McD
152.63 8.78 McD

McD: McDonald, Suh: Suhora, Pisz: Piszkéstet̋o
XL: Xing Long, Ski: Skibotn, SNO: Sierra Nevada

The variability of 4 CVn (HR 4715 = HD 107904 = AI CVn,
F3III–IV) was discovered by Jones & Haslam (1966). Subse-
quent period determinations based on observations of only a few
nights each led to a large number of reported periods and so-
lutions, usually in disagreement with each other. Extensive un-
published single-site photometry by Fitch and coworkers (Fitch
1980) showed the multiperiodicity, but did not present a consis-
tent picture of this complex variability. The multisite campaign
of the Delta Scuti Network carried out in 1983 and 1984 (Breger
et al. 1990, hereafter called Paper I) revealed five frequencies
of pulsation. A subsequent analysis of the previous published
and unpublished data extended the number of frequencies to 7
and showed that the complex behavior of 4 CVn was caused by
amplitude variability of pulsation modes with essentially con-
stant frequencies (Breger 1990a, Paper II). A photometric study
undertaken with the Vienna Automatic Photoelectric Telescope
(APT) in Arizona covering 204 hours increased the number
of detected frequencies to 19 (Breger & Hiesberger 1999, Pa-
per III). 6 of the 19 were combination frequencies.

The present paper reports the results of a multisite photo-
metric campaign carried out by the Delta Scuti Network on
three continents and the considerable increase in the number of
pulsation modes detected in 4 CVn.

2. New measurements

During 1996 February and March, 4 CVn was observed photo-
metrically together with two comparison stars for 53 nights (325
hours) at six observatories. The following telescopes were used:
McDonald Observatory 0.9m (observers Handler, Audard);
Xing Long, China, 0.85m (observer Li Zhiping); Sierra Nevada
Observatory, Spain, 0.9m (observers Garrido, Beichbuchner);
Piszḱestet̋o, Hungary, 0.5m (observers Paparó, Pikall, Stankov,
Zima); Mt. Suhora, Poland, 0.6m (observers Ogloza, Pajdosz,
Zola); and Skibotn, Norway, 0.5m (observer Thomassen). The
dates of observation can be found in Table 1.

The three-star technique, in which measurements of the vari-
able star are alternated with those of two comparison stars,
was adopted. With the three-star technique adopted by the
Delta Scuti Network, the required high photometric accuracy is
achieved by alternating measurements of the variable star with
those of two carefully chosen comparison stars. The same pho-
tometric channel is used for all three measurements. The proce-
dure can produce the required long-term stability of 2 mmag or
better (also within different observatories), but yields a variable-
star measurement only every five minutes. The technique works
well for periods between 30 minutes and several days and has
been described by Breger (1993).

The two comparison stars, HR 4843 (F6IV) and HR 4728
(G9III), have been used before as comparison stars. No evidence
for any variability has been found. At McDonald and Sierra
Nevada Observatories the measurements were made through the
Stromgrenv andy filters to provide a relatively large baseline in
wavelength. The large baseline is needed to determine reliable
phase differences (see Sect. 4) and cannot achieved with the
b filter. The u filter was also not chosen because of the very
large potential for systematic observational errors. At the other
observatories, only the JohnsonV filters was used, which has
the same effective wavelength as the Stromgreny filter.

The resulting light curves are shown in Fig. 1, where the
observations can also be compared with the fit to be derived in
the next section.

3. Detection of the pulsation frequencies

The pulsation frequency analyses were performed with a pack-
age of computer programs with single-frequency and multiple-
frequency techniques (programs PERIOD, Breger 1990b; PE-
RIOD98, Sperl 1998), which utilize Fourier as well as multiple-
least-squares algorithms. The latter technique fits a number of
simultaneous sinusoidal variations in the magnitude domain and
does not rely on prewhitening. For the purposes of presentation,
however, prewhitening is required if the low-amplitude modes
are to be seen. Therefore, the various power spectra are pre-
sented as a series of panels, each with additional frequencies
removed relative to the panel above.

One of the most important questions in the examination of
multiperiodicity concerns the decision as to which of the de-
tected peaks in the power spectrum can be regarded as variabil-
ity intrinsic to the star. Due to the presence of nonrandom errors
in photometric observations and because of observing gaps, the
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Fig. 1.Multisite photoelectric three-star-photometry of 4 CVn obtained during the 1996 DSN campaign.∆y and∆v are the observed magnitude
differences (variable – comparison stars) normalized to zero in the narrowbanduvby system. The fit of the 34-frequency solution derived in this
paper is shown as a solid curve. Note the excellent agreement between the measurements and the fit

predictions of standard statistical false-alarm tests give answers
which we consider to be overly optimistic. In a previous pa-

per (Breger et al. 1993) we argued that a ratio of amplitude
signal/noise = 4.0 provides a useful criterion for judging the re-
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Fig. 1. (continued)

ality of a peak. This empirically determined limit now has some
theoretical underpinning (Kuschnig et al. 1997).

For peaks at harmonics or combination frequencies, we must
relax the criterion. The reason is the statistically different ques-
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Fig. 2. Power spectrum of 4 CVn in the 4 to 10 cd−1 range, where
the main pulsation frequencies are situated. The spectra based on the
1996v andy data are shown before and after applying multiple fre-
quency solutions. See text for the numbering scheme and a discussion
of significance levels

tion asked. In a general search we must consider the occurrence
of even a single accidental peak among a large number of possi-
ble frequencies from 0 to the Nyquist frequency,fn. For known
frequency values (such as combination frequencies), we only
have to consider the possibility of an accidental peak occurring
in a narrow frequency range near the expected combination fre-
quency. In the following paragraph, we provide a rough estimate
of the significance criterion for combination frequencies which
should have the same false alarm probability as the 4.0 criterion
does for the identification of general frequencies.

For the present case, using the first 18 frequencies we have
182 = 324 potential combination peaks, and in the neighbor-
hood of each expected peak we examine a frequency range of
length2

√
2σ = 0.0028 cd−1 (σ = 0.001 cd−1 is taken to be a

representative error bar for frequencies determined in the 1996
campaign). We are thus examining a total frequency range of
324 · 0.0028 cd−1 = 0.907 cd−1. According to Scargle (1982),
the significance levelz0 (signal to noise ratio inpower) for de-
tection scales like

z0 = const. + ln(N),

whereN is the number of independent frequencies searched.
Clearly,N is proportional to the frequency range considered,
so for a subset∆f of the total frequency range we can write

z0 = 12.57 + ln(∆f/fn),

wherefn ≈ 120 cd−1 is the Nyquist frequency; for∆f = fn,
we havez0 = 12.57, where the value of this constant has been
chosen so as to yield our empirically chosen cutoff of 4.0 when
translated back into amplitude (2

√
z0/π = 4.0). If we instead

set∆f = 0.907 cd−1, in order to search for combination fre-
quencies, we findz0 ≈ 7.7, which implies a signal to noise in
amplitude of≈ 3.1. For the present analysis, we have chosen
to use the more conservative value of 3.5 for our significance
criterion; various tests with the present data set involving ran-
domly selected frequency combinations suggest that this value
provides a very strict detection criterion.

The amplitude signal/noise values listed in Table 2 refer to
formally computed values from the combinedy andv data set.
Because of slight phase shifts between different colors, the true
detection significance is probably higher, e.g. a phase shift of
6.5 degrees betweeny andv leads to an underestimate of the
shifted amplitude of 7.2% of its value. For the modes with pos-
sible amplitude variability, the S/N values of the detection were
computed from the combined 1996/7 data sets and are shown
in italics. The noise was calculated by averaging the amplitudes
(oversampled by a factor of 20) over 3 cd−1 regions centered
around the frequency under consideration. In the low-frequency
0–4 cd−1 range, the value from 0.5 to 4 cd−1 was computed.
These fairly large frequency regions make the detection criterion
relatively insensitive to isolated peaks in the power spectrum.

For the frequency detection, we combined they (2164 mea-
surements) andv data (1185 measurements). The dependence
of the pulsation amplitude on wavelength was compensated by
multiplying thev data set by an experimentally determined fac-
tor of 0.66. This scaling also offsets the higher noise level of the
v data in the frequency region under consideration. After the
1996 data were analyzed up to the noise level, the analysis was
repeated by adding the measurements from 1997 (Paper III) and
weighting according to the length of coverage (1996: 335 hours,
1997: 204 hours). This allowed the detection and confirmation
of the pulsation modes with variable amplitudes between the
two years. Furthermore, the increased time base made it possi-
ble to determine more accurate frequency values, which may,
however be afflicted by annual aliasing of±0.0026 cd−1.

Note that different colors and data sets were only combined
to detect the frequencies and to determine the significance of
the detection. The amplitudes listed in Table 2 were calculated
with separate solutions for each color. If we assume completely
random photometric errors, the expected uncertainties in the
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Fig. 3. Power spectrum of 4 CVn in the high-frequency range. The
highest nine peaks can be matched exactly by expected combination
frequencies, fi+fj

values of the derived amplitudes can be calculated from the
residuals of the two photometric data sets. The equation used
and the derivation is shown in the Appendix. The uncertainties
∼ 0.1 mmag are shown in Table 2.

Anticipating the results, we divide the frequency spectrum
into three separate regions based on the nature of the peaks in
the power spectrum.

3.1. The main pulsation frequencies

The main pulsation frequencies of 4 CVn are found in the region
of 4 to 10 cd−1. Fig. 2 and Table 2 show the results of the mul-
tiperiod analysis: 18 statistically significant and one additional
promising peak are found. All modes with photometric ampli-
tudes∼ 1 mmag or larger have been detected. A formal limit
of 0.5 mmag, corresponding to an amplitude signal/noise limit
of 4.0, is derived. The power spectrum of the residuals suggests
that additional modes with small amplitudes are excited as well.

An interesting feature of the results concerns a number of
closely spaced frequencies: 6.190 and 6.117 cd−1, 6.750 and
6.680 cd−1 (see below), and 6.440 and 6.404 cd−1. Before one
accepts these detected frequencies as separate pulsation modes,
one needs to eliminate the possibility of a single frequency
with amplitude variability. Such numerical tests are included
in the reduction packages, PERDET and PERIOD98, used in
the present investigation. These tests show that such a single-
frequency fit with a variable amplitude cannot reproduce the
observed behavior.

3.2. The high-frequency region: Combination frequencies

We now turn to the frequency range above 10 cd−1. Fig. 3 shows
the existence of a number of peaks in the 1996 data, which was
analyzed in the same manner as for the 4–10 cd−1 range. The
five main peaks can be immediately identified with combination
frequencies, fi+fj . The agreement cannot be accidental since
the values of these expected frequencies are quite accurate to
±0.001 cd−1. Four of these five peaks were already known from
the analysis of the 1997 APT data (Paper III).

The 1996 data also show additional promising peaks. Some
of these peaks become statistically significant once the 1997
data are included in the analysis. Altogether we find eight com-
bination frequencies.

The peak at 11.9729 cd−1, which has higher amplitude in the
1997 than in the 1996 data, may be related to f13 at 5.98647 cd−1.
The formal multifrequency solution indicates a frequency ratio
of 1.99999. This indicates exact doubling if the uncertainties in
the frequency determinations are considered. The probability of
an accidental agreement is small. In principle, a frequency match
with f4+ f5, which occurs at 11.9674 cd−1, is also possible,
although the frequency resolution of the combined 1996/7 data
may exclude this. Since f4+f5 only has about half the power of
the 2. f13 identification, we regard the 2. f13 identification as the
more probable one.

The existence of a 2f term is not unusual in variable stars of
large amplitude and indicates a light curve which is not strictly
sinusoidal. While this usually occurs for modes of high ampli-
tude, the observed photometric amplitude of f13 is very small
(∼ 1 mmag). It is possible to argue that f13 is an` = 3 or 4 mode
with a large physical amplitude, which only appears small due
to a large geometric reduction factor. Using formulae given in
Dziembowski (1977), we find, for models appropriate to 4 CVn,
that an` = 3 mode would have in general only about 10% the
observed amplitude of aǹ = 1 mode, if both modes are as-
sumed to have the same physical amplitude. In principle, f13
could therefore be a high-amplitude, intermediate-` mode, for
which nonlinear distortion effects could produce a 2f term. In
this case, the surface flux perturbations associated with the har-
monic would not (for̀ /= 0) have the same spherical harmonic
structure as the original mode, and thus might well experience
less geometrical cancellation (Brassard et al. 1995). However,
this explanation is somewhat contrived. Another perhaps more
plausible explanation is simply a resonance: due to a resonance,
f13 excites another p-mode at exactly twice its frequency value.

3.3. The low-frequency region: Combination frequencies

In the frequency region of 0 to 4 cd−1 we expect to find g modes
as well as combinations of the pulsation modes, fi–fj . This is
also the region in which the observational uncertainties may
become larger, both due to the 1/f dependence of atmospheric
effects as well as residual extinction and zero-point difficulties.

The results at low frequencies are similar to those at high
frequencies: the dominant peaks are combination frequencies.
Fig. 4 shows that the six dominant peaks can be identified with
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Table 2.The frequency spectrum of 4 CVn in 1996

Frequency Amplitude 1996 Significance
y filter v Filter Ampl. S/N

cd−1 µHz/ID mmag mmag

Significant frequencies ± 0.09 ± 0.11

f1, 8.595 99.48 15.3 22.9 118
f2, 7.375 85.36 11.6 17.4 96
f3, 5.048 58.42 10.7 16.4 95
f4, 6.117 70.80 9.2 14.3 83
f5, 5.851 67.72 10.1 15.0 90
f6, 5.532 64.03 6.4 10.1 57
f7, 6.190 71.64 5.7 8.1 51
f8, 6.976 80.75 5.0 7.4 45
f9, 4.749 54.96 3.2 4.9 27
f10, 7.552 87.41 3.3 4.9 26
f11, 6.750 78.13 0.9 1.6 9
f12, 6.440 74.54 1.6 2.4 14
f13, 5.986 69.29 0.8 1.4 7.7
f14, 7.896 91.39 0.8 0.9 6.6
f15, 5.134 59.42 0.8 1.1 6.8
f16, 5.314 61.51 0.8 1.0 5.8
f17, 6.404 74.12 0.4 1.3 5.1
f18, 6.680 77.32 0.2 0.5 5 .1
f19, 11.649 = f4 + f6 0.7 1.4 6.2
f20, 14.712 = f1 + f4 0.7 1.0 5.4
f21, 12.907 = f2 + f6 0.4 0.5 4.1
f22, 15.970 = f1 + f2 0.6 0.7 4.2
f23, 13.643 = f1 + f3 0.5 0.6 3.6
f24, 10.580 = f3 + f6 0.6 0.8 4.4
f25, 11.973 = 2f13 0.4 0.5 4 .1
f26, 13.492 = f2 + f4 0.5 0.6 3.6
f27, 12.423 = f2 + f3 0.3 0.3 3 .7
f28, 3.063 = f1 – f6 0.6 0.9 4.6
f29, 1.069 = f4 – f3 0.5 1.0 4.4
f30, 2.327 = f2 – f3 0.2 0.4 4 .2
f31, 1.258 = f2 – f4 0.6 0.5 4.0
f32, 1.929 = f8 – f3 0.5 0.5 3.9
f33, 1.185 = f2 – f7 0.3 0.5 3.8
f34, 1.220 = f1 – f2 0.5 0.5 3.5

Probable frequencies

f35, 9.645 111.63 0.6 0.6 3.8

Residuals, single msmt. 3.0 2.7

known values from combination frequencies. The matches are
exact. A seventh frequency at 2.327 cd−1 = f2–f3, previously
found in the 1997 data (Paper III), had very small amplitudes
during 1996. More details can be found in Table 2.

Near 1.2 cd−1 a triple peak is found and three closely spaced
combination modes can be identified. The detection of the three
modes is significant and should be correct. However, due to the
frequency separation of only∼ 0.04 cd−1, the amplitudes of
those three modes listed in Table 2 may be uncertain. Such an
uncertainty in thev amplitude also exists for the f29 at 1.069
cd−1 due to the closeness of the frequency to 1 cd−1 and the
relatively small data set.
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Fig. 4. Power spectrum of 4 CVn for the low-frequency range. The
seven highest and significant peaks can be identified with mode com-
binations, fi–fj

Table 3.Phase differences of 4 CVn

Frequency Amplitude ratio Phase differences in degrees
cd−1 v/y φv − φy

f1 8.595 1.492± 0.007 –2.0± 0.3
f2 7.375 1.508± 0.010 –2.3± 0.4
f3 5.048 1.530± 0.011 –1.9± 0.4
f4 6.117 1.534± 0.012 –4.5± 0.5
f5 5.851 1.484± 0.012 –6.8± 0.4
f6 5.532 1.61± 0.02 –4.8± 0.8
f7 6.190 1.49± 0.02 –2.0± 0.8
f8 6.976 1.50± 0.02 +1.2± 0.9
f9 4.749 1.61± 0.04 –1.3± 1.6
f10 7.552 1.43± 0.03 –5.1± 1.1

We note that the pulsation frequencies involved in the de-
tectable combinations, fi–fj , are those with high amplitudes. We
will return to a more detailed analysis of which modes form in-
teractions and the possible time variability of these components
in a later section.

We note that all pulsation modes with photometric ampli-
tudes of 1 mmag or larger excited during the years 1996 and
1997, should have been detected for this star. However, theoret-
ical modelling has predicted the presence of 1000+ of unstable
low-degree modes predicted to be excited in 4 CVn (Dziem-
bowski 1997). Since the number of detected modes is relatively
small, a presently unknown mode selection mechanism must
exist to select between these modes.

3.4. Comparison between the 1996 and 1997 results

The multisite campaign reported in this paper was more exten-
sive than the single-site set observations carried out during 1997
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Fig. 5. The change of the modes around 6.7 cd−1 between 1996 and
1997. The power spectrum of the residuals after multifrequency solu-
tions without the two modes near 6.7 cd−1 are shown. The width of
the individual peaks also indicates that the 6.68 and 6.75 cd−1 peaks
cannot be the same peak affected by insufficient frequency resolution

using the APT. Consequently, the number of frequencies discov-
ered could be extended considerably: from 19 to 34. For most
detected modes, the results for the two years are in excellent
agreement with each other. This verifies that the significance
criterion leads to reliable results.

The amplitudes of the different modes found for 1996 and
1997 also are very similar and generally within the precision
limits of determining these amplitudes. This is not surprising,
since the amplitude variability of 4 CVn generally occurs with
time scales of 10 years or more (Paper II).

We will now discuss a few interesting modes for which the
results differed for the two years:

(i) For 1996 a frequency at 6.75 cd−1 was found, free of 1
cd−1 aliasing. The 1997 data showed a value of 6.68 cd−1 (or
5.68, 7.68 cd−1). Could these two peaks correspond to the same
mode? The frequency resolution for the two years is consider-
ably higher than the separation of the two peaks. In order to
examine the separation in more detail, we computed full mul-
tifrequency solutions without these two modes for both years.
This method discriminates against these two modes since alias-
ing causes some power to be picked up by other pulsation modes.
Nevertheless, both modes were still present. This is demon-
strated in Fig. 5, which shows the power spectra in this region
for the two years. We have also tested the hypothesis that an un-
known phenomenon causes the frequency to drift by 0.07 cd−1

in one year. The data sets cover 58 and 69 days, respectively.
Such a frequency drift should be visible within the two data
sets. No frequency drift was found. Note that the precision of
the measurements is insufficient to detect amplitude drifts of a
few tenths of a millimag within the annual data. We conclude

that the two modes are real and show amplitude variability be-
tween 1996 and 1997.
(ii) The amplitude of the dominant mode of pulsation, f1, in-
creased by 12% from 1996 to 1997 (12.3% iny, 12.6% inv: the
difference between the two colors is not significant). This small
change is not unusual and was also observed in the time period
1974–1978 (Paper II).
(iii) The amplitudes of the combination frequencies can also be
variable. The best example is provided by the pair, f2+f3 and
f2–f3. Both combinations increased from the level of detectabil-
ity in 1996 to about 1 mmag in 1997. The fact that both varied
similarly argues in favor of an astrophysical, rather than obser-
vational, origin. It is a fascinating speculation that the behavior
may be related to the fact that f2 is one of the modes with the
most rapid amplitude variability.

4. Phase differences and amplitude ratios betweenv and y

The study of asteroseismology requires detailed pulsation mode
identifications: the pulsational quantum numbers (n,`, m) need
to be determined. One of several promising methods uses the
sizes of the observed phase differences between the light curves
at different wavelength (e. g. Watson 1988, Garrido et al. 1990),
since the sizes of the phase differences are a function of`.
The method has been applied successfully before (e. g. the star
FG Vir, Breger et al. 1999). The application to 4 CVn requires
accurate observational determinations as well as detailed model
calculations. While the theoretical modelling is the subject of
a later paper, here we can derive the measured values. We note
that high photometric precision is needed to determine these
reliably.

Due to a number of potential sources of error, the determi-
nation of the phase differences from the observational data is
not straightforward. In order to avoid systematic errors caused
by the (small) amplitude variability between 1996 and 1997,
separate multifrequency solutions need to be made for the two
years. This leads to a large number of degrees of freedom as-
sociated with 34 frequencies and 4 data sets (two colors each
for 1996 and 1997). While the mode detections are statistically
significant, for most modes with small amplitudes, the derived
phase differences betweenv andy are not meaningful. In fact,
only for the ten modes with the highest amplitudes do we regard
the differences as significant.

A preliminary analysis indicated an average amplitude ratio
of v/y = 1.51 and phase differences,φv − φy, near zero. This
suggests how the number of degrees of freedom can be reduced:
for the many modes with small amplitudes, f11 to f34, an am-
plitude ratio of 1.51 and zero phase difference were assumed.
For the ten modes with relatively large amplitudes, the phase
differences and amplitude ratios were computed and shown in
Table 3. Numerical simulations with different noise levels con-
firmed that this conservative approach is reasonable.

The expected uncertainties in the values of the derived phase
differences and amplitude ratios can now be calculated from the
residuals of the four photometric data sets. For the 1996 data,
the observational details have been discussed in the previous
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section. For the 1997 APT data we find formal values of ampli-
tude uncertainties,σ(a), of 0.074 mmag iny and 0.079 inv (see
the Appendix for the equations). Finally, the statistical uncer-
tainties of the amplitude ratios and phase differences were com-
puted with standard error propagation relations and are listed in
Table 3. We note again that these values are the formal uncer-
tainties based on the assumption of random observational noise
with no correlation between the four different data sets. Two de-
viations from the assumption likely to be present are the similar
noise behavior of the two colors obtained almost simultaneously
and the effect of unresolved additional frequencies. Both effects
would cause us tooverestimate the size of the true errors.

The application of the derived phase differences for mode
identifications is beyond the scope of this paper and requires
the computation of specific pulsation models, which has only
been started at this time. However, some important, tantalizing
observation can already be made: Four frequencies (f3, f7, f2
and f1) show essentially identical phase differences near –2.1
degrees. The spacings of these frequencies are 1.14, 1.18 and
1.22 cd−1, respectively, which correspond to adjacent radial
orders for 4 CVn. Preliminary calculations indicate p1, p2, p3
and p4 modes of̀ = 1.

5. Combination frequencies

The present study has detected a large number of combination
frequencies in both the low- and high-frequency domains. The
modes involved in the combinations are those with high ampli-
tudes. A scaling of the amplitudes involved indicates that the
low-amplitude modes could also be coupled, but would lead
to combination amplitudes too small to be detected. There does
not exist a one-to-one relationship between the amplitudes of the
combination and the main frequencies involved in the combina-
tions. This is not surprising because the measured photometric
amplitudes refer to the integrated brightness change across the
stellar disk and not the true pulsational amplitude. Since the
combination frequencies may have a different angular depen-
dence than the parent modes (e.g. see Dziembowski 1982), they
will experience a different amount of geometric cancellation.

As shown in Garrido & Rodriguez (1996), it is possible to
estimate phases and amplitudes of the combination terms in
a high-amplitude radially pulsating star. The method takes into
account the information contained in the harmonic series to pre-
dict the combinations terms. The analysis for 4 CVn shows no
harmonic high enough to be significant, except for the excep-
tional case of f13. It could be interesting to apply the results
found for the radial modes of SX Phe by Garrido & Rodriguez
to this star in order to confirm the nonradial nature of the modes
exhibited by 4 CVn. A detailed comparison will be the subject
of the next paper on this star.

The following modes were most often involved in form-
ing combinations with detectable amplitudes: f2 and f3 (each 7
times), f1 and f4 (each 5 times) and f6 (4 times). Note that no
combination frequencies were detected for f5, which also shows
a high amplitude in integrated light. Other interesting properties
are:

(i) The amplitudes of the combination frequencies can vary
strongly from year to year. This is not accompanied by large
amplitude variations of the main pulsation modes involved in
the combination frequencies. An example is the combinations
of f2 and f3, which changed their amplitudes by more than a
factor of 3 between 1996 and 1997. The fact that both f2+f3 and
f2–f3 changed similarly argues against a possible explanation
in terms of observational errors.
(ii) The amplitudes of fi+fj and fi–fj are often, but not always,
similar in size. An example is provided by the peak at 11.649
cd−1=f4+f6, which is the most dominant combination frequency
found in this study. The corresponding peak in the power spec-
trum of f4–f6 is not seen, although it should have been easily
detected.
(iii) The present study has detected about twice as many sums of
frequencies as differences. This result is probably an observa-
tional artifact because of the lower observational noise at high
frequencies.
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Appendix A: derivation of the uncertainties
in the amplitude and phase in photometric data

Suppose we haveN measurements of the magnitudes,mi, at
timesti. We assume that the times of the observations are er-
ror free, but that the brightness measurementsmi are subject to
random errors,∆mi, which have an average of zero, a constant
root-mean-square amplitude, and are not correlated in time.
Mathematically, we write these conditions as

〈∆mi〉 = 0,

〈∆mi∆mj〉 = 〈(∆mi)2〉δij

= σ2(m)δij , (A1)

where the brackets〈〉 denote a statistical average, andδij is the
Kroneckerδ, which is equal to 1 ifi = j and is 0 otherwise.

In order to analyze our time series data, we wish to fit a
sinusoid to it. Specifically, we fit the function

f(t) = a0 + a sin(ωti + φ), (A2)

where for the purposes of this derivation the frequencyω is as-
sumed to be known, but where the amplitudea and phaseφ are
yet to be determined; this situation is encountered, for exam-
ple, if one has data from previous observations which tightly
constrain a known frequency, and one wishes to solve for the
amplitude and phase of the signal in the current data set. The
parametera0 represents a constant offset, and can be related to
the mean value of the signal, as we show below. We define
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χ2 ≡
N∑

i=1

[mi − f(ti)]
2

=
N∑

i=1

[mi − a0 − a sin(ωti + φ)]2 , (A3)

where the minimum inχ2 corresponds to the best fit solution of
the model parameters.

Minimizing χ2 with respect toa0, a, andφ, we obtain the
following three relations:

∂χ2

∂a0
= 0 ⇒ a0 =

1
N

N∑
i=1

mi (A4)

∂χ2

∂a
= 0 ⇒ a =

2
N

N∑
i=1

mi sin(ωti + φ) (A5)

∂χ2

∂φ
= 0 ⇒ 0 =

N∑
i=1

mi cos(ωti + φ), (A6)

where we have assumed that the time series is of such a
length that the relations

∑N
i=1 sin2(ωti + φ) = N/2 and∑N

i=1 sin(ωti + φ) cos(ωti + φ) = 0 are valid.
In general, the random errors in magnitude,∆mi, produce

small variations in the fit parameters(∆a, ∆φ) from their “true”
values. If we take a total differential of Eq. A5 with respect to
(mi, a, φ), then we obtain

∆a =
2
N

N∑
i=1

[∆mi sin(ωti + φ) + mi cos(ωti + φ)∆φ]

=
2
N

N∑
i=1

∆mi sin(ωti + φ), (A7)

where the second term has vanished through the application of
Eq. A6. If we square this expression and then take a statistical
average, we find

〈(∆a)2〉 =
4

N2

N∑
i=1

N∑
j=1

〈∆mi∆mj〉 sin(ωti + φ)

sin(ωtj + φ)

=
4

N2

N∑
i=1

〈(∆mi)2〉 sin2(ωti + φ)

=
4

N2 σ2(m)
N∑

i=1

sin2(ωti + φ)

=
2
N

σ2(m), (A8)

where we have made use of the relations in A1. Writingσ2(a) =
〈(∆a)2〉, we have

σ(a) =

√
2
N

· σ(m), (A9)

which is the desired relation between photometric and amplitude
uncertainties.

We now repeat this analysis for the phaseφ. From Eq. A6,
we have

0 =
N∑

i=1

[∆mi cos(ωti + φ) − mi∆φ sin(ωti + φ)] , (A10)

which can be rewritten as

∆φ

N∑
i=1

mi sin(ωti + φ) =
N∑

i=1

∆mi cos(ωti + φ). (A11)

Substituting the expression fora in Eq. A5, we have

N

2
a∆φ =

N∑
i=1

∆mi cos(ωti + φ). (A12)

Squaring both sides and taking averages, we find that

〈(∆φ)2〉 =
4

N2a2

N∑
i=1

N∑
j=1

〈∆mi∆mj〉 cos(ωti + φ)

cos(ωtj + φ)

=
4

N2a2 σ2(m)
N∑

i=1

cos2(ωti + φ)

=
2
N

σ2(m)
a2 . (A13)

Settingσ2(φ) = 〈(∆φ)2〉, we finally arrive at

σ(φ) =

√
2
N

σ(m)
a

, (A14)

which is the desired relation between the photometric error, the
amplitude of the signal, and the error in the phase determination.

It is common among observers to expressφ in degrees and
to relate the uncertainties in amplitude and phase. The equation
then becomes

σ(φ) = 57.3 σ(a)/a (A15)

If the star is multiperiodic, Eq. (A2) should be expanded for
the different frequencies. If there are no (or only small) cross
terms between the frequencies in the data, the uncertainties can
be calculated by applying Eqs. (A9) and (A14) to each pulsation
frequency separately.

The expressions derived in this appendix have been
thoroughly tested by using the computer program codes of
Bevington (1969) for a least-squares fit of an arbitrary function.
These programs were applied to a multiperiodic solution of the
present data set of 4 CVn. Full agreement with the numbers
calculated from the formulae derived above was obtained.
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Zima, A. B. Kaye, C. Barban, U. Heiter, 2002, MNRAS 329, 531

138



2
0
0
2
M
N
R
A
S
.
3
2
9
.
.
5
3
1
B



2
0
0
2
M
N
R
A
S
.
3
2
9
.
.
5
3
1
B



2
0
0
2
M
N
R
A
S
.
3
2
9
.
.
5
3
1
B



2
0
0
2
M
N
R
A
S
.
3
2
9
.
.
5
3
1
B



2
0
0
2
M
N
R
A
S
.
3
2
9
.
.
5
3
1
B



2
0
0
2
M
N
R
A
S
.
3
2
9
.
.
5
3
1
B



2
0
0
2
M
N
R
A
S
.
3
2
9
.
.
5
3
1
B



2
0
0
2
M
N
R
A
S
.
3
2
9
.
.
5
3
1
B



2
0
0
2
M
N
R
A
S
.
3
2
9
.
.
5
3
1
B



2
0
0
2
M
N
R
A
S
.
3
2
9
.
.
5
3
1
B



2
0
0
2
M
N
R
A
S
.
3
2
9
.
.
5
3
1
B



2
0
0
2
M
N
R
A
S
.
3
2
9
.
.
5
3
1
B



2.4.3 The rapidly rotating δ Scuti star AV Ceti1
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Abstract. We present results from an international spectroscopic and photometric campaign on theδ Scuti star AV Cet. The star
has a rich and complex pulsation spectrum, and we find 7 individual frequencies, with evidence for many more present below
our detection limit. We investigate the prospects for mode identification in fast rotators, using several different techniques. We
compare the methods and conclude that although no single technique can give unambiguous mode identification, the collective
evidence does allow some conclusions to be drawn, suggesting the presence of one radial mode at 14.598 d−1. During the
campaign we found the star HD 9139 to be a variable. From our photometry we find evidence for a variability time scale
around 1 day, but we cannot find an unambiguous interpretation for its light variations.

Key words. stars: oscillations – stars: variable:δ Scuti – stars: individual: AV Cet – stars: individual: HD 9139

1. Introduction

Among the most promising targets for successful application
of asteroseismology are theδ Scuti stars. They have rich sets of
oscillation modes which in many cases are readily observable.
Unfortunately, eachδ Scuti star is only found to oscillate in a
seemingly random subset of possible modes, making it difficult
to identify exactly which modes are observed. To further com-
plicate matters, many of these stars are rapid rotators, which
causes displacement of the frequencies. In fact, the proper treat-
ment of rotation seems to be one of the major obstacles for real
progress in our understanding of theδ Scuti stars.

In the last years, considerable effort has been expended to
establish reliable mode identifications for a number ofδ Scuti
stars, but in most cases we are left with some ambiguity.
Purely photometric techniques have the advantage of greater
efficiency, and ultimately the ability to observe fainter stars
than is possible with spectroscopy. A secure mode identifica-
tion seems only possible if several techniques agree. Especially
for rapidly rotating stars, there are too many free parameters
and the understanding of rotation is too poor for one method
alone to give a unique answer.

In this paper we present results on the fast rotating
δ Scuti star AV Cet (HD 8511, F0V,V = 6.21, v sini =
212 km s−1), discussing mode identification using both purely

Send offprint requests to: T. H. Dall, e-mail:tdall@eso.org
? Based partly on observations made with the Danish 1.5 m

telescope at ESO, La Silla, Chile.

photometric techniques and a technique that combines simulta-
neous photometry and low dispersion spectroscopy.

The star AV Cet is a relatively poorly studied star, al-
though it was recognised as a variable more than 30 years
ago by Jørgensen et al. (1971). Gonzalez-Bedolla (1990) and
Gonzalez-Bedolla et al. (1990) found one frequency interpreted
as the fundamental mode, and also some evidence of another
mode. From their short photoelectric light curves it is evident
that the star is multiperiodic. The multiperiodicity was also ev-
ident from the line index variations of Hβ and Hγ, found by
Dall & Frandsen (2002), from only four hours of spectroscopy.
Despite the poor time coverage, the modes found by Gonzalez-
Bedolla could be confirmed and moreover, evidence for more
modes at higher frequencies was found. It was thus clear that
the pulsational content of AV Cet was not secured and that
more observations were needed.

In this paper we report a multi-observatory campaign
conducted in October and November of 2001, aimed at es-
tablishing the main pulsational modes of AV Cet and, via
spectroscopy and multicolour photometry, attempting a mode
identification. This strategy is the same as was used by e.g.
Viskum et al. (1998) and by Dall et al. (2002): by know-
ing the frequencies found from a photometric campaign, we
can measure the amplitudes of the spectroscopic line indices
of the Balmer linesΛH, without having to solve for the fre-
quencies simultaneously. Moreover, we can compare the results
from using different mode identification techniques.
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Table 1.Details on the telescopes and observations.

Telescope Nights Hours

Observatory diam. [cm] assigned/observed obtained Remarks

ESO, La Silla 50 9/6 41.5 uvby photometry

SAAO, Sutherland 50 14/9 42.2 vby photometry

ESO, La Silla 154 9a/6 35.4 spectroscopy

a Granted 8 nights, but received half a non-photometric night from previous observer who needed photometric conditions.

2. Observations

In order to determine the frequency content of AV Cet and to
be able to resolve modes with close frequencies, we needed
long continuous photometric coverage. We observed in the
Strömgren photometric filters in order to determine the pulsa-
tion periods, and the amplitudes in thevby bands, to be used
for pulsation modelling and mode identification.

On the Danish 50 cm Str¨omgren Automatic Telescope
(SAT) on La Silla we collected simultaneousuvbydata with the
four-channel photometer. On the 50 cm telescope at the South
African Astronomical Observatory (SAAO), we acquired se-
quentialvbydata, excludingu because of its restricted use for
mode identification ofδ Scuti stars and to achieve denser data
sampling.

With the Danish 1.54 m and DFOSC on La Silla, we had
8 nights of low resolution long slit spectroscopy. Resolution
was around 6 Å with a 1.5′′ slit, covering the Balmer lines from
Hα to Hε. The CCD was windowed to improve the duty cycle,
which with exposure times around 25–30 s was around 40%.
These observations were carried out simultaneously with the
photometric campaign.

Table 1 summarises the observations, which were all con-
ducted between 24 Oct. and 4 Nov. 2001.

3. Data reduction

3.1. Strömgren photometry

The data from SAT and SAAO were reduced independently and
later combined. For both data sets, we used HD 8070 (F2,V =
6.6) and HD 9139 (F5,V = 6.7) as comparison stars. It later
turned out that HD 9139 is variable, and thus only HD 8070
was used as comparison. We will discuss the case of HD 9139
in Sect. 4.

The SAT data were reduced using the standard software de-
veloped at Copenhagen University Observatory. The reduction
included airmass correction using standard extinction coeffi-
cients, and transformation to the standard photometric system.

The SAAO photometry was also reduced in a standard way.
The correction for coincidence losses was followed by sky
background subtraction. Nightly extinction coefficients were
determined by means of the measurements of the constant com-
parison star HD 8070, and relative light curves of AV Cet and
HD 9139 were computed with respect to HD 8070.

The timings were converted to Heliocentric Julian Date be-
fore combining the data sets from the two observatories.

3.2. Spectroscopy

The spectra were reduced using standard methods with IRAF1.
After extraction of a spectrum, it was normalised to unity

by dividing it by a fit to the sum of all the spectra. The
spectra were neither wavelength calibrated nor flux calibrated,
since the equivalent width (EW) and the line indices are rela-
tive quantities that are internally normalised by the continuum
level. Consequently, they are not dependent on the precise in-
tensity unit. Also, since we are looking for relative changes
to this relative quantity, the amplitudes will be dimensionless,
hence there is no need to convert pixel coordinates into true
wavelength coordinates.

The line indices ΛH were calculated for the
Balmer lines Hα, Hβ, Hγ, and Hδ following the proce-
dures described by Dall (2000) and applied by Dall et al.
(2002) and Dall & Frandsen (2002). In short, a line index can
be considered an analogue to a colour index, using software
“filters” centered on the lines. The filters we have used are
so-called super-Gaussians;

W = exp

(
−

( x− x0

b

)8
)
, (1)

wherex0 is the position of the line centre, andb is the HWHM.
Note the exponent of 8.

4. HD 9139: An unclassified variable star

It was clear from the light curves that HD 9139 was not suited
as a comparison star, and it is also clear that some seemingly
periodic variations are the cause. A period analysis gives two
dominant signals at 0.34 d−1 and 0.91 d−1, but shows no signs
of periods shorter than 1 day. However, there is a consider-
able amount of scatter at higher frequencies, which was why
we were led to reject it as a comparison. We will discuss the
cause of these variations in terms of damped pulsation, mag-
netic/rotational activity and nearby stellar companions.

The star is listed as F5 in SIMBAD with no indication of
luminosity class. Also, no measurements ofv sini have been
made so far.

HD 9139 was a target of the HIPPARCOS mission (ESA
1997), and Str¨omgren photometric indices are available from

1 IRAF is distributed by the National Optical Astronomy
Observatories, which are operated by the Association of Universities
for Research in Astronomy, Inc., under cooperative agreement with
the National Science Foundation.
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the Lausanne-Geneva data base2. The calibrations of Crawford
(1975) suggest the star is unreddened and hasMv = 1.25±0.30.
It also seems metal-rich, as Nissen’s (1988) calibration of the
metallicity indicatorδm0 results in [M/H] = 0.26 for HD 9139.
The HIPPARCOS parallax of the star impliesMv = 1.68 ±
0.23, roughly in agreement with the absolute magnitude from
the Strömgren colours. The model atmosphere calibrations of
Kurucz (1991) then yieldTeff = 6850± 100 K and logg =
3.3 ± 0.1, which is near the red edge of theδ Scuti instability
strip.

We have obtained high-resolution spectra of HD 9139 us-
ing the FEROS spectrograph on the ESO 1.52-m at La Silla
Observatory. From the Fe line at 4405 Å we estimatev sini ∼
75 km s−1, hence a moderate rotation rate for a star at this
position in the HR diagram. Comparison with spectra com-
piled by R. O. Gray3 leads to a spectral type F5III-IV, based
on the CaK line, the G-band, the strength of the Balmer
lines, and the Ca, Fe and MnI lines in the 4000–4400 Å
range. The luminosity class was derived from theλ4077 Sr
andλλ4172-8 Ti, Fe lines. This again places HD 9139 near
the red edge of the instability strip, making it aδ Scuti orγ
Doradus candidate. We plan to analyse the spectrum in detail
and describe the characteristics in terms of basic parameters,
abundances andv sini. With the knowledge of the abundance
pattern we can try to sort out, whether the variability is due
to a pulsational instability of some sort, due to magnetic ef-
fects (spots) coupled with rotation or due to some other phe-
nomenon. This will be the subject of a later paper.

Using the abovementionedMv and Teff we can estimate
a radiusR = 3.75 R� for HD 9139. The star then should have
a fundamental radial mode period of∼1 day (corresponding
to a pulsation constantQ = 0.033 d), which agrees with one
of the two time scales found. This argues immediately against
an interpretation of HD 9139 as aγ Doradus star, as those ob-
jects have high-order g-modes excited (Q > 0.23 d, Handler
& Shobbrook 2002). We also note that, within the errors, the
amplitudes of these two variations do not change significantly
between thevby bands, which is inconsistent with pulsational
variability.

Another possibility is magnetic activity on the star, imply-
ing an Ap (or Fp) spectral type, which would produce a ro-
tationally modulated variation. We find from the derived value
of v sini an upper limit on the rotational period around 2.5 days,
which within the errors agree with the 0.34 d−1 found. This
would imply a near equator-on view of the star. However, we
would still expect to see colour variation if the variation is
due to surface abundance inhomogeneities. More importantly
however, the spectrum of HD 9139 indicates that it is a normal
F-star with no peculiar abundances.

The apparent variability might be explained by contamina-
tion from a nearby star, letting varying amounts of light into the
diaphragm of the photometer, although this is expected to lead
to shorter time scales. We do not find any likely contaminating

2 http://obswww.unige.ch/gcpd/gcpd.html
3 http://nedwww.ipac.caltech.edu/level5/Gray/

frames.html

source in the vicinity of HD 9139. The nature of HD 9139 and
its variability thus is still not clear.

5. Time series analysis

As stated earlier, the spectroscopic analysis was never expected
to deliver the mode frequencies, but only to provide ampli-
tudes and phases in the line indicesΛH to be used for mode
identification.

The photometry on the other hand is crucial in establishing
the frequency content of AV Cet, and also for providing am-
plitudes and phases for the mode identification. Below, we will
describe first the analysis of the photometric data, and present
the results. Next, with the resulting mode frequencies, we will
derive amplitudes and phases for the line indices.

5.1. Strömgren photometry: Finding the mode
frequencies

Before commencing the frequency analysis, both series were
individually cleaned of deviant points, using a 4σ criterion,
and then merged. Since there is no overlap between the two
series, we avoid problems with distortion of the window func-
tion, caused by having higher weight in the overlap regions.
The differences between the mean values of the two data sets
in any filter are of the order of 0.3%. The correction of this
offset was found to have no effect on the time series analysis.

The observing procedure at the SAT yielded oneuvby data
point every few minutes, largely oversampling the time series.
Hence, we combined points in the SAT data, bringing the sam-
pling of the two data sets closer, in order not to artificially
weight one set more than the other. The combination was done
using a weight based on the point to point scatter, multiplied by
a time-difference sensitive Gaussian weight. Our optimisation
lead to a re-sampling close to 11 min for the SAT data. This
re-sampling was also found to be optimal with respect toS/N
in the amplitude spectrum.

The weighting scheme applied here is the one recom-
mended by Handler (2003), which is an improvement of a
scheme used by e.g. Viskum et al. (1998) and Frandsen et al.
(1995), using a weight proportional toσ−x, whereσ is an esti-
mate of the internal scatter, andx in general is close to 1. The
best value was in our case found to bex = 0.9, by optimising
the finalS/N in the amplitude spectrum. The internal scatter
was calculated from a high-pass filtered series, and the weights
were Fourier analysed to check for any periodicities; none were
found.

The frequency analysis was done using Period98 (Sperl
1998) finding and prewhitening one frequency at a time, until
no more peaks above 4σ were present in the amplitude spec-
trum. At each step care was taken to avoid errors due to
aliasing, by checking also the±1 d−1 solutions. Finally, fre-
quencies, amplitudes and phases were determined by a simul-
taneous fit around the final frequency table. The formal uncer-
tainty on the frequencies is 0.05 d−1 from the total time span
of the observations of 10.04 days. We estimated the additional
errors introduced by underlying modes and aliases by applying
several schemes of weighting and extraction of the frequencies
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Fig. 1. Thevby amplitude spectra of AV Cet.

Table 2.Modes detected in AV Cet. f1–f7 we regard as “safe”, while
the remaining modes all have some problems. See text for discussion.

Frequency Amplitude [mmag]

ID [d−1] v b y S/Nv

f1 15.915 6.00± 0.44 5.46± 0.50 4.39± 0.36 13.6

f2 14.598 3.09± 0.43 2.96± 0.46 2.54± 0.34 7.2

f3 21.200 2.14± 0.48 1.76± 0.44 1.71± 0.40 4.5

f4 30.833 2.58± 0.54 2.01± 0.47 2.03± 0.37 4.8

f5 28.158 2.17± 0.64 2.12± 0.57 1.70± 0.46 3.4

f6 16.356 2.00± 0.47 1.69± 0.52 1.31± 0.37 4.3

f7 10.681 1.64± 0.39 1.38± 0.40 1.28± 0.33 4.2

The following modes are uncertain. See text for discussion.

n8 17.59 1.49 1.75 1.19

n9 14.19 1.03 1.14 1.00

n10 30.38 1.91 1.39 1.17

to the individual filters. The rms on the extracted frequencies
was for all modes less than 0.01 d−1, hence we adopt an error
of 0.05 d−1 for the frequencies f1–f7 to be conservative. The
results are summarised in Table 2. The amplitude spectra in the
filters vby are shown in Fig. 1, while Fig. 2 show the corre-
sponding spectra after removal of the frequencies f1–f7.

The errors on f1–f7 were calculated from the local resid-
uals in the amplitude spectra after prewhitening with f1–f7.
These errors do also include the contributions from n8–n10
and from any other undetected modes present. The noise level
at frequencies above 40 d−1, where the spectrum is essentially
flat, was about a factor 2–2.5 better than the ones listed here,

Fig. 2. The vby amplitude spectra of AV Cet after prewhitening with
the frequencies f1–f7. There are quite evidently more modes present,
most noticeable around 17 d−1 and 30 d−1 but these all have severe
aliasing problems. See Table 2 and text for discussion.

suggesting the presence of many unresolved low amplitude
modes. Note that f5 is not detected above 4σ in any individual
band (S/N = 3.7 inb andy). However, based on the collective
evidence and on the fact that we find this mode above 4σ in all
the line indices (Sect. 5.2), we have confidence in its reality.

The interpretation of the “modes” n8–n10 listed at the bot-
tom of Table 2 is very problematic in such densely populated
amplitude spectra. We do not feel confident about claiming ac-
curacy or even reality for these modes, although they all stand
out better than 4σ above the noise in at least one of the bands.
Still, we find it worthwhile to list them for later reference. The
inclusion of these modes in the solution for the amplitudes and
phases, does not alter the solutions for f1–f7 noticeably.

For n8, we note that it is close to f2+ 3d−1. On the other
hand, it has significant amplitude, suggesting an independent
mode interfering with the aliases of f2. The frequency of this
mode however, must remain very uncertain given the large
amount of unresolved modes evident in this region. The vari-
ations at frequency n9 may very well be an alias peak, and
is merely included to show the level of unresolved power
around this frequency. From Fig. 2 one may see two peaks
around 30 d−1 separated by 1 d−1. Whether this represents two
modes interfering with each others aliases, or just a single
mode (n10) is not clear.

5.2. Spectroscopic time series analysis

The calculation of the line indices involves choosing an inte-
gration filter for each line. This was done in the same way for
all lines, finding the super-Gaussian filter that would optimise
theS/N on the amplitude of f1.
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Fig. 3. Amplitude spectra ofΛHδ. The upper panel shows the ampli-
tude spectrum for an integration filter including most of the line, while
the lower one shows the result for a filter integrating only the core of
the line.

Table 3. Results from prewhitening the line indices with f1–f7. All
amplitudes are for the filter labelledb = 30 (Eq. (1)), except forΛHδ,5

which lists the amplitudes in a filter that integrates only the core of
the Hδ line. See text for discussion.

Amplitude [promille]a

ID ΛHβ ΛHγ ΛHδ ΛHδ,5 S/NHδ

f1 4.64± 0.50 5.27± 0.72 4.65± 0.40 3.09± 0.48 11.6

f2 1.78± 0.50 1.26± 0.72 1.78± 0.40 2.79± 0.42 3.0

f4 2.03± 0.73 2.14± 0.78 1.82± 0.75 1.11± 0.47 2.4

f5 3.08± 0.73 3.21± 0.79 3.13± 0.72 1.37± 0.49 4.1

f6 0.99± 0.50 2.00± 0.72 1.38± 0.40 1.71± 0.47 3.5

f7 0.99± 0.55 0.83± 0.71 0.99± 0.52 1.95± 0.66 1.9

a Promille is parts-per-thousand. One promille equals 1.086 mmag.

The line indices of the Balmer lines were analysed using the
frequencies f1–f7 found in the Str¨omgren photometry as input.
Before analysis the raw series was sigma-clipped to remove
very deviant points. There were some obvious drifts in the se-
ries, which can often be removed by decorrelation with inde-
pendent parameters that do not contain the pulsation signal.
However, an investigation of external parameters like position
of the spectrum on the CCD, seeing, continuum curvature etc.
did not reveal any correlations or did not contain traces of the
pulsational signal. Hence, we decided not to apply decorrela-
tion to the series. Instead, the series was high-pass filtered to re-
move the drifts, while retaining the information in the (known)
region of interest from∼8 d−1 and higher. Proper weights were
constructed as outlined in the previous section.

The results from prewhitening with f1–f7 are summarised
in Table 3. The amplitude spectrum, and the residuals after
prewhitening are shown in Fig. 3.

As evident from Fig. 4 there are more modes excited
in this star than the seven removed, which means that the

Fig. 4. Amplitude spectra ofΛHδ after prewhitening with the frequen-
cies f1–f7. The upper panel is for an integration filter including most
of the line, while the lower panel shows the result for a filter integrat-
ing only the core of the line. As is evident, there are unresolved modes
hidden in the noise.

accuracy of the amplitude determinations will suffer, as was the
case for the photometry. The noise varies from∼0.6 promille
around 10 d−1, rising to∼0.8 promille at 30 d−1, and levels out
to around∼ 0.3 promille above 40 d−1, which is the white noise
level. Thus, the major contribution to the uncertainties comes
from the unresolved modes, without which we would have
gained up to a factor of 2.5 on theS/N.

Although the formal errors on the weaker modes are large,
we can still have confidence in them since AV Cet is known to
pulsate with these frequencies, found from the photometry.

In Table 3 we have listed the amplitudes of a Hδ line in-
dexΛHδ,5 which is a very narrow integration filter that measures
the amplitude in the core of the line. Note that f7 is significantly
stronger here than in the line as a whole, meaning either that
the variation is taking place only in the line core, or that the
phase of the mode is changing between the core and the wings.
Unfortunately, we do not have sufficientS/N to separate these
two hypotheses, but an analysis of the line wings indicates that
the mode is present but with a changing phase through the line.
The other modes have a constant phase regardless of the posi-
tion in the line.

We do not have a good model of the cause for this be-
haviour, but we might suggest that the nature of the mode is
different from the other modes. The apparent presence of nodal
lines in the phase suggests highm i.e. it could be a mode
of m ≥ 2. The low frequency of this signal lets us speculate
that it could also be ag-mode or a mixed mode. Another expla-
nation offered by Dall & Frandsen (2002) is that we see the ef-
fect of two very close unresolved modes, whose eigenfunctions
are sampled differently at different depths of the atmosphere.
As we have strong indications of many unresolved modes, this
seems likely, although we do not have a precise model of such
a scenario.
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Table 4. Comparison between this work and earlier data. The formal
errors on the GB amplitudes are 0.50 mmag.

2001 1984

ID y V

f1 4.39 2.61

f2 2.54 4.45

f3 1.71 2.41

f4 2.03 0.98

f5 1.70 1.21

f6 1.31 0.79

f7 1.28 0.78

5.3. Consistency with previous results?

The findings by Dall & Frandsen (2002) of three modes
in AV Cet from four hours of line index measurements
in Oct. 2000, can now be reassessed. Given the low frequency
resolution many of the determinations are ambiguous, hence f1,
f2 and f6 can not be disentangled. Fitting these three as a single
mode, and keeping f3, f4, f5 and f7, we are able to fit the short
data set very well. Notably, we find that the high frequency
modes have amplitudes comparable to the main mode.

We have investigated the photoelectric data of Gonzalez-
Bedolla (1990), to check if the modes we have found in
our data from Oct. 2001 were also present in Sep. 1984.
Gonzalez-Bedolla reported the dominant mode at 14.593 d−1

(our f2 mode) with another mode around 19.186 d−1 (likely to
be our f3 mode). In Table 4 we present the results of a reanal-
ysis of the data using our f1–f7. As Gonzalez-Bedolla, we find
f2 to be dominant with f1 and f3 also present. The modes f4–f7
are not present above the 4σ level. Hence, no measurable high
frequency modes were present in 1984, and thus there was sig-
nificant redistribution of the pulsational energy in the course
of 16 years, possibly including amplitude variations and
excitation of new modes.

6. Discussion

6.1. Temperature and luminosity of AV Cet

The discussion of the pulsational behaviour of AV Cet re-
quires some knowledge of the star’s position in the HR dia-
gram. As AV Cet was both a target of the HIPPARCOS mis-
sion (ESA 1997) and as standard photometric colours in both
the Strömgren and Geneva systems are also available4, its ef-
fective temperature and luminosity can be determined.

The calibrations of the Str¨omgren system by Crawford
(1979) applied to AV Cet suggest that the star is unreddened,
slightly metal deficient (δm0 = 0.016) and that it has an ab-
solute magnitudeMv = 2.1 ± 0.3. This is in excellent agree-
ment with the HIPPARCOS result:π = 14.83± 0.77 mas com-
bined withV = 6.21 givesMv = 2.07± 0.12. Smalley’s (1993)
calibration in terms of metallicity suggests [M/H] = −0.09

4 http://obswww.unige.ch/gcpd/gcpd.html

Fig. 5. AV Cet in the theoretical HR diagram. The filled circle shows
the temperature and luminosity constraints we derived; error bars
on these determinations are indicated. Stellar evolutionary tracks for
models with [Z] = 0.015 andvrot,ZAMS = 250 km s−1 are indicated and
labelled with their masses. The slanted solid line depicts the ZAMS for
these models, and the slanted dotted lines are the edges of theδ Scuti
instability strip. The thick sections of the evolutionary tracks cor-
respond to models whose range of unstable pulsational frequencies
matches that of AV Cet.

for AV Cet and the model atmosphere grids by Kurucz (1991)
imply Teff = 7820 K as well as logg = 4.1.

Applying the calibration of Geneva photometry by K¨unzli
et al. (1997) to AV Cet, we findTeff = 7650 K, logg = 4.0
as well as [M/H] = −0.2, which is in good agreement with
the outcome from the application of the Str¨omgren colour cal-
ibrations. Consequently, we adoptTeff = 7730± 90 K as our
temperature estimate, and with the bolometric corrections by
Flower (1996) and Drilling & Landolt (2000) we findMbol =

2.0± 0.2.
To place AV Cet in a theoretical HR diagram, its pro-

jected rotational velocity is also required. Two determinations
are available from the literature: Abt & Morrell (1995) deter-
minedv sini = 195 km s−1, and Royer et al. (2002) measured
v sini = 212 km s−1. As this is close to the break-up rotational
velocity of a main-sequence A star, we must see AV Cet close
to equator-on.

We computed evolutionary sequences of stellar models
with the Warsaw-New Jersey code (see e.g. Pamyatnykh et al.
1998 for a description). Owing to the observational constraints
determined above, we chose models with a heavy-element
abundance [Z] = 0.015 and a rotational velocity ofvrot =

250 km s−1 on the ZAMS. No convective core overshooting
was used. We compare these tracks with the temperature and
luminosity of AV Cet in Fig. 5.

It is suggested that AV Cet is a star of 1.75±0.06M� about
halfway in its main sequence evolutionary phase. We can check
this finding with the application of a pulsational stability anal-
ysis (as explained by Pamyatnykh 2003). In brief, the range
of unstable pulsation frequencies of a given pulsational model
changes as it evolves. This frequency range can be matched
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with the one actually observed in the star. We have applied this
method to AV Cet (taking into account rotational splitting due
to fast rotation as well) along the evolutionary tracks plotted
in Fig. 5, where models that reproduce the observed frequency
range with their̀ = 0−2 modes are located along the thick
parts of the tracks. We find very good agreement between the
parameter space occupied by those models and the observa-
tionally determined position of AV Cet in the HR diagram. The
modes excited in the models that match our constraint on the
temperature from the colour photometry range from (almost)
pure g modes that start asg3 on the ZAMS through mixed
modes up to purep modes of radial order 5.

However, since such a fast rotating star will be highly flat-
tened with many complicated phenomena going on like mix-
ing, meridional circulations etc., we do not expect any current
state-of-the-art models to fully describe AV Cet.

6.2. On mode identifications

As is evident from Figs. 2 and 4, we have not succeeded to
extract all the pulsation modes that our formal accuracy would
have allowed us to, mostly because of severe aliasing problems
in regions very densely populated with unresolved modes. This
is true both for the Str¨omgren photometry and for the line index
spectroscopy, and it may even be different modes that dominate
the residuals. As there is still substantial power left we can not
expect to be able to make very accurate mode identifications
based on amplitude ratios and phase differences.

Nevertheless, we present in Fig. 6 some mode identification
plots suggested in the literature. Without attempting any defi-
nite mode identification, we will in the following compare the
methods and discuss whether they collectively can point to any
conclusions.

In the Viskum-diagram (e.g. Viskum et al. 1998, upper left-
hand side panel of Fig. 6) the modes are grouped according to
their spatial structure, i.e. to their` ormvalues, with low-̀, m in
the lower left and high-̀, m towards the upper right. This plot
does indeed seem to indicate groupings, leading to f2 and f7
being radial modes. Alternatively, given the large errors on f7,
its special phase values in Fig. 6 and its low frequency, a bet-
ter interpretation is that f7 is a low degree (` = 1) g-mode. As
discussed by Dall & Frandsen (2002), radial modes inδ Scuti
stars seem to fall near amplitude ratios of 0.5, in support of the
interpretation of f2 being radial. However, error bars are large.
Certainly, the Viskum diagram has been used with success for
a number of pulsating stars of various classes in recent years;
(apart from FG Vir, the most notable are the roAp starα Cir,
Baldry et al. 1998, 1999 and the EC 14026 star PG 1605+072,
O’Toole et al. 2003). However, it is very likely that in the
regime of very fast rotation, the geometrical properties on
which the method relies are so heavily distorted that the in-
terpretation is no longer correct. For the moderately fast rota-
tor BN Cnc, Dall et al. (2002) discussed the interpretation of
the amplitude ratios, noting that for such fast rotation the ratios
would depend largely onm in combination with the inclina-
tion angle because of the large amount of gravity darkening in
addition to the limb darkening. Thus, we would need to know

the rotation period andv sini independently. The modes with
low amplitude ratios would nevertheless still have the smallest
amount of spatial structure, so if we were to look for any radial
modes, we would have to look among these modes. In the case
of AV Cet, this means that if the star has radial modes, they
would likely be found among the modes f2 and f7.

The multi-colour photometric method has been very suc-
cessful in the past, using the Garrido-diagram (Garrido et al.
1990). One of the most serious shortcomings in this case is
the lack of understanding of the effects of fast rotation, and
of models able to take those into account. Such models would
be necessary to assign “regions of interest” for specific val-
ues of` within the diagram. But even if such models were
at hand, the effort would be unfruitful because of the high rota-
tion rate of AV Cet, which would cause the “regions of interest”
to be not only inaccurate, but also to a great extent overlapping,
hence making any identifications ambiguous. It is worth noting
the large range in phase difference for AV Cet: for most other
starsφb−y − φy spans no more than 50◦, while here we have a
range of at least 200◦, and even if we disregard the most uncer-
tain point (f7), the range is more than 100◦.

In the case of FG Vir, Breger et al. (1999) pointed out
the very good agreement between the Garrido-diagram and the
Viskum diagram in determining thèvalues for the strongest
modes of FG Vir. In the diagram presented by Breger et al., the
modes are clearly grouped along a line of negative slope. One
grouping corresponding to the radial modes was located at low
A(H)/A(v) andφv − φy ∼ 2◦, while high-̀ modes were grouped
at highA(H)/A(v) andφv −φy ∼ −7◦. Only if we take the errors
into consideration in the Breger-diagram of AV Cet do we find
some resemblance, which would then indicate high spherical
degree for the f3 mode, while the rest would have considerable
ambiguity.

Without making any physical assumptions, Paparo &
Sterken (2000) tested all possible combinations of photomet-
ric amplitude ratios and phase differences for the groupings
of modes, that might be useful for mode identification in the
star θ Tuc. They found that the combinationA(b)/A(y) ver-
sus φb−y − φb was particularly useful for separating modes
of different degree and radial order without giving any
exact assignments to particular groups. The corresponding
Paparo/Sterken-diagram for AV Cet may indeed show some
separations. Following the interpretation of the phase differ-
ence reflecting the degree, we may here see at least three dif-
ferent groupings, with f7 belonging to the lowest one. If we
exclude f7, the mode with the highest positive phase differ-
ence is f2, which we already suspected as the radial mode. The
errors on the amplitude ratios are quite high, and do not al-
low us to suggest any groupings. As with the Garrido-diagram
the phase differences span a large range: here the modes cover
at least 100◦, while for θ Tuc the range was∼35◦.

7. Conclusions

We have found a previously unknown variable star, HD 9139,
the nature of which is still unclear. Under a pulsational hypoth-
esis, theQ-value disagrees with an interpretation of HD 9139
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Fig. 6.The different mode identification plots suggested in the literature. The top left plot is the one used by Viskum et al. (1998) and Dall et al.
(2002), while the top right one is the plot used by Breger et al. (1999) to demonstrate the good agreement in the case of FG Vir between the
method of Viskum et al. and the photometric method – which is the plot on the lower left (Garrido et al. 1990). The lower right plot is similar
to that empirically suggested by Paparo & Sterken (2000) forθ Tuc.

as a star of theγ Doradus type, but the star could be aδ Scuti
star just leaving the instability strip.

Another explanation may be abundance inhomogeneities,
possibly induced by magnetic activity, which coupled with ro-
tation produces the variation. The spectrum seems however to
indicate a normal F star. Both scenarios are somewhat limited
by the absence of amplitude variations with colour.

The rapidly rotatingδ Scuti star AV Cet has turned out to be
an extremely interesting object. From this observing campaign
we find seven individual pulsation modes with good evidence
for more, and from comparison with old data, we see significant
redistribution of pulsational energy, suggesting that the star has
undergone amplitude variations and excitation of new modes
during the course of 16 years.

The fast rotation is the main cause of the difficulties in-
volved in establishing secure mode identifications for this
star. We have compared several methods previously used for
other δ Scuti stars, but find that none of them provides any
clear interpretation of the mode nature. Based on the col-
lective evidence, we do however propose the mode f2=
14.598 d−1 as our best candidate to be radial based on the
tendency for low degree modes to give small amplitude ra-
tios in the Viskum diagram. This is supported by the pos-
itive phase differenceφb−y − φy. Likewise, we suggest that
f5 = 28.158d−1 may be a high-degree (` = 2−3) mode, based
on the high amplitude ratios demonstrated by the Viskum-,
Breger-, and Garrido-diagrams. We also suggest that the mode

f7 = 10.68 d−1 may be a mode ofm ≥ 2 and/or a low order
g-mode, based on the peculiar behaviour in the line profile of
the Balmer lines, and on its very large phase differences, which
point to a different mode nature.

We have shown that the various diagrams used for mode
identification show significant differences between the seven
detected modes. The interpretation is difficult due to the fast
rotation of AV Cet, although one gets an idea about the division
of the modes in low and high spatial structure modes. A better
theoretical understanding of the effects of rotation on observ-
able parameters is needed. AV Cet is a highly interesting target
for further studies in this direction because of its unevolved na-
ture and its large number of observable pulsation modes.
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AB S TRACT

Time-series photometry of the Hipparcos variable stars HD 199434 and 21190 is reported.

Both stars are pulsators of the d Scuti type. Reclassifications of the MK types of the stars,

based on new spectrograms, are given. HD 21190 is found to be F2III SrEuSi:, making it the

most evolved Ap star known. Its Strömgren photometric indices support the peculiar spectral

type. It is also one of the most evolved d Scuti stars known. Its combined Ap–d Scuti nature

makes it an important test of models of pulsation in peculiar stars recently developed by

Turcotte et al., although it is more extreme than any model they examined. Physical

parameters of both stars are estimated from Strömgren and Hb photometry, and Hipparcos

absolute magnitudes. We attempt mode identifications based on amplitude ratios and phase

differences from our photometry. The dominant pulsation of HD 21190 may be an overtone

radial mode. The model fits for HD 199434 are even less satisfactory, but favour an ‘ ¼ 2

mode. Given the good quality and wavelength coverage of our data, the poor results from the

application of the photometric theory of mode identification may call into question the use of

that technique.

Key words: techniques: photometric – stars: individual: HD 199434 – stars: individual: HD

21190 – stars: oscillations – d Scuti.

1 INTRODUCTION

The Hipparcos catalogue contains many new periodic variables.

This paper is concerned with multiwavelength observations of two

of these, HD 199434 (V388 Pav) and HD 21190 (CP Oct). Neither

star is assigned to a specific variable class in the Hipparcos

Variability Annex (European Space Agency 1997). Both stars have

light curves that appear sinusoidal with peak-to-peak V amplitudes

of about 0.05 mag and periods below 4 h. The spectral

classifications of these stars are: F2/3Ib/II (Houk & Cowley

1975) and F2III SrEuSi: (this paper) for HD 21190; and F5II (Houk

& Cowley 1975) and F5II–III with slightly narrow Ca II H and K

lines (this paper) for HD 199434. Hipparcos parallaxes, which we

discuss in Section 4 along with Strömgren photometry, support our

luminosity types and suggest that the spectra are peculiar.

The spectral types place both stars in the d Scuti instability strip.

This, along with their observed amplitudes and periods, leaves no

doubt that they are d Scuti stars. Their luminosity classifications

and Hipparcos luminosities place them amongst the most evolved

d Scuti stars. For example, the d Scuti catalogue of Rodrı́guez et al.

(1994) contains only four stars with luminosity classes II–III, and

only one star that is classified as being of luminosity class II, out of

about 300 stars.

It was the fact that the Hipparcos parallaxes indicated that these

two stars are not as bright as their published luminosity classes that

led us to obtain new spectra and spectral classifications for them.

Those classifications, the Hipparcos luminosities and the

Strömgren photometry indicate that HD 21190 is an evolved Ap

star – probably the most evolved such star yet found – and HD

199434 may be an evolved Am (r Puppis star). While there are

examples known, d Scuti pulsation in Ap stars and Am stars is very

uncommon. This problem of metallicity and pulsation has been

extensively discussed recently from an observational point of view

by Kurtz (2000) and from a theoretical point of view by TurcottePE-mail: ck@da.saao.ac.za

Mon. Not. R. Astron. Soc. 326, 387–396 (2001)
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et al. (2000). We discuss this and the implications of our

observations of HD 21190 further in Section 4.

We undertook UBVRIJH photometry of the two stars with the

two aims of confirming them as d Scuti stars, and comparing the

light variations in different wavebands so as to test theoretical

predictions. In the case of the d Scuti star 1 Mon, Balona et al.

(2001) pointed out that the long wavelength base of their

observations (Strömgren u to Cousins I ) stood them in good stead

when attempting photometric mode identification. The present

observations enable us to evaluate the usefulness of extending

observations to the infrared.

Observations of the two stars are described in the next two

sections. Derivations of the physical parameters of the stars follow

in Section 4. Mode identification on the basis of the relations

between the variations in different colours is dealt with in Section

5. Conclusions are drawn in Section 6.

2 T IME-SERIES PHOTOMETRY OF HD 19943 4

2.1 Hipparcos photometry

An amplitude spectrum of the 154 useful Hipparcos photometric

measurements of HD 199434 appears in the top panel of Fig. 1. The

effect of the 0.16-d periodicity identified in the Hipparcos

catalogue is obvious near f ¼ 6:3 d21, as is a second feature near

17 d21. The window function plotted in Fig. 2 explains the origin of

the secondary peak: it is the most prominent alias of the main

feature. This is confirmed by the featureless spectrum obtained

when pre-whitening the observations by a linear least-squares-

fitted sinusoid (bottom panel of Fig. 1).

Fig. 3 shows an expanded view of the central part of the window

function: it confirms that the frequency identification process is, for

practical purposes, alias-free. A non-linear least-squares fit to the

data of a sinusoid gave a best frequency of 6:31869^ 0:00003 d21.

The corresponding amplitude is 38^ 3mmag.

The Hipparcos photometric passband is very wide, the response

being above 20 per cent of the peak value over the interval

3800–7000 �A; it essentially includes Johnson’s B and V, and part of

the RC band.

2.2 UBVRIJH photometry

Optical measurements were made with the (photoelectric) Modular

Photometer mounted on the SAAO 0.5-m telescope; see Kilkenny

et al. (1988) for a description of the instrument. The UBV filters

used had standard Johnson passbands; the R and I filters were from

the Cousins system. The infrared observations were made utilizing

the SAAO Mk II Infrared Photometer attached to the SAAO

0.75-m telescope. The instrument is a slightly upgraded version of

the Mk I instrument described by Glass (1973). Logs of the 36 h of

UBVRI and 24 h of JH differential photometry are given in Table 1.

Comparison stars used were HD 201477 (F6V) and HD 196480

Figure 1. An amplitude spectrum of the Hipparcos observations of HD

199434, over the frequency range of interest (top panel). The bottom panel

shows the spectrum of the residuals after removal of the best-fitting sinusoid

with frequency equal to the peak frequency in the top panel. Figure 3. A detailed view of the central portion of Fig. 2.

Figure 2. The window function of the Hipparcos photometry of HD

199434. This spectral window has been generated from a noise-free

artificial sinusoid sampled at exactly the times of observation and with the

same frequency and amplitude as the highest peak in Fig. 1. The asymmetry

is a result of the reflection of the window pattern at zero frequency or,

alternatively, from spillover of the negative-frequency window function.

388 C. Koen et al.
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(F2IV) in the optical, and HD 203608 (HR 8181, g Pav; F6V) in the

infrared. The comparison stars were chosen to be within 78 of the

programme star to minimize differential extinction; at the far

southerly declination of these stars (2658 to2728) this problem is

minimal. For the optical photometry the measurement sequence

(comparison star 1 – programme star – comparison star 2 –

programme star) was repeated throughout the run; in the infrared,

the comparison star was observed every 20–30min. The

measurements of the comparison stars were time-interpolated

and used to correct the programme star observations for the effects

of atmospheric transparency changes.

The means of the photometric indices were calculated for each

night, and the mean values from the longest runs were used to

estimate mean indices and their standard errors. The results are

V ¼ 8:728^ 0:009, B2 V ¼ 0:467^ 0:007, U 2 B ¼ 0:166^

0:005; V 2 R ¼ 0:259^ 0:007, V 2 I ¼ 0:506^ 0:006, J ¼

7:920^ 0:002 and H ¼ 7:701^ 0:002; the standard errors were

calculated from the nightly means.

Fitting a sinusoid to the B-band data by a non-linear least-

squares technique leads to a frequency of 6:31868^ 0:00004 d21.

The agreement with the Hipparcos result is remarkable. We adopt

the Hipparcos frequency as definitive, and fit sinusoids with this

frequency to the observations in the various wavebands. The

solutions for the amplitudes and phases are given in Table 2. As

expected, the amplitude declines with increasing wavelength.

For illustrative purposes, some of the data for the B and J bands

are plotted in Figs 4 and 5.

The two optical comparison stars show no variability in the

amplitude spectrum of their differential magnitudes with respect to

each other. Since HD 196480 (F2IV) lies on the red edge of the

observed d Scuti instability strip and within the g Dor instability

strip (see Handler 1999a), and HD 201477 (F6V) lies at the red

edge of the g Dor instability strip (Handler 1999a), it is significant

that we can put upper limits to their potential variability of 2mmag

at frequencies of 4–50 d21 appropriate for d Scuti stars, and

3mmag for frequencies of 0:3–3 d21 appropriate for g Dor stars.

We also note that, although the SIMBAD data base has HD

203608, our infrared comparison star, flagged as a variable star,

there is no evidence of variability in theHipparcos data for this star

at the level of 2mmag between 0 and 50 d21, nor is there evidence

of variability in SAAO infrared observations, for which it is a

standard star.

3 T IME-SERIES PHOTOMETRY OF HD 21190

3.1 Hipparcos photometry

There are 121 useful Hipparcos epoch photometric measurements

of HD 21190. An amplitude spectrum of the data appears in Fig. 6;

the highest peak in the top diagram corresponds to a frequency of

6.67775 d21. Pre-whitening by this frequency leaves the spectrum

shown in the bottom panel; this has no evidence of remaining

periodicities. As we showed in Figs 2 and 3 with HD 199434, there

is no confusion with aliases from the window pattern, so we do not

show the spectral window in this case. Fitting a sinusoid to the data

by a non-linear least-squares technique gives a best frequency

of 6:67773^ 0:00004 d21. The corresponding amplitude is

26^ 2mmag.

3.2 UBVRIJH photometry

Logs of the 25 h of UBVRI and 23 h of JH differential photometry

are given in Table 3. Comparison stars used were HD 25254

(F3II/III) and HD 22237 (F5V) in the optical, and HD 29116

(F1III) in the infrared. As with HD 199434, the comparison stars

were chosen to be close (within 38) to the programme star to

minimize differential extinction; at the far southerly declination of

these stars (2818 to 2848) this problem is minimal. The

observations were obtained and reduced as for HD 199434.

Results based on the nightly means from the longer runs are

V ¼ 7:603^ 0:024, B2 V ¼ 0:396^ 0:005, U 2 B ¼ 0:151^

0:005; V 2 R ¼ 0:210^ 0:002, V 2 I ¼ 0:417^ 0:007, J ¼

6:976^ 0:006 and H ¼ 6:772^ 0:006. The UBVRI photometry

agrees very well with that of Moreno & Carrasco (1986).

Results for the night of JD 245 1112 were not included in the

Table 1. Log of the UBVRI and JH

differential observations of HD 199434.
Measurements were made in the visual with
the photoelectric Modular Photometer
attached to the 0.5-m telescope, and in the
infrared with the Mk II Infrared Photometer
attached to the 0.75-m telescope, of the
South African Astronomical Observatory.
In the last column the number of differential
observations, N, is given.

Starting time Run length N

JD 245 00001 (h)

UBVRI

1006.385 6.13 54
1017.295 8.25 76
1086.261 4.47 33
1087.366 1.74 15
1088.256 4.49 30
1089.259 4.47 35
1091.305 3.36 29
1111.293 1.14 8
1112.300 2.26 18

Total: 36.3 298
JH

1086.312 2.99 54
1088.231 4.90 81
1089.271 3.92 58
1091.303 3.15 53
1107.259 2.73 52
1109.261 2.65 39
1112.250 3.38 52

Total: 23.7 389

Table 2. Linear least-squares solutions
for a fit of a sinusoid with f ¼

6:31869 d21 to the observations of HD
199434 in the various wavebands. The
formal standard errors are known to
underestimate the true errors. Phases are
with respect to T0 ¼ JD 245 1006:3846.

Filter Amplitude Phase
(mmag) (rad)

U 37.1^ 0.4 0.67^ 0.01
B 36.3^ 0.4 0.59^ 0.01
V 25.5^ 0.3 0.61^ 0.01
R 19.8^ 0.3 0.62^ 0.02
I 16.2^ 0.4 0.68^ 0.02
J 9.3^ 0.6 0.70^ 0.06
H 6.9^ 0.5 0.58^ 0.07

Two new luminous d Scuti stars 389
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mean calculations reported above: the seeing during the second

part of the night was very poor, necessitating the use of very large

apertures. A close companion star of HD 21190, CPD-83 64B, with

V < 10:8, was within the aperture on this night. Mean brightnesses

of HD 21190 in the different wavebands for this night were

adjusted to bring them into line with the other nights.

The best-fitting frequency to the B-band data is

6:6792^ 0:0009 d21. This is acceptably close to the Hipparcos

frequency, so we adopt the latter, 6.67773 d21, as definitive. After

pre-whitening by that frequency, an examination of the amplitude

spectrum shows that there is considerable power left in the

residuals. Successive pre-whitening of the data by sinusoids with

frequencies corresponding to the highest periodogram peaks led to

the results shown in Fig. 7. Consideration of theUBVR data sets led

to the conclusion that there are at least three modes in addition to

that observed by Hipparcos, with frequencies near 6.1, 8.6 and

11.9 d21 (or aliases of these). However, a glance at Fig. 7 shows

very clearly that an unambiguous solution is out of the question.

Fortunately – as might have been anticipated from the Hipparcos

results, and as is confirmed by Fig. 7 – the light variations are

dominated by the 6.67773-d21 cycle, so that the solution for this

mode (Table 4) is reasonable. It is noteworthy that the errors on the

amplitudes in Table 4 are largest for the U and B bands. The reason

lies in the different constitutions of the photometric noise, which

consists of both a random and a systematic component. The former

is due to measurement error, while the latter can be ascribed to the

presence of further pulsation modes. The systematic noise becomes

more and more dominant towards the blue, as the amplitudes of the

Figure 4. The best-fitting sinusoid with a frequency of 6.31869 d21

superimposed on the B-band observations of HD 199434. The zero-point

has been set to the mean of the data ðB ¼ 9:195Þ. Only the six longest runs

from Table 1 are shown.

Figure 5. The best-fitting sinusoid with a frequency of 6.31869 d21

superimposed on the J-band observations of HD 199434. The zero-point

has been set to the mean of the data ðJ ¼ 7:92Þ. Only the six longest runs

from Table 2 are shown.

Figure 6. An amplitude spectrum of the Hipparcos observations of HD

21190, over the frequency range of interest (top panel). The bottom panel

shows the spectrum of the residuals after removal of the best-fitting sinusoid

with frequency equal to the peak frequency in the top panel.
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unresolved pulsation modes increase towards shorter wavelengths

by a larger relative amount than the measurement error does.

4 PHYSICAL CHARACTERIST ICS OF HD

19943 4 AND 21190

The Hipparcos parallax of HD 199434 is 3:65^ 1:09mas. Using

the mean photometric measurement quoted above then yields

MV ¼ 1:54^ 0:65 where the contribution from the uncertainty in

V is negligible. This value ofMV is consistent withMV ¼ 1:6 given

by Schmidt-Kaler (1982) for an F5III star, but is too faint for the

luminosity class II assigned by Houk & Cowley (1975). The

parallax of HD 21190 is 4:16^ 0:63mas, which implies that

MV ¼ 0:70^ 0:33. The value of the absolute visual brightness is

about one magnitude brighter than that of an F2III star, according

to Schmidt-Kaler (1982), but again probably too faint for the Houk

& Cowley (1975) classification F2/3Ib/II.

The discrepancies between the absolute magnitudes derived

from the parallaxes and those inferred from the MK types

prompted us to obtain new spectra. Spectroscopic observations of

HD 21190 and 199434 were made with the unit spectrograph and

charge-coupled device (CCD) detector on the 1.9-m telescope at

the Sutherland site of the SAAO during 1998 October and

December. To assist in classifying these HD stars, observations

were also made of bright (HR) stars with similar spectral types but

having a range of luminosity classes. These were: HR 856 (F5III),

1173 (F3III), 1746 (F5II), 6615 (F2Ia) and 7264 (F2II–III).

All data were obtained with grating 6, giving a reciprocal

dispersion of approximately 100 Åmm21 and a resolution of about

3.5 Å. The spectrograms were centred on about 4400 Å and have a

useful range of ,3600–5200 �A. Arc spectrograms were obtained

before and after every stellar spectrogram for wavelength

calibration, and the usual sky and dome flats were taken at the

start of each night for calibration of the CCD detector. All

reductions were carried out with standard IRAF procedures to

produce normalized, wavelength-calibrated results. These spectra

are very similar in resolution and spectral range to those obtained

by one of us (ROG) on the Gray/Miller spectrograph of the Dark

Sky Observatory (Appalachian State University). MK standards

from this spectrograph were used to supplement the above HR stars

for classification purposes.

Comparison of the spectra with those of the above well-

classified stars and MK standards led to the following conclusions:

Figure 7. The top panel contains an amplitude spectrum of the B-band

observations of HD 21190. The second panel shows the spectrum of the

residuals after pre-whitening the data by the Hipparcos-determined

frequency. Further panels show the effects of pre-whitening by the

frequency corresponding to the highest peak in the preceding panel. Note

the different vertical scales used.

Table 3. Log of the UBVRI and JH

observations of HD 21190. The experi-
mental setups were as for the obser-
vations of HD 199434. In the last column
the number of differential observations,
N, is given.

Starting time Run length N

JD 245 00001 (h)

UBVRI

1088.460 4.00 30
1089.460 3.75 30
1091.457 3.96 32
1101.406 1.93 16
1104.463 3.57 25
1109.435 4.08 33
1112.443 3.78 29

Total: 25.1 195
JH

1088.462 4.23 74
1089.462 3.90 52
1091.457 4.37 76
1109.412 4.39 71
1111.345 1.96 28
1112.430 3.71 45

Total: 22.6 346

Table 4. Linear least-squares solu-
tions for a fit of a sinusoid with f ¼

6:67773 d21 to the observations of
HD 21190 in the various wavebands.
The formal standard errors given are
known to underestimate the true
errors. Phases are with respect to
T0 ¼ JD 245 1088:4603.

Filter Amplitude Phase
(mmag) (rad)

U 34.6^ 1.0 2.61^ 0.03
B 34.4^ 1.1 2.53^ 0.03
V 24.1^ 0.7 2.58^ 0.03
R 19.2^ 0.7 2.51^ 0.04
I 14.7^ 0.5 2.62^ 0.04
J 9.6^ 0.6 2.37^ 0.06
H 7.2^ 0.6 2.26^ 0.09
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The spectrum of HD 21190 is best classified as F2III SrEuSi:. This

star is very similar to b Cas (F2III), except for the enhancements of

Sr II 4077 Å and Eu II 4205 Å. The Si II doublet at 4128–31 �A is

also enhanced, but a silicon peculiarity in such a late spectral type

is unusual – hence the colon after Si. The spectrum of HD 199434

is very similar to that of HR 7495 (F5II–III), except that HD

199434 has slightly narrower Ca IIK and H lines. This may

indicate that this star shows mild Am/r Pup characteristics.

However, as these discrepancies are not particularly remarkable,

the appropriate classification is F5II–III.

4.1 Strömgren indices and evidence for spectral peculiarities

It is of interest to compare the above results with those obtainable

from Strömgren uvbyb photometry. A number of Strömgren

system measurements of HD 21190 are available, and these are

reproduced in Table 5. Because there is a large scatter in these

measurements, particularly for the c1 index, we also include Hauck

& Mermilliod’s (1998) weighted values. Only one measurement of

HD 199434 could be found in the literature (Handler 1999b),

prompting us to obtain more intermediate-band absolute

photometry, which is summarized in Table 6, along with the

measurements of Handler (1999b). The Strömgren photometry was

supplemented by 18 b-index measurements (mean 2:701^ 0:007Þ,

which were obtained during a 3.1-h period on JD 245 1109.

Application of Crawford’s (1975) F-star calibration to the

weighted indices for HD 21190 leads to a value of dm1 ¼ 20:059

for the metallicity index and dc1 ¼ 0:175 for the luminosity index.

The reddening correction in this case is zero. The absolute

magnitude calibration of the dc1 index (Crawford 1975, 1979) can

be compared with theHipparcos absolute magnitude for HD 21190

ðMV ¼ 0:70^ 0:33, which implies that the c1 index should be

0.833, using (Crawford 1975)

DMV ¼ 2½91 20ð2:7202 bÞ�dc1:

Thus the observed c1 index is<0.1 smaller than would be expected

for a normal star. This, plus the result for the dm1 index, is typical

for Ap stars and is indicative of a depression in the flux in the

Strömgren v band. Since c1 ¼ u2 2v1 b and m1 ¼ v2 2b1 y,

we should expect the effect, if it is due to a flux depression in the v

band, to be twice as large in c1 as in m1 and in the opposite

direction, which is exactly what we see (note that because of the

way the dm1 index is defined, a negative dm1 index corresponds to

an increase in m1). The depression in the v-band flux can be

partially explained by the presence of the enhanced Sr II 4077 Å

and Eu II 4129 Å lines, which lie in the Strömgren v band, but we

have carried out numerical experiments that indicate that the extra

blanketing produced by those two lines can only produce 10 per

cent of the observed results. A high general metallicity ½M=H� ¼

0:50 would produce the desired dm1, but would actually result in a

slight increase in dc1 [see Lester, Gray & Kurucz (1986), although

we have redone the calculations with the latest Kurucz models

(Kurucz 1993)]. Thus a high metallicity is not consistent with the

above discussion, nor is it consistent with our spectral type, which

indicates that the star is very similar to the F2III standard b Cas,

except for the enhancements of the Sr II and Eu II lines. A more

probable explanation is the presence in this Ap star of the broad

l4100 flux depression common in CP2 stars (cf. Masana et al.

1998), which coincides with the Strömgren v band. This

explanation obviously needs to be verified by more detailed

spectrophotometry. The presence of the l4100 flux depression is

often accompanied by a flux depression centred on l5200, which is

the basis of Da photometry used to detect Ap stars (Maitzen 1976).

This flux depression is in the wing of the Strömgren y band, but has

only a small effect on the flux in that band. Thus, we anticipate that

the fluxes in the u, b and y bands for this star will be nearly normal.

Masana et al. (1998) have derived a peculiarity index for Ap

stars based on Strömgren uvbyb photometry. Their peculiarity

index for HD 21190 is Dp ¼ 1:8, which is also supportive of our

Ap classification, especially for such a cool Ap star.

With the Hipparcos-derived luminosity placing HD 21190

2.5mag above the zero-age main sequence (ZAMS), the evidence

is strong that it is the most evolved Ap star yet known. This is a

Table 5. Strömgren and Hb photometry of HD 21190 from the literature.

y b2 y m1 c1 b Referencea

7.607^ 0.005 0.226^ 0.004 0.222^ 0.006 0.753^ 0.007 1, 2
7.62^ 0.005 0.230^ 0.003 0.210^ 0.006 0.791^ 0.005 2.710^ 0.007 3

7.638^ 0.005 0.240^ 0.003 0.212^ 0.004 0.716^ 0.006 4
0.233^ 0.007 0.217^ 0.005 0.735^ 0.019 2.710 5

aKey: 1, Olsen (1983); 2, Perry (1991); 3, Eggen (1992); 4, Olsen (1994); 5, Hauck & Mermilliod
(1998).

Table 6. Log of the Strömgren system observations of HD 199434. Measurements were made with the Modular Photometer
attached to the 0.5-m telescope of the South African Astronomical Observatory. The standard errors of the nightly means are
given.

Starting time Run length N y b2 y m1 c1 b
JD 245 00001 (h)

1103 1.9 10 8.735^ 0.022 0.271^ 0.007 0.225^ 0.007 0.663^ 0.013
1104 2.9 17 8.747^ 0.017 0.283^ 0.004 0.213^ 0.005 0.661^ 0.016
1107 2.5 15 8.740^ 0.015 0.289^ 0.005 0.212^ 0.007 0.656^ 0.015
1109 3.1 18 2.701^ 0.007
All 7.3 42 8.741^ 0.018 0.282^ 0.008 0.215^ 0.008 0.660^ 0.015
Handler (1999b) 8.71 0.271 0.205 0.690
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most interesting result. It has long been known that few d Scuti

stars are peculiar and that few peculiar stars in the d Scuti

instability strip pulsate. There is a good observational case for

pulsation in some Am stars, but the case for d Scuti pulsation in

magnetic Ap stars has been contentious – see the papers by Kurtz

(2000) and Turcotte et al. (2000). While Turcotte et al. (2000) do

not deal with differences between Am and Ap stars, they find that

peculiarities can coexist with pulsation for evolved stars towards

the red edge of the d Scuti instability strip.

Since our discussion above indicates that, apart from

enhancements in strontium and europium, and the probable

presence of a broad flux depression at l4100, HD 21190 is fairly

normal, we have estimated the basic parameters (Teff, log g, [M/H]

and jt, the microturbulent velocity) using a multidimensional

downhill simplex technique recently developed by Gray, Graham

& Hoyt (2001). This technique simultaneously finds the best fit to

the observed spectrum and fluxes (from Strömgren uby

photometry) from an interpolated four-dimensional grid of

synthetic spectra and fluxes computed using model atmospheres

from the stellar atmosphere program ATLAS9 (Kurucz 1993).

Coincidentally, this method does not use the flux in the v band

(because of the presence of Hd in that band, which makes it useless

for estimating continuum fluxes), and thus avoids the compli-

cations that we have mentioned above. While the v-band region is

contained in our classification spectrum of HD 21190, utilized in

the simplex method, the resulting basic parameters are hardly

changed even if that region is given a weight of zero in the

calculation.

For HD 21190, we derive the following parameters: Teff ¼

6780^ 100K ðlog Teff ¼ 3:83Þ, log g ¼ 3:34^ 0:15, ½M=H� ¼

20:05^ 0:15; jt ¼ 3:5^ 0:5 km s21. This fit is illustrated in

Fig. 8. We note that our fit is consistent with the monochromatic

flux in the R filter.

The Teff and log g derived from the simplex method are very

close to what we expect for an F2III star (cf. Gray et al. 2001). It is

of interest to note that the simplex results yield an overall

metallicity that is nearly solar. This result is consistent with our

spectral type, as well as with our above discussion of the Strömgren

photometry, and strengthens our assertion that the effects in dm1

and dc1 are due, not to an enhanced overall metallicity, but to the

presence of the l4100 flux depression.

The Hipparcos luminosity (combined with a bolometric

correction of 0.022 – Flower 1996) yields logðL/L(Þ ¼ 1:6. In

Fig. 9 we reproduce the theoretical Hertzsprung–Russell (HR)

diagram of Turcotte et al. (2000, their fig. 1, with kind permission

of the authors) with the positions of HD 21190 and 199434 shown

using the parameters derived above. This places HD 21190 near the

red edge of the d Scuti instability strip and shows it to be more

evolved than any of the other stars discussed by them – supporting

our suggestion that it is the most evolved Ap star known. From

their evolutionary tracks it can be seen that HD 21190 has evolved

from an early-A or even late-B main-sequence star. Since Turcotte

et al. argue that the onset of pulsation does not erase diffusion-

generated peculiarities that are already present, it would seem that

Figure 8. The multidimensional simplex method fit to the spectrum and

fluxes for HD 21190. The top panel shows the model fit to the rectified

intensity spectrum, with the difference spectrum below. Enhanced lines due

to Sr II, Eu II and Si II are indicated in the observed spectrum. The low-

frequency structure in the difference spectrum is due to errors in the

rectification, and the high-frequency structure is due to line-to-line

differences between the model and observed spectrum, slight wavelength

differences between the two, and noise. The bottom panel shows the model

fit to the Strömgren fluxes. Also shown is the monochromatic flux derived

from the Cousins R filter, using the calibration of Bessell (1979).
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Figure 9. A theoretical HR diagram from Turcotte et al. (2000, with

permission of the authors) showing the positions of HD 21190 (marked as

1) and HD 199434 (marked as 2). The evolutionary tracks are from models

discussed by Turcotte et al. (2000); the squares are positions of d Del stars

(now preferably called r Pup stars – see Gray & Garrison 1989) from Kurtz

(1976); the diamonds are d Scuti stars from Russell (1995). See Turcotte

et al. (2000) for a full discussion of this diagram.
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HD 21190 has evolved from a (magnetic) Si star, and hence still

shows the Si anomaly. A detailed study of this star’s spectrum

would be very rewarding, as would a test for a magnetic field.

HD 199434 is less extreme in every way than HD 21190, but still

of some interest. Although we classified it as a normal star, we did

note a slightly narrow Ca II K line, indicating a mild Am/r Pup

nature. The Strömgren indices give some indication as well that it

is peculiar. The intrinsic relations of Crawford (1975) indicate, for

Eðb2 yÞ ¼ 0:035, dm1 ¼ 20:054. This dm1 suggests an Am or Ap

star, although its interpretation is somewhat problematical for such

an evolved star (luminosity type II–III), as it is near the limit in

luminosity of Crawford’s calibration. Applying the multidimen-

sional downhill simplex technique yields the following basic

parameters: Teff ¼ 6590^ 100K ðlog Teff ¼ 3:82Þ, log g ¼

3:17^ 0:15; ½M=H� ¼ 20:03^ 0:15 and jt ¼ 3:2^ 0:5 km s21

(see Fig. 10 for a comparison of the model with the observations).

Again, these parameters are very much in line with what we would

expect for an F5II–III star. It is interesting to note that the

metallicity from the simplex result again appears to be nearly solar,

a result that should be verified with high-resolution spectroscopy

given our suspicion that this star shows a mild Am/r Pup nature.

The Hipparcos luminosity combined with a bolometric correction

of 0.012 yields logðL/L(Þ ¼ 1:24. That falls slightly to the red of

several known Am–d Scuti stars and the H-exhaustion bend of the

evolutionary track for a 1.9-M(model of Turcotte et al. (2000) (see

Fig. 9), making this star one of the coolest known r Pup stars, if the

peculiarity that we suggest is correct.

The simplex technique was devised to work only with stars that

have a solar abundance pattern, and not stars that have markedly

peculiar abundances (Gray et al. 2001). Despite this, we decided to

use the simplex technique on HD 21190 and 199434 because, apart

from enhancements in Sr II and Eu II for HD 21190 and a suspicion

of an Am/r Pup nature for HD 199434, these stars look fairly

normal and are quite close matches with the respective MK

standards. Thus we felt justified in going ahead and using this

powerful technique to derive the basic parameters of these stars.

One of us (ROG) intends to investigate the effectiveness of this

technique on more extreme chemically peculiar stars.

5 CONSTRAINTS ON PULSATION MODE

IDENTIF ICATION

The well-known relation

P
ffiffiffiffiffiffiffiffiffiffiffi

r /r(
p

¼ Q

can also be written in the form

logQ ¼ 26:4542 log f 1 1
2
log g1 0:1Mbol 1 log Teff ; ð1Þ

where f is in d21, Q is in d, and g is in cgs units. Using the values of

Teff and log g determined above, and applying bolometric

corrections of 20.1mag to the absolute visual magnitudes, we

find Q ¼ 0:019 for HD 21190 and Q ¼ 0:020 for HD 199434.

These values are indicative of pulsation in the second or third

overtone for both stars if the pulsations are radial (using the models

of Stellingwerf 1979).

The predictions of Turcotte et al. (2000) for Am stars with

diffusion included in the model calculations are that the stars

should be stable on the main sequence and that low-overtone

modes become unstable as the stars evolve. Models without

diffusion show higher overtones n < 8 excited when they are

younger, and lower overtones becoming excited as they age. The

above results for HD 21190 and 199434 are consistent with

Turcotte et al.’s models. However, it should be kept in mind that

HD 21190 is more evolved than any model tested by Turcotte et al.

(2000), so it is a stimulus to explore this new territory theoretically.

We now attempt identification of the spherical harmonic degree

‘ of the pulsations, by comparing the theoretical amplitude ratios

and phase differences of the variations in different wavebands with

the values observed (Watson 1988; Garrido 2000). Theoretical

quantities are calculated from the pulsation constant Q, and from

Teff and log g; the required observed quantities follow from Tables

2 and 4. Details of the procedure can be found in Koen et al. (1999);

here we just mention that theoretical fluxes were taken from

Kurucz (1992); limb darkening coefficients from Claret, Dı́az-

Cordovés & Giménez (1995) and Dı́az-Cordovés, Claret &

Giménez (1995); and filter response functions from Bessell (1990)

and Glass (private communication). The identification procedure is

reduced to the minimization of a weighted sum of squares (WSS),

with respect to the three variables ‘, R and C. The parameters

0 # R # 1 and C2 p describe the deviations in amplitude and

phase of the fractional temperature at the stellar surface from the

adiabatic values R ¼ 1 and C ¼ p (Watson 1988). Results are

given in Table 7. The solutions for HD 199434 are based on the

parameter values ðQ ¼ 0:020, log g ¼ 3:25, Teff ¼ 6625Þ, and

those for HD 21190 on the parameters ðQ ¼ 0:019, log g ¼ 3:25,

Teff ¼ 6750Þ. The radial mode is indicated for HD 21190, ‘ ¼ 2

for HD 199434.

A little statistical theory is useful for the interpretation of the

Figure 10. The same as Fig. 8, except for HD 199434.
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numerical values of WSS in Table 7. The weighted sum of squares

is defined as

WSS ¼ ðz2 zpÞS
21ðz2 zpÞ

t
;

where z is a twelve vector with components equal to observed

amplitude ratios and phase differences, while zp contains the

theoretically predicted quantities (Koen et al. 1999; Koen 2000).

The matrix S is the covariance matrix of z. Koen (2000) has

pointed out that roughly

WSS 2 WSSmin , x 2ð3Þ;

i.e. the difference between any other value of WSS and its

minimum, has a chi-squared distribution with three degrees of

freedom. This allows a crude comparison between different WSS

to be made: for example, differences of 6.25, 7.82 and 11.35 are

significant at the 10 per cent, 5 per cent and 1 per cent levels

respectively.

Unfortunately, further probing reveals that all is probably not

well with the covariance matrix S: if it is assumed that z is

approximately Gaussian, with mean value zp and covariance matrix

S, then WSS itself ought to have a x 2(12) distribution. The mean

of a x 2(k ) distribution is equal to k, so the expected value of our

‘best’ WSS is roughly 12. Clearly something is wrong – either the

theoretical predictions we have used are wrong or inappropriate, or

the covariance matrix is suspect. Strong evidence in favour of the

latter hypothesis is presented below.

The parameter space around the point (Q, log g, Teff) was

explored in order to find out whether small changes in these

quantities would lead to better fits. In the case of HD 21190, no

improvement was found, but for HD 199434 better fits were

obtainable by changing Q, log g and/or Teff: for example, the

minimum WSS decreases to 30.7 if Q ¼ 0:014, log g ¼ 3:0 and

Teff ¼ 6750 are assumed ð‘ ¼ 0Þ; and WSSðminÞ ¼ 18:0 if

Q ¼ 0:010, log g ¼ 3:0 and Teff ¼ 6625 ð‘ ¼ 2Þ. It may be

concluded that the solution for HD 199434 is less well determined,

but that probably ‘ ¼ 0 or ‘ ¼ 2.

The impact of the data for each individual filter was investigated

by running the program for all data excluding each filter in turn.

Because of the uncertainty about the solutions for HD 199434

mentioned in the previous paragraph, this exercise was only carried

out for HD 21190. Inspection of the results in Table 8 shows that

the fits are improved substantially if the I and/or H bands are

ignored. The implication is that the agreement between theory and

observations is poorest for these two wavebands.

The disagreements between theory and observations can be

traced to the relatively high H amplitude (reducing it from

7.2mmag to 5.2mmag lowers WSS by 6.9 units) and the high

value of the I-band phase (reducing it from 2.62 to 2.50 lowers

WSS by 11 units). Given the quoted measurement errors on these

quantities – which are probably underestimates – the fault may lie

with the observations, rather than the theory.

6 CONCLUS IONS

We have reported two unusual d Scuti stars, HD 199434 and 21190,

selected for study on the basis of their Hipparcos photometry. The

spectral classifications of both stars prompted a more extensive

study, and we suggest both to be chemically peculiar.

HD 199434 is probably an evolved mild Am, therefore r Pup

star, which is then one of the coolest members of its class; it is also

slightly, but not significantly, outside the red edge of the d Scuti

instability strip. Pulsation among r Pup stars has long been known

as unexceptional (e.g. Kurtz 1976), and recent pulsation/diffusion

models (Turcotte et al. 2000) can account for it. The more

interesting case is HD 21190. Our spectral classification (F2III

SrEuSi:) makes it the most evolved Ap star known to date, and we

have also proven it to be a d Scuti star. Pulsations of the d Scuti type

are unusual among Ap stars, with very few cases known (Kurtz

2000).

For several reasons, HD 21190 definitely deserves further study.

It probably has evolved from an early-A/late-B main-sequence star,

which could explain its Si anomaly. We also suggest that it has

fairly strong anomalies of the rare-earth elements and lanthanides,

but not the iron-peak elements. This warrants a high-resolution

spectroscopic study. In addition, we demonstrated that the star’s

pulsations are multiperiodic. This, together with its presumably

slow rotation, makes it an interesting target for asteroseismology.

As Turcotte et al. (2000) have not studied such extreme cases as

HD 21190, observations as suggested above may also stimulate

further theoretical studies.

We attempted mode identification of the stars by comparing

theoretical and observed amplitude ratios and phase differences.

The results were inconclusive, and suggested that, despite the

incorporation of the error estimates of the observed quantities, the

procedure was not entirely self-consistent. Given that the quality of

our photometry is on a par with other studies of this type, and that

Table 7. The results of fitting theoretical
amplitude ratios and phase differences to
the observed values extracted from Tables 2
and 4. The merit of a solution is determined
by the weighted sum of squares (WSS) –
therefore the solutions with ‘ ¼ 2 (HD
199434) and ‘ ¼ 0 (HD 21190) are the best.
The values of the non-adiabaticity para-
meters R and C are also shown.

‘ WSS R C

HD 199434
0 68.1 0.41 2.74
1 54.9 0.34 1.95
2 46.0 0.89 2.21
3 5923.1 1.00 7.20
4 334.2 1.00 6.28

HD 21190
0 23.9 0.26 2.41
1 35.4 0.21 2.95
2 42.7 0.50 3.78
3 41.2 0.08 3.32
4 200.6 1.00 5.54

Table 8. The effects on the weighted sum of
squares of excluding one waveband at a time from
the analysis of HD 21190 reported in Table 7.

Filter ‘

excluded 0 1 2 3 4

none 23.9 35.4 42.7 41.2 200.6
U 18.3 25.2 22.8 35.0 190.7
B 22.8 31.5 36.4 26.2 150.9
V 20.3 32.9 36.9 29.8 193.0
R 22.9 33.7 40.8 39.7 200.1
I 12.7 31.3 32.7 31.7 149.6
J 21.8 23.6 34.3 33.4 174.5
H 17.1 20.5 36.5 30.1 47.9
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our wavelength coverage is much greater, a critical evaluation of

published photometric mode identifications is clearly called for.

The reader should therefore also interpret our identifications of the

modes in HD 21190 (second or third overtone of the radial mode)

and HD 199434 (radial or dipole mode) with caution.
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Abstract. Generally, chemical peculiarity found for stars on the upper main sequence excludes δ Scuti type pulsation (e.g. Ap
and Am stars), but for the group of λ Bootis stars it is just the opposite. This makes them very interesting for asteroseismological
investigations. The group of λ Bootis type stars comprises late B- to early F-type, Population I objects which are basically metal
weak, in particular the Fe group elements, but with the clear exception of C, N, O and S. The present work is a continuation
of the studies by Paunzen et al. (1997, 1998), who presented first results on the pulsational characteristics of the λ Bootis stars.
Since then, we have observed 22 additional objects; we found eight new pulsators and confirmed another one. Furthermore, new
spectroscopic data (Paunzen 2001) allowed us to sort out misidentified candidates and to add true members to the group. From
67 members of this group, only two are not photometrically investigated yet which makes our analysis highly representative.
We have compared our results on the pulsational behaviour of the λ Bootis stars with those of a sample of δ Scuti type objects.
We find that at least 70% of all λ Bootis type stars inside the classical instability strip pulsate, and they do so with high
overtone modes (Q< 0.020 d). Only a few stars, if any, pulsate in the fundamental mode. Our photometric results are in excellent
agreement with the spectroscopic work on high-degree nonradial pulsations by Bohlender et al. (1999). Compared to the δ Scuti
stars, the cool and hot borders of the instability strip of the λ Bootis stars are shifted by about 25 mmag, towards smaller (b−y)0.
Using published abundances and the metallicity sensitive indices of the Geneva 7-colour and Strömgren uvbyβ systems, we have
derived [Z] values which describe the surface abundance of the heavier elements for the group members. We find that the Period-
Luminosity-Colour relation for the group of λ Bootis stars is within the errors identical with that of the normal δ Scuti stars.
No clear evidence for a statistically significant metallicity term was detected.

Key words. stars – λ Bootis ; stars – chemically peculiar; stars – early type

1. Introduction

In this paper we present an extensive survey to analyse the pul-
sational characteristics of the λ Bootis stars. This small group
comprises late B- to early F-type, Population I stars which are
metal weak (particularly the Fe group elements), but with the
clear exception of C, N, O and S. Only a maximum of about
2% of all objects in the relevant spectral domain are believed
to be λ Bootis type stars.

Send offprint requests to: E. Paunzen,
e-mail: ernst.paunzen@univie.ac.at
? Based on observations from the Austrian Automatic Photoelectric

Telescope (Fairborn Observatory), SAAO and Siding Spring
Observatory.

Several theories were developed to explain the peculiar
abundance pattern for members of this group. The most ac-
knowledged models include diffusion as main mechanism to-
gether either with mass-loss (Michaud & Charland 1986;
Charbonneau 1993) or with accretion of circumstellar mate-
rial (Venn & Lambert 1990; Turcotte & Charbonneau 1993).
Another two theories deal with the influence of binarity on
this phenomenon (Andrievsky 1997; Faraggiana & Bonifacio
1999). Heiter (2002) and Heiter et al. (2002) also tried to ex-
plain the abundance pattern in the context of the proposed
theories.

In general, chemical peculiarity inhibits δ Scuti type pulsa-
tion (e.g. for Ap and Am stars, see Kurtz 2000 for a recent
discussion) but for the group of λ Bootis stars it is just the
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opposite. In two previous studies (Paunzen et al. 1997, 1998),
we presented non-variable as well as pulsating λ Bootis stars.
Since then, we have observed 22 additional objects and found
eight new pulsators and confirmed another. Furthermore, new
spectroscopic data (Paunzen 2001) has allowed us to sort out
misidentified candidates and to add true members of the group.

Turcotte et al. (2000) investigated the effect of diffusion
(probably the main cause of the λ Bootis phenomenon) on the
pulsation of stars at the upper main sequence. Although these
authors mainly investigated the theoretical behaviour of appar-
ently metal-rich objects, their conclusions also have an impact
for the λ Bootis group: little direct pulsational excitation from
Fe-peak elements was found, but effects due to settling of he-
lium along with the enhancement of hydrogen are important.
Turcotte et al. (2000) find that, as their models of peculiar stars
evolve, they become generally pulsationally unstable near the
red edge of the instability strip, whereas the behaviour at the
blue edge is mainly sensitive to the surface metal abundance.
Although the proposed models are still simplified (e.g. treat-
ment of convection) these preliminary results already point to-
wards the most important effects on the theoretical pulsational
instability and behaviour of chemically peculiar stars.

The aim of the present paper is to analyse the pulsational
characteristics of the group of λ Bootis stars and to test for the
presence of a possible Period-Luminosity-Colour-Metallicity
relation. The latter is especially interesting in the light of the
models by Turcotte et al. (2000). The pulsational characteris-
tics of the λ Bootis group (e.g. ratio of variable to non-variable
objects and distribution of pulsational constants) may help to
put tighter constraints on these models.

2. Program stars, observations and reductions

Since our previous works (Paunzen et al. 1997, 1998) several
then-selected group members were investigated with classifi-
cation resolution spectroscopy and found to be misclassified.
These are: HD 66920, HD 79025, HD 82573, HD 141851,
HD 143148, HD 145782, HD 149303, HD 179791, HD 188164
and HD 192424 (Paunzen 2001). In total, 65 members were se-
lected from the lists of Gray & Corbally (1993) and Paunzen
(2001) which contain well established as well as good candi-
date λ Bootis type objects. Together with the two newly dis-
covered objects (HD 42503 and HD 213669; Sect. 2.3.1), we
have a sample of 67 λ Bootis type stars.

The photometric observations were performed as described
by Paunzen et al. (1998) using photoelectric detectors (except
for Ref. “4”, Table 1, for which a CCD was used) and (if pos-
sible) two comparison stars. A standard reduction method for
dealing with dead-time, dark counts and tube drifts was ap-
plied. The sky measurements (typically one per half hour)
were subtracted and differential light curves were generated.
For the reduction of the CCD frames for HD 290492 the stan-
dard SAAO reduction package as well as the program MOMF
(Kjeldsen & Frandsen 1992) were used. Figure 1 shows light
curves of some of our variable program stars.

Frequencies and amplitudes for the variable program stars
(listed in Table 2) were derived using a standard Fourier

Table 1. Sites, dates and telescopes used for our survey.

Site Date Telescope Stars Ref.
APT (Fairborn) 05.2001 0.75 3 1
SAAO 04.2001 0.50 8 2

07.2001
08.2001
09.2001
10.2001

SAAO 12.2000 0.75 9 3
01.2001

SAAO 08.2001 1.00 1 4
Siding Spring 01.2002 0.60 1 5

algorithm (Deeming 1975). An analysis with the Phase-
Dispersion-Minimization (Stellingwerf 1978) gave essentially
the same results. A star is considered to be constant, if the
Fourier spectrum of the differential light curve does not con-
tain a statistically significant peak (Paunzen et al. 1997). These
objects are listed in Table 3.

2.1. Previously known pulsating λ Bootis stars

The following nine stars were already known as variable. With
the only exception of HD 75654 (see below), they have not
been re-observed by us:

– HD 6870: Breger (1979) lists a period of 94 min and an
amplitude of 15 mmag for Johnson [V].

– HD 11413: This star is multiperiodic (Waelkens & Rufener
1983) with a dominant frequency of 54 min and an am-
plitude of 18 mmag. New measurements (Koen, private
communication) confirm the multiperiodic pulsations of
this object.

– HD 15165: The multiperiodicity of VW Arietis motivated
the fifth STEPHI campaign (Liu et al. 1996). Seven signif-
icant periods between 1.8 and 3.9 hr were found in a data
set of about 150 hr.

– HD 75654: This object was discovered as a δ Scuti type
pulsator by Balona (1977), who reported a period of 0.087 d
(11.49 d−1). Since no other photometric measurements
were published, we decided to re-observe this object. We
find two frequencies (14.80 and 15.99 d−1) based on obser-
vations during six nights.

– HD 87271: The suspected variability of this star (Handler
2002) was confirmed by Handler et al. (2000). Although
the measured light curve spans only several hours, multi-
periodicity with a time scale of about 80 min is evident.

– HD 105759: Martinez et al. (1998) performed a multisite
campaign, detecting five pulsation periods between 1.0 and
2.8 hr, as well as a detailed abundance analysis for this star.

– HD 110377: Radial velocity variations as well as multi-
periodicity with periods between 0.5 and 2.0 hr were re-
ported by Bartolini et al. (1980b). Evidence for amplitude
and frequency variations makes this object very interesting
for detailed follow-up investigations. Such observations are
however beyond the scope of this paper.
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Fig. 1. Differential light curves of eight newly discovered and one confirmed (HD 75654) pulsating λBootis stars in Strömgren b and Johnson B;
the dates of the corresponding nights are given as JD 2 450 000+ (Table 2).
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Table 2. Observing log of eight newly discovered and one confirmed (HD 75654) pulsating λ Bootis stars. Some information on the comparison
stars is also given. The differential light curves are shown in Fig. 1.

HD JD hrs mV Spec. Freq. Amp. Ref.
[mag] [d−1] [mag]

13755 2 451 899 3.2 7.84 λBoo 12.50 0.015 3
2 451 903 2.5 16.85 0.007
2 451 905 3.1
2 451 909 3.1

13602 8.52 F6
13710 8.32 K5
35242 2 451 900 2.1 6.35 λBoo 38.61 0.005 3

2 451 902 5.4 34.16 0.003
2 451 908 3.3 41.33 0.003

35134 6.74 A0
34888 6.78 A5
42503 2 452 291 4.2 7.45 λBoo 7.00 0.015 5

2 452 292 1.9
42058 6.99 A0
43452 7.71 F5
75654 2 451 898 3.0 6.38 λBoo 14.80 0.005 3

2 451 902 1.8 15.99 0.002
2 451 905 3.1
2 451 906 1.2
2 451 907 3.8
2 451 909 3.6

74978 6.87 A1
75272 6.98 B9.5

111604 2 452 061 4.1 5.89 λBoo 8.77 0.020 1
112412 5.61 F1
110375 8.33 F5
120896 2 452 097 3.9 8.50 λBoo 17.79 0.010 2
121372 8.67 G5
148638 2 452 097 4.6 7.90 λBoo 16.32 0.016 2

2 452 123 5.0
148596 8.60 F2
148573 8.63 B9
213669 2 451 823 6.5 7.42 λBoo 15.01 0.023 2

2 451 826 1.6
2 451 827 1.1

211878 7.70 F5
214390 7.90 F3
290799 2 451 904 3.0 10.63 λBoo 23.53 0.006 3

2 451 906 4.8
37652 7.35 F5

290798 10.40 A2

– HD 153747: Desikachary & McInally (1979) reported mul-
tiperiodicity (periods between 0.96 and 1.2 hr) as well as a
variable frequency spectrum of this object. Unfortunately
no further references on the pulsational behaviour of this
star were found.

– HD 192640: This star’s variability was discovered by
Gies & Percy (1977). Since 1995 permanent multisite ob-
servations have been performed. No detailed overall anal-
ysis has been published to date. Data subsets (Kusakin &
Mkrtichian 1996; Paunzen & Handler 1996; Mkrtichian
et al. 2000) suggest multiperiodicity with a main period of
38 min and an amplitude of 20 mmag in Johnson V .

We have used the published frequencies and amplitudes of
these objects from the above-mentioned references in our anal-
ysis. If more than one frequency has been published, we have
weighted the individual periods with the squared amplitude to
obtain a mean period.

2.2. Group members not observed by us

Five well established members of the λ Bootis group were
not photometrically investigated: HD 110411, HD 125889,
HD 170680, HD 184779 and HD 198160. For three of them
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Table 3. Observing log of thirteen λ Bootis stars not found to pulsate
as well as some comparison star information.

HD/BD JD hrs mV Spec. Limit Ref
[mag] [mmag]

7908 2 451 898 2.0 7.29 λBoo 0.3 3
2 451 907 2.3

7629 7.13 A9
7896 7.95 G6

24472 2 451 900 2.9 7.09 λBoo 0.8 3
24616 6.70 G8
25385 7.40 F0
54272 2 451 908 2.6 8.80 λBoo 1.4 3
54692 8.51 A0
+19 622 8.90 A2

74873 2 451 904 3.5 5.89 λBoo 1.6 3
74228 5.65 A3
75108 8.38 G5
83277 2 451 901 3.5 8.30 λBoo 1.4 3
83547 8.62 A0
82709 8.04 A9
90821 2 452 039 2.0 9.47 λBoo 2.2 1
90878 7.82 F8
90748 8.67 F8

107223 2 452 003 5.2 7.35 λBoo 1.9 2
107143 7.87 A1
107265 8.76 A0
111005 2 452 004 1.9 7.96 λBoo 2.1 2
110705 8.36 F0
110989 8.41 F8
130767 2 452 039 5.5 6.91 λBoo 1.2 1
130556 7.84 F1
130396 7.41 F8
149130 2 452 127 5.6 8.50 λBoo 2.4 2
148597 8.25 B9
149471 8.94 F6
216847 2 452 190 2.9 7.06 λBoo 1.7 2

2 452 191 3.2
216349 7.84 K1
217686 7.56 F7
290492 2 451 901 3.0 9.27 λBoo 1.8 2

2 452 190 2.2
2 452 192 4.0

290575 9.85 F5
−00 984 8.37 HgMn
261904 2 452 190 2.1 10.20 λBoo 3.5 4

2 452 191 2.2
261941 10.94 A2

(HD 110411, HD 170680 and HD 198160) photometric mea-
surements in the HIPPARCOS and TYCHO catalogues (ESA
1997) were found. Since these observations are not optimal to
find δ Scuti type pulsation, only a rough estimate for variabil-
ity can be made. We find a level of non-variability based on
the HIPPARCOS photometry of 3 mmag for HD 110411 and
HD 170680, and 4 mmag for HD 198160. In fact, HD 110411

was suspected as variable by Bartolini et al. (1980a), but
Antonello & Mantegazza (1982) concluded that there is no evi-
dence for periodic terms in the light curve: different oscillation
modes may be excited occasionally and then be damped again.
We therefore treat this star as being constant within a limit of
3 mmag. Consequently, the other two objects (HD 125889 and
HD 184779) were not considered in the following analysis.

2.3. Notes on individual stars

In the following sections we describe special properties of
some individual stars in more detail.

2.3.1. HD 42503 and HD 213669

These two objects were suspected δ Scuti type pulsators based
on HIPPARCOS photometry (Handler 2002). Handler (1999)
presented Strömgren uvbyβ photometry which puts these stars
well within the typical area of the λ Bootis objects in a m1

versus (b − y) diagram (Paunzen et al. 1998). Our photometric
measurements confirmed the pulsation.

We have performed additional spectroscopic observations
to establish the nature of these stars. These observations
were done on the 1.9 m telescope at SAAO in the night of
03./04.10.2000. The Grating Spectrograph with the SITe CCD
together with the 600 lines mm−1 grating resulted in a use-
ful wavelength range of 1600 Å, a resolution of 2 Å and a
signal-to-noise ratio of about 200. The wavelength calibration
was done with the help of a CuAr lamp within standard IRAF
routines. The classification was done within the system de-
scribed by Paunzen (2001). Both objects are very good λ Bootis
candidates, with derived spectral types of A2 V (λBoo) and
kA1hF0mA1 V λ Boo for HD 42503 and HD 213669, respec-
tively. The notation of the spectral classification is according
to Gray (1988) where k stands for the classification of the
Ca  K line, h for the hydrogen lines and m for the appearance
of the metallic-line spectrum compared to MK standards. We
therefore included them in our sample. Figure 2 shows their
spectra together with those of two well established λ Bootis
stars (HD 107233 and HD 198160; taken from Paunzen 2001)
which exhibit similar spectral characteristics. However, we
note that a final decision on their group membership has to
be made after a detailed determination of their chemical abun-
dances (especially of C, N, O and S) which was not done so far.

2.3.2. HD 64491 and HD 111786

Both stars are δ Scuti type pulsators and were reported as
well established members of the group by Gray (1988) and
Paunzen & Gray (1997). However, both objects are spectro-
scopic binary systems (Faraggiana & Bonifacio 1999; Iliev
et al. 2001). The published information on these stars does not
allow us to decide whether they are true λ Bootis type objects,
thus we have not included either of them in our sample.



520 E. Paunzen et al.: PLC-relation for λ Bootis type stars

3900 4000 4100 4200 4300 4400 4500 4600

HD 213669

HD 107233R
e

ct
if

ie
d

 I
n

te
n

s
ity

W avelength [Å]

HD 42503

HD 198160

 

Fig. 2. Classification resolution spectra of the two newly discov-
ered λ Bootis candidates HD 42503 (A2 Vλ Boo; upper panel) and
HD 213669 (kA1hF0mA1 V λ Boo; lower panel) together with the
two well established objects HD 107233 (kA1hF0mA1 V λ Boo) and
HD 198160 (A2 Vannλ Boo) for comparison.

2.3.3. HD 74873

We have re-observed this object because the upper limit for
non-variability given by Paunzen et al. (1997) was very high
(9.4 mmag). Our new observations showed no variability
within a limit of 1.6 mmag.

2.3.4. HD 175445

This object exhibits a peculiar behaviour which we have, so
far, been unable to understand. During our first short observing
run (on 06/07 July 2001), its magnitude and colour were con-
sistent with their standard values from the literature (b= 7.85,
v − b= 0.222), and marginal evidence for pulsational variabil-
ity was found. However, when we attempted to re-observe the
star on 05/06 August 2001, it appeared much fainter and redder
than in the previous month.

Consequently, we double-checked its correct identification
and re-examined the literature. We found no evidence for a
misidentification or previous peculiar behaviour. We obtained
a 3 hr light curve on the night of 06/07 August 2001, where the
object appeared as a star of b= 10.67 and v − b= 1.17. These

observations are consistent with an eclipse by a late K subgiant
companion. However, the evolutionary history of such a sys-
tem would require the binary to be close, and no other possible
eclipses have yet been reported.

2.3.5. HD 290799

Paunzen et al. (1998) reported this star as constant with an up-
per limit of 10 mmag in Geneva V1. Our new observations show
the star to be pulsating with a frequency of 23.53 d−1 and an
amplitude of 6 mmag in Strömgren b.

3. Basic stellar parameters

In this section we describe the calibration procedures within
various photometric systems and derivation of the basic stellar
parameters required to analyse the pulsational characteristics
of these stars, such as the effective temperature, surface gravity
and the luminosity.

The required standard photometric colours were
taken from the General Catalogue of Photometric Data
(GCPD; http://obswww.unige.ch/gcpd/) as well as the
HIPPARCOS and TYCHO databases (ESA 1997). If available,
averaged and weighted mean values were used.

The following calibrations for the individual photometric
systems were used to derive effective temperatures and surface
gravities:

– Johnson UBV: Napiwotzki et al. (1993);
– Strömgren uvbyβ: Moon & Dworetsky (1985) and

Napiwotzki et al. (1993);
– Geneva 7-colour: Kobi & North (1990) and Künzli et al.

(1997).

The calibrations for the Johnson UBV and Geneva 7-colour
system need an a-priori knowledge of the reddening, which is,
in general, not easy to estimate.

Normally, the reddening for objects within the solar neigh-
borhood is estimated using photometric calibrations in the
Strömgren uvbyβ system (Strömgren 1966; Crawford 1979;
Hilditch et al. 1983). These calibrations are not very reliable for
stars with spectral types from A0 to A3 (Gerbaldi et al. 1999),
mainly because for these stars, the reddening free parameter
β is no longer a temperature indicator alone but is also sensi-
tive to the luminosity. From the photometry we find that two of
our pulsating (HD 125162 and HD 183324) and nine constant
(HD 23392, HD 31295, HD 36726, HD 74873, HD 110411,
HD 130767, HD 170680, HD 261904 and HD 294253) pro-
gram stars fall into A0 to A3 spectral region.

An independent way to derive the interstellar reddening is
to use galactic reddening maps, which are derived from open
clusters as well as from galactic field stars. Several different
models have been published in the literature (Arenou et al.
1992; Hakkila et al. 1997). Chen et al. (1998) compared the
results from Arenou et al. (1992) and those derived from the
HIPPARCOS measurements and found an overestimation of
previously published results from Arenou et al. (1992) for dis-
tances less than 500 pc. They consequently proposed a new
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Table 4. Pulsating λ Bootis stars; an asterisk denotes stars without an accurate HIPPARCOS parallax; σ(b − y)=±0.005 mag. In parenthesis
are the errors in the final digits of the corresponding quantity.

HD (b − y)0 log Teff log g v sin i [Z] MV MB log L∗/L� log P Q
[mag] [dex] [dex] [km s−1] [dex] [mag] [mag] [dex] [d]

6870 0.164 3.865(6) 3.84(11) 165 −1.03(20) +2.29(42) +2.20 1.02(17) −1.19 0.023
11413 0.104 3.899(7) 3.91(21) 125 −1.17(10) +1.49(10) +1.36 1.35(4) −1.38 0.014
13755 0.181 3.850(10) 3.26(10) – −0.75(30) +0.93(10) +0.83 1.57(4) −1.12 0.010
15165 0.189 3.846(12) 3.23(10) 90 −1.15(17) +1.12(16) +1.01 1.50(6) −0.87 0.017
30422 0.098 3.896(6) 4.00(20) 135 −1.50(20) +2.35(2) +2.23 1.01(1) −1.68 0.010
35242 0.058 3.916(5) 3.90(14) 90 −1.40(20) +1.75(22) +1.60 1.26(9) −1.58 0.010
42503 0.110 3.885(16) 3.10(10) – −0.83(20) −0.03(4) −0.14 1.96(2) −0.85 0.013
75654 0.158 3.866(6) 3.77(11) 45 −0.91(11) +1.83(12) +1.74 1.20(5) −1.18 0.019
83041 0.185 3.852(13) 3.76(20) 95 −1.03(8) +1.70(30) +1.60 1.26(12) −1.18 0.018
84948B∗ 0.196 3.833(13) 3.70(15) 55 −0.82(19) +1.63(30) +1.75 1.20(12) −1.11 0.020
87271 0.149 3.876(13) 3.43(10) – −1.11(30) +1.02(8) +0.92 1.53(3) −1.27 0.009
102541 0.141 3.885(10) 4.22(16) – −0.95(20) +2.34(21) +2.23 1.01(9) −1.30 0.029
105058 0.127 3.889(10) 3.77(30) 140 −0.82(7) +0.86(30) +0.75 1.60(12) −1.40 0.010
105759 0.142 3.874(6) 3.65(10) 120 −0.92(30) +1.35(21) +1.25 1.40(8) −1.20 0.015
109738∗ 0.144 3.881(8) 3.90(13) – −1.02(20) +1.85(30) +1.75 1.20(12) −1.49 0.012
110377 0.120 3.888(5) 3.97(14) 170 −0.83(20) +1.96(11) +1.85 1.16(5) −1.45 0.014
111604 0.112 3.890(8) 3.61(25) 180 −1.04(3) +0.48(7) +0.37 1.75(3) −0.94 0.022
120500 0.064 3.915(4) 3.86(10) 125 −0.73(14) +0.85(34) +0.70 1.62(13) −1.32 0.014
120896∗ 0.166 3.861(5) 3.76(10) – −0.82(30) +1.90(30) +1.81 1.18(12) −1.25 0.016
125162 0.042 3.941(8) 4.07(9) 115 −1.61(24) +1.71(23) +1.54 1.28(9) −1.64 0.011
142703 0.177 3.861(9) 3.93(12) 100 −1.32(5) +2.41(12) +2.32 0.97(5) −1.43 0.015
142944∗ 0.198 3.845(8) 3.19(4) 180 −0.91(38) +0.80(30) +0.69 1.62(12) −0.85 0.016
148638∗ 0.106 3.882(13) 3.39(10) – −0.80(30) +0.33(30) +0.23 1.81(12) −1.21 0.009
153747 0.068 3.914(5) 3.70(24) – −0.86(20) +1.24(30) +1.09 1.46(12) −1.31 0.013
168740 0.128 3.883(5) 3.88(14) 145 −0.91(8) +1.82(2) +1.72 1.21(1) −1.44 0.013
168947∗ 0.145 3.878(11) 3.67(10) – −0.74(20) +1.28(30) +1.18 1.43(12) −1.23 0.014
183324 0.032 3.952(10) 4.13(4) 90 −1.47(6) +1.64(42) +1.44 1.32(17) −1.68 0.011
191850∗ 0.163 3.869(9) 3.61(10) – −0.96(30) +1.50(30) +1.41 1.34(12) −1.13 0.017
192640 0.095 3.900(5) 3.95(18) 80 −1.46(8) +1.84(2) +1.71 1.22(1) −1.55 0.011
210111 0.136 3.878(7) 3.84(15) 55 −1.04(20) +1.76(15) +1.66 1.23(6) −1.36 0.014
213669 0.155 3.872(8) 3.82(17) – −0.93(20) +1.79(21) +1.69 1.22(8) −1.18 0.021
221756 0.046 3.930(10) 3.90(3) 105 −0.71(3) +1.16(16) +1.00 1.50(6) −1.36 0.015
290799∗ 0.114 3.889(5) 4.18(10) 70 −0.82(26) +2.62(30) +2.51 0.90(12) −1.37 0.025

model for galactic latitudes of ±10◦, but otherwise find excel-
lent agreement with the model by Sandage (1972). We have
used the proposed model by Chen et al. (1998) to derive the
interstellar reddening for all program stars. The values from
the calibration of the Strömgren uvbyβ and the model by Chen
et al. (1998) are in very good agreement. To minimize pos-
sible inconsistencies we have averaged the values from both
approaches.

In Table 7, we compare our photometrically derived ef-
fective temperatures and surface gravities of 29 program stars
from this work (TW) with those of Table 1 from Heiter et al.
(2002), which contains averaged values from the literature
based on spectroscopic analyses. The average difference for
the effective temperature is ∆Teff = Teff(Lit.)−Teff(TW) =
+72(210) K, and for the average surface gravity ∆ log g =
log g(Lit.)− log g(TW) = +0.07(24) dex. We note that there are
some stars for which the spectroscopically derived values are
significantly different from the photometrically derived ones
(e.g. HD 106223 and HD 107233). These cases were already
extensively discussed by Heiter et al. (2002). Although such

deviating cases obviously exist, we believe that our calibra-
tion method is consistent and therefore suitable for a statistical
analysis.

For all program stars photometrically calibrated absolute
magnitudes (assuming that all objects are single) were esti-
mated with an error of ±0.3 mag. As an independent source we
have taken the HIPPARCOS parallaxes (if available) to derive
absolute magnitudes using the visual magnitude and reddening.
Since we also corrected for the Lutz-Kelker effect (Koen 1992)
which is only possible for parallax measurements with an ab-
solute error of [σ(π)/π]< 0.175 it seriously limits the useful
data. Oudmaijer et al. (1998) showed that this effect has to be
taken into account if individual absolute magnitudes are cal-
culated using HIPPARCOS parallaxes. Stars without measure-
ments satisfying [σ(π)/π]< 0.175 are marked with an asterisk
in Tables 4 and 6 (20 stars in total). For the other 45 objects we
are able to derive weighted means (taking the errors as weights,
i.e. a larger error is a lower weight) for the absolute magnitude
using the values from the photometric calibration procedure
and the conversion of the HIPPARCOS parallax measurements.
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Table 5. δ Scuti stars selected from the list by Rodriguez et al. (2000); σ(b − y)=±0.005 mag; σ[Z]=±0.15 dex. In parenthesis are the errors
in the final digits of the corresponding quantity.

HD (b − y)0 log Teff log g v sin i [Z] MV MB log L∗/L� log P Q
[mag] [dex] [dex] [km s−1] [dex] [mag] [mag] [dex] [d]

432 0.211 3.841(4) 3.44(7) 70 +0.45 1.19(29) 1.08 1.47(11) −1.00 0.017
3112 0.127 3.883(5) 3.59(9) 80 +0.28 0.54(84) 0.44 1.73(34) −1.31 0.009
4490 0.156 3.867(3) 3.55(9) 180 +0.22 0.92(15) 0.83 1.57(6) −0.98 0.019
4849 0.168 3.862(2) 3.78(8) – +0.52 1.65(30) 1.56 1.27(12) −1.26 0.016
7312 0.169 3.861(3) 3.79(6) – +0.24 1.71(28) 1.62 1.25(11) −1.38 0.012
8511 0.134 3.880(4) 3.96(6) 190 −0.06 2.04(1) 1.94 1.12(1) −1.16 0.027
8781 0.213 3.838(6) 3.46(6) – −0.03 1.57(18) 1.46 1.32(7) −0.95 0.020
9065 0.200 3.844(6) 3.46(6) – −0.14 1.72(21) 1.61 1.26(8) −1.02 0.018
9100 0.087 3.899(8) 3.53(22) 120 −0.34 0.43(28) 0.30 1.78(11) −0.87 0.024
11522 0.162 3.861(5) 3.41(6) 120 −0.04 0.76(13) 0.67 1.63(5) −1.04 0.014
15550 0.152 3.871(3) 3.84(6) 170 +0.13 1.89(1) 1.80 1.18(1) −1.17 0.022
15634 0.179 3.858(2) 3.81(7) 140 +0.28 1.57(50) 1.48 1.31(20) −1.01 0.028
17093 0.133 3.883(8) 4.04(11) 75 −0.10 2.22(4) 2.12 1.05(2) −1.45 0.016
19279 0.063 3.913(8) 3.76(17) 285 −0.16 1.69(61) 1.54 1.28(25) −1.16 0.022
23728 0.178 3.859(5) 3.70(16) 105 −0.21 1.62(15) 1.53 1.29(6) −1.00 0.025
24809 0.119 3.890(10) 4.26(20) 130 −0.36 2.51(7) 2.40 0.94(3) −1.26 0.035
24832 0.158 3.865(4) 3.69(13) 140 +0.12 1.12(30) 1.03 1.49(12) −0.81 0.035
26574 0.196 3.847(4) 3.49(12) 100 +0.62 1.22(38) 1.11 1.46(15) −1.13 0.013
27397 0.166 3.864(3) 3.96(5) 100 +0.22 2.30(5) 2.21 1.02(2) −1.26 0.022
27459 0.123 3.884(5) 3.96(13) 75 +0.25 1.92(21) 1.82 1.17(9) −1.44 0.014
28024 0.159 3.865(7) 3.40(18) 210 +0.22 0.77(24) 0.68 1.63(9) −0.83 0.022
28319 0.093 3.901(9) 3.70(12) 80 +0.16 0.32(78) 0.19 1.82(31) −1.12 0.016
28910 0.139 3.877(4) 3.97(5) 125 +0.19 1.58(75) 1.48 1.31(30) −1.17 0.024
30780 0.114 3.887(3) 3.87(11) 150 +0.23 1.41(50) 1.30 1.38(20) −1.38 0.013
32846 0.189 3.845(9) 3.37(10) – −0.19 1.16(5) 1.05 1.48(2) −0.87 0.021
50018 0.217 3.836(6) 3.35(10) 135 +0.78 0.49(1.03) 0.37 1.75(41) −0.81 0.019
57167 0.214 3.844(2) 3.97(3) 100 +0.18 2.49(15) 2.38 0.95(6) −1.33 0.019
71496 0.133 3.878(4) 3.61(8) 130 +0.41 1.18(10) 1.08 1.47(4) −1.02 0.021
71935 0.140 3.872(4) 3.67(9) 160 +0.32 1.14(20) 1.04 1.49(8) −1.15 0.016
73575 0.137 3.874(5) 3.41(12) 150 +0.32 0.38(21) 0.28 1.79(8) −0.99 0.015
74050 0.106 3.892(7) 3.85(16) 145 +0.25 1.71(44) 1.59 1.26(18) −1.24 0.019
84999 0.192 3.851(4) 3.41(8) 110 +0.13 1.09(27) 0.99 1.50(11) −0.88 0.021
88824 0.153 3.870(2) 3.83(10) 235 +0.08 1.76(2) 1.67 1.23(1) −0.90 0.039
94985 0.088 3.903(9) 3.62(5) – −0.11 0.82(16) 0.69 1.62(6) −0.82 0.032
103313 0.110 3.889(4) 3.67(8) 70 +0.24 0.79(36) 0.68 1.63(14) −1.10 0.017
104036 0.086 3.899(7) 4.09(14) – +0.01 1.67(40) 1.54 1.28(16) −1.52 0.013
107131 0.097 3.897(5) 4.03(20) 185 −0.08 1.91(25) 1.78 1.19(10) −1.18 0.029
107904 0.224 3.837(6) 3.20(12) 115 +0.68 0.83(15) 0.72 1.61(6) −0.93 0.013
109585 0.208 3.841(4) 3.59(10) 80 +0.16 1.80(18) 1.69 1.22(7) −1.09 0.018
115308 0.199 3.846(6) 3.36(8) 75 +0.06 1.16(2) 1.05 1.48(1) −0.93 0.017
117661 0.095 3.900(4) 3.95(11) 55 +0.14 1.70(12) 1.57 1.27(5) −1.37 0.016
124675 0.111 3.884(6) 3.67(17) 120 −0.11 1.02(29) 0.91 1.54(12) −1.19 0.015
125161 0.128 3.885(8) 4.10(19) 135 +0.08 2.40(14) 2.29 0.98(5) −1.58 0.013
127762 0.112 3.890(3) 3.69(12) 130 +0.02 0.94(2) 0.83 1.57(1) −1.14 0.017
127929 0.143 3.876(3) 3.65(11) 70 +0.00 0.80(29) 0.70 1.62(12) −1.06 0.018
138918 0.146 3.870(5) 3.77(23) 85 +0.16 0.19(1.13) 0.10 1.86(45) −0.81 0.032
143466 0.177 3.863(5) 3.92(15) 145 +0.24 2.29(8) 2.20 1.02(3) −1.12 0.029
152569 0.160 3.864(3) 3.81(13) 195 +0.16 1.83(4) 1.74 1.21(2) −1.12 0.023
155514 0.119 3.886(6) 3.90(16) 175 +0.08 1.49(17) 1.38 1.35(7) −1.05 0.029
171369 0.159 3.863(3) 3.79(8) 80 +0.05 1.64(20) 1.55 1.28(8) −1.04 0.026
176723 0.200 3.848(3) 3.62(9) 265 +0.10 1.66(19) 1.56 1.27(8) −0.87 0.031
177392 0.168 3.861(6) 3.54(16) 140 +0.15 0.96(10) 0.87 1.55(4) −0.96 0.020
177482 0.161 3.862(5) 3.45(8) 145 +0.26 0.86(14) 0.77 1.59(6) −1.01 0.016
181333 0.138 3.877(4) 3.53(6) 55 +0.38 0.47(47) 0.37 1.75(19) −0.82 0.025
182475 0.194 3.850(3) 3.63(14) 130 +0.32 1.61(47) 1.51 1.30(19) −1.11 0.018
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Table 5. continued.

HD (b − y)0 log Teff log g v sin i [Z] MV MB log L∗/L� log P Q
[mag] [dex] [dex] [km s−1] [dex] [mag] [mag] [dex] [d]

185139 0.157 3.869(2) 3.80(7) – +0.29 1.38(51) 1.29 1.39(20) −1.19 0.018
186786 0.181 3.856(2) 3.86(8) – +0.19 2.09(3) 2.00 1.10(1) −1.10 0.027
188520 0.123 3.885(7) 4.05(15) – +0.03 2.19(19) 2.08 1.07(8) −1.26 0.025
199124 0.167 3.859(3) 3.74(8) 150 −0.12 1.89(13) 1.80 1.18(5) −1.00 0.028
199908 0.192 3.848(4) 3.42(7) 60 +0.27 1.23(21) 1.13 1.45(8) −1.10 0.013
206553 0.171 3.859(4) 3.70(15) – +0.20 1.46(2) 1.37 1.35(1) −1.20 0.016
208435 0.198 3.844(5) 3.26(8) – +0.36 0.67(43) 0.56 1.68(17) −0.83 0.017
211336 0.170 3.862(3) 3.90(7) 90 +0.17 2.12(2) 2.03 1.09(1) −1.39 0.015
214441 0.205 3.847(4) 3.55(11) – +0.45 1.28(59) 1.18 1.43(23) −0.90 0.024
215874 0.163 3.863(4) 3.48(5) 100 +0.23 0.88(20) 0.79 1.58(8) −1.06 0.015
217236 0.152 3.868(4) 3.52(8) 100 +0.22 0.51(59) 0.42 1.73(24) −0.90 0.020
219891 0.076 3.902(8) 3.77(15) 165 −0.02 0.80(6) 0.67 1.63(3) −1.00 0.025
220061 0.100 3.882(17) 3.51(2) 140 +0.04 0.95(14) 0.85 1.56(6) −1.27 0.010
223781 0.098 3.897(4) 3.92(12) 165 −0.20 1.47(8) 1.34 1.37(3) −1.22 0.021

For the remaining 20 stars only photometrically calibrated ab-
solute magnitudes are available. We then calculated luminosi-
ties (log L∗/L�) using the absolute bolometric magnitude of the
Sun MBol(�)= 4.75 mag (Cayrel de Strobel 1996) and bolomet-
ric corrections taken from Drilling & Landolt (2000).

For HD 84948B we have used the astrophysical parameters
listed by Iliev et al. (2002; Table 1). This is an evolved spec-
troscopic binary system which contains two similar λ Bootis
components; Iliev et al. (2002) have taken the binary nature
into account.

Individual abundances and projected rotational velocities
for members of the λBootis group were published by Uesugi &
Fukuda (1982), Venn & Lambert (1990), Stürenburg (1993),
Abt & Morrell (1995), Holweger & Rentzsch-Holm (1995),
Chernyshova et al. (1998), Heiter et al. (1998), Paunzen et al.
(1999a,b), Kamp et al. (2001), Solano et al. (2001), Heiter
(2002) and Andrievsky et al. (2002). The individual values
were weighted (if possible) with the errors listed in the ref-
erences and averaged.

The published abundances do not allow an investigation of
the correlation of individual abundances of different elements
(which have different diffusion properties) with the pulsational
period. It is well known that the typical abundance pattern of
λ Bootis stars is characterized by moderate to strong under-
abundances of elements heavier than C, N, O and S. To get an
overall estimate of the (surface) abundance we have applied the
following method:

– A weighted mean for Mg, Ca, Sc, Ti, Cr and Fe was calcu-
lated and taken as a measurement of [Z]. This should mini-
mize measurement errors for individual elements;

– We determined ∆m2 from the Geneva 7-colour as well as
∆m1 from the Strömgren uvbyβ photometric system (for the
definition of these parameters see Golay 1974);

– Then we correlated ∆m2 or ∆m1 with [Z] for stars without
published individual element abundances.

The third step is only valid for effective temperatures cooler
than 8500 K; otherwise the metallicity indices are no longer
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Fig. 3. The histogram of our upper levels for non-variability. See text
for details.

sensitive. This method was applied to nine pulsating λ Bootis
type objects: HD 6870, HD 30422, HD 42503, HD 102541,
HD 109738, HD 110377, HD 153747, HD 168947 and
HD 213669.

4. Results

Besides two objects (HD 125889 and HD 184779), all mem-
bers of the λ Bootis group were photometrically investigated.
All previously published results were taken from Paunzen et al.
(1997, 1998) as well as from the references quoted in Sect. 3.
Of these 65 stars, 32 are presumed to be constant whereas 33
are pulsating. The upper limits for non-variability, which are
below 5 mmag for all but three stars (HD 31925, HD 91130
and HD 294253), are shown in Fig. 3.

In order to investigate the pulsational characteristics of the
λ Bootis stars as a group, we compare them with those of “nor-
mal” δ Scuti variables. The next subsection describes the com-
pilation of the latter sample.
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Fig. 4. The log L∗/L� versus log Teff (upper panel) and MV versus
(b−y)0 (lower panel) diagrams for the non-variable (open circles) and
pulsating (filled circles) λ Bootis stars. The Zero Age Main Sequences
are taken from Crawford (1979) and Claret (1995). The borders of the
classical instability strip (dotted lines) are taken from Breger (1995).
The observed borders from our sample are indicated as filled lines in
the lower panel.

4.1. A sample of δ Scuti stars

As a basis we have used the catalogue of Rodriguez et al.
(2000). From this sample, stars have been rejected following
these criteria:

– Classification as Am, Ap, δ Delphini and SX Phoenicis
objects;

– v sin i< 45 km s−1 (if available);
– σ(π)/π> 0.175;
– log P < −1.7 and log P > −0.8;
– Amplitude> 0.08 mag (if no v sin i available);
– without Johnson and Geneva photometry;
– E(b − y)> 0.05 mag.

Such a choice is based on the characteristics of our λ Bootis
type sample and is hoped to guarantee a comparable sample of
δ Scuti type stars. In total, 69 objects remain in the sample. The
basic parameters, etc. were derived in exactly the same way as
for the λ Bootis type objects, as described in Sect. 3. Table 5
lists all calibrated parameters together with the periods given
by Rodriguez et al. (2000).
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Fig. 5. The log L∗/L� versus log Teff (upper panel) and MV versus
(b − y)0 (lower panel) diagrams for pulsating λ Bootis (filled circles)
and selected δ Scuti (open triangles) stars. The location of both sam-
ples are comparable justifying our selection criteria of the δ Scuti type
stars. The lines are the same as in Fig. 4.

4.2. Hertzsprung-Russell-diagram and the pulsational
characteristics

First of all, we have investigated the location of all λ Bootis
stars within the log L∗/L� versus log Teff and MV versus (b−y)0

diagrams (Fig. 4). The borders of the classical instability strip
are taken from Breger (1995). There are several conclusions
from this figure:

– The published hot and cool borders of the δ Scuti instability
strip within the MV versus (b− y)0 diagram do not coincide
with the observed ones for the λ Bootis stars. The latter are
bluer at the Zero Age Main Sequence (ZAMS hereafter) by
about 25 mmag. However, the borders are in accordance
with the observations within the log L∗/L� versus log Teff

diagram;
– Taking the average of variable to non-variable objects

within the classical instability strip for both diagrams then
we derive a value of at least 70% pulsating objects.

Figure 5 shows the same diagrams for this sample (filled cir-
cles) together with those of the selected δ Scuti stars (open tri-
angles). Besides one object (HD 57167), the cool borders are
in excellent agreement with the observations. However, there
are four hot λ Bootis type pulsators: HD 120500, HD 125162,
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Fig. 6. The histograms of the pulsational constant Q for the selected δ
Scuti (upper panel) and λ Bootis (lower panel) stars.

HD 183324 and HD 221756. The reason for these shifts is
not yet clear. We are able to exclude measurements errors
(mean values from several references were used) and the effects
of rotation (all stars have moderate v sin i values). In addition,
taking the unreddened colours, all four stars are still outside
the hot border. Therefore it is somewhat surprising that only
one object (HD 183324) lies significantly outside the borders
within the log L∗/L� versus log Teff diagram.

As a next step towards analyzing the pulsational character-
istics we have calculated the pulsation constants given by

log Q = −6.456 + 0.5 logg + 0.1MB + log Teff + log P.

The resulting Q-values are listed in Table 4 and in Table 5
for our program λ Bootis stars and for the comparison sam-
ple of δ Scuti stars, respectively. For the λ Bootis group, the
Q-values range from 0.038 to 0.033 for the fundamental radial
modes and decrease to about 0.012 for the fifth radial over-
tone (Stellingwerf 1979; Fitch 1981). Figure 6 (lower panel)
shows a histogram of the Q-values for the pulsating program
stars. It seems that only a few stars, if any, pulsate in the fun-
damental mode, but there is a high percentage with Q< 0.020 d
(high overtone modes).

The distribution of the Q-values for the λ Bootis type stars
is different from that of the δ Scuti type sample (Fig. 6, upper
panel) at a 99.9% level (derived from a t-test).

We also noticed four pulsators (HD 15165, HD 42503,
HD 111604 and HD 142994) that have considerably longer pe-
riods (log P>−0.94 corresponding to P< 8.7 d−1) than the rest
of our sample. They do, however, show a similar behaviour to
the remaining group members.
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Fig. 7. Correlation of (b − y)0, the absolute magnitude and metallicity
with log P for all λ Bootis type stars.

4.3. The Period-Luminosity-Colour-Metallicity (PLCZ)
relation

A Period-Luminosity-Metallicity relation was found for
Population II type variables such as RR Lyrae and
SX Phoenicis stars as well as Cepheids (Nemec et al. 1994).
These objects pulsate in the radial fundamental, first and sec-
ond overtone modes. The dependence of the pulsational pe-
riod on the metallicity is purely evolutionary, i.e. older objects
exhibit a lower overall abundance and a different pulsational
period. The Period-Luminosity-Metallicity relation serves as a
distance indicator widely used for extragalactic objects.

The situation for λ Bootis stars is very different. All evi-
dence indicates that we find only peculiar surface abundances
whereas the overall abundance of the stars is solar, i.e. these
stars are true Population I objects. The conclusion that λ Bootis
stars are true Population I objects is based on their galac-
tic space motions (Faraggiana & Bonifacio 1999) combined
with their location in the Hertzsprung-Russell-diagram (Fig. 4).
With the exception of the SX Phe stars, Population II type
objects are located at much higher absolute magnitudes and
thus luminosities than found for the λ Bootis group. However,
the space motions of SX Phe stars are inconsistent with
Population I, which facilitates an easy separation from λ Bootis
stars.

To examine the presence of a PLCZ relation, the following
basic approach was chosen:

log P = a + b(b − y)0 + c(MB) + d[Z].

The [Z]-values range from −0.71 dex to −1.61 dex for the
λ Bootis type sample whereas the δ Scuti type stars have
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Table 6. Nonvariable λ Bootis stars, an asterisk denotes stars without
an accurate HIPPARCOS parallax; σ(b − y)=±0.005 mag. In paren-
thesis are the errors in the final digits of the corresponding quantity.

HD (b − y)0 log Teff MV log L∗/L�
[mag] [mag]

319 +0.078 3.904(7) 1.27(19) 1.45(8)
7908 +0.192 3.854(5) 2.60(18) 0.90(7)
23392∗ −0.008 3.991(12) 1.43(30) 1.45(12)
24472 +0.213 3.842(8) 2.14(11) 1.09(5)
31295 +0.029 3.950(9) 1.66(22) 1.32(9)
36726∗ −0.004 3.978(10) 1.74(30) 1.32(12)
54272∗ +0.214 3.846(13) 2.33(30) 1.01(12)
74873 +0.046 3.940(12) 1.82(1) 1.24(1)
81290∗ +0.225 3.839(13) 1.85(30) 1.20(12)
83277 +0.196 3.845(12) 1.49(29) 1.35(12)
84123 +0.226 3.847(11) 1.58(15) 1.31(6)
90821∗ +0.065 3.913(4) 0.74(30) 1.66(12)
91130 +0.073 3.910(5) 1.36(26) 1.42(11)
101108∗ +0.113 3.893(4) 1.33(30) 1.42(12)
106223 +0.225 3.836(16) 1.83(45) 1.22(18)
107233 +0.181 3.861(9) 2.64(13) 0.88(5)
110411 +0.029 3.951(10) 1.90(28) 1.22(11)
111005 +0.222 3.836(4) 1.76(53) 1.24(21)
130767 +0.002 3.964(10) 1.27(2) 1.48(1)
149130∗ +0.208 3.842(6) 1.51(30) 1.34(12)
154153 +0.194 3.848(7) 1.86(29) 1.19(11)
156954 +0.188 3.853(6) 2.81(33) 0.82(13)
170680 −0.013 3.993(11) 0.83(23) 1.70(9)
175445 +0.030 3.930(10) 1.08(27) 1.53(11)
193256∗ +0.101 3.889(5) 1.08(30) 1.51(12)
193281∗ +0.072 3.905(6) 0.41(30) 1.79(12)
198160 +0.103 3.896(7) 1.47(41) 1.36(16)
204041 +0.086 3.902(5) 1.75(18) 1.25(7)
216847 +0.155 3.867(5) 0.93(24) 1.56(10)
261904∗ +0.005 3.974(9) 1.33(30) 1.48(12)
290492∗ +0.084 3.908(8) 2.04(30) 1.14(12)
294253∗ −0.038 4.027(6) 1.32(30) 1.58(12)

values from −0.36 dex to +0.78 dex compared to the Sun. The
coefficients for the PLCZ relation were determined simultane-
ously, applying a multiregression analysis (Christensen 1996).
This takes into account the individual errors of the bolometric
absolute magnitude and metallicity as weights, whereas the er-
rors for the period and colour were assumed to be constant for
all stars. The solution was determined using a least-squares fit
and a maximum-likelihood method. Both give consistent re-
sults, as summarized in Table 8. Figure 7 shows the individ-
ual correlations. The correlations of the bolometric magnitude
and color with the pulsational period are compatible with those
found for the δ Scuti stars.

To investigate whether the [Z] term is indeed significant,
a plot [log P− 2.86(b− y)0 + 0.195(MB)] versus [Z] was drawn
(Fig. 8). The coefficients for (b−y)0 and MB are the mean values
from Table 8 and are consistent within the errors for both the
δ Scuti and λ Bootis samples. Figure 8 shows that both samples
exhibit a trend with [Z] (with an offset of about 1 dex). Whereas

Table 7. Comparison of effective temperatures and surface grav-
ities for λ Bootis stars from Heiter et al. (2002; Table 1;
columns “Literature”) and this work; ∆Teff = Teff(Lit.)− Teff(TW) =
+72(210) K; ∆ log g = log g(Lit.)− log g(TW) = +0.07(24) dex.

Literature This work
HD Teff log g Teff log g

±200 K ±0.3 dex
319 8100 3.8 8020(135) 3.74(8)
11413 7900 3.8 7925(124) 3.91(21)
15165 7200 3.7 7010(167) 3.23(10)
31295 8800 4.2 8920(177) 4.20(1)
74873 8900 4.6 8700(245) 4.21(11)
75654 7250 3.8 7350(104) 3.77(11)
81290 6780 3.5 6895(214) 3.82(28)
84123 6800 3.5 7025(145) 3.73(17)
101108 7900 4.1 7810(90) 3.90(18)
105759 8000 4.0 7485(102) 3.65(10)
106223 7000 4.3 6855(247) 3.49(18)
107233 7000 3.8 7265(143) 4.03(10)
109738 7575 3.9 7610(145) 3.90(13)
110411 9100 4.5 8930(206) 4.14(14)
111005 7410 3.8 6860(66) 3.72(10)
125162 8650 4.0 8720(156) 4.07(9)
142703 7100 3.9 7265(150) 3.93(12)
156954 6990 4.1 7130(93) 4.04(13)
168740 7700 3.7 7630(81) 3.88(14)
170680 10000 4.1 9840(248) 4.15(6)
183324 9300 4.3 8950(204) 4.13(4)
192640 7960 4.0 7940(96) 3.95(18)
193256 7800 3.7 7740(94) 3.69(17)
193281 8070 3.6 8035(115) 3.54(4)
198160 7900 4.0 7870(129) 3.99(9)
204041 8100 4.1 7980(97) 3.97(8)
210111 7530 3.8 7550(123) 3.84(15)
221756 9010 4.0 8510(188) 3.90(3)

Table 8. Estimates for log P = a+ b(b− y)0+ c(MB)+ d[Z] for all pul-
sating program stars (left upper column), for stars with [Z]>−1.3 ex-
cluding HD 30422, HD 35242, HD 125162, HD 142703, HD 183324
and HD 192640 (right upper column) as well as for the selected δ Scuti
stars (lower column); F denotes the significance level of the test for a
zero hypothesis; in brackets are the standard errors of the estimates.

coeff. value F value F

[%] [%]

λ Bootis

a −1.25(9) <0.01 −1.41(9) <0.01

b(b − y)0 +3.01(41) <0.01 +2.71(46) <0.01

c(MB) −0.20(3) <0.01 −0.19(3) <0.01

d[Z] +0.14(6) 13.20 −0.06(17) 74.49

δ Scuti

a −1.17(6) <0.01

b(b − y)0 +2.71(43) <0.01

c(MB) −0.23(3) <0.01

d[Z] −0.28(7) <0.01
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δ Scuti type (open triangles) stars.

the [Z] term is statistically significant for the selected sample
of δ Scuti stars, it is caused by only six λ Bootis stars with
strong underabundances (HD 30422, HD 35242, HD 125162,
HD 142703, HD 183324 and HD 192640) and vanishes after
excluding them. We have also tested the sample for possible
correlations of the [Z] term by excluding other data points. We
find no other selection criteria of objects by means of a physi-
cal explanation, only “suitable” discarding would yield a clear
correlation. This implies that the peculiar abundances do not af-
fect the pulsational period for the group of λ Bootis type stars.
However, we find within the errors no difference of the PLC
relation for the λ Bootis and δ Scuti type stars.

5. Conclusions

We have investigated the pulsational characteristics of a group
of λ Bootis stars and compared it to a sample of δ Scuti pul-
sators. The latter was chosen such that it matches our program
stars within the global astrophysical parameters. The following
properties of the λ Bootis stars are different from those of the
δ Scuti pulsators:

– At least 70% of all λ Bootis types stars inside the classical
instability strip pulsate.

– Only a maximum of two stars pulsate in the fundamen-
tal mode but there is a high percentage with Q< 0.020 d
(high overtone modes).

– The instability strip of the λ Bootis stars at the ZAMS is
25 mmag bluer in (b − y)0 than that of the δ Scuti stars.

We find no clear evidence for a significant term for a [Z] cor-
relation with the period, luminosity and colour but the PLC re-
lation is within the errors identical with that of the δ Scuti type
stars. We note that for all but one of the investigated pulsators,
high-degree nonradial modes were detected spectroscopically
(Bohlender et al. 1999), which represents excellent agreement
with our work. The spectral variability of the λ Bootis stars
is very similar to that seen in rapidly rotating δ Scuti stars
(Kennelly et al. 1992).
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Strömgren, B. 1966, ARA&A, 4, 433
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Chapter 3

Gamma Doradus stars

3.1 Introduction

The group of γ Doradus stars is only known for about a decade. For several years,
they were regarded as “variables without a cause”, until it became clear that they
were indeed pulsating variables. Section 3.2 gives the definition of the γ Doradus
pulsators which is still valid today. Soon after this definition, a careful analysis of
the time-resolved photometric data from the Hipparcos satellite allowed the first
outline of their instability region in the HR diagram (Sect. 3.3). We note that two
thirds of the “prime candidates” for γ Doradus stars, that needed to be invoked to
find the borders of their instability region in Sect. 3.3, were later observed from the
ground and all but one of them were shown to be indeed members of this group of
variables (Henry et al. 2001, 2005, 2007, Henry & Fekel 2003). This demonstrates
the value of careful manual frequency analyses carried out by experienced scientists.

Section 3.3 also showed that the domains of the γ Doradus and δ Scuti stars in
the HR Diagram overlap. Since there is no a priori reason that mutually excludes
pulsation of either type in any given star, it was suspected that objects showing
both types of pulsation can exist. Section 3.4 examines this question by searching
for δ Scuti-type pulsations in γ Doradus stars. It also gives improved boundaries
for the γ Doradus domain in the HR diagram (still valid to date), a criterion on
how to distinguish γ Doradus and δ Scuti stars, and reports the discovery of the
first “hybrid” pulsator that has modes of both types of variables excited. This star,
HD 209295, is extensively studied in Sect. 3.5, with the result that some of the
γ Doradus pulsation modes are likely to be tidally excited by a close companion
that has been looked for, but not found. HD 209295 is still the best case for tidally
excited pulsations known so far.
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ABSTRACT. In this paper we describe a new class of pulsating stars, the prototype of which is the bright,
early, F-type dwarf c Doradus. These stars typically have between 1 and 5 periods ranging from 0.4 to 3 days
with photometric amplitudes up to 0.1 mag in Johnson V . The mechanism for these observed variations is
high-order, low-degree, nonradial, gravity-mode pulsation.

1. INTRODUCTION

Cousins & Warren (1963) discovered that the bright F0 V
star c Doradus was variable over a range of several hun-
dredths of a magnitude with two principal periods (0d.733
and The star c Doradus has an absolute magnitude0d.757).
similar to that of a d Scuti star but is somewhat cooler, and
thus for many years it was deemed a ““ variable without a
cause. ÏÏ Cousins (1992) stated : ““ The suggested W-UMa
type no longer seems a possibility, but rotation with star-
spots and/or tidal distortion might account for the variabil-
ity. The light-curve and dual periodicity would favor some
form of pulsation, but the period is much longer than
expected for a d Scuti star. ÏÏ Balona, Krisciunas, & Cousins
(1994) tried to model the star using two starspots and di†er-
ential rotation. They found that the large size of the
required spots and the high stability of their periods did not
bode well for the starspot hypothesis. Furthermore, they
found evidence of a third period, later conÐrmed by Balona
et al. (1996), which further diminishes the likelihood of the
starspot hypothesis.

9 Aurigae (\HD 32537), a star very similar to c Doradus,
was Ðrst noted to be variable by Krisciunas & Guinan
(1990). Krisciunas et al. (1993) found evidence for two
photometric periods between 1.2 and 3 days. Using infrared
and International Ultraviolet Explorer data, Krisciunas et
al. (1993) found no evidence for a close companion nor for a
lumpy ring of dust surrounding the star, but they could not
rule out the idea of starspots.

Over the past decade, more than 40 variable stars with
spectral types and luminosity classes similar to c Doradus
have been discovered that exhibit variability on a timescale
that is an order of magnitude slower than that of d Scuti
stars. Mantegazza, Poretti, & Zerbi (1994), Krisciunas
(1994), and Hall (1995) suggested that these objects may
constitute a new class of variable stars. Breger & Beich-
buchner (1996) investigated whether any known d Scuti
stars also showed c DoradusÈtype behavior and found no
clear-cut examples of stars that show both ““ fast ÏÏ and
““ slow ÏÏ variability ; Figure 1 of their paper nicely illustrates
the locations of the two kinds of variables on the color-
magnitude diagram. However, not all of their c Doradus
stars are regarded as bona Ðde members of the group.

Krisciunas (1998) provides a good summary of our know-
ledge of c Doradus stars as a new class, but to date there is
no publication in the refereed journal literature which sum-
marizes and ““ deÐnes ÏÏ the characteristics of the class itself.
It was quite evident early on that signiÐcant advancement
in the understanding of the physical nature of c Doradus
stars could be made only on the basis of a large obser-
vational e†ort. Hence, activities were concentrated on inter-
national multilongitude photometric and spectroscopic
campaigns.

On the basis of extensive photometry, radial velocities,
and line-proÐle variations, it has been proven that
9 Aurigae (Krisciunas et al. 1995b ; Zerbi et al. 1997a ; Kaye
1998a), c Doradus (Balona et al. 1996), HD 164615 (Zerbi et
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al. 1997b ; Hatzes 1998), HR 8330 (Kaye et al. 1999b), HD
62454 and HD 68192 (Kaye 1998a), and HR 8799 (Zerbi et
al. 1999) are indeed pulsating variable stars. Given the
nature of the observed variability in these stars, the cause
must be high-order (n), low-degree (l), nonradial g-modes.
We assert this on the basis of evidence for nonradial
g-modes and the lack of convincing evidence for other
explanations, including starspots. Furthermore, we argue
that since this small (but growing) group of objects all have
similar physical characteristics and show broadband lightÈ
and line-proÐle variations resulting from the same physical
mechanismÈthey form a new class of variable stars. In this
paper, we indicate the cohesiveness of this group and its
di†erences from other variable star classes. Finally, we
provide a set of criteria by which new candidates may be
judged.

2. GENERAL CHARACTERISTICS OF THE CLASS

Our list of bona Ðde c Doradus stars is complete to 1999
April, and all objects of this class have extensive enough
photometric and/or spectroscopic data sets to rule out
other variability mechanisms. A complete, commented,
up-to-date list of all proposed candidates for this group, as
well as their observational history, is maintained by G.
Handler and K. Krisciunas.1

ÈÈÈÈÈÈÈÈÈÈÈÈÈÈÈ
1 The list of c Doradus stars is available at

http ://www.astro.univie.ac.at/Dgerald/gdor.html.

Table 1 lists the observed quantities of each of the 13
objects used to deÐne this new class of variable stars.
Column (1) gives the most common name of each object.
Column (2) provides the best available value of b[y ;
columns (3) and (4) list the average apparent visual magni-
tude of each object (SV T) and the best determined spectral
type. Column (5) lists the best available value of the project-
ed equatorial velocity, v sin i, in km s~1. Column (6) reports
the Hipparcos trigonometric parallax in milliarcseconds
(ESA 1997).

Table 2 presents derived properties of the 13 objects. Esti-
mates for the total metallicity ([Me/H]) are derived from
the relations of Nissen (1988) and Smalley (1993), which are
precise to within 0.1 dex in [Me/H] and are listed in column
(2). The absolute visual magnitudes (col. [3]) are calculated
from the Hipparcos parallaxes. Luminosities, using bolo-
metric corrections listed in Lang (1992, p. 138) and

(Allen 1973, p. 161), are presented in columnMbol,_\ 4.75
(4). The e†ective temperatures are determined from the new
calibration of photometry by Villa (1998), forStro� mgren
which we estimate errors of ^100 K (col. [5]) ; stellar radii
precise to ^0.05 are then calculated (col. [6]). Finally,R

_
masses which are precise to ^0.03 (internal modelM

_
error) are inferred by comparison with solar-metallicity
evolutionary tracks by Pamyatnykh et al. (1998) (col. [7]).
The Ðnal row in Table 2 represents the unweighted average
of each of the columns ; presumably, these are the physical
parameters of a ““ typical ÏÏ c Doradus variable.

We present a color-magnitude diagram of all 13 stars,
using the Hipparcos parallaxes to calculate accurate values

TABLE 1

OBSERVATIONAL PARAMETERS OF THE CONFIRMED c DORADUS VARIABLES

b[y SV T v sin i n
Star (mag) (mag) Spectral Type (km s~1) (mas) Principal Reference
(1) (2) (3) (4) (5) (6) (7)

HD 224945 . . . . . . 0.192 6.93 F0] Va 55 16.92 1
c Doradus . . . . . . . 0.201 4.25 F0 V 62 49.26 2
9 Aurigae . . . . . . . . 0.217 5.00 F0 V 18 38.14 3
BS 2740 . . . . . . . . . 0.219 4.49 F0 V 40 47.22 4
HD 62454 . . . . . . . 0.214 7.15 F1 Vb 53 11.18 5
HD 68192 . . . . . . . 0.227 7.16 F2 Va 85 10.67 5
HD 108100 . . . . . . 0.234 7.14 F2 V 68 12.10 6
BS 6277 . . . . . . . . . 0.167 6.20 F0 V 185 13.70 7
HD 164615 . . . . . . 0.226 7.06 F2 IVa 66 14.36 8
BS 6767 . . . . . . . . . 0.183 6.40 F0 Vna 135 17.44 5
BS 8330 . . . . . . . . . 0.225 6.20 F2 IVa 38 19.90 8
BS 8799 . . . . . . . . . 0.181 5.99 kA5 hF0 mA5 V; j Booc 45 25.04 9
HD 224638 . . . . . . 0.198 7.49 F1 Vsa 24 12.56 10

REFERENCES.È(1) Poretti et al. 1996 ; (2) Balona, Krisciunas, & Cousins 1994 ; (3) Zerbi et al. 1997a ; (4) Poretti et al.
1997 ; (5) Kaye 1998a ; (6) Breger et al. 1997 ; (7) Zerbi et al. 1997b ; (8) Kaye et al. 1999b ; (9) Zerbi et al. 1999 ; (10)
Mantegazza, Poretti, & Zerbi 1994.

a See Gray & Kaye 1999b.
b HD 62454 is the primary star of a double-lined spectroscopic binary. See Kaye 1998b.
c See Gray & Kaye 1999a.
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TABLE 2

CALCULATED AND INFERRED BASIC PROPERTIES OF THE CONFIRMED

c DORADUS VARIABLES

M
V

Teff
Star [Me/H] (mag) L /L

_
(K) R/R

_
M/M

_
(1) (2) (3) (4) (5) (6) (7)

HD 224945 . . . . . . [0.30 3.07 5.1 7250 1.43 1.51
c Doradus . . . . . . . [0.02 2.72 7.0 7200 1.70 1.57
9 Aurigae . . . . . . . . [0.19 2.89 6.0 7100 1.62 1.52
BS 2740 . . . . . . . . . [0.15 2.86 6.2 7100 1.64 1.53
HD 62454 . . . . . . . 0.16 2.39 9.5 7125 2.02 1.66
HD 68192 . . . . . . . 0.05 2.30 10.5 7000 2.20 1.71
HD 108100 . . . . . . [0.03 2.53 8.5 6950 2.01 1.62
BS 6277 . . . . . . . . . 0.09 1.93 14.7 7350 2.36 1.84
HD 164615 . . . . . . 0.20 2.82 6.5 7000 1.73 1.53
BS 6767 . . . . . . . . . [0.10 2.59 7.9 7300 1.76 1.61
BS 8330 . . . . . . . . . [0.01 2.67 7.4 7000 1.85 1.57
BS 8799 . . . . . . . . . [0.36 2.96 5.7 7375 1.46 1.54
HD 224638 . . . . . . [0.15 2.98 5.5 7200 1.51 1.52

Average . . . . . . . [0.06 2.69 7.6 7160 1.77 1.59

of in Figure 1. The observed zero-age main sequenceM
V

(Crawford 1975) and the observed edges of the d Scuti insta-
bility strip (Breger 1979) are shown as a solid line and
dashed lines, respectively.

The truly intriguing characteristic of c Doradus stars is
that they are variable ; considering the part of the
Hertzsprung-Russell (HR) diagram in which they lie, pre-
vious pulsational models say they should not be. The outer

FIG. 1.ÈColor-magnitude diagram showing the positions of the conÐrmed c Doradus stars. Solid points indicate the position of each object, the solid line
represents the observed zero-age main sequence, and the boundaries of the observed d Scuti instability strip are indicated by dashed lines.
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convection zones of these stars are too shallow to generate
and sustain a large magnetic dynamo, thus making star-
spots improbable. Most of the c Doradus stars are multi-
periodic ; the average period is close to 0.8 days. The
observed variations are not necessarily stable and may be
highly dynamic (Kaye & Zerbi 1997). Typical amplitudes
cluster around 4% (\ in Johnson V and may vary0m. 04)
during the course of an observing season by as much as a
factor of 4. For the best-studied stars (e.g., c Doradus itself,
9 Aurigae, and HR 8330), line-proÐle variations with
periods equal to the photometric periods have been con-
Ðrmed (Balona et al. 1996 ; Kaye 1998a ; Kaye et al. 1999b).
No high-frequency signals have been detected in either the
photometry or the spectroscopy, indicating a lack of the
p-mode pulsation common in d Scuti stars.

Despite their commonality, a small subset of c Doradus
stars shows remarkably peculiar pulsation characteristics.
In several objects (e.g., HD 224945 : Poretti et al. 1996 ; HD
224638 : Mantegazza et al. 1994 ; and 9 Aurigae : Krisciunas
et al. 1995b ; Zerbi et al. 1997a ; Kaye 1998a), amplitude
variability of order 50% over a few years is observed. Other
objects (e.g., c Doradus : Cousins 1992 ; HD 164615 : Zerbi et
al. 1997b ; and HR 8799 : Zerbi et al. 1999) show amplitude
modulation selectively located at the moment of maximum
brightness, a characteristic of variability that is new to the
Ðeld of stellar pulsation. Still other objects (e.g., HD 68192)
show remarkably constant periods and amplitudes over
long timescales. Clearly, these peculiarities within the c
Doradus class need many more long-term observations to
be explained.

3. DEFINING A NEW CLASS

We argue that the qualities and characteristics of the 13
above named and described stars form a homogeneous set
based on their physical characteristics and their mechanism
for variability and, thus, form the basis for a new class of
variable stars.

In following with the informal discussions at the
““ Astrophysical Applications of Stellar Pulsation ÏÏ con-
ference (Stobie & Whitelock 1995) held in 1995 at Cape
Town, South Africa, and in recent papers in the literature
(see, e.g., Krisciunas et al. 1993 ; Balona et al. 1996 ; Zerbi et
al. 1997a ; Poretti et al. 1997 ; Kaye 1998a ; Kaye et al.
1999b), we propose that this type of variable star henceforth
be known and recognized by the name c Doradus variable
stars. The extent of the c Doradus phenomenon, as it is
currently known, consists of variable stars with an implied
range in spectral type A7ÈF5 and in luminosity class IV,
IV-V, or V; their variations are consistent with the model of
high-order (n), low-degree (l), nonradial, gravity-mode oscil-
lations. Although it is conceivable that variations such as

those of the stars in this class may occur outside of this
region, it is likely that other mechanisms of variability
would then dominate, and thus this combination of spectral
type, luminosity class, and (most importantly) variability
mechanism forms a suitable deÐnition.

From an observational point of view, the g-mode oscil-
lations seen in c Doradus variable stars are characterized by
periods between 0.4 and 3 days and peak-to-peak ampli-
tudes in Johnson V . The presence of multiple periods[0m. 1
and/or amplitude modulation is common among these
stars, but this is not included in the formal deÐnition pre-
sented here. Spectroscopic variations are also observed, and
these manifest themselves both as low-amplitude radial-
velocity variations (that cannot be attributed to duplicity
e†ects) and as photospheric line-proÐle variations.

In addition to these features, we stress that any object put
forth for consideration as a conÐrmed c Doradus variable
star must not vary exclusively by other mechanisms, includ-
ing p-mode pulsations (e.g., d Scuti stars), rotational modu-
lation of dark, cool, magnetically generated starspots ;
rotational modulation of bright, hot, abundance-anomaly
regions ; duplicity-induced variations ; or other rotational
e†ects. Obviously, dual-nature objects (e.g., pulsating stars
showing both c DoradusÈ and d ScutiÈtype behavior) must
not be rejected. Prime candidates for c Doradus stars
should therefore not be primarily variable as a result of the
rotational modulation occuring in Am, Ap, Fm, RS CVn, or
BY Dra stars. However, candidates may be members of a
spectroscopically deÐned class (e.g., j stars ; see, e.g.,Boo� tis
Gray & Kaye 1999a).

4. CONCLUDING PERSPECTIVE

The c Doradus stars constitute a new class of variable
stars because they all have about the same mass, tem-
perature, and luminosity and the same mechanism of varia-
bility. They are clearly not a subclass of any of the other
A/F-type variable or peculiar stars in this part of the HR
diagram, and they may o†er additional insight into stellar
physics when they are better understood (e.g., they may
represent the cool portion of an ““ iron opacity instability
strip ÏÏ currently formed by the b Cephei stars, the slowly
pulsating B stars, and the subdwarf B stars ; they may also
o†er insight into the presence of g-modes in solar-like stars).
Modeling by Kaye et al. (1999a) is beginning to shed light
on the theoretically required interior structure and on the
speciÐc physics driving the observed variability, but much
theoretical work lies ahead.

To understand the behavior of c Doradus stars and to
investigate how they di†er from the d Scuti variables and
spotted stars, we need to investigate a number of star clus-
ters of di†ering ages, perhaps up to as old as 1 Gyr. The fact
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that the Hyades have no c Doradus variables (Krisciunas et
al. 1995a) may be a quirk of the Hyades rather than proof
that stars B600 Myr old are too old to exhibit c DoradusÈ
type behavior. Clearly, the ““ outliers ÏÏ of the c Doradus can-
didates that would extend the limits of the region of the HR
diagram in which these new variables are found should be
checked carefully for both photometric and spectroscopic
evidence indicative of pulsations versus starspots, duplicity
e†ects, and other causes of variability not consistent with
the deÐnition presented above (see, e.g., Aerts, Eyer, &
Kestens 1998). Finally, additional observations of individ-
ual c Doradus stars are clearly warranted in order to under-
stand better the nature of these objects. After all, 13 objects

does not an instability strip make. In the meantime, we
must keep an open and critical mind about these variables.
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AB S TRACT

70 new g Doradus candidates were identified from Hipparcos photometry, which represents

more than a doubling of the presently known number. Selecting the objects with good

evidence for multiperiodicity, it is found that these stars, together with bona fide members of

the class, occupy a well-defined region in a colour±magnitude diagram. This domain

corresponds to a range of 7200±7700K on the zero-age main sequence (ZAMS) and 6900±

7500K one magnitude above it, which partly overlaps with the instability strip of d Scuti

stars.

For the first time, g Doradus stars can be discussed as a group. They can be found over a

significant fraction of the main sequence lifetimes for objects in the relevant temperature

range. An upper limit on the surface metallicity of g Doradus stars is apparent, which may

guide the search for their pulsation driving mechanism. The importance of possible objects

exhibiting both g Doradus and d Scuti-type pulsations is discussed.

Key words: Hertzsprung±Russell (HR) diagram ± stars: oscillations ± d Scuti ± stars:

variables: other.

1 INTRODUCTION

The g Doradus stars are a new class of pulsating variables. They

are non-radial g-mode pulsators of high radial overtone with

typical periods between 8 and 80 hours. In the HR diagram, they

appear to cluster around the intersection of the red edge of the

classical instability strip with the main sequence.

On the basis of the 13 bona fide members of the class, Kaye

et al. (1999a) gave an accurate description of the g Doradus

variables. In particular, they pointed out that these pulsators can

easily be confused with other variables, the light modulations of

which are induced by p-mode pulsations, rotation or binarity.

Consequently, Kaye et al. (1999a) provided guidelines which help

to distinguish g Doradus stars from different groups of variable

stars.

Because of this potential confusion and, more importantly, since

the pulsational driving mechanism of g Doradus variables is

presently not understood, knowledge of the circumstances under

which the observed pulsations can occur is highly desirable. In

other words, the domain in the HR diagram occupied by g

Doradus stars needs to be determined. Kaye et al. (1999a) noted

that 13 stars are not sufficient to define an instability region.

Aerts, Eyer & Kestens (1998) suggested that the g Doradus

phenomenon extends to temperatures slightly higher than that of

the Sun.

A continuously updated so-called Master List of bona fide g

Doradus stars, plus further candidates proposed in the literature, is

made available to the community at the WWW site

www:astro:univie:ac:at=,gerald=gdor:html; major revisions are

announced whenever deemed necessary (Krisciunas & Handler

1995; Handler & Krisciunas 1997). While working on the latest

update of this master list (Handler, Kaye & Krisciunas, in

preparation), it was found useful to subdivide the proposed g

Doradus variables. On the basis of the available time-series

photometric data only (see Section 2 for details), the proposed

objects were separated into `prime' and `other' candidates; no

assumptions about `expected' temperatures, luminosities, etc. were

made. When comparing the locations of the prime candidates with

those of the bona fide g Doradus stars in a colour±magnitude

diagram, excellent agreement was found: a clear indication for the

existence of a well-defined instability domain.

Encouraged by this result, it was decided to perform an

extensive search for further g Doradus stars in the Hipparcos

database (ESA 1997). Contrary to previous studies (Aerts et al.

1998; Eyer 1998), the `unsolved' Hipparcos variables were

also included in the initial sample, following the idea that lack

of a clear periodicity could be because of unrecognized

multiperiodic light variations. The results of this effort are

reported below.

2 CANDIDATE SELECTION AND

CLASS IF ICATION

As a first step, all Hipparcos variables with spectral types of A±G,

periods between 0.3 and 10 d (for the `periodic' variables),

amplitudes less than 0.2mag and brighter than Hp � 8:5mag at

minimum, which were not classified as supergiants were selected.

This resulted in more than 1000 candidates. Then the individual

light curves were examined and obvious non-g Doradus stars (e.g.
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d Scuti stars, eclipsing binaries, low-amplitude Cepheids,

rotationally modulated Ap stars, etc.) were rejected. For the

remainder of the stars (< 450 objects), a period search was

performed (utilizing the programs of Breger 1990 and Martinez &

Koen 1994) and g Doradus candidates were selected. These stars

were required to exhibit variations on a time-scale longer than the

fundamental radial mode period.

The remaining 70 stars and candidates proposed in the literature

(see Handler et al., in preparation, and references therein) were

subdivided into two groups on the basis of the appearance of their

amplitude spectra. The prime candidates had to fulfill a number of

criteria as follows.

(i) Good evidence for multiperiodicity had to exist. After

prewhitening with the frequency leaving the smallest residuals in

the data, the resulting amplitude spectrum had to show at least a

second peak or significant residuals in the same frequency range

as that of the first frequency. In this way, possibly singly-periodic

g Doradus stars are not considered,1 but this effectively

discriminates against all other causes of variability besides

pulsation.

(ii) Stars for which two frequencies were found which were

harmonically related were rejected, as this could be because of

rotational modulation or ellipsoidal variations.

(iii) If two close frequencies (within a few per cent) were

determined, the corresponding stars were not judged to be prime

candidates, as this could be an artifact owing to starspot evolution

or differential rotation of a spotted star (e.g. see Strassmeier &

Bopp 1992).

(iv) Stars for which the actual time-scale of light variation could

not be unambiguously determined were not considered as prime

candidates. As a result of the sampling of the Hipparcos

photometry (cf. Eyer & Grenon 1998), strong aliasing is present

in amplitude spectra. This can mimic spurious signals in the

frequency range of interest for g Doradus stars, especially for

q 1999 RAS, MNRAS 309, L19±L23

1Kaye et al. (1999b) pointed out that about 30 per cent of the bona fide g

Doradus stars are singly periodic. Since these objects do not have any

remarkable features in any other respect, no systematic bias is expected for

the present study owing to the possible exclusion of such stars.

Table 1. Prime g Doradus candidates.

Star Periods (d) References

HD 277 0.925 0.900 0.744 H99
HD 2842 0.562 0.5: H99
HD 7169 0.549 1.25: H99
HD 9365 0.626 0.7: H99
HD 17310 2.030 2.917? H99
HD 23874 0.443 0.75: H99
HD 27377 2.848 1.824? H99
HD 40745 0.824 1.492 AEK
HD 41448 0.420 0.37: E98
HD 48271 1.907 1.151 E98
HD 65526 0.644 0.598 H99, K99
HD 69715 0.423 0.5: H99
HD 70645 0.825 1.25: H99
HD 80731 1.116 1.4: H99, K99
HD 86358 0.775 0.844 H99
HD 86371 2.459 1.1: H99
HD 100215 0.757 0.434? H99
HD 103257 0.817 0.873 H99
HD 105458 1.398 0.757 0.687 H99
HD 110606 0.977 1.461 H99
HD 112429 0.425 0.446 AEK
HD 113867 1.073 0.762 H99
HD 115466 0.927 0.703 H99
HD 124248 0.671 0.617 H99
HD 137785 0.573 0.950 H99
HD 144451 0.442 0.553 H99
HD 147787 1.456 3: AEK
HD 149989 0.427 0.5: AEK
HD 152896 0.746 0.844 H99
HD 155154 0.345 0.323 0.294 H99
HD 160295 0.755 0.7: H99
HD 167858 1.307 0.85: AEK, PM
HD 171244 1.004 0.817 H99
HD 173977 0.900 1.327 H99
HD 175337 0.787 1.057 H99
HD 187028 0.695 1.25: AEK
HD 195068/9 0.800 3.7? E98
HD 197541 1.400 1.093 H99
HD 206043 0.416 0.407 0.458 E98
HD 206481 0.623 0.7: H99
HD 209295 0.885 0.434 0.388 0.853 H99
HD 211699 1.072 1.693? H99, K99
HD 216910 0.694 0.614 AEK
HD 221866 1.140 0.589 H99
HD 224288 1.130 1.016 H99
M34 UVa 144 0.659 0.781 KP

References: H99: this paper, AEK: Aerts et al. 1998, E98:
Eyer 1998, PM: Paunzen & Maitzen 1998, K99: Koen,
private communication, KP: Krisciunas & Patten
1999.Notes: Entries labelled with colons denote average
values of several possible further periods; question marks
label uncertain periods.

Table 2. Further new g Doradus candidates.

Star Period (d) Comment

HD 12901 2.18: d Sct star?
HD 21788 , 5 period uncertain
HD 23005 0.61: d Sct star?
HD 27093 0.558 d Sct star?
HD 35187 3.75? period uncertain
HD 63436 0.7: weak signal
HD 85693 0.835 d Sct star?
HD 91201 0.605 singly periodic?
HD 104860 1.6: weak signal
HD 109032 0.7: weak signal
HD 109838 14? 2.9? period uncertain
HD 109799 1.058 singly periodic?
HD 112934 0.8: weak, complicated signal
HD 113357 1.216 d Sct star?
HD 122300 0.629 weak signal
HD 126516 0.493 weak signal
HD 133803 0.445 singly periodic?
HD 139095 0.634 d Sct star?
HD 155854 2: singly periodic?
HD 166114 0.469 singly periodic?
HD 172416 0.827 singly periodic?
HD 173794 1.624 d Sct star?
HD 181998 1.334? complicated signal
HD 187353 0.6: weak signal
HD 187615 0.498 0.508 spotted star?
HD 188032 0.630 d Sct star?
HD 189631 0.6: weak, complicated signal
HD 197187 0.828 singly periodic?
HD 197451 1.803 Am or Ap star?
HD 198528 0.526 d Sct star?
HD 199143 1.6: complicated signal
HD 201985 1.332 d Sct star?
HD 207651 0.735 d Sct star?
HD 213617 0.569 weak signal
HD 216108 0.762 singly periodic?
HD 219843 1.790 d Sct star?

Notes: same as those for Table 1.
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objects which actually vary with periods around two hours, i.e.

some d Scuti stars.

The most reliable g Doradus candidates from our study and

from the investigation of stars proposed in the literature are

summarized in Table 1 together with the results of our period

search. New objects considered in this work, which may be g

Doradus stars, but whose nature remained uncertain, can be found

in Table 2 with a comment explaining possible doubts. Eyer &

Grenon (1998) pointed out that a search for multiple periods in

Hipparcos photometry is difficult and can lead to spurious results.

However, it was found useful to quote the time-scales present in

the variations of the different stars. To allow the reader to judge

the classification, plots with amplitude spectra for the individual

stars have been placed at www.astro.univie.ac.at/,gerald/

gdoratlas.html. The new g Doradus candidates listed in Tables 1

and 2 more than double the number of related objects presently

known. We note that Hipparcos data are available for all `bona

fide' g Doradus stars. We recovered some of them in our search,

but for most objects the accuracy of the Hipparcos photometry

was insufficient to claim variability.

3 RESULT

A colour±magnitude diagram including all g Doradus candidates

is shown in Fig. 1. The StroÈmgren �b2 y� colour index was used

as a temperature indicator (dereddened whenever necessary), since

it is available for most of the stars. For the remainder, �b2 y� was

estimated from the Hipparcos �B2 V� using the relations of

Caldwell et al. (1993). Absolute magnitudes were determined

from the Hipparcos parallaxes whenever available or were

calculated from StroÈmgren photometric indices.

In Fig. 1, the location of all the `prime' candidates identified by

us (again, selected by the appearance of their frequency spectra

only) is strikingly similar to that of the bona fide g Doradus

variables. This strongly suggests that most of these stars are

indeed g Doradus stars and it is clear evidence that these objects

occupy a well-defined small region in the HR diagram.

The cool boundary of this region is defined more clearly than its

hotter counterpart, simply because there are more stars available.

One object (HD 209295) lies outside the blue edge. There is no

doubt that it is a g Doradus star, since it is the only object for

which four frequencies from the Hipparcos photometry could be

determined (three are independent, one is a linear combination),

but when comparing its published �b2 y� with the corresponding

Hb index and with its �B2 V� it appears that �b2 y� is too small

by 0.015±0.020mag. Hence, this object was not considered for

defining the blue edge. Clearly, new StroÈmgren photometry of HD

209295 needs to be obtained.

Consequently, the instability region for g Doradus stars can be

outlined for the first time. Its extent is indicated in Fig. 1. Using

the model atmosphere results of Kurucz (1991), it can be

translated into an effective temperature range of 7200±7700K

on the ZAMS �log g < 4:33�, while the luminous end occurs about

1 magnitude above it �log g < 4:0� between effective temperatures

of 6900 and 7500K.

4 D ISCUSS ION

One of the most widespread ideas about the g Doradus

phenomenon is that it is related to stellar age. For instance,

Krisciunas (1998) gave arguments that g Doradus stars are

younger than 300Myr. In Fig. 1, several objects well above the

ZAMS (up to 1.3mag) can be discerned, suggesting that g

Doradus-type pulsations can exist in somewhat evolved main-

sequence stars, unless these g Doradus stars are binaries or pre-

main sequence objects. The binary hypothesis can be checked by

comparing the absolute magnitudes derived from parallaxes with

those calculated from StroÈmgren photometry (see Crawford 1975,

1979). Fig. 2 shows the results of such a comparison.

For most of the stars the absolute magnitudes determined using

q 1999 RAS, MNRAS 309, L19±L23

Figure 1. The colour±magnitude diagram of the presently known or suspected g Doradus variables. Star symbols: bona fide g Doradus stars, dots: prime

candidates from the literature, open circles: other candidates from the literature (see Handler et al., in preparation), filled triangles: prime candidates from this

paper, open triangles: further candidates from this work. The observed zero-age main sequence (ZAMS: Crawford 1975, 1979) is shown together with the

boundaries of the d Scuti star instability strip (thin lines almost normal to the ZAMS, Breger 1979). The domain of g Doradus stars is indicated with thick

lines approximately normal to the ZAMS; the single filled-triangle outlier is likely to have an erroneous �b2 y� colour index (see text).
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both methods agree well within the errors (rms of about ^0:3mag

for the photometric absolute magnitudes, mean rms approximately

^0:25 for the Hipparcos absolute magnitudes). A few objects may

indeed be binaries, but not all of the more luminous objects in Fig.

1 can be explained by this hypothesis. It is therefore suggested that

the g Doradus phenomenon can occur over a significant fraction

of the main sequence lifetime of stars in the relevant temperature

range.

One of the arguments in favour of the idea that g Doradus stars

are very young objects came from the apparent absence of such

pulsators in the Hyades (Krisciunas et al. 1995). The Hyades are

also relatively metal-rich. It is therefore logical to ask whether

metallicity could play a role for g Doradus-type pulsation. This is

examined in Fig. 3.

On the average, g Doradus stars have metallicites comparable

to that of the Sun (using Smalley's (1993) calibration, [M/H] is

found to be between 20:372 and �0:12). Objects enriched in

metals are absent; this is different from the situation for d Scuti

stars.3 In fact, there may be a strict upper limit on the metallicity

of g Doradus stars. In Fig. 3 it can also be seen that hotter objects

seem to have a larger range in metal abundance than cooler stars.

This can shed some light on the driving mechanism for the

pulsations of g Doradus stars. Kaye, Guzik & Bradley (1999)

outline a possible k-mechanism located in a zone of iron

enhancement due to diffusion and radiative levitation as found

in models by Turcotte, Richer & Michaud (1998). The observation

that g Doradus stars are only found in a certain range of surface

metallicity can then be taken as a clue that diffusion processes

(settling of metals) may indeed play an important role for the

excitation of their pulsations. It would be interesting to

perform detailed abundance analyses of g Doradus stars in

order to check whether they show any peculiarities in their

chemical composition.

Kaye et al. (1999) also discuss a conjectured mode selection

mechanism operating in the surface convection zone. This requires

a weak, but non-negligible stellar dynamo, i.e. a Rossby number

(ratio of stellar rotation period to convective turnover time) of

order unity. Consequently, Kaye (1998) suggested that under this

hypothesis, the instability region for g Doradus stars in the HR

diagram should be tilted from hot to cool and more luminous to

less, i.e. tilt upward and to the left. The reader is referred to the

two references above for more details. Based on the available data,

the color-magnitude diagram shown in Fig. 1 is not consistent with

this theoretical prediction.

The instability region for g Doradus stars partly overlaps with

that of d Scuti stars. For the latter objects, the blue edge is

generated by the driving region being too close to the stellar

surface, while the red edge is believed to be caused by surface

convection becoming effective. The physical mechanisms respon-

sible for the hot and cool borders of the g Doradus instability

region are not obvious.

The possible connection between the g Doradus and d Scuti

variables has been discussed by Breger & Beichbuchner (1996),

based on a much smaller sample of g Doradus variables than

available to date. The question then arises, is there is an exclusion

between the two groups (and if so, what causes it) or do `hybrid'

objects exist?

If stars exhibiting simultaenous g Doradus and d Scuti-type

pulsations could be found, this would greatly increase the

possibilities for asteroseismology of both classes of variable

star. The pulsation modes in the higher-frequency region may

easily be identified, since main-sequence d Scuti stars should

mainly show the signatures of pure p-mode pulsation. Hence,

their position in the HR diagram can be tightly constrained (e.g.

see Handler et al. 1997). Then the g Doradus-type g-modes

(whose radial order is practically impossible to be derived

without further constraints because the high-order g-mode

spectrum is very dense) can be used to probe the deep interior

of the stars.

q 1999 RAS, MNRAS 309, L19±L23

2 For the l Bootis star HR 8799, the object with the largest positive dm1 in

Fig. 3, Gray & Kaye (1999) determined �M=H� � 20:47 by spectral

synthesis.
3A t-test shows that the metallicity distribution of the stars in Fig. 3 is

different from that of d Scuti stars (taken from the latest catalogue by

Zechner, private communication) in the same temperature range to the

99.9 per cent confidence level. We caution, however, that our candidate

selection process discriminated against Ap/Fp stars (but not Am/Fm stars)

and therefore this value may be too high.

Figure 2. The Hipparcos absolute visual magnitude versus the same

quantity derived from StroÈmgren photometry. Plot symbols are the same as

in Fig. 1, but only bona fide g Doradus stars and prime candidates are

considered.

Figure 3. The StroÈmgren metallicity parameter dm1 versus colour index

�b2 y� for the bona fide g Doradus stars and prime candidates. No metal-

rich object is found. A correlation between metallicity and temperature can

be discerned.
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3.4 On the relationship between the δ Scuti and

γ Doradus pulsators

Original paper:

G. Handler, R. R. Shobbrook, 2002, MNRAS 333, 251
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3.5 Discovery and analysis of p-mode and g-mode

oscillations in the A-type primary of the ec-

centric binary HD 209295

Original paper:

G. Handler, L. A. Balona, R. R. Shobbrook, C. Koen, A. Bruch, E. Romero-
Colmenero, A. A. Pamyatnykh, B. Willems, L. Eyer, D. J. James, T. Maas 2002,
MNRAS 333, 262
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Chapter 4

Rapidly oscillating Ap stars

4.1 Introduction

The first representatives of these elusive rapid (periods between about 5 to 20 min-
utes) magnetic pulsators were found by accident (Kurtz 1982), and later during
focused searches guided by their (suspected) group properties. Section 4.2 reports
the results of such a biased search for roAp stars, mostly aimed to discover Northern
Hemisphere pulsators. Indeed, one new roAp star was discovered and one suspect
was confirmed.

Both of these objects were studied with multisite observing campaigns (Sect.
4.3 and 4.4). While HD 122970 (nowadays also known as PP Vir, Kazarovets et
al. 2003) first seemed promising for some asteroseismic inferences, it later changed
its behaviour to a less interesting state. HD 99563 (= XY Crt) has only a single
pulsation mode, which is however distorted by its magnetic field. This fact could be
used to constrain the geometry of this pulsator and to infer its rotation period.

The state of the art in asteroseismology of roAp stars is reported in Sect. 4.5
and 4.6. An extended Whole Earth Telescope campaign allowed the discovery of a
pulsation mode predicted by theory, but not observed before, and resulted in a data
set of a quantity and quality that can hardly be surpassed by any ground-based
observational effort.
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4.2 A search for rapid oscillations in chemically

peculiar A-type stars

Original paper:

G. Handler, E. Paunzen, 1999, A&AS 135, 57
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Abstract. In 1995 we initiated a Northern Hemisphere
survey for rapidly oscillating Ap stars. This paper presents
the results including one new roAp star (HD 122970), the
confirmation of rapid oscillations of HD 99563 and appar-
ent null results for other stars.

Using Hipparcos data a statistical analysis of the ab-
solute magnitudes and galactic distributions of all known
roAp and noAp stars (also taken from the literature) was
made.

A systematic trend for most of the program stars in
a MV vs. β (index of the Strömgren uvbyβ system) dia-
gram was detected leading to the conclusion that β is sys-
tematically influenced by the chemical peculiarity and/or
magnetic field.

Three roAp stars are outside the δ Scuti instability
strip which implies that the driving mechanism of the
two classes of pulsating star is different. This is also sug-
gested by new pulsation models. No statistical difference
between the galactic distribution of roAp and noAp stars
was found.

Key words: stars: chemically peculiar — stars: oscillations

1. Introduction

Among the magnetic chemically peculiar A-type stars, the
rapidly oscillating Ap (roAp) stars are quite outstanding.
This group exhibits rapid photometric and spectroscopic
variations with periods of minutes and very small am-
plitudes (AB ≤ 10 mmag). These oscillations are probably
low spherical degree, high overtone p-modes. Using the (in
general) rich oscillation spectra, several important astro-
physical parameters such as the (asteroseismological) lu-
minosity, the rotational period, the magnetic field strength
and the atmospheric structure can be inferred.

Since the early eighties, the South African working
group has spent a lot of time in detecting new roAp stars.

Send offprint requests to: G. Handler

They discovered more than twenty new roAps (e.g. see
Martinez & Kurtz 1995) and published also an extensive
list of null results (Martinez & Kurtz 1994). Several sur-
veys in the Northern Hemisphere were also devoted to
find new members of this group (e.g. Heller & Kramer
1988; Nelson & Kreidl 1993). Unfortunately, only one new
roAp star (HD 176232, 10 Aql) was detected. Recently,
Dorokhova & Dorokhov (1998) announced the discovery
of a second roAp star (HD 99563) discovered at a Northern
Hemisphere observatory.

This situation leads to a dilemma when trying to make
a statistically sound analysis for this group. Two main
problems arise:

– A bias is naturally introduced having only (beside two)
southern roAp stars.

– Follow-up observations (e.g. high resolution spec-
troscopy) need to be performed in the Southern
Hemisphere where telescope time is rare.

Since only one observatory (Mt. Dushak-Erekdag,
Central Asia; Dorokhova & Dorokhov 1998) regularly
searches for new roAp stars, we decided to initiate a
Northern Hemisphere survey for roAp stars in 1995.
Observations are carried out with one of the twin 0.75 m
Austrian Automatic Photoelectric Telescopes at Fairborn
Observatory and at McDonald Observatory.

In this paper we report the discovery of one new
equatorial roAp star (HD 122970), the confirmation that
HD 99563 shows rapid oscillations and the apparent null
results of our survey. With the help of Hipparcos data we
examine the absolute magnitudes and galactic distribution
of all investigated stars.

2. Target selection and observations

Since the main aim of our program was a statisti-
cal exploration of the roAp phenomenon, we attempted
to bias our target selection towards the detection of
new roAp stars. Most of these objects are cool SrCrEu
stars. Regrettably, systematic spectral classifications for
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Northern Hemisphere objects are still missing in the liter-
ature. Therefore we chose a different approach.

Nelson & Kreidl (1993) explored the positions of pul-
sating and nonpulsating Ap stars in several color-color
diagrams for the Strömgren and Geneva photometric sys-
tems. While they did not find a clear separation of the
two groups, the Strömgren [m1], [c1] and Geneva ∆, [g] di-
agrams appear useful to select promising roAp candidates.
Consequently, we searched existing Strömgren (Hauck &
Mermilliod 1998) and Geneva catalogues (Rufener 1989)
for potential target objects.

Since this procedure does not allow one to distinguish
between Am and Ap stars, we attempted to find spec-
tral classifications for the objects of interest in the litera-
ture. Consequently, priorities were assigned to the differ-
ent stars and observations were performed according to
them.

Three telescopes at two observatories were employed
for our survey: the 0.9 m and 2.1 m telescopes at
McDonald Observatory, Ft. Davis, Texas together with
a standard two-channel photometer (Grauer & Bond
1981) and one of the twin 0.75 m Austrian Automatic
Photoelectric Telescopes (APT, Strassmeier et al. 1997) at
Fairborn Observatory, Washington Camp, Arizona with a
single-channel photometer.

The observations (see Table 1 for an overview) were
carried out as continuous 10-second integrations through
a JohnsonB filter. Large apertures (> 35′′) were employed
to minimize the contributions of seeing and guiding1.

The reductions were performed using the standard
technique for roAp star observations (e.g. Martinez 1993),
including some low-frequency filtering in the presence of
sky transparency variations by low-order polynomial fits
or involving the Channel 2 comparison star, if found ap-
propriate. The final reduced light curves were searched
for rapid oscillations by means of a standard Fourier tech-
nique (Breger 1990). Amplitude spectra of our runs are
displayed in Figs. 1–3 (see below for more details).

2.1. Comments on individual stars

BD+39 654A: This star was our most promising roAp
candidate. It has been classified at SrCrEu by Bidelman
(1983). Schneider’s (1986) Strömgren photometry yields
(b − y)0 = 0.136, δm1 = −0.095 and δc1 = −0.267,
while Geneva photometry (Burki et al. 1998) results in
[∆] = 0.163 and [g] = 0.162. All these features are typical
for roAp stars. However, BD+39 654A did not show any
rapid variability, but ironically, its Channel 2 comparison
star, HD 17892, turned out to be a new δ Scuti variable

1 For HD 83965B, which has a close bright companion, a
18′′ aperture was used to exclude the companion; continuous
guiding on the Channel 2 star was performed to check telescope
tracking.

Fig. 1. Upper panel: a portion of our light curve of HD 99563.
Lower panel: The amplitude spectrum of the whole run

Fig. 2. Upper panel: the discovery light curve of HD 122970.
Lower panel: The amplitude spectrum of this run

(Handler 1998). In any case, we consider it worthwhile to
continue testing BD+39 654A for rapid oscillations.

BD+40 175A: This is the only object for which we have
no color photometry available. However, its spectral clas-
sification (SrCrEu, Bidelman 1985) and its effective tem-
perature estimate (7100 ± 400 K, Babel & North 1997)
make it a good roAp candidate.

We took a short run under non-ideal photometric con-
ditions, where this target seemed to show rapid oscillations
with an amplitude of 6 mmag and a period of 9.1 minutes.
Two further runs, one with the McDonald 2.1 m telescope
considerably decreasing scintillation noise, did not confirm
this possible variability. We suggest further observations
of BD+40 175A as well.
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Table 1. Journal of the observations

Date Start Length Target V Observatory Comment
(UT) (UT) (hrs)

19 Jan. 1998 1:32:00 0.68 BD+40 175A 8.9 McD roAp?
23 Jan. 1998 1:52:30 0.58 BD+40 175A McD
26 Jan. 1998 1:43:20 1.04 BD+40 175A McD (2.1 m)
17 Jan. 1998 1:27:00 3.08 BD+39 654A 9.48 McD
03 Feb. 1996 1:32:30 1.79 HD 31437 6.88 McD
06 Feb. 1996 1:39:00 3.16 HD 33505 9.21 McD
05 Feb. 1996 1:30:10 2.94 HD 35353 7.68 McD
28 Mar. 1998 2:07:29 2.99 HD 51596 7.52 Fairborn
10 Feb. 1996 1:40:20 1.28 HD 57955 7.68 McD
22 Jan. 1998 11:19:40 1.03 HD 83965B 11.87 McD
22 Mar. 1998 4:02:45 2.07 HD 99563 8.32 Fairborn roAp
23 Feb. 1998 10:46:50 1.39 HD 108449 8.31 McD
29 Jan. 1998 11:08:00 1.07 HD 108873 9.56 McD (2.1 m)
25 Feb. 1998 10:36:00 1.53 HD 112515A 8.51 McD
28 Mar. 1998 5:12:23 1.81 HD 113894 8.55 Fairborn
15 Jan. 1998 11:48:20 1.00 HD 122970 8.31 McD roAp
17 Jan. 1998 11:40:20 1.24 HD 122970 McD
18 Jan. 1998 11:03:40 1.00 HD 122970 McD
19 Jan. 1998 11:32:10 1.34 HD 139478 6.74 McD
09 Aug. 1995 2:42:50 0.81 HD 151839 9.28 McD
12 Aug. 1995 10:28:55 0.59 HD 223839 7.28 McD

HD 99563: Dorokhova & Dorokhov (1998) announced the
variability of this object with a period of about 11.2 min-
utes. We reobserved this star with the APT. The ampli-
tude spectrum of our data shows a dominant peak with
an amplitude of 2.0 mmag with a period of 10.7 minutes
(Fig. 1). Therefore we consider the roAp nature of this
star to be confirmed.

HD 122970: This is a new roAp star. We discovered rapid
oscillations with an amplitude of 2.0 mmag and a pe-
riod of 11.1 minutes in the first night we observed it
(Fig. 2). This behaviour was confirmed during two subse-
quent runs. This star was followed up with multisite pho-
tometric and single-site spectroscopic observations; the re-
sults of this effort will be reported in a subsequent paper.

3. Analysis

For our explorations of possible group properties of roAp
stars, we only considered stars which have been tested
for rapid light variations. The list of known roAp stars
was taken from Kurtz & Martinez (1993), five additional
roAp stars were added, namely: HD 9289, HD 99563,
HD 122970, HD 185256, HD 213637 resulting in 31 roAp
stars known at the writing of this paper. The null results
(noAp) were taken from Martinez & Kurtz (1994), in-
cluding results from other surveys (see Tables 1 and 2
in Martinez & Kurtz 1994) as well. No further references
on null results were found in the literature. We have to
emphasize that the temperature range for the noAp stars
(15000 − 6000 K) is wider than that of the roAp stars

(8500− 6500 K), i.e. some objects desgined as noAp may
in fact be Bp stars.

We have used the Hipparcos and Tycho catalogues
(Perryman et al. 1997) to retrieve parallaxes and appar-
ent places for all stars. For the given sample (31 roAp and

229 noAp stars) only stars with σ(π)
π < 0.18 (σ(MV ) <

0.3 mag) were considered. A Lutz-Kelker correction ac-
cording to Koen (1992) was applied. Because of the cho-
sen error limit for the parallax, the Lutz-Kelker correction
is very small for all program stars. We have not applied
any correction for interstellar extinction because of two
reasons:

– Most of our program stars are within 100 pc resulting
in negligible reddening.

– Values for (B − V )0, (b− y)0 and (B2− V 1)0 are de-
rived for “normal” type stars only. It has been proven
that these calibrations are, in general, not valid for
magnetic chemically peculiar stars (“blueing effect”).

Taking all considerations into account we are left with
12 roAp and 54 noAp stars. Figure 4 shows the MV (Hip)
vs. β diagram. There are several points evident from the
figure:

– All roAp stars behave “normal”, in the sense that the
fall in the region of other main sequence stars.

– Most of the noAp stars are above the normality line.
This could mean that either the β-values are system-
atically too large or that the absolute magnitude is
systematically too bright. Latter cannot be explained
by reddening since it would even more brighten the
stars.
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Fig. 3. Amplitude spectra of our null results. Note the larger ordinate scales for the first run on BD+40 175A and for the run
on HD 83965B

It is worthwhile to note that the roAp stars are separated
from the noAp’s in Fig. 4: they are all rather cool main-
sequence objects. Only a few stars, for which no rapid
oscillations have been detected, are located close to the
pulsators (HD 15233, HD 25354, HD 35353, HD 62140,
HD 115708, HD 154708, HD 170397 and HD 188854).
HD 25354 and HD 170397 are probably Bp stars (as

judged from their Stromgren indices), while HD 35353
is poorly observed and there is no spectral classification
available (hence it could be an Am star). The remaining
three stars are well observed and from Fig. 4 there is no
reason why they should not be roAp stars, except that
HD 15233 and HD 188854 may be too evolved. We note
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Fig. 3. continued

that the most famous noAp star, HD 137909 (β CrB), ap-
pears to be hotter and more evolved than all roAp stars.

There is more evidence that effective temperatures for
Ap stars determined from β are systematically too high.
Alonso et al. (1996) compared Teff values from the Infrared
Flux method with β measurements for a large range of
metallicities. They found a clear trend of increasing β with
increasing metallicity for fixed Teff .

Matthews et al. (1998) compared asteroseismological
parallaxes with those measured by Hipparcos. They noted
that the Hipparcos parallaxes are generally larger than
the asteroseismic ones2, and suggested this may be due to
systematically incorrect effective temperatures estimated
from β.

Some more support for this idea comes from a compar-
ison of β-temperatures and those determined by model at-
mosphere analysis for a number of roAp stars (Gelbmann
1998 and references therein). This is summarized in
Fig. 5. We find that the best fitting model atmospheres
generally point towards lower effective temperatures. The

2 There is a caveat: the seismological parallaxes are inferred
by applying asymptotic theory. Although roAp stars pulsate in
high radial overtones, the frequency spacing for these consecu-
tive overtones is still smaller than the asymptotic one, result-
ing in (by several percent) systematically smaller seismological
parallaxes. Furthermore, model calculations by Gautschy et al.
(1998) show that significant deviations of observed frequency
spacings from the asymptotic values can occur due to nonadi-
abatic effects.

mean temperature difference is −80± 90 K, which is not
significant. However, this analysis can be improved when
higher resolution spectra of (ro)Ap stars become available
(allowing to determine more accurate temperatures) and
a larger sample is investigated.

The Hipparcos parallaxes strongly suggest that the
roAp stars are main-sequence objects. This is supported
by the study of Gómez et al. (1998), who examined the
positions of Bp–Ap stars in the HR diagram. They show
that these stars are on the main sequence, and this also
holds for the SrCrEu stars, i.e. the spectral subgroup
containing the roAp stars. When examining the effective
temperatures of roAp stars one obtains from β by using
the calibrations of Moon & Dworetsky (1985), it can be
noted that three3 out of the 31 roAp stars (HD 122970,
HD 213637, HD 217522) are clearly outside the cool bor-
der of the δ Scuti instability strip, especially since these
temperatures are presumably overestimates.

For some years, it has been believed that the δ Scuti
and roAp instability strips coincide, which has been taken
as an argument that the driving mechanism for these
two classes of pulsating star could be the same (partial
He+ ionisation). Very recently, Gautschy et al. (1998) pre-
sented model calculations, which led them to suggest that
the actual driving of roAp pulsations might be due to

3 We deliberately do not consider HD 101065 here, since this
object is so peculiar that its effective temperature cannot even
be estimated with some confidence.
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Fig. 4. MV (Hip) vs. β diagram for 12 roAp (filled cricles)
and 54 noAp (open circles) stars, the normality line is from
Crawford (1979)

partial H/He ionisation. They obtained overstable high-
order modes by assuming that these stars have chromo-
spheres and therefore a temperature inversion in their at-
mospheres. Under these assumptions their models showed
roAp pulsations outside the cool edge of the δ Scuti in-
stability strip, and hence they can explain why the three
stars mentioned above do pulsate.

In Fig. 6 we present a l vs. b diagram for all program
stars. Beside the “southern hemisphere effect” no system-
atic differences of the galactic distribution for roAp and
noAp stars are evident.

4. Summary

We have presented first results of our Northern
Hemisphere survey for roAp stars including photometric
observations for 17 stars. One star (HD 122970) turned
out to be a new roAp star, furthermore rapid oscillations
for HD 99563 were confirmed.

Including all program stars from other surveys, a sta-
tistical analysis of absolute magnitudes (using Hipparcos
data) and galactic coordinates has been made. The galac-
tic distribution of roAp and noAp stars show no significant
differences whereas the absolute magnitudes and/or the

Fig. 5. Effective temperatures for six roAp stars from Hβ
photometry compared with those from model atmosphere anal-
ysis. The solid line corresponds to exact agreement. Except for
one star (HD 166473), the Hβ temperatures are always higher
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Fig. 6. l vs. b diagram for all program stars

effective temperatures show systematic trends. Evidence
is given that the effective temperatures for roAp stars are
systematically too high when “standard” calibrations for
Hβ photometry are applied.

Absolute magnitudes from Hipparcos data for roAp
stars establish them as main sequence objects. Three ob-
jects are outside the δ Scuti instability strip which points
towards a different excitation mechanism of the two classes
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of pulsating star. This is also suggested by new pulsation
models.
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ABSTRACT
We undertook a time-series photometric multisite campaign for the rapidly oscillating Ap
(roAp) star HD 99563 and also acquired mean light observations over four seasons. The
pulsations of the star, which show flatter light maxima than minima, can be described with a
frequency quintuplet centred on 1557.653 µHz and some first harmonics of it. The amplitude
of the pulsation is modulated with the rotation period of the star that we determine with 2.91179
± 0.00007 d from the analysis of the stellar pulsation spectrum and of the mean light data. We
break up the distorted oscillation mode into its pure spherical harmonic components and find it
is dominated by the � = 1 pulsation, and also has a notable � = 3 contribution, with weak � =
0 and 2 components. The geometrical configuration of the star allows us to see both pulsation
poles for about the same amount of time; HD 99563 is only the fourth roAp star for which
both pulsation poles are seen and only the third where the distortion of the pulsation modes
has been modelled. We point out that HD 99563 is very similar to the well-studied roAp star
HR 3831. Finally, we note that the visual companion of HD 99563 is located in the δ Scuti
instability strip and may thus show pulsation. We show that if the companion was physical,
the roAp star would be a 2.03-M�, object, seen at a rotational inclination of 44◦, which then
predicts a magnetic obliquity β = 86.◦4.

Key words: techniques: photometric – stars: individual: HD 99563 – stars: individual:
XY Crt – stars: oscillations – stars: variables: other.

1 I N T RO D U C T I O N

Where the lower part of the classical instability strip intersects the
main sequence, three distinct classes of multiperiodically pulsating
variables can be found. The γ Doradus stars pulsate in gravity modes
of high radial order and have periods of the order of 1 d (Kaye et al.
1999). The δ Scuti stars have periods of the order of a few hours
(Breger 1979) and are thus pressure and gravity mode pulsators of
low radial order.

The fastest pulsations in this domain in the Hertzsprung–Russell
(HR) diagram are however excited in the rapidly oscillating Ap

�E-mail: handler@astro.univie.ac.at

(roAp) stars (Kurtz 1982; Kurtz & Martinez 2000), with typical
periods around 10 min, indicating pressure modes of high radial
overtones. The photometric semi-amplitudes associated with these
pulsations are in most cases only a few mmag, which makes them
difficult to detect. The roAp stars are also remarkable because of
their spectral peculiarities, because they are pulsating representa-
tives of cool magnetic Ap stars of the SrCrEu subtype.

The magnetic fields of Ap stars cause elemental segregation on the
stellar surface. In other words, the chemical elements are arranged
in patches on the stellar surface (see, for example, Kochukhov et al.
2004 or Lueftinger et al. 2003 for well-documented examples). This
causes modulation of the mean apparent brightness of the star with
the rotation period. As the chemical elements show some align-
ment with the magnetic poles, the rotational light curves show a

C© 2005 The Authors. Journal compilation C© 2005 RAS
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single-wave structure if only one magnetic pole is seen and a double-
wave variation if both magnetic poles come into view during a ro-
tation cycle.

The strong magnetic fields present in the roAp stars are usually not
aligned with the stellar rotation axis. Because the pulsation axis does
however coincide with the magnetic axis, the roAp stars are oblique
pulsators (Kurtz 1982). This means that the pulsation modes excited
in the roAp stars are seen at different aspects during the rotation
cycle, which, for non-radial modes, causes amplitude modulation
over the rotation period (which can then be inferred) and allows us
to put constraints on the geometry of the pulsator.

The oblique pulsator model (OPM), in its simplest form, then
predicts that (except for special geometric orientations of the axes)
dipole (� = 1) pulsation modes will be split into equally spaced
triplets. Quadrupole (� = 2) modes will give rise to equally spaced
frequency quintuplets, where the spacing of consecutive multiplet
components is exactly the stellar rotational frequency.

The magnetic field of the roAp stars affects the pulsations in two
additional ways. First, the pulsation frequencies are shifted with
respect to their unperturbed value (Cunha & Gough 2000) and, sec-
ondly, the pulsation modes are distorted so that a single spherical
harmonic can no longer describe them fully (e.g. Kurtz, Kanaan &
Martinez 1993; Takata & Shibahashi 1995). This is observationally
manifested by the presence of additional multiplet components sur-
rounding the first-order singlets, triplets or quintuplets, which are
spaced by integer multiples of the rotation frequency.

For a long time, the predominant observing method for studying
the pulsations of roAp stars was time-resolved high-speed photome-
try, yielding interesting results on the pulsational behaviour, geome-
try and asteroseismology of these stars (see, for example, Matthews,
Kurtz & Martinez 1999). The most recent observational advances
however have come from time-resolved spectroscopy; because the
vertical wavelengths of the pulsation modes are comparable to the
size of the line-forming regions in the atmospheres of these stars, the
vertical structure of the atmospheres can be resolved (Ryabchikova
et al. 2002; Kurtz, Elkin & Mathys 2003).

Spectroscopy is also more sensitive to the detection of roAp star
pulsations than photometry. Because of the vertical stratification
of chemical elements in their atmospheres (e.g. Ryabchikova et al.
2002) the pulsational radial velocity amplitudes of some spectral
lines (most notably rare-earth elements) can reach several kilometers
per second.

The most extreme example of such high radial velocity amplitudes
is HD 99563 (XY Crt). This star was photometrically discovered to
pulsate by Dorokhova & Dorokhov (1998) and this was confirmed
by Handler & Paunzen (1999). Elkin, Kurtz & Mathys (2005) dis-
covered pulsational radial velocity variations with semi-amplitudes
of up 5 km s−1 for some Eu II and Tm II lines in their time-resolved
spectroscopy of this star. Such high amplitudes are capable of yield-
ing information on the structure of the atmospheres of Ap stars with
the best possible signal-to-noise (S/N).

However, one important piece of information that spectroscopy
cannot supply at this point is detailed knowledge of the stellar pulsa-
tion spectrum. The reason is that the largest telescopes are necessary
for obtaining spectra of the required time resolution and S/N. How-
ever, observing time on these telescopes is sparse. Therefore, lengthy
photometric measurements of these stars on small telescopes are still
required to decipher the pulsational spectra fully.

To this end, we included HD 99563 as a secondary target in a
multisite campaign originally devoted to the roAp star HD 122970
(Handler et al. 2002) to be observed at times when the latter star
was not yet accessible. However, HD 99563 turned out to be quite

interesting, which is why we continued to observe it after the original
campaign was finished. We also acquired mean light observations
of HD 99563 in an attempt to determine its rotation period. In this
paper, we report on the results of these measurements.

2 O B S E RVAT I O N S A N D R E D U C T I O N S

2.1 High-speed photometry

Our multisite time-series photometric observations were obtained
with seven different telescopes at four observatories: the 0.75-m T6
Automatic Photometric Telescope at Fairborn Observatory (FAPT)
in Arizona, the 0.5-, 0.75-, 1.0- and 1.9-m telescopes at the South
African Astronomical Observatory (SAAO), the 0.6-m reflector at
Siding Spring Observatory (SSO) in Australia and the 0.9-m tele-
scope at Observatorio de Sierra Nevada (OSN) in Spain. Whereas
the latter observations consisted of Strömgren uvby photometry,
the other telescopes used the B filter only. The measurements are
summarized in Table 1.

The time-series photometry was generally acquired as continuous
10-s integrations. Large apertures (>35 arcsec) were employed to
minimize the contributions of seeing and guiding. The observations
of the target star were interrupted at irregular intervals (depending
on the brightness and position of the Moon) to obtain measurements
of sky-background.

Reductions were performed by first correcting for coincidence
losses (dead time correction), then for sky-background and extinc-
tion. Some low-frequency filtering to remove residual transparency
variations or tube sensitivity drifts with time-scales longer than
30 min was applied by fitting low-order polynomials to the data
and by subtracting these. Finally, the measurements were binned
into 40-s integrations, the times of the observation were converted
to Heliocentric Julian Date (HJD) and all the data were joined into
a combined single light curve.

Some of our nightly measurements are shown in Fig. 1, clearly
containing some interesting features. First, the pulsation amplitude
can vary rather dramatically from almost zero to more than 10 mmag
peak-to-peak, and it can also be seen to vary during a single night.
Secondly, the shape of the light curves near maximum amplitude is
peculiar, with the light maxima being flatter than the light minima.

2.2 Mean light observations

Differential multicolour photometry of HD 99563 was obtained
with the 0.75-m Automatic Photometric Telescope at SAAO
(Martinez et al. 2002) from 2001 March until 2004 June. Single-
channel differential measurements were acquired with respect to the
single comparison star HD 99506, which is not known to be vari-
able, in the Johnson–Cousins UBVRI filters. Again, large apertures
(>35 arcsec) were used to eliminate effects of scintillation and
seeing.

Two nightly UBVRI measurements of HD 99563 were usually
taken in between two measurements of HD 99506, ensuring that
variations in sky transparency can be readily compensated for, but
also aiming at averaging out the effects of the rapid oscillations
on the mean magnitude. As the two integrations on the target were
separated by about 380 s, about half the oscillation period, the pul-
sational signal was strongly suppressed.

The data of both stars were reduced by correction for coincidence
losses, sky-background and extinction, and the timings were helio-
centrically corrected. Differential magnitudes between the variable
and the comparison star were computed by simple linear interpo-
lation. After rejection of outliers and merging of the two nightly

C© 2005 The Authors. Journal compilation C© 2005 RAS, MNRAS 366, 257–266
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Table 1. Journal of the observations of HD 99563. N 40 is the number of
40-s data bins obtained on the respective night and σ is the rms scatter of
the residual light curves after pre-whitening and low-frequency filtering; the
remaining columns are self-explanatory.

Telescope Date Start Length N 40 σ

(UT) (UT) (h) (mmag)

FAPT 0.75-m 18/03 04:54:24 0.64 55 1.98
FAPT 0.75-m 19/03 03:43:40 1.75 140 1.71
FAPT 0.75-m 20/03 03:39:41 2.15 180 1.40
FAPT 0.75-m 23/03 03:23:03 2.54 208 1.74
FAPT 0.75-m 24/03 03:16:41 2.53 210 2.21
FAPT 0.75-m 25/03 04:20:58 1.43 119 1.51
FAPT 0.75-m 26/03 03:10:24 2.52 209 1.73
FAPT 0.75-m 27/03 03:04:34 2.52 200 1.88
SAAO 0.5-m 27/03 18:47:49 2.68 188 1.75
SSO 0.6-m 28/03 09:49:16 2.01 166 2.04
SAAO 0.5-m 28/03 17:59:55 3.36 252 2.14
FAPT 0.75-m 29/03 02:58:32 2.52 174 2.14
SSO 0.6-m 29/03 09:20:27 3.59 271 2.21
SAAO 0.5-m 29/03 17:56:30 3.35 255 1.87
SAAO 0.5-m 30/03 20:31:12 0.72 59 1.85
FAPT 0.75-m 31/03 02:47:47 2.52 210 2.24
SSO 0.6-m 31/03 09:43:39 2.82 235 1.62
SSO 0.6-m 01/04 10:41:08 2.18 177 1.48
SAAO 0.5-m 02/04 18:03:43 2.96 192 2.19
SAAO 1.0-m 03/04 19:34:44 1.29 104 0.59
SSO 0.6-m 04/04 09:18:16 2.01 146 1.80
SAAO 1.0-m 04/04 19:15:49 1.62 137 0.65
SSO 0.6-m 05/04 11:01:34 1.37 101 1.61
FAPT 0.75-m 09/04 02:50:41 1.61 131 2.15
SAAO 0.5-m 09/04 17:43:48 1.08 64 2.11
SAAO 1.0-m 09/04 18:00:40 1.14 98 1.23
OSN 0.9-m 09/04 19:54:16 1.61 135 8.2/2.8/3.0/3.7
SAAO 0.5-m 10/04 17:50:42 2.59 191 1.47
SAAO 0.5-m 11/04 17:27:29 3.64 264 1.62
OSN 0.9-m 11/04 20:19:34 4.44 309 7.5/4.4/4.0/4.5
FAPT 0.75-m 12/04 02:55:06 1.57 127 1.71
SAAO 0.5-m 12/04 17:28:47 6.85 465 1.79
FAPT 0.75-m 13/04 02:53:47 1.61 135 1.56
FAPT 0.75-m 14/04 03:44:02 0.69 57 2.90
SAAO 0.5-m 14/04 17:09:07 4.13 305 1.87
FAPT 0.75-m 15/04 02:44:55 1.42 120 1.65
FAPT 0.75-m 16/04 02:57:02 1.23 102 1.60
FAPT 0.75-m 18/04 02:52:32 0.90 76 1.62
SSO 0.6-m 23/04 13:42:01 0.72 54 2.11
SSO 0.6-m 27/04 09:01:18 5.04 398 1.71
SAAO 1.9-m 30/04 17:14:35 0.69 60 0.95
SAAO 0.75-m 15/05 17:11:06 1.61 137 1.57
SSO 0.6-m 16/05 11:59:23 0.24 23 2.03
SAAO 0.75-m 16/05 20:50:28 0.68 58 1.24
SAAO 0.75-m 17/05 18:28:06 1.80 155 1.50
SAAO 0.75-m 18/05 16:59:33 3.40 257 1.43
SAAO 0.75-m 21/05 19:09:55 2.34 206 1.50

measurements, a total of 150 differential UBVRI magnitudes of HD
99563 were available.

3 F R E QU E N C Y A NA LY S I S ( I )

3.1 High-speed photometry

The reduced B filter light curves were analysed with the computer
program PERIOD98 using single-frequency Fourier and multiple-

Table 1 – continued

Telescope Date Start Length N 40 σ

(UT) (UT) (h) (mmag)

SSO 0.6-m 22/05 12:09:16 1.10 94 1.90
SSO 0.6-m 24/05 08:38:42 3.72 298 1.41
SSO 0.6-m 30/05 08:20:08 1.68 139 1.12
SAAO 0.5-m 01/06 18:09:26 2.76 222 1.20
SAAO 0.5-m 02/06 18:37:05 1.76 143 1.26
SAAO 0.5-m 04/06 17:14:49 3.18 253 1.60
SAAO 0.5-m 06/06 19:58:06 0.79 59 2.34
SAAO 0.5-m 07/06 16:38:51 2.54 183 1.73
SAAO 0.5-m 08/06 16:41:45 3.97 286 2.78
SAAO 0.5-m 09/06 16:36:15 4.00 296 1.59
SAAO 0.5-m 10/06 18:23:46 1.18 82 1.32
SAAO 0.5-m 11/06 17:40:49 2.75 202 1.56

Total B 125.49 9728 1.82

uvby 6.05 444 7.7/3.9/3.7/4.3

frequency least-squares techniques (Sperl 1998). This program
has, amongst others, the capabilities of calculating Fourier peri-
odograms, calculating the best fit to the data with all given frequen-
cies simultaneously by minimizing the residuals between light curve
and fit. Within the multifrequency fitting, combination frequencies
(which in our case are expected because of the shape of the light
curves) can be fixed to their expected values and their amplitudes
and phases can be optimized together with the other independent
parameters.

We show the amplitude spectrum of the combined light curve
in the uppermost panel of Fig. 2. Two main regions of power are
visible, one centred around 1500 µHz and a weaker one around
3100 µHz. The first of the sequence of panels on the left-hand side
of Fig. 2 shows the spectral window of the data at an extended scale,
computed as the Fourier transform of a single noise-free sinusoid
with a frequency of 1553.67 µHz and an amplitude of 2.7 mmag. We
see some alias patterns about 34.7 µHz away from the central peak.
This is the 3 cd−1 alias, which is most prominent in our data because
of the longitude distribution of the observatories used, combined
with the short duration of most of the runs. Fortunately, neither this
alias, nor any other, will have any influence on our results.

The second panel on the left-hand side contains the amplitude
spectrum of the data. It is clearly more complicated than the spectral
window. Pre-whitening the strongest signal from the data, we end up
with the residual amplitude spectrum in the third (middle) panel of
Fig. 2, left-hand side. Further pre-whitening of the strongest signal
there reveals another, and continuing this procedure results in the
detection of a fourth frequency in this domain, where no more signals
can now be detected.

We continue the frequency analysis in the region around
3100 µHz, showing it in the sequence of panels on the right-hand
side of Fig. 2. Following the same strategy as before, we detect
five signals in this frequency domain. After pre-whitening these,
we arrive at the residual amplitude spectrum in the lowest panel of
Fig. 2. The noise level at frequencies below ∼ 800 µHz is artificially
decreased as a result of our low-frequency filtering.

Consequently, we have separately analysed our longest (�T >

2 h) light curves from the best nights, leaving them unfiltered for low
frequencies, and searched them for periodicities. We found no such
variations, with detection thresholds of 1.8 mmag for frequencies
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Figure 1. Some light curves of HD 99563 from our multisite observations showing its diverse nightly behaviour. The solid lines represent the multifrequency
fit listed in Table 2, to guide the eye.

below 200 µHz, 0.8 mmag for frequencies between 200 and 450
µHz, and 0.5 mmag for frequencies between 450 and 1000 µHz.

More interesting is the excess mound of amplitude at frequencies
around 1500 µHz on top of the essentially monotonically decreasing
noise that can be discerned in the lowest panel of Fig. 2. This is the
region where four signals have already been detected. The excess
mound of amplitude may indicate the presence of further signals
or of amplitude/frequency variability of some of the periodicities
detected previously. In any case, a preliminary frequency solution
derived in this way is listed in Table 2.

We have only accepted signals that satisfy the statistical criterion
of S/N >4 for independent oscillations and S/N >3.5 for com-
bination frequencies. These variations are regarded as statistically
significantly detected. We refer to Breger et al. (1999) for a more
in-depth discussion of this criterion, which has turned out to be
extremely reliable in the past.

The independent frequencies in Table 2 can, at first sight, not
be unambiguously be interpreted within the OPM. Although f 3, f 1

and f 2 form a triplet with a spacing of about 7.95 µHz, f 1, f 4 and f 2

can also be reconciled with a triplet with a spacing of approximately
3.98 µHz, allowing for a ∼3σ shift in frequency f 4. In this context
it is important to note that the formal error estimates we use here
are believed to underestimate the real errors by about a factor of 2
(Handler et al. 2000; Jerzykiewicz et al. 2005), and therefore we
cannot simply reject the latter interpretation. Consequently, all four
frequencies could even be part of an equally spaced quintuplet with
a component missing near 1549.7 µHz.

3.2 Mean light observations

We again used PERIOD98 for the frequency analysis. Amplitude spec-
tra of the measurements in the five UBVRI filters were computed.
Although the nominal Nyquist frequency of our observations is
0.5 cd−1 (∼6 µHz), we carefully examined a frequency range up to
25 µHz. We found variability in all the five passbands, with those
in U having the highest amplitude, as shown in Fig. 3.

The upper panel of this figure contains the spectral window func-
tion of the data, calculated as the amplitude spectrum of a single
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Figure 2. Amplitude spectra of HD 99563 from our multisite observations with successive pre-whitening of the detected frequencies.

noise-free sinusoid with a frequency of 7.95 µHz and an amplitude
of 31 mmag. There is strong 1 cd−1 aliasing (the peak near 20 µHz),
and also reflection of the aliasing pattern at frequency zero (peaks
near 4 and 15 µHz). Nevertheless, the input signal produces the
tallest peak in the window function. This is why we can be sure
that the peak labelled in the amplitude spectrum of the data (middle
panel of Fig. 3) is also the correct frequency present in the measure-
ments, which is confirmed by the pre-whitened amplitude spectrum
in the lower panel of this figure that contains noise only.

We encountered the same situation in the B filter data, where the
mean light variations also have considerable amplitude. In VRI the
situation is more complex, as the S/N of the variability is lower.
Significant peaks at the same frequencies are however still present,
but because of the effects of noise the tallest maxima are found at
alias frequencies in V and R. After pre-whitening the signal near
7.95 µHz, the residual amplitude spectra in all filters contain noise
only; in particular, no evidence for harmonics or subharmonics of
this frequency can be detected.
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Table 2. Preliminary multifrequency solution for our B filter data of the
roAp star HD 99563, with the frequencies around 1500 µHz left as free pa-
rameters. Error estimates correspond to 1σ values are determined following
Montgomery & O’Donoghue (1999).

ID Frequency B amplitude S/N
(µHz) (mmag)

f 1 1553.6780 ± 0.0007 2.69 ± 0.03 49.1
f 2 1561.6286 ± 0.0011 1.80 ± 0.03 32.9
f 3 1545.736 ± 0.004 0.46 ± 0.03 8.4
f 4 1557.639 ± 0.007 0.28 ± 0.03 5.1
f 1 + f 2 or 2 f 4 3115.3065 0.32 ± 0.03 9.1
2 f 1 3107.3559 0.25 ± 0.03 7.2
2 f 2 3123.2571 0.16 ± 0.03 4.7
f 2 + f 4 3119.268 0.14 ± 0.03 3.9
f 1 + f 3 3099.414 0.13 ± 0.03 3.6

Figure 3. Amplitude spectra of the mean light observations of HD 99563
in the U filter. Upper panel: spectral window function of the time series.
Middle panel: amplitude spectrum of the data themselves. Lower panel:
residual amplitude spectrum after pre-whitening the strongest signal from
the data. Note the five times larger ordinate scale of the lower panel.

Consequently, we can describe the variability present in the mean
light variations of HD 99563 with a single frequency of 7.9498 ±
0.0002 µHz, as determined from a non-linear least-squares fit to the
U data, which have the best S/N. This frequency is consistent with
one of the possible multiplet spacings within the pulsational signals
as determined in the previous section, but the ambiguity of whether
this frequency or half of it corresponds to the rotation period of HD
99563 is not yet resolved. The amplitudes and phases of the mean
light variations with respect to the frequency of 7.9498 µHz are
listed in Table 3.

This table shows that the mean light maxima in the U and B filters
occur at the same time as pulsation amplitude maximum in the light
curves. In the V , R and I filters, mean light minimum coincides with
pulsation amplitude maximum. We find no statistically significant

Table 3. The amplitudes and phases of the
mean light variations of HD 99563, once more
with error estimates from Montgomery &
O’Donoghue (1999). The phases are with re-
spect to pulsation amplitude maximum at HJD
245 2031.29627.

Filter Amplitude Phase
(mmag) (rad)

U 31.3 ± 1.0 −0.06 ± 0.03
B 20.4 ± 0.9 −0.00 ± 0.04
V 4.6 ± 0.8 +3.09 ± 0.17
R 9.2 ± 0.8 +3.09 ± 0.09
I 7.3 ± 0.7 +3.11 ± 0.10

phase lag of the mean light extrema relative to pulsation amplitude
maximum.

4 ROTAT I O N P E R I O D O F H D 9 9 5 6 3

To infer the pulsational and magnetic geometry of HD 99563, its
rotation period has to be known with certainty. However, at this
point it is not clear whether the 7.95-µHz signal in the mean light
variations and the frequency splitting within the pulsational signals
correspond to the rotation period or to half the rotation period.

Because the magnetic field of the star also varies with aspect,
we can invoke published magnetic field measurements for HD
99563 to resolve this ambiguity. Hubrig et al. (2004) measured a
longitudinal magnetic field strength of −688 ± 145 G on HJD
245 2494.479, whereas Kudryavtsev & Romanyuk (private com-
munication to Elkin et al. 2005) measured +580 ± 100 G on HJD
245 3395.550.

Assuming a rotation frequency of 7.9498 ± 0.0002 µHz, the two
measurements would have been taken 618.91 ± 0.02 rotational peri-
ods apart. Because these measurements would then have been taken
at nearly the same rotation phase, but the magnetic field showed a
reversal between these two measurements, such a rotation frequency
can be ruled out. Using half this value (3.9749 ± 0.0001 µHz) im-
plies that 309.455 ± 0.009 rotations have gone by, which is perfectly
consistent with the magnetic field reversal between the two mag-
netic field observations and the absolute magnetic field strengths
measured.

The correct value of the rotation period of HD 99563 is therefore
close to 2.91 d. We show the corresponding phase diagram of the
mean light variations of the star in Fig. 4.

5 F R E QU E N C Y A NA LY S I S ( I I )

Knowing that the rotation frequency of HD 99563 is near 3.975
µHz, we can now determine a final multifrequency solution for the
pulsation data under the assumption of the OPM. We first exam-
ine the variations in the frequency domain near 1550 µHz. The
spacings within all the frequencies already detected in this range
are consistent with this rotation frequency and thus belong to the
same multiplet. We therefore searched for possible further multiplet
components in the residual amplitude spectra that have S/N > 3.5.
We indeed detected a peak near f 5 = 1569.6 µHz that is consistent
with this splitting and has S/N = 3.6. Adding this signal to the four
previously detected, we find a symmetrical series of peaks centred
on f 4 = 1557.6 µHz, for which we show a schematic graphical
representation in Fig. 5.
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Figure 4. Mean UBVRI light variations of HD 99563 phased with a period
of 2.91179 d. One and a half rotation cycles are shown. The solid line is the
single-frequency fit from Table 3.

Figure 5. The frequency quintuplet detected in the light curves of
HD 99563.

We can now derive a final frequency solution. To this end, we have
started with the frequencies from the preliminary solution in Table 2,
added f 5 and fitted these 10 signals to the data. During this process,
we fixed the signal frequencies to equal splitting, using a starting
value of 3.9749µHz, and we also demanded that harmonics occurred
at exactly twice the ‘parent’ frequency within PERIOD98. With this
procedure, not only do we determine final frequency values, but also
we reduce the number of free parameters in the fit to a minimum.
This should guarantee the most reliable and most stable frequency
solution, and the rotation frequency will also be determined most

Table 4. Final multifrequency solution for our B filter data of the roAp star
HD 99563, again with error estimates from Montgomery & O’Donoghue
(1999); errors on frequencies and amplitudes are given in Table 2. Pul-
sation phases are with respect to pulsation amplitude maximum at HJD
245 2031.29627.

ID Frequency B amplitude Phase
(µHz) (mmag) (rad)

ν = f 4 1557.6530 0.29 +2.63 ± 0.09
ν−1 = f 4 − f rot 1553.6779 2.67 +2.87 ± 0.01
ν+1 = f 4 + f rot 1561.6281 1.82 +2.83 ± 0.01
ν−3 = f 4 − 3 f rot 1545.7276 0.45 +2.82 ± 0.06
ν+3 = f 4 + 3 f rot 1569.5784 0.18 +3.00 ± 0.15
2ν 3115.3060 0.32 −1.03 ± 0.08
2ν−1 3107.3557 0.25 −0.27 ± 0.10
2ν+1 3123.2562 0.17 −0.76 ± 0.16
2ν + f rot 3119.2811 0.15 −0.51 ± 0.18
2ν − 4 f rot 3099.4055 0.13 +0.55 ± 0.21
f rot 3.9751

accurately this way. The final result of our frequency analysis can
be found in Table 4.

The splitting between the rotationally split components of the
pulsation mode of HD 99563 is 3.9751 ± 0.0003 µHz, which is
the same as half the frequency of the mean light variations within
the errors. Because we know that this splitting corresponds to the
rotation frequency, we can fix the latter by averaging the two results
into 3.9749 ± 0.0001 µHz, corresponding to a rotation period of
2.91179 ± 0.00007 d.

The referee has noted that relative phases of the first-order com-
bination frequencies [φ(2ν) − 2φ(ν) = 0.01 ± 0.20; φ(2ν−1) −
2φ(ν−1) = −0.27 ± 0.10; φ(2ν+1) − 2φ(ν+1) = 0.14 ± 0.16]
are consistent with zero. This is an indication that the frequencies
around 3115 µHz are indeed the first harmonics of the main pulsa-
tional signals near 1557 µHz.

6 D I S C U S S I O N

The pulsational light variations of HD 99563 are the result of a
single pulsation mode at a frequency of 1557.6530 µHz. Because
of the rotation of the star with a period of 2.91179 d, we see it at
different aspect during the rotation cycle, which gives rise to an
equally spaced frequency triplet. Two more multiplet components
separated by three times the rotation frequency were also detected.
These are an indication that the pulsation mode of HD 99563 is not
a pure dipole, but is distorted by the effect of its magnetic field.

To examine the nature of this pulsation mode, we first need to
know the inclination of the stellar rotation axis to the line of sight,
which in turn requires an estimate of the stellar radius. Consequently,
we first infer the star’s position in the HR diagram.

HD 99563 is a visual binary with a secondary component 1.2 mag
fainter at a distance of 1.79 arcsec (Fabricius & Makarov 2000).
Thus, photoelectric photometric observations of the system will in-
clude the secondary, which contributes 1/4 of the total light. (This
also means that the amplitudes of the photometric variations we
discuss here must be increased by one-third to give intrinsic val-
ues.) The Tycho-2 photometry of the two components (Fabricius
& Makarov 2000) transformed to the standard Johnson system by
using the relations by Bessell (2000) gives V = 8.72, (B–V) = 0.20
for HD 99563A and V = 9.91, (B–V) = 0.285 for HD 99563B.
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These values suggest that the two components could be physically
associated.

The Hipparcos parallax of the system (ESA 1997) is 4.27 ± 2.02
mas. The galactic reddening law by Chen et al. (1998) then results
in Av = 0.010 ± 0.002. Therefore, we obtain M v = 1.9+0.8

−1.4 for HD
99563A and M v = 3.1+0.8

−1.4 for HD 99563B. Because of the large
uncertainty of the Hipparcos parallax, we cannot therefore obtain a
radius estimate of HD 99563A with sufficient accuracy, but we can,
using also the (B –V) estimated above, point out that HD 99563B
is located inside the δ Scuti instability strip and may therefore also
show pulsations. However, our check for low-frequency variability
did not detect these.

To estimate the effective temperature of HD 99563 we can ap-
ply the calibration by Moon & Dworetsky (1985), who use the
Strömgren Hβ index as a temperature indicator. None of the other
Strömgren indices is suitable for basic parameter determination of
chemically peculiar A stars because of heavy line blanketing. The
measured H β value for HD 99563AB is 2.830 (Olsen & Perry 1984).
With the V magnitude and (B–V) colour differences given above,
combined with the standard relation by Crawford (1979), we can
determine H β = 2.844 for HD 99563A and H β = 2.785 for HD
99563B. The calibration by Moon & Dworetsky (1985) then gives
Teff ∼ 8050 K for HD 99563A and Teff ∼ 7400 K for HD 99563B.

Elkin et al. (2005) performed a spectral analysis of HD 99563,
which resulted in Teff = 7700 K, log g = 4.2 and [M/H ] = 0.5
for the roAp star. We assume a generous Teff = 7900 ± 300 K and
that HD 99563A is still on the main sequence, i.e. log g = 4.15 ±
0.2. Consequently, we estimate that R = 1.9+0.6

−0.4 R�. The projected
rotational velocity of HD 99563A is 28.5 ± 1.1 km s−1 (Elkin et al.
2005). Combined with the rotation period determined before, we
then derive i = 60+30

−19 degrees, a poor constraint. However, this also
implies R � 1.58 R�.

As a final attempt to derive the basic parameters of HD 99563A,
we assumed that HD 99563B is a physical companion. As a result
of the wide separation of the two components, they would have
evolved independently from each other. The goal now is to find
two stellar models that have effective temperatures as determined
above (for reasons of consistency, we take the photometric values for
both stars), which have the same age, and the observed magnitude
difference of HD 99563A and HD 99563B.

We used the Warsaw–New Jersey stellar evolution code (see, for
example, Pamyatnykh et al. 1998, for a description) to find such
a pair of models. We computed stellar evolutionary tracks in the
range between 1.5 and 2.2 M� for Z = 0.02. We indeed found
two models that satisfy the observational constraints. They have
masses of 2.03 M� (HD 99563A) and 1.585 M� (HD 99563B),
luminosities of 21.6 and 7.1 L�, respectively, and ages of 620 Myr.
The model for HD 99563A has a radius of 2.38 R�, which then
implies i = 43.◦6 ± 2.◦1. The internal accuracy of this method is
high; changing the secondary mass by only ±0.01 M� already
cannot reproduce the observations within the errors.

For the purpose of further discussion, we assume i = 44◦. We can
now apply the OPM, which predicts

A+1 + A−1

A0
= tan i tan β (1)

(Shibahashi 1986), where Ar are the amplitudes of the rth rotational
sidelobes, i is the inclination of the stellar rotational axis to the line of
sight and β is the magnetic obliquity. From the amplitudes in Table
4, we obtain tan i tan β = 15.5 ± 1.5, and hence β = 86.◦4 ± 0.◦3.
This is a perfectly reasonable result given the relative amplitudes in
the central frequency triplet.

Within the framework of a regular perturbation treatment,
Shibahashi & Takata (1993) derived an expected amplitude ratio

A3 + A−3

A2 + A−2
= 1

6
tan i tan β, (2)

which is consistent with our observational data that lead to a null
result when searching for the ν 2 and ν−2 components of the stellar
pulsation mode.

We further examine the distorted dipole mode of HD 99563 by ap-
plying the axisymmetric spherical harmonic decomposition method
by Kurtz (1992), which is based on the theory by Shibahashi &
Takata (1993), to our data. This technique breaks the magnetically
distorted mode up into its pure � = 0, 1, 2, . . . spherical harmonic
components and consequently allows us to infer the shape of the
mode. We applied the method to our frequency solution (Table 4),
assuming zero amplitude for the unobserved ν−2, ν+2 components
of the mode. The result is given in Tables 5 and 6.

From the values in Table 5 it can be seen that the mode of HD
99563 is dominated by the dipole component, which is reasonable
as the magnetic fields in Ap stars are predominantly dipoles. The
contribution of the � = 0 and � = 2 terms to the mode are fairly
small, but the � = 3 component does have some influence. Table 6
shows that the observations are quite well reproduced by our fit. It
would be interesting to see whether the theory by Saio & Gautschy
(2004) is capable of reproducing our results.

We can now check how well our model reproduces the observed
pulsational amplitudes and phases over the stellar rotation cycle.
To this end, we subdivided the time series into pieces some four to
five pulsation cycles long and determined the amplitudes and phases
for the 1557.653-µHz variation within these subsets. The spherical
harmonic decomposition method by Kurtz (1992) yields a fit to the
amplitude/phase behaviour over the rotation cycle, and we show it
together with the data in Fig. 6.

Table 5. Components of the spherical harmonic series description of the
pulsation mode of HD 99563 for i = 44◦, β = 86.◦4.

� 0 1 2 3

A(�)
−3 (mmag) 0.450

A(�)
−2 (mmag) 0.158 0.158

A(�)
−1 (mmag) 3.405 0.037 −0.699

A(�)
0 (mmag) 0.237 0.376 −0.093 0.042

A(�)
+1 (mmag) 2.372 0.028 −0.524

A(�)
+2 (mmag) 0.088 0.088

A(�)
+3 (mmag) 0.180

φ(�) (rad) 0.024 2.859 −0.322 2.820
C n� 
/K mag 0.107 0.020 0.010

Table 6. Comparison of the observed amplitudes and phases of the distorted
dipole pulsation mode of HD 99563 and our spherical harmonic fit.

ID Aobs Acalc φobs φ calc

ν 0.29 ± 0.03 0.29 +2.63 ± 0.09 +2.63
ν−1 2.67 ± 0.03 2.67 +2.87 ± 0.01 +2.87
ν+1 1.82 ± 0.03 1.82 +2.83 ± 0.01 +2.87
ν−2 0.00 (assumed) 0.00 – N/A
ν+2 0.00 (assumed) 0.00 – N/A
ν−3 0.45 ± 0.03 0.45 +2.82 ± 0.06 +2.82
ν+3 0.18 ± 0.03 0.18 +3.00 ± 0.15 +2.82
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Figure 6. Pulsational amplitudes and phases relative to a rotation period
of 2.91179 d. Phase zero corresponds to pulsation amplitude maximum, and
one and a half rotation cycles are shown. The line is a fit computed with the
Kurtz (1992) spherical harmonic decomposition method.

We can see that both magnetic (pulsation) poles are actually in
view for approximately the same amount of time; the relative frac-
tions are 53 and 47 per cent. This is also the reason why it was so
difficult to determine the rotation period of the star; the pulsations
as well as the mean light variations are almost symmetrical along
the rotation period.

The fitted curves reproduce the observations fairly well, with one
exception: the pulsation amplitude is overestimated for the pole that
is for a shorter time in the line of sight, whereas the amplitude is
underestimated for the other pole. The harmonic frequencies cannot
be made responsible for this, because they do not affect the first-
order amplitudes analysed here. Consequently, we believe that the
poor fits near the pulsation amplitude maxima could be a result of
presently undetected additional multiplet components of the pulsa-
tion mode; the amount of overfitting and underfitting can be fully
explained with the noise level in our residual amplitude spectrum.

7 C O N C L U S I O N S

Our photometric multisite observations of the roAp star HD 99563
resulted in the detection of a frequency quintuplet which is due
to a single distorted dipole pulsation mode. The splitting within
this frequency quintuplet together with our mean light observations
and published magnetic measurements allowed us to determine the
stellar rotation period as 2.91179 ± 0.00007 d. Within the errors,
the mean light extrema occur in phase with the pulsation amplitude
maximum, suggesting that the abundance spots on HD 99563 should
be fairly concentric around its magnetic poles.

To our knowledge, HD 99563 is only the fourth roAp star where
both magnetic poles become visible throughout a rotation cycle
– the others are HR 3831 (see, for example, Kurtz et al. 1993),

HD 6532 (e.g. Kurtz et al. 1996) and HD 80316 (e.g. Kurtz et al.
1997) – and it is only the third whose pulsational mode distortion
has been quantified. In this context it is interesting to note that the
observational features of HD 99563 are in many aspects similar to
another roAp star, the well-studied HR 3831 (e.g. Kurtz et al. 1993;
Kochukhov 2004): their geometrical orientations, rotation period
and effective temperatures are alike. Only the pulsation period of
HD 99563 is some 10 per cent shorter, and the phases of its first-
order combination frequencies are more consistent with them being
harmonics. It would thus be very interesting to compare these two
objects in detail.

This would however require more in-depth studies of HD 99563.
Its basic parameters are still poorly known; the radius we have in-
ferred is based on the assumption that the visual companion is phys-
ical, which needs to be checked. If HD 99563A and HD 99563B
were a physical pair, then the separation of the components is too
wide for motion around a common centre of mass to be determined
in a reasonable period of time. However, common proper motion
may be detectable within a few years.

The most efficient way to pin down the radius of the roAp star
would perhaps come from a combination of magnetic and polariza-
tion measurements (Landolfi et al. 1997). With that, the inclination
i and the magnetic obliquity β can be constrained, and given the ac-
curate rotation period and v sin i already available, a fairly accurate
radius could be obtained.

There are several other possibilities that make HD 99563 inter-
esting for future observations. As already argued by Elkin et al.
(2005), the star is a very attractive target for pulsational radial ve-
locity measurements. Given the high amplitude of the mean light
variations of the star and its favourable geometry, Doppler imaging
of its surface should also be within reach. Finally, we have evidence
that we have not yet deciphered the full pulsational content of the
star’s light curves. Another multisite campaign, aiming at obtaining
>200 h of observations on 1-m class telescopes would therefore
also be justifiable. As we have pointed out, HD 99563B is located
within the δ Scuti instability strip and should therefore also be tested
for pulsations, with more suitable means than ours.
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ABSTRACT
HR 1217 is one of the best-studied rapidly oscillating Ap (roAp) stars, with a frequency
spectrum of alternating even- and odd-� modes that are distorted by the presence of a strong,
global magnetic field. Several recent theoretical studies have found that within the observable

�E-mail: dwkurtz@uclan.ac.uk
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atmospheres of roAp stars the pulsation modes are magneto-acoustic with significant frequency
perturbations that are cyclic with increasing frequency. To test these theories a Whole Earth
Telescope extended coverage campaign obtained 342 h of Johnson B data at 10-s time resolution
for the roAp star HR 1217 over 35 d with a 36 per cent duty cycle in 2000 November–December.
The precision of the derived amplitudes is 14 µmag, making this one of the highest precision
ground-based photometric studies ever undertaken. Substantial support has been found for the
new theories of the interaction of pulsation with the strong magnetic field. In particular, the
frequency jump expected as the magnetic and acoustic components cycle through 2π rad in
phase has been found. Additionally, comparison of the new 2000 data with an earlier 1986
multisite study shows clear amplitude modulation for some modes between 1986 and 2000.
The unique geometry of the roAp stars allows their pulsation modes to be viewed from varying
aspect with rotation, yielding mode identification information in the rotational sidelobes that
is available for no other type of pulsating star. Those rotational sidelobes in HR 1217 confirm
that two of the modes are dipolar, or close to dipolar; based on the frequency spacings and
Hipparcos parallax, three other modes must be either � = 0 or 2 modes, either distorted by the
magnetic field, or a mix of m-modes of given � where the mixture is the result of magnetic and
rotational effects. A study of all high-speed photometric Johnson B data from 1981 to 2000
gives a rotation period P rot = 12.4572 d, as found in previous pulsation and photometric studies,
but inconsistent with a different rotation period found in magnetic studies. We suggest that
this rotation period is correct and that zero-point shifts between magnetic data sets determined
from different spectral lines are the probable cause of the controversy over the rotation period.
This WET data set is likely to stand as the definitive ground-based study of HR 1217. It will
be the baseline for comparison for future space studies of HR 1217, particularly the MOST
satellite observations.

Key words: stars: individual: HR 1217 – stars: magnetic fields – stars: oscillations – stars:
variables: other.

1 I N T RO D U C T I O N

The rapidly oscillating Ap (roAp) stars have been observed photo-
metrically since their discovery by Kurtz (1982) over 20 years ago.
Frequency analyses of their light curves have yielded rich astero-
seismic information on the degrees of the pulsation modes, distor-
tion of the modes from normal modes, magnetic geometries and
luminosities. The latter, in particular, are derived asteroseismically
and agree well with Hipparcos luminosities (Matthews, Kurtz &
Martinez 1999).

New theoretical work on the interaction of pulsation with both
rotation and the magnetic field by Bigot & Dziembowski (2002)
has presented an entirely new look at the oblique pulsator model of
these stars: they find that the pulsation axis is inclined to both the
magnetic and rotation axes, and the pulsation modes are complex
combinations of spherical harmonics that result in modes that, in
many cases, can be travelling waves looking similar to (but are not
exactly) sectoral m-modes. Bigot & Kurtz (2005) have shown that
the improved oblique pulsator model of Bigot & Dziembowski ob-
tains rotational inclination and magnetic obliqueness for the roAp
star HR 3831 that are in agreement with those found from a mag-
netic studies by Bagnulo, Landolfi & degl’Innocenti (1999); how-
ever, Kochukhov (2004) finds a different magnetic and pulsation ge-
ometry for HR 3831 that is in good agreement with the old oblique
pulsator model and is inconsistent with the Bagnulo et al. (1999) ge-
ometry. Further magnetic studies should differentiate between these
two models.

In a similar study to that of Bigot & Dziembowski, Saio &
Gautschy (2004) find modes that are aligned with the magnetic
axis and are distorted by the magnetic field so that they cannot be
described by single spherical harmonics; they note that horizontal
motion can be comparable to vertical motion for these modes. It
is the unique geometry of the pulsation modes in roAp stars that
allows us to examine their non-radial pulsation modes from varying
aspect as can be done with no other type of star.

1.1 High-resolution spectroscopy of roAp stars

The spectra of many roAp stars show a strong core–wing anomaly
in the hydrogen lines, particularly the Hα line (Cowley et al. 2001;
Kochukhov, Bagnulo & Barklem 2002). This indicates abnormal
atmospheric structure, as does the fact that consistent abundances
for the second and third ionization states of rare-earth elements, par-
ticularly Nd and Pr, cannot be found for these stars (Ryabchikova
et al. 2002). Until atmospheric models can be found that solve these
problems, caution is called for, but new high-resolution spectro-
scopic results for roAp stars suggest vertical stratification of some
ions, particularly the rare earths, and they show the short vertical
wavelength of the pulsation modes. It must also be cautioned that
there are known horizontal abundance variations with concentration
of rare-earth elements towards the magnetic poles. See, for example,
studies of γ Equ (HD 201601) (Kochukhov & Ryabchikova 2001a),
HD 166473 (Kurtz, Elkin & Mathys 2003), α Cir (Baldry et al.
1999; Kochukhov & Ryabchikova 2001b; Balona & Laney 2003),
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HR 3831 (Baldry & Bedding 2000; Kochukhov & Ryabchikova
2001b), HR 1217 (Balona & Zima 2002; Sachkov et al. 2004) and
33 Lib (HD 137949) (Mkrtichian, Hatzes & Kanaan 2003; Kurtz,
Elkin & Mathys 2005). The results of these studies are plausibly
interpreted in terms of vertical resolution of the pulsation mode
structure in the atmospheres of these stars, possibly with stratifica-
tion of some ions. In general, Fe lines originate near a radial node
around an optical depth of τ 5000 = 1 with little or no radial velocity
variations seen; the core of the Hα line forms higher in the atmo-
sphere and shows radial velocity variations with amplitudes up to
several km s−1; lines from the first and second ionization states of
the rare earths Pr and Nd arise from a thin layer around an opti-
cal depth of τ 5000 = 10−3 and can also show amplitudes of several
km s−1.

The spectroscopic studies have thus allowed the beginning of a
three-dimensional resolution of the pulsation modes, with the ver-
tical stratification giving depth information, and the rotation of the
oblique mode providing information on the surface geometry of the
modes. While these spectroscopic tools are very powerful, they de-
mand high spectroscopic resolution, high time resolution and high
signal-to-noise ratio (S/N) – requirements that can only be met with
large telescopes and optimized high-resolution spectrographs. It is
thus not possible at present to study in detail the frequencies of many
roAp stars spectroscopically because of the need for high duty cycle
data sets over extended periods of time.

1.2 Photometry and asteroseismology of HR 1217

To obtain the frequencies that are the basic input data for astero-
seismology it is thus necessary to observe roAp stars in multisite
ground-based campaigns, as we report in this paper for the Whole
Earth Telescope (WET) extended coverage campaign (Xcov20) on
the roAp star HR 1217 (DO Eri; HD 24712), or to observe them from
space with dedicated asteroseismic satellites. The first of these satel-
lites, MOST , was launched on 2003 June 30 and observed HR 1217
for 30 d during 2004 November–December. Hence the discoveries
in this work will provide a baseline to compare with the MOST
results. The data set analysed in this paper from Xcov20 will be
referred to throughout the rest of this paper as the ‘2000 data’.

Of the 34 known roAp stars, HR 1217 is one of the best-studied.
This star, discovered to be a pulsator by Kurtz (1982), was investi-
gated with an extensive global campaign in 1986 (Kurtz et al. 1989).
A key result from that data set (which we will refer to in this paper
as the ‘1986 data’) was a list of six principal pulsation frequencies,
five of which had alternating spacings of 33.4 and 34.5 µHz, the
sixth of which was separated by a then inexplicable 50 µHz from
the fifth frequency.

The asymptotic frequency spacing, ν 0 – known as the ‘large spac-
ing’, is a measure of the sound crossing time of the star, which in
turn is determined by the mean density and radius of the star. With
a typical mass of Ap stars of approximately 2 M�, ν 0 reflects the
radius of the star, with ν 0 scaling as R−3/2. In the asymptotic limit,
the number of nodes in the radial direction, n, is much larger than
the spherical degree �. Assuming adiabatic pulsations in spherically
symmetric stars the pulsation frequencies are

νn,� = ν0(n + �/2 + ε) + δν,

where ε is a (small) constant (Tassoul 1980, 1990) and δν, the ‘small
spacing’, is a measure of the age of the star as it is sensitive to the cen-
tral condensation, hence the core H mass fraction. Without precise
identification of the degree (�) of the pulsation modes, asymptotic
theory allows the frequency spacing to be uncertain by a factor of

2, depending on whether modes of alternating even and odd � are
present (producing modes separated by ν 0/2 in frequency), or only
modes of the same � with consecutive values of n.

The results of the 1986 campaign were inconclusive as to whether
ν 0 was 68 or 34 µHz. Fortunately, the ambiguity could be resolved
by a precise determination of the luminosity of the star. If ν 0 were
34 µHz, then the radius of HR 1217 would be large enough that it
would be far removed from the main sequence (i.e. more evolved)
and therefore more luminous (Heller & Kawaler 1988). Matthews
et al. (1999) used the Hipparcos parallax measurement to place
HR 1217 unambiguously close to the main sequence, thus deter-
mining that ν 0 is indeed 68 µHz. This deepened the ‘mystery of
the sixth frequency’, lying 3

4 ν0 higher than the fifth frequency. It is
easy to see from the above asymptotic frequency relation that there
is no clear theoretical explanation for this spacing using the above
asymptotic relation.

That asymptotic frequency spacing is valid only for linear adia-
batic pulsations in spherically symmetric stars. However, the mag-
netic field, the chemical inhomogeneities and rotation all contribute
to breaking the spherical symmetry in roAp stars. It is therefore
important to know the effects that these deviations from spherical
symmetry have on the theoretical frequency spectra of roAp stars,
before comparing those with the observed frequency spectra. The ef-
fects of the chemical inhomogeneities have been discussed recently
by Balmforth et al. (2001), but those will not concern us further here.
The effects of the magnetic field on the oscillations of roAp stars
(Dziembowski & Goode 1996; Bigot et al. 2000; Cunha & Gough
2000; Saio & Gautschy 2004), and the joint effect of rotation and
magnetic field (Bigot & Dziembowski 2002), have been determined
by means of a singular perturbation approach. While generally the
magnetic field effect on the oscillations is expected to be small,
Cunha & Gough (2000) found that at the frequencies of maximal
magneto-acoustic coupling, the latter is expected to become signif-
icantly large, resulting in an abrupt drop of the separation between
mode frequencies.

The observational consequence of the results of Cunha & Gough
(2000) suggested that we should see equally spaced modes in roAp
stars with an occasional mode much closer to its lower-frequency
counterparts. More recently, Cunha (2001) suggested that the expla-
nation of the strange separation between the last two modes observed
in HR 1217 in the 1986 data could rest on the occasional abrupt de-
crease of the large separations predicted by Cunha & Gough (2000).
For this prediction to hold, she argued that the observations of Kurtz
et al. (1989) must have missed detecting a mode at a frequency
34 µHz higher than that of the fifth mode they observed. She pre-
dicted that new, more precise measurements would find this ‘missing
mode’ if the Alfvénic losses were not large enough to stabilize it.
Detailed re-examination of the 1986 data shows no peak at the key
position approximately 33 µHz above ν 5 at the ∼0.1-mmag level.

In the preliminary analysis of the 2000 data we (Kurtz et al. 2002)
found that missing mode, giving support to the theory of Cunha. In
this paper we have analysed the data in far more detail and report in
Section 4 that the new mode is in fact a pair of modes separated by
2.6 µHz, a value that is potentially the small spacing, δν. The small
spacing has not been unambiguously determined for any roAp star.
One of the pair of new modes fits the alternating 33.4, 34.5 µHz
spacing of the first five modes, and is now separated by nearly
precisely 1

4 ν0 from the highest detected frequency. The theoretical
importance of this new result will be discussed in Section 4.

We also report in Section 4.1 significant amplitude modulation of
some of the modes between the 1986 and 2000 data sets, particularly
for the frequencies now identified in this paper as ν 3 and ν 4, but also
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for the newly discovered frequencies, ν 7 and ν 8. This explains why
these frequencies were not seen in the 1986 data set – they were
below the noise level for that data set, but grew to larger, detectable
amplitudes in the Xcov20 2000 data set. Interestingly, we find that
the total power for all observed modes is the same in the 1986
and 2000 data sets, even though there have been significant shifts
of amplitude between modes, suggesting that the total pulsational
energy may be conserved. This is the first time that an roAp star
has been observed in enough detail with independent studies to
determine this, and it is an important discovery to test against the
upcoming MOST satellite data set, which will have far higher S/N
ratio.

1.3 Astrophysical data for HR 1217

One of the strengths of studying HR 1217 is that there is a wealth
of astrophysical information known about it. Its parallax was de-
termined by Hipparcos giving a luminosity of L = 7.8 ± 0.7 L�
(Matthews et al. 1999). As mentioned earlier, the atmospheres of the
most peculiar of the roAp stars show a strong core–wing anomaly
(Cowley et al. 2001) in the H lines indicating an extremely abnormal
temperature–depth structure to their atmospheres. HR 1217 has this
core–wing anomaly. A first attempt at self-consistent atmospheric
models that can account for the core–wing anomaly has been made
(Kochukhov et al. 2002), but it is not yet even possible to model the
Balmer lines fully. The effective temperatures of the roAp stars are
thus notoriously difficult to determine. Nevertheless, various photo-
metric and spectroscopic studies conservatively give T eff ≈ 7300 ±
200 K.

The magnetic field has been studied extensively over the years
(Preston 1972; Mathys 1991; Bagnulo et al. 1995; Mathys & Hubrig
1997; Leone, Catanzaro & Catalano 2000; Wade et al. 2000).
Bagnulo et al. found from broad-band linear polarimetry a polar
field strength of approximately 3.9 kG, a rotational inclination of
i = 137◦ and a magnetic obliquity of β = 150◦. The errors on these
values are uncertain, but they give us a starting point to discuss the
geometry of the pulsation modes.

The rotation period has been controversial, with some (but not
all) studies of the magnetic field finding P rot = 12.4610 d and other
studies of the magnetic field, the photometric variations and, par-
ticularly, the pulsation finding P rot = 12.4572 d. We discuss this
problem in detail in Section 4.3 where we find that the pulsation
data are definitely best-fitted with P rot = 12.4572 d.

The rotational sidelobes are the key to mode identification in the
roAp stars, within the oblique pulsator model (Shibahashi & Takata
1993; Takata & Shibahashi 1995), the improved oblique pulsator
model (Bigot & Dziembowski 2002) and the new theory of Saio
& Gautschy (2004). We discuss these sidelobes in detail in Section
4.2 where we find they are unchanged between the 1986 and 2000
data sets, and that ν 2 and ν 4 seem to be dipole, or dipole-like modes.
Arguments from standard A-star models and the frequency spacings
suggests that the even-� modes are probably distorted radial modes,
but distorted quadrupole modes cannot be ruled out.

Pulsational radial velocity variations were discovered by
Matthews et al. (1988) and have been studied in more detail recently
by Balona & Zima (2002) who find rotationally modulated pulsa-
tional radial velocity variations that are consistent with the known
photometric frequencies. As discussed above, there is a wealth of
information in high-precision radial velocity studies of roAp stars.
For HR 1217, with its multiple frequencies spaced by ∼3 d−1, fur-
ther progress in this field will need a multisite, 8-m-class telescope
campaign. One continuous run of 24 h is all that is needed, so this

is possible – especially as HR 1217 at δ = −12◦ is accessible from
both hemispheres.

1.4 The importance of the asteroseismic study of HR 1217

HR 1217 is important for both the study of roAp stars and for as-
teroseismology in general. Cunha, Fernandes & Monteiro (2003)
have recently performed seismic tests of the structure of HR 1217.
They find that the interior chemical composition has more effect on
the theoretical oscillation spectrum than does convection and over-
shooting. Models with lower abundances of heavy elements in the
interior and increased helium come closer to matching the observed
frequencies, but they have difficulty finding a plausible model that
can yet reproduce the seismic observations of HR 1217. Even though
their theoretical predictions can be reconciled with the observations,
when the uncertainty in the radius is accounted for, the fact that a
systematic shift is found between predicted and observed large sep-
arations when different roAp stars are considered (Matthews et al.
1999) might indicate that something is still missing in the theoretical
models.

Cunha et al. (2003) emphasize that one important aspect that is
not yet well understood is the way in which waves are reflected near
the surface of these stars. They argue that if the process of reflection
of high-order modes in HR 1217 is frequency dependent, then the
large separations could be different from those obtained in their
work. Observationally, the complexity of the reflective boundary
layer can now be seen for the roAp star 33 Lib (Kurtz et al. 2005).
A theory that takes into account the magneto-acoustic nature of
the waves near the surface of these stars should be used in order
to improve the current models. Thus, the present observations can
contribute to the follow-up of this work, not only because of the
improvements that they bring to the power spectrum of HR 1217,
but also because of their possible contribution to our understanding
of the magnetic field of this star.

In this paper we report the frequency analysis of 342 h of high-
speed photometry spanning 35 d with a duty cycle of 36 per cent.
The resulting amplitude spectra have noise peaks no higher than
80 µma,1 and least-squares errors in amplitude of only 14 µma,
making this one of the highest precision photometric studies ever
undertaken. As outlined in this introduction, we have learned much
concerning HR 1217 from WET Xcov20. We have also learned again
how complex the roAp stars are. WET Xcov20 is likely to stand
as the definitive ground-based study of this star. This is the study
that will provide the basis of comparison for higher precision space
asteroseismic studies.

2 O B S E RVAT I O N S

WET Xcov20 began on 2000 November 6 and continued for
35 d. Table 1 lists the individual observing runs used in this anal-
ysis. Many other runs on marginally photometric nights were re-
jected because of the demand for very high precision necessary
for this study; some other runs were rejected because of equip-
ment problems with particular telescopes in the network. In total

1µma denotes micromodulation amplitude and mma denotes millimodula-
tion amplitude. These are in units of 10−6 and 10−3 of the intensity vari-
ation. For amplitudes as low as these they are equal to −1.087 µmag and
−1.087 mmag, respectively. We use µma and mma throughout this study
of the Whole Earth Telescope data newly presented here, but use µmag and
mmag for older data where those were the units used in those studies.
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Table 1. Observing log of high-speed photometry of HR 1217 from the Whole Earth Telescope Extended Coverage Campaign 20 (WET Xcov20). Columns 2
and 3 list the UT starting date and time of each run. Data were taken with 10-s integrations and then averaged to 40-s integrations; columns 4–6 list the number of
40-s integrations after bad points were removed, the duration of the run in hours and the standard deviation per point of the data in that run after low-frequency
sky transparency variations were removed. The BJED start and finish times are for the 40-s integrations that were used in the analysis; in general the first few
observations in a run were sky, so the BJED of the first point does not correspond precisely to the UT start time of the run – it begins a short time later. Where the
number of points seems few for the duration of the run there are gaps in the data, usually because of cloud, but sometimes because of instrumental problems.

Run name Date UT N 
T σ BJED BJED Observatory Tel
2000 start (h) (mma) start end (m)

mdr136 November 6 02:23:30 328 4.36 1.47 1854.609 565 1854.790 931 CTIO 1.5
mdr137 November 9 01:55:20 380 4.24 0.93 1857.695 708 1857.872 444 CTIO 1.5
mdr138 November 10 01:59:50 278 3.30 1.22 1858.590 508 1858.728 008 CTIO 1.5
mdr139 November 12 02:16:00 596 6.67 1.29 1860.601 051 1860.878 945 CTIO 1.5
mdr140 November 13 01:34:30 632 7.03 1.75 1861.573 740 1861.866 795 CTIO 1.5
mdr141 November 14 01:27:40 38 0.51 2.35 1862.567 839 1862.589 019 CTIO 1.5
sa-od044 November 14 21:03:00 419 4.82 2.44 1863.383 580 1863.584 274 SAAO 1.9
mdr142 November 15 01:28:10 655 7.27 1.95 1863.567 955 1863.870 964 CTIO 1.5
sa-od045 November 15 19:20:00 597 7.03 2.43 1864.311 936 1864.604 760 SAAO 1.9
teiden01 November 16 00:42:10 317 3.65 1.36 1864.535 778 1864.687 861 OTIAC 0.8
mdr143 November 16 01:23:00 674 7.52 2.21 1864.564 713 1864.878 139 CTIO 1.5
mdr144 November 17 01:18:20 678 7.53 2.11 1865.561 007 1865.874 549 CTIO 1.5
no1700q2 November 17 07:28:00 300 3.35 2.22 1865.817 025 1865.956 608 MKO 0.6
no1700q3 November 17 12:34:20 33 0.36 2.15 1866.030 797 1866..045 843 MKO 0.6
teiden04 November 17 22:09:10 541 6.03 2.11 1866.428 944 1866.680 029 OTIAC 0.8
no1800q1 November 18 07:22:30 401 6.26 1.78 1866.824 862 1867.085 655 MKO 0.6
teiden05 November 18 22:53:20 292 3.31 1.76 1867.459 609 1867.597 341 OTIAC 0.8
sa-od047 November 18 23:29:00 128 1.44 1.77 1867.484 841 1867.545 026 SAAO 1.9
no1900q2 November 19 10:14:20 343 3.84 1.62 1867.934 491 1868.094 444 MKO 0.6
sa-od048 November 19 18:55:00 579 6.76 1.28 1868.294 557 1868.576 270 SAAO 1.9
teiden06 November 19 22:05:30 547 6.13 1.32 1868.426 269 1868.681 478 OTIAC 0.8
asm-0079 November 20 03:58:40 473 5.78 1.86 1868.673 143 1868.913 999 McD 2.1
no2000q1 November 20 07:37:00 550 6.14 1.72 1868.825 340 1869.081 243 MKO 0.6
sa-od049 November 20 18:51:00 630 7.33 1.43 1869.291 656 1869.597 096 SAAO 1.9
asm0081 November 21 09:06:10 73 0.84 1.82 1869.887 947 1869.922 900 McD 2.1
sa-m0003 November 21 19:26:50 566 6.71 1.84 1870.316 357 1870.596 044 SAAO 0.75
sa-m0004 November 22 18:28:20 669 7.64 1.97 1871.275 902 1871.594 052 SAAO 0.75
teiden08 November 22 22:07:20 143 1.62 1.82 1871.427 513 1871.494 874 OTIAC 0.8
joy-002 November 23 03:59:50 455 5.22 1.58 1871.678 668 1871..896 029 McD 2.1
no2300q1 November 23 07:15:50 423 5.52 1.39 1871.810 495 1872.040 587 MKO 0.6
pvb1123 November 23 12:15:41 105 1.20 1.32 1872.057 263 1872..107 147 PO 0.6
sa-m0005 November 23 18:11:50 83 1.10 2.59 1872.265 350 1872..311 357 SAAO 0.75
teiden10 November 23 22:05:40 482 5.45 1.86 1872.426 459 1872.653 600 OTIAC 0.8
pvb1124 November 24 12:18:40 593 6.90 1.84 1873.018 928 1873..306 543 PO 0.6
sa-m0006 November 24 18:18:00 633 7.73 1.77 1873.271 528 1873.593 693 SAAO 0.75
teiden11 November 25 02:03:30 107 1.20 2.07 1873.586 220 1873.636 336 OTIAC 0.8
no2500q1 November 25 07:03:10 593 6.66 1.84 1873.801 439 1874.078 899 MKO 0.6
teiden12 November 25 22:09:20 492 5.59 2.52 1874.428 975 1874.662 019 OTIAC 0.8
joy-012 November 26 03:55:50 363 4.07 2.00 1874.669 481 1874..839 272 McD 2.1
no2600q2 November 26 06:59:30 583 6.47 2.31 1874.798 761 1875.068 205 MKO 0.6
jxj-0124 November 26 14:14:50 340 3.79 4.42 1875.101 533 1875.259 404 BAO 0.85
sa-m0007 November 26 18:28:40 652 7.47 2.90 1875.275 952 1875.587 352 SAAO 0.75
teiden13 November 26 21:50:30 34 0.40 1.67 1875.415 880 1875..432 546 OTIAC 0.8
joy-016 November 27 04:03:00 405 4.75 3.87 1875.674 440 1875..872 241 McD 2.1
no2700q1 November 27 06:38:00 562 6.72 2.66 1875.783 813 1876.063 790 MKO 0.6
jxj-0127 November 27 13:44:10 425 4.73 2.86 1876.079 525 1876.276 747 BAO 0.85
sa-m0008 November 27 18:27:50 668 7.56 3.57 1876.275 065 1876.589 880 SAAO 0.75
teiden14 November 27 22:28:20 330 3.70 2.94 1876.442 134 1876.596 185 OTIAC 0.8
joy-020 November 28 04:04:20 134 1.54 4.19 1876.675 347 1876..739 583 McD 2.1
no2800q1 November 28 06:45:00 44 1.84 2.97 1876.791 317 1876..868 053 MKO 0.6
sa-h-046 November 28 18:54:30 606 7.33 2.64 1877.295 357 1877.600 682 SAAO 1.9
teiden15 November 28 22:01:50 494 5.50 3.09 1877.423 711 1877.652 704 OTIAC 0.8
joy-025 November 29 04:00:40 436 5.21 2.80 1877.672 780 1877..889 678 McD 2.1
no2900q1 November 29 06:41:00 589 6.76 2.52 1877.785 972 1878.067 685 MKO 0.6
sa-gh465 November 29 20:30:30 427 5.19 2.34 1878.277 628 1878.493 948 SAAO 1.9
teiden16 November 29 21:18:50 239 2.64 2.38 1878.518 308 1878.628 494 OTIAC 0.8
joy-028 November 30 01:19:10 466 5.23 2.09 1878.668 360 1878..886 069 McD 2.1
no3000q1 November 30 06:40:50 592 6.76 2.11 1878.785 719 1879.067 200 MKO 0.6
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Table 1 – continued

Run name Date UT N 
T σ BJED BJED Observatory Tel
2000 start (h) (mma) start end (m)

sa-gh466 November 30 19:30:20 140 1.67 1.16 1879.318 577 1879.388 137 SAAO 1.9
teiden17 November 30 21:17:50 404 5.92 2.03 1879.393 112 1879.639 929 OTIAC 0.8
sa-gh467 November 30 21:19:50 67 0.75 2.00 1879.394 616 1879..425 982 SAAO 1.9
sa-gh468 November 30 22:15:20 204 2.33 1.48 1879.432 926 1879.530 032 SAAO 1.9
sa-gh469 December 1 00:39:00 131 1.52 2.31 1879.532 692 1879.596 118 SAAO 1.9
sa-gh470 December 1 18:57:20 294 3.45 1.46 1880.295 983 1880.439 849 SAAO 1.9
teiden18 December 1 22:04:00 338 3.85 1.46 1880.425 147 1880.585 390 OTIAC 0.8
sa-gh471 December 1 22:30:00 310 3.65 1.56 1880.443 549 1880.595 633 SAAO 1.9
sa-gh472 December 2 18:46:50 229 2.77 1.48 1881.289 014 1881.404 523 SAAO 1.9
sa-gh473 December 2 21:38:30 356 4.31 1.22 1881.407 992 1881.587 621 SAAO 1.9
teiden19 December 2 21:46:50 125 1.38 1.90 1881.413 316 1881.470 723 OTIAC 0.8
sa-gh474 December 3 18:35:20 616 7.47 1.59 1882.281 116 1882.592 459 SAAO 1.9
sa-gh475 December 4 21:51:00 329 4.20 1.22 1883.416 385 1883.591 500 SAAO 1.9
tsm-0087 December 5 05:50:40 249 2.99 1.46 1883.749 014 1883.873 782 McD 2.1
tsm-0089 December 6 03:47:00 321 4.00 2.02 1884.663 106 1884.829 657 McD 2.1
r00-022 December 6 18:55:00 201 2.22 1.82 1885.296 998 1885.389 591 ARIES 1.0
r00-025 December 7 16:53:20 202 2.24 1.96 1886.209 392 1886.302 563 ARIES 1.0
teiden22 December 8 21:37:40 121 1.40 2.42 1887.406 650 1887.465 099 OTIAC 0.8
teiden24 December 9 21:01:50 168 1.90 2.87 1888.381 731 1888.461 013 OTIAC 0.8
teiden27 December 11 00:20:40 201 2.22 2.49 1889.526 538 1889..619 189 OTIAC 0.8

Total 341.94 35.01

The observatories are: CTIO, Cerro Tololo Interamerican Observatory, La Silla, Chile; SAAO, South African Astronomical Observatory, Sutherland, South
Africa; OTIAC, Observatorio del Teide de Instituto de Astrofisica de Canarias, Teide, Tenerife, Spain; MKO, Mauna Kea Observatory, Hawaii, USA; McD,
McDonald Observatory, Mt Locke, Texas, USA; PO, Perth Observatory, Bickley, Western Australia, Australia; BAO, Beijing Astronomical Observatory,
Beijing, China; ARIES, Aryabhatta Research Institute of Observational Sciences, Manora Peak, Naini Tal, India.

Figure 1. An example of a 1-h section of the light curve of HR 1217 with
overlapping data from SAAO (triangles) and OTIAC (circles). The excellent
agreement between the two observatories is apparent.

341.94 h of observations were analysed and are listed in Table 1.
They span 35.01 d. There was overlap between observatories for
40.65 h of the 341.94 h total, so the duty cycle for the entire run was
36 per cent = (341.94–40.65)/(35.01 × 24). The overlapping light
curves from pairs of observatories show good agreement, as can be
seen in Fig. 1.

The telescopes used range in aperture from 0.6 to 2.1 m. Data
from all sites were obtained using photoelectric photometers, with
10-s individual integrations. At Beijing Astronomical Observatory,
McDonald Observatory, Mauna Kea Observatory, State Observa-
tory at Naini Tal and Observatorio del Teide, the observers used
three-channel photometers that are functionally similar to the equip-
ment described in Kleinman, Nather & Phillips (1996). The South
African Astronomical Observatory and Perth Observatory observa-
tions were made with single-channel photometers, and the observa-
tions at CTIO with a two-channel photometer. At all sites, obser-
vations were made through a Johnson B filter, along with neutral

density filters when needed to keep the count rates below 106 s−1.
Following the procedures described in Kleinman et al. (1996), the
sky background was continuously monitored with the three-channel
instruments. At sites using two- and single-channel photometers, the
sky was obtained several times during the night at irregular inter-
vals, and then interpolated during reduction. Dead-time corrections
were measured and applied for all photometers. After bad points
were removed and the data reduced using standard procedures, low-
frequency sky transparency noise was removed by successive pre-
whitening of low-frequency peaks until the low-frequency noise
was of the same amplitude as that at higher frequencies; in gen-
eral this procedure was applied to frequencies below 0.6 mHz (i.e.
on time-scales longer than approximately 30 min), but for no run
does the low-frequency filtering affect the pulsation frequencies near
2.7 mHz. The principal reason for removing low-frequency noise is
to obtain white noise across the frequency spectrum for appropriate
estimates of least-squares errors. The 10-s integrations were co-
added to 40-s integrations to reduce the computing time and smooth
high-frequency noise in the visual inspection of the light curves.

During a WET campaign data are reduced at headquarters by a
variety of people to a high standard. Nevertheless, it is WET policy to
re-reduce all data in a campaign uniformly. This is best performed by
one person working diligently to the highest standard of precision.
In the case of Xcov20 and the HR 1217 data analysed in this paper,
all reductions were uniformly carried out by one of us (CC), and
then double-checked by another of us (DWK).

3 F R E QU E N C Y A NA LY S I S

Fourier analysis of the data listed in Table 1 was performed using a
discrete Fourier transform for unequally spaced data. Fig. 2 shows
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Figure 2. An amplitude spectrum of the entire data set showing that all of
the signal is near 2.7 mHz. The first harmonic of the unresolved frequencies
can be seen in some of the individual runs when the amplitude is highest,
but not in the entire data set.

the amplitude spectrum over the range 0–6 mHz, where it can be
seen that all of the signal is concentrated near 2.7 mHz.

In some of the individual data sets the first harmonic of the un-
resolved frequencies can be seen. Harmonics are commonly ob-
served in roAp stars, so it is no surprise to find evidence of them
for HR 1217, although they remain unexplained theoretically. Re-
cently, Kurtz et al. (2005) have found that the 4.030-mHz harmonic
in HD 137949 has a higher amplitude than the 2.015-mHz mode at
some atmospheric depths; it is clear now that the harmonics of the
modes in roAp stars can be studied in much more detail spectro-
scopically than photometrically. In any case, at the low S/N ratio
available for the harmonics for HR 1217, there is nothing useful that
we can do with them here.

In Fig. 3 we expand the region where there is signal to show the
amplitude spectrum at higher resolution. The level of the highest
noise peaks in the amplitude spectrum is approximately 80 µma
making this one of the highest precision ground-based data sets ever
obtained. The bottom panel of Fig. 3 shows the spectral window for
our 36 per cent duty cycle data set. While there is still some cross-talk
between the spectral windows of the real frequencies, it is possible
with sequential pre-whitening to extract the component frequencies
with considerable confidence.

We show some of this sequential pre-whitening in Fig. 4 for the
three highest peaks. The techniques we used were: to identify the
highest peak in the amplitude spectrum; fit the frequency of that peak
and all previously determined peaks by linear least squares to the
data with their rotational sidelobes fixed using the known rotation
frequency (from P rot = 12.4576 d – Kurtz & Marang 1987 and
Section 4.3 below); then use the non-linear least-squares method
to optimize the frequencies, and the amplitudes and phases, and to
determine formal errors on the frequencies; then to revert to the
linear least-squares method using the mode frequencies from the
non-linear least-squares fit, but again fixing the rotational sidelobes
using the known rotational frequency spacing. The frequencies of
the rotational sidelobes did not shift significantly in the non-linear
least-squares fits, but it is important to keep them at exactly the
rotational frequency spacing to examine their phases in the final
interpretation of the data, as is seen in Section 4.2 below. (From our
knowledge of roAp stars it seems a reasonable assumption that the
rotational sidelobes are spaced at the rotational frequency. Tests of
this assumption with the current data set are consistent with it.) The
data were then pre-whitened by the solution and the next highest

Figure 3. The top panel shows the amplitude spectrum for the entire data set
over the frequency range where there is significant signal. The bottom panel
shows the spectral window for the highest peak in the top panel. This has
been generated by sampling a noise-free sinusoid with the same frequency
and amplitude as the highest peak at the actual times of the observations.
The amplitude used is taken from the final determination of the frequencies
given in Table 2. The difference between the amplitudes of the highest peak
in the top panel and in the spectral window in the bottom panel gives a good
indication of the amount of cross-talk between the spectral windows of the
real frequencies. In a careful examination of both panels the presence of
the rotational sidelobes can be seen in the top panel, but not in the spectral
window in the bottom panel.

significant peak searched for. This was continued until no further
significant peaks could be extracted.

From the panels in Fig. 4 it can be seen that the duty cycle is
sufficient that crosstalk among the pulsation frequencies and their
rotational sidelobes is not a major problem. Fig. 5 shows a schematic
amplitude spectrum of the determined frequency solution and
Table 2 gives the frequencies, amplitudes, phases and formal inter-
nal errors for that solution. Eight independent pulsation modes were
found with significant first rotational sidelobes for most of them. The
second rotational sidelobes did not have amplitudes higher than the
highest noise peaks, so are not included in the solution, although for
ν 4 they are formally significant. The lowest-amplitude rotational
sidelobes fitted in Table 2 are only formally significant; as they
have amplitudes lower than the highest noise peaks, they cannot be
considered to be really detected, but the are included in the fit for
completeness and to put a limit on their possible amplitudes.

Additional peaks were found near ν 2 and ν 3 and are listed in
Table 2. Similar peaks were seen in the 1986 data (Kurtz et al.
1989) and are suspected to be caused by frequency and/or amplitude
modulation over the time-span of the data set. As can be seen in Fig. 5
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Figure 4. The upper left-hand panel shows the amplitude spectrum for the entire data set over the frequency range where there is significant signal. This is
the same as the top panel in Fig. 3 and is reproduced here for easy comparison with the amplitude spectra in the other panels; the highest peak is ν4 (where the
frequencies are labelled in order of increasing frequency; see Table 2). The upper right-hand panel shows the amplitude spectrum after the highest peak, ν4,
and its rotational sidelobes have been pre-whitened; the highest peak here is ν2. The lower left-hand panel shows the same after ν4 and ν2 and their rotational
sidelobes have been pre-whitened; the highest peak is ν3. The text explains the use of linear and non-linear least squares in the procedure. The lower right-hand
panel skips many steps to show the residuals after ν1 to ν8, their rotational sidelobes and two other significant frequencies have been pre-whitened. Note the
change of ordinate scale in the bottom right-hand panel. There is some amplitude left above the noise level. This could be caused by further, low-amplitude,
undetected frequencies; by amplitude or frequency variation over the 35-d data set; or by imperfect pre-whitening because of some cross-talk among the spectral
windows of the real frequencies.

and discussed in Section 4.1, there is clear amplitude modulation
between the 1986 and 2000 data, making it believable that small
amounts of such modulation may be detected over a 35-d time-
span. These additional peaks, named ν 2+ and ν 3− in Table 2 are not
fully resolved from the peaks they are close to, so they are quoted
to much lower precision in frequency. They should only be taken to
be indicative of additional amplitude left in the amplitude spectrum
after pre-whitening by the eight-frequency solution with rotational
sidelobes.

4 R E S U LT S

In their preliminary analysis of the Xcov20 2000 data Kurtz et al.
(2002) discovered the ‘missing’ mode in HR 1217 predicted by
Cunha (2001). The most striking new result we find here in the
analysis of the full data set is that the new frequency is actually two
modes very closely spaced. In the determination of these frequencies
we are working near the S/N ratio limit in even this outstandingly
low-noise data set, so that confirmation of our results will have to
await the analysis of the MOST data set. However, the frequencies
determined have spacings with respect to the other frequencies that
give us some confidence in their reality. We show the frequency
spacings in Table 3 and compare them to those determined in the
1986 data set, where the errors on frequency for the 1986 data are

from a new non-linear least-squares fit we have performed for those
data.

Table 3 suggests that the frequency separations are variable by up
to few tenths of a µHz. Given that it is known that there is frequency
variability in roAp stars, with an amplitude of 0.12 µHz on a 1.6-yr
time-scale in the case of HR 3831 (Kurtz et al. 1997), this variability
in the frequency separations in HR 1217 seems to be real. The cause
of this frequency variability in roAp stars is not known.

As can be seen from Table 3, and in Fig. 5, there is an alternat-
ing frequency spacing of approximately 33.4 and 34.5 µHz, con-
sistent with an interpretation of alternating even and odd �-modes,
although, for HR 1217 the modes cannot be pure spherical harmonic
modes. The spacing of ν 8−ν 6 is, within the errors, exactly half of the
33.4-µHz spacing, and the spacing of ν 7−ν 6 = 2.6 µHz is possibly
the ‘small spacing’.

Cunha (2001) suggested that in HR 1217 an optimal magneto-
acoustic coupling, associated with large energy losses, takes place
at a frequency – which we will call ν jump – lying between the last
two modes observed in the 1986 data. If this suggestion is correct,
then any mode in HR 1217 with an unperturbed frequency (i.e. the
frequency that the mode would have if there were no magnetic field)
above ν jump should have its frequency substantially reduced by the
magnetic field. As two new modes were found with frequencies
close to ν jump, namely ν 6 and ν 7, we should ask whether these new
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Figure 5. Top panel: a schematic amplitude spectrum of the adopted fre-
quency solution given in Table 2. The spacing of the rotational sidelobes is
exaggerated to make them easier to see. Bottom panel: the same for the 1986
data, again with exaggerated rotational sidelobe separations to make them
easier to see.

modes have corresponding unperturbed frequencies below or above
ν jump. The simplest interpretation, in the light of Cunha’s suggestion,
is that ν 6 is the ‘missing mode’ already referred to in her work. In
this case its unperturbed frequency is smaller than ν jump and is only
slightly changed (enlarged) by the presence of the magnetic field.
Assuming this interpretation holds, then ν 7 can either be a mode
with an unperturbed frequency very close to that of ν 6, and also
smaller than ν jump, or it can be a mode where the frequency, in the
absence of the magnetic field, would be above ν jump, but has been
greatly reduced due do the effect of the magnetic field.

In the first case, the simplest interpretation is that ν 6 and ν 7 are
modes with consecutive orders and degrees differing by two, hence
differing in frequency by the ‘small spacing’. In that case only ν 8

would have its frequency greatly reduced by the magnetic field. Un-
fortunately, the theory developed by Cunha & Gough (2000) has to
be improved before one can quantify with precision the amount by
which the frequency of ν 8 is decreased. Preliminary results (Cunha,
in preparation) indicate that modes with frequencies larger than that
at which the maximum coupling takes place have their frequencies
decreased by a fraction of the large separation, that fraction being
determined by an integral that depends on the degree of the mode
and the geometry of the magnetic field. However, in order to know
whether that fraction is the 25 per cent implied by the observations,
under this interpretation, it is necessary first to improve the theoret-
ical model.

The second possibility considered here is more interesting, in the
sense that it puts additional constraints on Cunha’s interpretation.

Table 2. The frequency solution for HR 1217.

ID ν A φ

(µHz) (mma) (rad)

ν1 − ν rot 2618.617 0.069 ± 0.014 2.42 ± 0.20
ν1 2619.546 ± 0.015 0.235 ± 0.014 2.24 ± 0.06
ν1 + ν rot 2620.475 0.106 ± 0.014 2.49 ± 0.13
ν2 − ν rot 2652.014 0.246 ± 0.014 1.09 ± 0.06
ν2 2652.943 ± 0.005 0.767 ± 0.014 1.08 ± 0.02
ν2 + ν rot 2653.872 0.209 ± 0.014 1.02 ± 0.07
ν3 − ν rot 2686.566 0.238 ± 0.015 1.18 ± 0.06
ν3 2687.495 ± 0.006 0.573 ± 0.014 0.53 ± 0.03
ν3 + ν rot 2688.424 0.241 ± 0.014 0.86 ± 0.06
ν4 − ν rot 2719.998 0.374 ± 0.014 −2.54 ± 0.04
ν4 2720.927 ± 0.003 1.176 ± 0.014 −2.77 ± 0.01
ν4 + ν rot 2721.856 0.416 ± 0.014 −2.85 ± 0.03
ν5 − ν rot 2754.402 0.196 ± 0.014 −2.27 ± 0.07
ν5 2755.331 ± 0.014 0.273 ± 0.014 −2.04 ± 0.05
ν5 + ν rot 2756.260 0.123 ± 0.014 −1.87 ± 0.11
ν6 − ν rot 2788.017 0.056 ± 0.014 1.12 ± 0.25
ν6 2788.946 ± 0.037 0.105 ± 0.014 1.23 ± 0.14
ν6 + ν rot 2789.875 0.100 ± 0.014 0.37 ± 0.14
ν7 − ν rot 2790.624 0.130 ± 0.014 0.38 ± 0.11
ν7 2791.553 ± 0.023 0.191 ± 0.014 0.26 ± 0.08
ν7 + ν rot 2792.483 0.042 ± 0.014 0.53 ± 0.34
ν8 − ν rot 2804.692 0.051 ± 0.014 1.23 ± 0.28
ν8 2805.621 ± 0.021 0.180 ± 0.014 2.44 ± 0.08
ν8 + ν rot 2806.550 0.129 ± 0.014 1.51 ± 0.11
ν2+ 2653.4 0.114 ± 0.014 2.52 ± 0.13
ν3− 2686.2 0.201 ± 0.015 0.66 ± 0.07

σ fit = 1.65 mma. t 0 = BJED2451876.93.

If the unperturbed frequency of ν 7 is above ν jump, it is necessary
to explain simultaneously the abrupt decrease in the frequencies of
two modes, namely ν 7 and ν 8. In her preliminary calculations Cunha
found that for a dipole field, the decrease in the frequency of � =
0 modes is considerably larger than the decrease in the frequencies
of � = 1 and 2 modes. Thus, with the current models, the only
combination that she found for which both ν 7 and ν 8 would have
unperturbed frequencies above ν jump requires ν 7 to be an � = 1 mode
and ν 8 to be an � = 0 mode. Moreover, this interpretation is possible
only if ν 6 has even degree, which, due to the alternation between
even and odd degrees in the power spectrum, would also imply even
degrees for ν 2 and ν 4. As the latter two modes are more likely to be
dipole modes, at the moment the interpretation that both new modes
have unperturbed frequencies below ν jump and that their frequencies
differ by an amount that is equal to the small spacing is favoured
by Cunha’s theory. We emphasize, however, that due to the strong
dependence of Cunha’s results on the geometry of the magnetic field,
this conclusion might be modified if the magnetic field geometry of
HR 1217 is not dipolar. We also note that in the work of Bagnulo
et al. (1995) the authors state that their polarimetric study cannot
distinguish between a dipolar magnetic field and one described by
a dipole plus a co-linear quadrupole, i.e. a centred dipole field, or a
displaced dipole field.

Recently, Saio & Gautschy (2004) have also studied the mag-
netic perturbations to the eigenfrequencies, and found results which
are qualitatively in agreement with those of Cunha & Gough
(2000). Rather than applying a variational principle, as Cunha &
Gough did, Saio & Gautschy expanded the solutions in sums of
spherical harmonics and determined, simultaneously, the perturbed
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Table 3. Comparison of the HR 1217 frequency spacings between the 2000 WET data and the
1986 data.

ID 
ν 
ν 

ν

2000 1986

ν2 − ν1 33.397 ± 0.016 33.268 ± 0.020 0.13 ± 0.03
ν3 − ν2 34.552 ± 0.008 34.712 ± 0.008 −0.16 ± 0.01
ν4 − ν3 33.432 ± 0.007 33.204 ± 0.007 0.23 ± 0.01
ν5 − ν4 34.404 ± 0.014 34.936 ± 0.018 −0.53 ± 0.02
ν6 − ν5 33.615 ± 0.039
ν7 − ν6 2.607 ± 0.044
ν7 − ν5 36.222 ± 0.027
ν8 − ν6 16.675 ± 0.042
ν8 − ν7 14.068 ± 0.031
2(ν8 − ν6) 33.350 ± 0.085
ν8 − ν5 50.290 ± 0.025 49.889 ± 0.029 0.40 ± 0.03
(ν2 − ν1) − (ν4 − ν3) −0.035 ± 0.018 0.04 ± 0.11
(ν3 − ν2) − (ν5 − ν4) 0.148 ± 0.016 −0.18 ± 0.11

eigenfrequencies and eigenfunctions. This expansion in spherical
harmonics had to be truncated in order to obtain the solutions, and
generally no convergence was found for the frequencies at which
the perturbation is most significant.

According to the suggestion of Cunha (2001), ν 6 lies precisely in
the frequency region where the perturbation is greatest. Thus, just
as in the case of Cunha & Gough (2000), caution should be applied
when using Saio & Gautschy’s frequency perturbations at the fre-
quencies around ν 6. Despite the existence of quantitative differences
in the absolute frequency perturbations found, the ratio between the
‘frequency jumps’ suffered by modes of different degrees is very
similar in the two works. Thus, the above discussion regarding the
interpretation of ν 6, ν 7 and ν 8 is maintained if the results of Saio
& Gautschy (2004) are used, rather than those of Cunha & Gough
(2000).

4.1 Amplitude variations between the 2000 and 1986 data sets

A question that arose in our preliminary study of the 2000 WET
data (Kurtz et al. 2002), where the ‘missing’ frequency was discov-
ered, was ‘why was this frequency not seen in the 1986 data?’ The
amplitude found by Kurtz et al. was high enough that it should have
been detected in the 1986 data, if it were there at the same ampli-
tude. It is clear from the comparison of the amplitudes in the 2000
and 1986 data sets shown in Table 4 and in Fig. 5 that significant
amplitude variability does occur for HR 1217. In particular, look at
the amplitudes of the highest peak, ν 4, the mode next to it at ν 3

and their rotational sidelobes. Their amplitudes have changed by
several tenths of an mma – much more than the amplitude of the
newly discovered frequencies now called ν 6 and ν 7. We conclude
that these newly discovered frequencies had amplitudes below the
detection limit in the 1986 data; for the 2000 data the noise level
was reduced and the amplitudes grew.

Interestingly, there is little difference in the sum of the power be-
tween the two data sets (given at the bottom of Table 4), indicating
that the total pulsational energy has possibly been conserved, but
that there has been transfer of some energy from one mode to another
– particularly, from ν 3 to ν 4. It is not possible to be certain about
this until we can characterize the modes completely, as distorted
modes of differing � have different projection factors, precluding
relating pulsation power (amplitude squared) directly to pulsation
energy. Some singly periodic roAp stars are known to have very

Table 4. Amplitude variation between the 2000 and 1986 data. Only fre-
quencies detected in both data sets are listed; i.e. only the frequencies found
in the 1986 data, all of which are also found in the 2000 data, are listed.
The values of the frequencies from the 2000 data set are given, and the
identification labels are the same as those in Table 2.

ID ν A A 
A
(µHz) 2000 1986

(mma) (mma) (mma)
±0.014 ±0.018 ±0.023

ν1 2619.546 0.235 0.193 0.042
ν2 − ν rot 2652.014 0.246 0.343 −0.097
ν2 2652.943 0.767 0.770 −0.003
ν2 + ν rot 2653.872 0.209 0.183 0.026
ν3 − ν rot 2686.566 0.238 0.442 −0.204
ν3 2687.495 0.573 1.046 −0.473
ν3 + ν rot 2688.424 0.241 0.418 −0.177
ν4 − ν rot 2719.998 0.374 0.156 0.218
ν4 2720.927 1.176 0.818 0.358
ν4 + ν rot 2721.856 0.416 0.266 0.150
ν5 − ν rot 2754.402 0.196 0.170 0.026
ν5 2755.331 0.273 0.288 −0.015
ν5 + ν rot 2756.260 0.123 0.176 −0.053
ν8 − ν rot 2804.692 0.051 0.048 0.003
ν8 2805.621 0.180 0.166 0.014
ν8 + ν rot 2806.550 0.129 0.157 −0.028
Power = A2 mma2 3.1 ± 0.5 3.2 ± 0.7 0.1 ± 0.7

stable amplitudes, such as HR 3831 (Kurtz et al. 1997) where there
has been minimal amplitude change over 18 yr of observations.
Other roAp stars, such as HD 60435 (Matthews, Wehlau & Kurtz
1987) have many more pulsation modes than HR 1217 and show sig-
nificant amplitude modulation on a time-scale of only a few days.
We conjecture that the multimode roAp stars transfer energy be-
tween modes, whereas the singly periodic stars cannot do that and
have stable amplitudes. The results in Table 4 are the first data that
can test whether total pulsation power is conserved in multimode
stars where energy exchange occurs. Great caution is called for here,
however, as so little is known concerning pulsation power stability.
A counter-example to the above suggestion is the star HD 217522
(Kreidl et al. 1991) where an entirely new frequency appeared
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between data sets in 1982 and 1989 and power does not seem to
have been conserved in a star with only two modes.

4.2 The rotational sidelobes

The oblique pulsator model (OPM) for the roAp stars (Kurtz 1982)
has been the standard interpretation for the rotational amplitude and
phase modulation for these stars since it was introduced. In this
picture the pulsation modes are axisymmetric modes aligned with
the magnetic axis which is itself inclined to the rotational axis by
an angle β. The rotational axis is inclined to the line of sight by
an angle i. The most developed theory of the standard OPM can
be found in Takata & Shibahashi (1995) and Shibahashi & Takata
(1993).

Recently, Bigot & Dziembowski (2002) have introduced the ‘im-
proved oblique pulsator model’ (IOPM) which presents a very dif-
ferent picture. They find that the centrifugal distortion of the star has
a greater effect on the pulsations than the Coriolis force, and that
the combination of rotational and magnetic effects on the pulsation
modes couples the 2� + 1 magnetic levels for each given �. In par-
ticular, for � = 1 they find three eigenmodes for which the axis of
symmetry precesses in a plane that does not generally contain the
magnetic axis.

Bigot & Kurtz (2005) find a geometry for the roAp star HR 3831
of (i , β) = (84, 7)◦ from the IOPM. This is in good agreement
with i = 90◦ ± 1◦ and β = 8◦ ± 1 found by Bagnulo et al. (1999)
from magnetic measurements. The old oblique pulsator model with
a dipole-like pulsation aligned with the magnetic axis is not plausi-
ble with this geometry. The observed semi-amplitude for HR 3831
is approximately 5 mmag in B; with this geometry, if the mode
could be seen from pole-on, then it would have a semi-amplitude of
36 mmag. This is vastly larger than the highest amplitude seen for
any of the 34 known roAp stars of 8 mmag, in the case of HD 60435,
and that is for multiple modes beating with each other. The highest-
amplitude individual modes are for HD 101065 and HR 3831 and
are approximately 5 mmag. However, Kochukhov (2004) finds a
different magnetic and pulsation geometry for HR 3831 that is in
good agreement with the old oblique pulsator model and is incon-
sistent with the Bagnulo et al. (1999) geometry. Further magnetic
studies should differentiate between these two models.

Most recently, Saio & Gautschy (2004) have looked at the interac-
tion of pulsation and the magnetic field in roAp stars and confirmed,
as first found by Dziembowski & Goode (1996), that the pulsation
modes cannot be characterized by a single spherical harmonic. They
are distorted dipole and quadrupole modes that are aligned with the
magnetic axis.

In all of these models the pulsation modes are inclined to the
rotation axis so that they are viewed at varying aspect with the

Table 5. The values of γ + and γ − that characterize the rotational amplitude modulation of the
pulsation modes.

ID Frequency γ + γ − γ + γ −
2000 1986

ν1 2619.546 0.74 ± 0.10 0.21 ± 0.12
ν2 2652.943 0.59 ± 0.03 −0.08 ± 0.04 0.68 ± 0.04 −0.30 ± 0.05
ν3 2687.495 0.84 ± 0.04 0.01 ± 0.04 0.82 ± 0.03 −0.03 ± 0.03
ν4 2720.927 0.67 ± 0.02 0.05 ± 0.03 0.52 ± 0.03 0.26 ± 0.06
ν5 2755.331 1.17 ± 0.09 −0.23 ± 0.06 1.20 ± 0.12 0.02 ± 0.07
ν6 2788.946 1.49 ± 0.27 0.28 ± 0.13
ν7 2791.553 0.90 ± 0.12 −0.51 ± 0.13
ν8 2805.621 1.00 ± 0.13 0.43 ± 0.12 1.23 ± 0.20 0.53 ± 0.14

rotation of the star. This is a unique aspect of the roAp stars that
allows their mode geometries to be studied in more detail than for
any other kind of pulsating star. The information concerning the
rotational modulation of the modes is contained in the amplitudes
and phases of the rotational sidelobes to the mode frequencies. Those
amplitudes and phases are listed in Table 2 and shown schematically
in Fig. 5. Given that there is residual amplitude in the amplitude
spectrum of the residuals to our frequency solution with highest
peaks around 80 µma (see Fig. 4), we advise caution in interpreting
the rotational sidelobes with amplitudes less than that, even though
they are formally significant.

First, we will examine the phases of the rotational sidelobes in
Table 2. We do not consider the rotational sidelobes for ν 6 and ν 7

to be significant enough to discuss further, and, as was found in the
1986 data by Kurtz et al. (1989), ν 8 seems to be a rotational doublet,
rather than a triplet – or at least it has very different amplitudes for
the rotational sidelobes. This has been found in two independent
multisite data sets (1986 and 2000), so is significant, but we do not
know the cause of it. So we will look at the rotational sidelobes for
the first five modes, ν 1 to ν 5.

The zero point of the time-scale for the frequency solution in Table
2 is t 0 = BJED2451876.93 and it was selected to set the phases of
the rotational sidelobes of ν 1 to ν 5 equal to each other. It can be
seen that the phases of the modes and their rotational sidelobes for
each of the five modes under consideration here are nearly equal, in
most cases they are not statistically significantly different within the
formal errors, and those errors neglect the cross-talk problems that
we know are still present in this 36 per cent duty cycle data set. This
near equality of the phases of the frequency triplets means that the
pulsation modes are being amplitude modulated with rotation, but
not phase modulated. This significantly simplifies the interpretation
of the rotational triplets; pure amplitude modulation is what we
expect for axisymmetric normal modes seen from varying aspect.

All of the oblique pulsator models characterize the rotational
triplets for dipole modes using two parameters. We will use the
notation of Bigot & Dziembowski in the IOPM and call these two
parameters γ + and γ −. They are:

γ + = A+1 + A−1

A0
and γ − = A+1 − A−1

A+1 + A−1
,

where A+1 and A−1 refer to the amplitudes of the higher- and lower-
frequency rotational sidelobes, respectively, and A0 refers to the
amplitude of the central frequency of the triplet. In Table 5 we
list these parameters for the all eight modes in the 2000 data and
compare them to the values found by Kurtz et al. (1989) for five of
those modes in the 1986 data. The frequencies and frequency labels
are those from the 2000 WET data set – this work. There is no
difference in the values of γ + and γ − greater than 3σ between the
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2000 and 1986 data sets, except for γ + for ν 4 which is technically
at the 4σ level, but with some cross-talk between the frequencies in
both data sets, we do not interpret that to be significant.

Kurtz et al. (1989) concluded that ν 2 and ν 4 are very nearly dipole
modes within the standard OPM, but found that the other modes
could not be purely spherical harmonic modes. Their argument came
from the fact that within the OPM

γ + = A+1 + A−1

A0
= tan i tan β.

In that model i and β are the same for a dipole pulsation mode and
a dipole magnetic field. The most recent and best values for those
parameters come from a broad-band linear polarization study by
Bagnulo et al. (1995) who find i = 137◦ and β = 150◦. Those give
γ + = tan i tan β = 0.54, close to the values of 0.59 and 0.67 found
in Table 6 for ν 2 and ν 4, hence the suggestion that those modes
are dipole pulsation modes, or at least something close to normal
dipole modes. Matthews et al. (1999) showed from Hipparcos paral-
laxes and standard A-star models that the large spacing, 
ν 0 equals
68 µHz for HR 1217, hence the modes are alternating even and odd
�-modes, or distorted alternating even and odd �-modes. Shibahashi
& Saio (1985) long ago argued from standard A-star models that
the alternating spacing seen in HR 1217 (see Fig. 5) suggests that
the even-� modes should be radial modes, rather than quadrupole
modes. Of course, those even-� modes are amplitude modulated, so
cannot be simple radial modes which would not vary with aspect,
but neither can they be quadrupole modes – they do not modulate as
expected for quadrupole modes, given the known i and β from mag-
netic measurements (see Kurtz et al. 1989). Hence the conclusion
within the standard OPM is that the even-� modes must be distorted
by the magnetic field. The values of γ + for ν 1, ν 3 and ν 5 are close
to each other in Table 5, so whatever the interpretation of them, they
can be considered to have the same mode identification – i.e. they
modulate in the same way with rotation.

The new theoretical work of Bigot & Dziembowski (2002) ad-
dresses the rotational and magnetic distortions directly; that of Saio
& Gautschy (2004) addresses only the magnetic distortion. In the
latter study the modes are truly distorted from simple spherical har-
monic modes; in the former (IOMP) the modes are still described by
spherical harmonics, but are combinations of azimuthal m-modes
for a given �. In the IOPM γ + depends on the rotational inclination,
i, the inclination of the normal of the pulsation plane to the rotation
axis, δ, and the ellipticity of the pulsation mode motion in the pulsa-
tion plane, ψ , all of which depend ultimately on the rotational and
magnetic distortions and have to be modelled.

The values of γ − are all less than unity. Within the standard
OPM (Takata & Shibahashi 1995) this suggests that the rotational
perturbation is small compared with the magnetic perturbations, as

γ − = A+1 − A−1

A+1 + A−1
= Cn��

ω
(1)mag
1 − ω

(1)mag
0

,

where the numerator is a measure of the rotational perturbation and
the denominator of the magnetic perturbation.

Within the IOPM of Bigot & Dziembowski (2002) the relative
importance of the rotational and magnetic effects is described by
the parameter

µ = ω
mag
0 − ω

mag
1

D
,

where ω
mag
0 and ω

mag
1 are the magnetic eigenfrequencies for modes

with m = 0 and 1, respectively, and D is a measure of the centrifugal
distortion. For HR 1217, with its relatively long 12.4572-d rotation
period (see Section 4.3) and strong polar magnetic field strength of

3.9 kG (Bagnulo et al. 1995), we would expect a large value of µ.
In that case, the IOPM predicts that one of modes should be nearly
aligned with the magnetic field, independently of the magnetic obliq-
uity, implying that for that mode ψ ≈ 0 and |δ| ≈ |π/2 − β|.

Having fixed the inclination of the observer, i = 137◦ (from Bag-
nulo et al. 1995), the observed values of γ ± from Table 5 lead to
the common value of δ ≈ 56◦ for both eigenmodes, ν 2 and ν 4. This
value of δ is relatively well determined with an error of approxi-
mately 2◦–3◦. The ellipticities of the modes ν 2 and ν 4 are small,
ψ ∼ 1◦–3◦. These two modes are then almost standing modes pul-
sating in the direction π/2 + δ ≈ 146◦, which is the same as that
found by Bagnulo for the inclination of the magnetic axis, within the
observational error bars. We can conclude that, from the IOPM, the
modes ν 2 and ν 4 are essentially m = 0 modes in the magnetic refer-
ence system. That these two frequencies are well represented by a
single spherical harmonic could be in contrast with the expectations
that the modes should be distorted (as found by Dziembowski &
Goode 1996; Cunha & Gough 2000; Bigot & Dziembowski 2002;
and Saio & Gautschy 2004). However, the degree of distortion de-
pends on the entire geometry, on the strength of the coupling and on
the averaging effect. For dipole modes, in particular, it is likely that
the distortion seen is very small, as the averaging by cancellation
of the higher � components over the stellar disc would be greater
than that of the � = 1 components. At present we can only say for
ν 1, ν 3 and ν 5 that if they are radial modes, then they are distorted,
as they are modulated with rotation; if they are quadrupole modes,
then further study is needed to understand them within the OPM,
the IOPM and the theory of Saio & Gautschy.

4.3 The rotation period

There is a controversy over the rotation period of HR 1217. Kurtz
& Marang (1987) used a combination of measurements of magnetic
field variability, mean light variability (i.e. rotational light variabil-
ity) in Johnson and Strömgren colours and Eu II line strength vari-
ability – all from different authors and different studies – to derive
a rotational ephemeris of

HJD (extremum) = 2440578.23 ± 0.09 + 12.4572 ± 0.0003 E.

This derivation was made under the assumption that all of those
parameters vary with exactly the same period, and that period is the
rotation period. This is consistent with what is known of oblique
rotation in many magnetic Ap stars.

Kurtz et al. (1989) found in their multisite study of the pulsation of
HR 1217 that the times of magnetic and pulsation maximum are the
same within 0.05 ± 0.03 rotation periods, but that the time of mean
light extremum is slightly different by −0.031 ± 0.010 rotation
periods to the pulsation maximum. These small differences over the
many rotation periods studied in this star are not the source of the
controversy over the rotation period. They are simply too small to
matter at the precision that the rotation period is known. Kurtz et al.
(1989) used the rotation period of Kurtz & Marang and gave an
ephemeris for pulsation amplitude maximum of

HJD (amplitude maximum) = 2446743.54 ± 0.38 + 12.4572 E.

Mathys (1991) found this period to be incompatible with his and
Preston’s (1972) combined magnetic measurements. He derived a
rotation period of 12.4610 ± 0.0025 d; although that value is for-
mally compatible with the period of 12.4572 ± 0.0003 d found by
Kurtz & Marang, Mathys found that the latter did not phase his
and Preston’s combined magnetic observations satisfactorily. He
suggested that the assumed phase equality of the photometry in
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different colours and the Eu II line strengths may have caused Kurtz
& Marang to derive a wrong period. For the problem to be in the
magnetic measurements there must be a systematic shift between
the observations of Mathys and those of Preston larger than is ex-
pected. Mathys & Hubrig (1997) obtained five new measurements
of the magnetic field of HR 1217 to add to the two measurements
of Mathys (1991) and compared with the measurements of Pre-
ston. They confirm the 12.4610-d rotation period and show that the
12.4572-d period cannot correctly phase their measurements with
those of Preston.

Bagnulo et al. (1995) used broad-band linear polarimetry to de-
rive measures of the longitudinal magnetic field of HR 1217 on 14
different dates between 1991 September and 1994 January. It is
from their study that we quoted the best values of i and β in the
last section. They obtained a rotation period of 12.4610 ± 0.0011 d,
consistent with that of Mathys and inconsistent with that of Kurtz &
Marang. They performed further error analysis, however, and con-
cluded that the period of Kurtz & Marang cannot be ruled out by
their study.

Wade et al. (2000) obtained four new measurements of the longi-
tudinal field strength. They found that the 12.4572-d period phases
all observations except those of Mathys & Hubrig (1997) well,
whereas the 12.4610-d period does not. They suggest that a zero-
point shift is needed to bring the measurements of Mathys & Hubrig
and others into agreement.

Leone et al. (2000) obtained eight new measurements of the lon-
gitudinal magnetic field of HR 1217 over a time-span of 123 d. They
concluded that the best rotation period is that of Kurtz & Marang,
not that of Mathys. They found agreement between their measure-
ments and those of Mathys, but suggested that those of Preston need
to be shifted by −0.75 kG. They noted that 12.4572-d period phases
the Hipparcos photometry and the single filter photometry of Wolff
& Morrison (1973) well, while the 12.4610-d period is shifted by
0.15 periods.

We discussed in the introduction the clear spectroscopic observa-
tions of roAp stars that show horizontal and/or vertical abundance
distributions in these stars that are obvious in the amplitudes and
phases of the pulsational radial velocities. It is therefore possible
from the conclusions of Leone et al. (2000) and Wade et al. (2000)
above that the use of different sets of spectral lines to determine the
magnetic field strengths in the different data sets has sampled the
magnetic field differently, giving rise to a zero-point shift between
data sets. A good test of this is to use one set of data to measure
the magnetic field strengths using Preston’s (1972) chosen lines and
Mathy’s (1991) chosen lines to see if there is a systematic shift in
the measured magnetic field values.

We can calculate the rotation period from studies of the pulsation
alone. We have collected all high-speed B photometric observations
of HR 1217 dating back to 1981. We have fitted the highest ampli-
tude frequency in our solution, ν 4 = 2.7209 mHz to sections of the
data five pulsation cycles long (30.63 min) and used a least-squares
fit to derive the amplitude for that section. Of course, for sections that
short the many modes beat against each other, but all the modes are
rotationally modulated, so the highest-amplitude sections do vary
with rotation clearly. This procedure gave us 1614 5-cycle ampli-
tudes spanning 20 yr of observations. A Fourier analysis yielded a
best value of the rotation period of 12.4572 d – the same as that
derived by Kurtz & Marang, so we conclude that, a least for the
pulsation data, that is the best value for the rotation period. Fig. 6
shows the relevant section of the amplitude spectrum.

We conclude that the photometric pulsation rotation period is
probably correct, implying that some of the magnetic measurements

Figure 6. Amplitude spectrum of the pulsation amplitude determined by
least squares for sections of the data 5 cycles, or 30.63-min long, for ν4 =
2.7209 mHz. The data span 20 yr from 1981. The highest peak is at ν rot =
0.080 272 d−1, corresponding to a best period of 12.4572 d.

need zero-point shifts larger than has heretofore been thought rea-
sonable. It is not plausible that the magnetic period and photometric
period may be different, as that would cause a drift in the relative
times of maxima between the magnetic field and pulsation, making
their present coincidence improbable.

5 C O N C L U S I O N S

The alternating frequency spacing of HR 1217 makes its amplitude
spectrum one of the most interesting known after that of the Sun for
the study of non-degenerate stars asteroseismically. For this reason
it is one of the best-studied roAp stars. The WET Xcov20 campaign
on HR 1217 is likely to stand as the definitive ground-based study
with a photometric precision of 14 µma. Future observations and
studies will be from space; the first space data set has already been
obtained with the MOST satellite. Observations with MOST have
a precision many times better than in the WET data set; the data
presented in this paper and those from the 1986 campaign have set
the baseline to which the space data will be compared.

We have found the new frequency predicted by Cunha (2001), and
also expected in the theory of Saio & Gautschy (2004), giving strong
support to these studies. The results of our frequency analysis are
so detailed, especially with the discovery of both ν 6 and ν 7 and the
precise determination of their spacings from the previously known
frequencies, that more theoretical development is needed to confront
these results.

We have clearly shown that there is amplitude modulation for
some of the modes in HR 1217 between the 1986 and 2000 multisite
campaigns. This explains why the new frequencies were not detected
in the 1986 data. It appears that the pulsational energy has been
conserved between the 1986 and 2000 data sets, suggesting that
energy is transferred between modes, although the case for this is
not strong.

The rotational sidelobes confirm that the modes giving rise to ν 2

and ν 4 are close to dipolar, while the modes giving rise to ν 1, ν 3

and ν 5 are distorted even-� modes, but whether � = 0 or 2 cannot
be determined, for either the old oblique pulsator model or the new
improved oblique pulsator model.

In the controversy over the rotation period we confirm that
P rot = 12.4572 d fits all the photometric B pulsation data from
1981 to 2000. This suggests that some zero-point shifts between
some of the magnetic measurements are needed.

C© 2005 RAS, MNRAS 358, 651–664
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Chapter 5

Beta Cephei stars

5.1 Introduction

These early B main sequence stars have been made accessible to asteroseismology in
recent years. We show some major steps that led to the exploration of the interior
structure of some β Cephei stars.

The next two sections set the stage: a detailed list of all galactic β Cephei stars,
i.e. the whole range of possible targets, and a detailed investigation of their group
properties is presented in Sect. 5.2, and a first exploratory study of three pulsators
to verify the validity of photometric mode identification for β Cephei stars comprises
Sect. 5.3.

Section 5.4 is the central part of this chapter. It reports the observations, mode
identification, and seismic study of the β Cephei star ν Eridani. For the first time,
clear evidence for differential interior rotation of a massive main sequence star was
found, and a limit on the convective core size was obtained. Some hints for a
nonstandard interior chemical profile were reported as well.

Sections 5.5 and 5.6 describe the analysis of observational data of two further
β Cephei stars that show pulsation spectra sufficiently rich for theoretical modelling.
The results for θ Ophiuchi can be used to check the theory of rotation, and the
richness of the oscillation spectrum of 12 Lac should allow detailed interior structure
modelling of another β Cephei star. Finally, Sect. 5.7 reports some results on other
massive B-type pulsators, where less constraints on their interior structure are to
be expected, but some interesting questions on light curve shapes and pulsation
geometry could be addressed.
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ABSTRACT

We present an extensive and up-to-date catalog of Galactic � Cephei stars. This catalog is intended to give a
comprehensive overview of observational characteristics of all known � Cephei stars, covering information until
2004 June. Ninety-three stars could be confirmed to be � Cephei stars. We use data from more than 250 papers
published over the last nearly 100 years, and we provide over 45 notes on individual stars. For some stars we
reanalyzed published data or conducted our own analyses. Sixty-one stars were rejected from the final � Cephei list,
and 77 stars are suspected to be � Cephei stars. A list of critically selected pulsation frequencies for confirmed
� Cephei stars is also presented.

We analyze the � Cephei stars as a group, such as the distributions of their spectral types, projected rotational
velocities, radial velocities, pulsation periods, and Galactic coordinates. We confirm that the majority of the
� Cephei stars are multiperiodic pulsators. We show that, besides two exceptions, the � Cephei stars with high
pulsation amplitudes are slow rotators. Those higher amplitude stars have angular rotational velocities in the same
range as the high-amplitude � Scuti stars (Protk 3 days).

We construct a theoretical HR diagram that suggests that almost all 93 � Cephei stars are main-sequence objects.
We discuss the observational boundaries of � Cephei pulsation and the physical parameters of the stars. We cor-
roborate that the excited pulsation modes are near to the radial fundamental mode in frequency and we show that the
mass distribution of the stars peaks at 12M�.We point out that the theoretical instability strip of the � Cephei stars is
filled neither at the cool nor at the hot end and attempt to explain this observation.

Subject headinggs: Hertzsprung-Russell diagram — stars: early-type — stars: fundamental parameters —
stars: interiors — stars: oscillations — stars: variables: other

Online material: color figure, machine-readable tables

1. INTRODUCTION

The past decade has seen many profound advances in our un-
derstanding of � Cephei stars. The discovery of the�-mechanism
driving the pulsation of these stars (Moskalik & Dziembowski
1992; Dziembowski & Pamyatnykh 1993) and the organization
of many high-profile observing campaigns can be seen as re-
cent highlights, and research into the physical properties of the
� Cephei stars has flourished in response. The number of known
� Cephei pulsators increases constantly, and recent years have
seen us make several improvements to the way in which we dis-
criminate between the many types of variable B-type stars. The
exact definition of � Cephei stars has itself been strongly debated
over the years, and there is a good deal of ambiguity in most def-
initions. The recent advances in our understanding of � Cepheids
demand that a new refined definition be developed and that a new
� Cepheid catalog be constructed and refined in line with this,
examining and reclassifying all stars that have been previously
identified or proposed as � Cephei stars.

In recent years, two reviews on � Cephei stars were published,
describing the known group members from photometric and
spectroscopic viewpoints, respectively. Sterken & Jerzykiewicz
(1993) published a review of all then-known � Cephei stars

including an extensive observational review of their astrophys-
ical properties, and providing constraints on many of their key
parameters. At the time, 59 � Cephei stars had been identified.
The following decade saw the identification of more than 40 new
variables of this kind, bringing the total to almost 100, although
the exact population has not been cataloged since the original
1993 review. In response to these new identifications, a comple-
mentary review paper was published investigating the spectral
properties of bright � Cephei stars that had detectable line profile
variations (Aerts & De Cat 2003). Twenty-six objects could be
examined in this way, allowing a better description of their phys-
ical properties and summarizing their pulsational behavior.

An excellent overview over � Cephei and Slowly Pulsating
B stars for which Geneva photometry is available is given by
De Cat (2002) in the form of an online catalog.2 It provides the
values of the Geneva indices as well as an homogeneous de-
termination of stellar parameters based on calibrations of the
Geneva system. This extensive compilation was one of the start-
ing points for the present catalog.

Recent work has even demonstrated the presence of � Cephei
stars outside our own Galaxy (Pigulski & Koyaczkowski 2002;
Koyaczkowski et al. 2004b) providing data for investigating this
type of pulsation in objects of different metallicity (see x 4).

2 See http://www.ster.kuleuven.ac.be /�peter /Bstars /.
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All of these achievements originated from ground-based
observations. Today, at the dawn of the 21st century, astero-
seismologists are preparing to investigate variable stars from
space, which will lead to the detection of many more excited
pulsation modes in these stars. The first step in this direction
was taken rather accidentally with the star camera of the WIRE
satellite (Buzasi et al. 2000) after the failure of its primary
science instrument. The first dedicated asteroseismology sat-
ellite, Canada’s MOST (Matthews et al. 2000; Walker et al.
2003), was launched successfully in 2003 June and is returning
valuable data on variable stars. Several other satellites inves-
tigating stellar pulsation will soon follow.

In this paper, we attempt to refine our understanding of
� Cephei stars by cataloging the physical and pulsation proper-
ties of the entire confirmed population. This provides a compre-
hensive observational framework within which newly detected
short-period pulsating stars can be classified. It will also be an
aid for the classification of the vast amount of new pulsating
stars that will be discovered in the near future. Using this ob-
servational framework, we reevaluate the membership of every
object that was once classified as, or suspected to be, a � Cephei
star.

Section 2 of this paper provides a brief description of the
historical classification of � Cephei stars including information
on asteroseismic space missions. In x 3 we describe different
groups of variable stars of spectral type B, from which we
derive our working definition of � Cephei stars. Section 4 lists
the properties that have been examined for each of the stars in
the catalog, explaining our reasoning behind their use. Section 5
provides detailed analyses of the entire data set from which we
construct the observational framework, which in turn is later
used to aid the identification of � Cephei stars.

In x 6 we discuss the observational boundaries of � Cephei
pulsation. The conclusions and a definition of the � Cephei stars
are presented in x 7. Tables of confirmed, candidate, and re-
jected � Cephei stars can be found in x 8 together with sup-
plementary information on many of the objects. There we also
give lists of pulsational frequencies for all confirmed � Cephei
stars.

2. A BRIEF ASTROPHYSICAL HISTORY
OF � CEPHEI STARS

The � Cephei pulsators have been known to the astronomy
community for more than 100 years. The variability of the pro-
totype of this class of variable stars, � Cephei, was discovered
by Frost (1902). A spectral analysis led him to the conclusion
that this star ‘‘is one of the Orion type . . . , of which group the
typical star is � Canis Majoris.’’ As a result, he named this
group of stars the � Canis Majoris stars. At that time, the period
of � Cephei could not be determined with certainty. Some years
later, the first radial velocity curve for this star was published by
Frost (1906). Guthnick (1913) discovered light variations of
� Cephei with the same period as the radial velocity variations,
and it was also noted that the amplitude of the latter was not
constant (e.g., Henroteau 1918). The correct interpretation for
this phenomenon was found by Ledoux (1951), who suggested
that nonradial pulsations are present in some � Canis Majoris
stars.

This group of stars comprised a rather wide range of variable
B type stars and for many decades, at least up until the 1980s,
these stars were known as � Canis Majoris or � Cephei stars.
This redundant naming appears to have caused confusion among
some authors. In, e.g., the Hipparcos catalog (ESA 1997), sev-
eral stars are claimed to be classified as � Cephei stars for the first

time, but were actually already classified as such under their pre-
vious name of � Canis Majoris stars.
Smith (1977) discovered that some of these � Canis Majoris

stars were spectroscopic variables, and he called them the 53 Per
stars. The term Slowly Pulsating B (SPB) stars was introduced by
Waelkens (1991) for photometric B type variables pulsating in
high radial order g-modes (gravity modes) with periods in the
order of days. The 53 Per and SPB stars contain stars that are
pulsating with periods longer than the fundamental radial mode
and both groups have several members in common. The separa-
tion between � Cephei and SPB stars is a logical one based upon
the physical fact that the first group pulsates mainly in p-modes
(acoustic modes) of low radial order and the second in g-modes
of high radial order. This implies that their pulsational driving
mechanisms operate in zones of different thermal timescale. The
� Cephei stars usually have one or more periods similar to that of
the fundamental radial mode or the first nonradial p-mode (Lesh
& Aizenman 1978).
In their extensive review paper, Lesh & Aizenman (1978)

defined the class of � Cephei stars for the first time: ‘‘These
stars have the same short period for their light variation and
radial velocity variation.’’
The pulsational driving mechanism for the � Cephei stars

was unknown for a long time. After a revision of themetal opac-
ities (Iglesias et al. 1987), Moskalik & Dziembowski (1992)
were able to compute models for � Cephei stars in which the
fundamental radial mode became pulsationally unstable for
metallicities Z > 0:03. They found that the size of the theo-
retical instability strip for these stars depends on the abundance
of heavy elements and that the pulsation mechanism prefers
low-frequency oscillations. Only modes with a pulsation con-
stantQ > 0:032 became unstable in these models. Furthermore,
Moskalik & Dziembowski (1992) found that the theoretical
instability region is larger than the � Cephei region in the HRD
and that the same pulsation mechanism could be present in
luminous blue variables (LBVs). Ninety years after the first
discovery of the pulsation of � Cephei, models could be cal-
culated where � Cephei type pulsation was driven.
Refined computations byDziembowski&Pamyatnykh (1993)

and Gautschy & Saio (1993) showed that pulsational instability
could be reached for models with Z > 0:02. Instability was no
longer restricted to the fundamental mode, but overtones were
predicted to be pulsationally unstable as well. The current the-
oretical knowledge on the driving of � Cephei pulsations has
been summarized by Pamyatnykh (1999).
Many � Cephei stars have been discovered to oscillate in

several different pulsation modes (e.g., see Jerzykiewicz 1978).
This opens the possibility to explore the interior structure of these
stars by using asteroseismology, i.e., deciphering their pulsa-
tional mode spectra and modeling them theoretically. Examples
can be found in, e.g., Dziembowski& Jerzykiewicz (1996,1999).
Indeed, Aerts et al. (2003) were able to understand the pulsational
mode spectrum of the � Cephei V836 Cen and to perform a first
seismic analysis of the star. A recentmultisite,multitechnique cam-
paign for another � Cephei star, � Eridani (Handler et al. 2004;
Aerts et al. 2004a) enabled seismicmodeling aswell (Pamyatnykh
et al. 2004; Ausseloos et al. 2004).
The success of asteroseismic studies crucially depends on the

detection and identification of as many modes of pulsation of
the star under consideration as possible. Consequently, excel-
lent measurement accuracy must be reached, which is best done
from space.
MOST (Microvariability and Oscillations of Stars; Walker

et al. 2003) is Canada’s first space telescope and the very first
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dedicated asteroseismology satellite delivering data. It will be
followed by COROT (Baglin 2003), a French-led European
mission with the goal to perform asteroseismic observations as
well as to detect exoplanets transiting a parent star.

All these developments in recent years led the authors of this
work to the conclusion that it is time for an updated, homoge-
neous catalog of � Cephei stars. This is not only useful for the
target selection process for the upcoming space missions, but
also important for the understanding of this group of pulsating
stars as a whole.

3. B-TYPE VARIABLES, DEFINITION AND SELECTION
OF THE � CEPHEI STARS

As already mentioned, the � Cephei pulsators are generally
considered to be early-type B stars (B0–B2.5) with light and
radial velocity variations on timescales of several hours. As
they are not the only variables of spectral type B, it is important
to delineate what separates them from other variables. For in-
stance, the SPB stars are later type B stars (B2–B9) with light,
radial velocity, and line profile variability with periods of the
order of a few days (De Cat & Aerts 2002).

The Be stars are defined as nonsupergiant B stars having
shown Balmer line emission at least once (Collins 1987). They
span the whole � Cephei and SPB instability regions and stretch
from late O-type to early A-type stars. The hotter Be stars of
spectral types B6e and earlier can show light, radial velocity,
and line profile variations. Be stars that vary periodically (see
Rivinius et al. 2003) are sometimes also called k Eri stars. Some
Be stars can also show additional � Cephei pulsations (see the
discussion below).
� Ophiuchi stars are OB-type variables that show bumps

moving through their line profiles, whichmay be caused by high-
degree nonradial pulsation (Balona & Dziembowski 1999).

Some of the S Doradus stars or LBVs (see, e.g., van Genderen
2001), also have spectral types of or near B.

The chemically peculiar Bp stars can also show light and line
profile variations (see, e.g., Briquet et al. 2004), and ellipsoidal
variables may be present amongst variable B-type stars as well.

Two rather recently discovered classes of pulsating B stars
are the short-period subdwarf B variables (sdBVs), also known
as EC 14026 stars (Kilkenny et al. 1997), and the long-period
sdBV stars (Green et al. 2003). The periods of the short-period
sdBVs range between 2 and 9 minutes, and those of the long-
period sdBVs are around 1 hr. Finally, the pulsating DB white
dwarf stars also need to be mentioned.

Consequently, it is not easy to classify variable B-type stars
correctly, in particular as some overlap between the different
groups of variable stars occurs. For instance, � Cephei itself is
also a Be and a Bp star (see Hadrava & Harmanec 1996 for a
summary).

We therefore suggest the following definition of the � Cephei
variables: The � Cephei stars are massive nonsupergiant vari-
able stars with spectral type O or B whose light, radial velocity
and/or line profile variations are caused by low-order pressure
and gravity mode pulsations.

Our choice of this definition was motivated by several rea-
sons. In our view, the main feature on which the classification
of a pulsating star is based should be its pulsational behavior.
For instance, any class of pulsating stars should be known to be
driven by the same self-excitation mechanism, and their pul-
sational timescales should be different and separable from those
of other types of pulsators. Of course, a particular locus in the
HR diagram could also assist, and sometimes be incorporated,
in the definition of a class of pulsating star.

Since the observational extent of the instability strip of the
� Cephei stars may still not be accurately known (cf. x 6), we
did not want to limit our definition to a narrow range of spectral
types. In addition, we do not take the existence of radial pul-
sation to be a prerequisite for an object to be classified as a
� Cephei star, because this would require a firm observational
mode identification, which is in most cases not available. By
dropping this criterion that has sometimes been used in the past,
we make the pulsation constant our main criterion for classifi-
cation.We also take into consideration that many � Cephei stars
have been shown to pulsate both in radial and nonradial modes,
or any subset of these.

To apply our definition to the stars under consideration, we
must link it to observables. Consequently, we consider an object
to be consistent with our definition of a � Cephei star in practice,
if it shows convincing evidence for more than one variability
period too short to be consistent with rotational or binarity ef-
fects, as checked by estimating the pulsation ‘‘constant’’ Q.
Stars with only a single period were accepted if proof of the
pulsational nature of the variations was found, such as color or
radial velocity to light amplitude ratios typical of pulsation or var-
iability (with, again, the period too short to be accounted for by
other effects) present in more than one observable.

4. DESCRIPTION OF THE CATALOG

We list all objects that have to our knowledge ever been
claimed to be � Cephei stars or candidates up to 2004 June. We
selected them by an extensive search in the literature and in
databases (such as SIMBAD), with the aim that we could collect
all possible candidates. For all of them, thorough bibliographic
studies were performed to investigate the latest findings on their
nature.Where the data in the literature were insufficient or incon-
clusive, we reanalyzed some of the measurements or reevaluated
the available information on these stars. We also performed fre-
quency analyses of theHipparcos photometry (ESA 1997) when-
ever possible to assist with the classification of the variables. We
note that because of aliasing problems in the Hipparcos data we
did not attempt to determine individual periods but mainly used
them to check the timescales of the observed variability. Owing
to the particular variability timescales involved, aliasingwas there-
fore not a problem for our purposes.

TheSIMBADdatabase initially prompteduswith128�Cephei
stars. Their classification often originated from the General
Catalogue of Variable Stars (Kukarkin et al. 1971) and subse-
quent name lists. We could confirm 66 of these and placed the
others either on a list of candidate or rejected � Cephei stars.
The other objects in this catalog were selected from our liter-
ature searches.

We then scrutinized the literature on all these stars and
checked whether they were consistent with our working defi-
nition of a � Cephei star. We designate objects that have been
claimed as � Cephei stars, but where the observational evidence
for their membership to the group is not fully conclusive owing
to, e.g., poor or few data, as candidate � Cephei stars. Some of
these objects will indeed be � Cephei pulsators, whereas others
were added to this list because of the lack of evidence that they
are not. In any case, all of these objects deserve more obser-
vational attention.

Stars that were claimed to be � Cephei variables, but where
we found evidence that they are not, are called rejected � Cephei
candidates. These are objects with variability timescales in-
consistent with low-order p- or g-mode pulsation, objects whose
claimed variability was disproved by subsequent or more ex-
tensive studies, or stars proven to vary because of effects other
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than � Cephei pulsation, etc. This list also includes stars that
were rejected by other authors in order to give a complete
overview over all stars that at some point had been considered to
be � Cephei stars. We have also scrutinized the list of � Oph
stars by Balona & Dziembowski (1999) as several of these
variables have observed periods in the � Cephei range. We
found that the periods in the corotating frame are consistent
with � Cephei pulsation for only three stars, which we include in
this catalog.

The importance of Tables 2 and 3 is, besides their relevance
for the description of the � Cephei stars as a group, that they
provide completeness of the catalog and that it can be traced
how the less convincing candidates were judged by us.

We have not included � Cephei stars or candidates outside
our Galaxy into this catalog because detailed lists of the objects
reported by Koyaczkowski et al. (2004b) have not yet been
published. For reasons of consistency we thus also exclude the
LMC � Cephei candidates by Pigulski & Koyaczkowski (2002)
and Sterken & Jerzykiewicz (1988).

In Table 1 we present the complete list of Galactic � Cephei
stars. Table 2 contains the candidate � Cephei stars, and Table 3
lists the former candidates that are not considered � Cephei stars.
In the following, we describe the contents of Table 1. Tables 2
and 3 only contain part of this information.

1. Identifiers.—The first five columns of the catalog contain
the identifiers of the stars, HD number, HR number or cluster
identification,Hipparcos numbers, and Durchmusterung (DM)
numbers. As DM number for the Southern stars we used the
Cordoba Durchmusterung (CD) numbers, not the Cape Pho-
tometric (CpD) numbers! Some objects do have CpD numbers,
and no CD numbers, such as V1032 Sco.

The sixth column lists different names given to these stars,
such as Bayer or Flamsteed numbers, or variable designations
according to the General Catalogue of Variable Stars.

2. Coordinates.—Right ascension and declination (cols. [7]
and [8]) are given with epoch 2000. If inaccurate coordinates
were found in the databases, we used a finder chart and matched
it to the Digital Sky Survey plates, thereby determining the
coordinates to a precision of �200.

3. Pulsation period.—The period of pulsation is given in
days in column (9). If a star is multiperiodic, the period of the
pulsation mode with the highest amplitude is given and an as-
terisk (�) next to the period indicates the multiperiodicity. We
apply the term ‘‘monoperiodic’’ to stars for which only one
pulsation frequency was found up to the current detection limit.
If pulsation was detected photometrically and spectroscopi-
cally, we give the photometrically determined period.

4. Amplitude.—It is difficult to specify a unique amplitude
of a frequency for a variable star measured in different pho-
tometric passbands and/or in radial velocity. This applies in
particular for the cases of multiperiodicity and amplitude vari-
ability. Therefore, we chose the following approach: for all stars
with a resolved pulsation spectrum, we list photometric peak-
to-peak amplitudes of the strongest pulsation mode. If a star
shows amplitude variability caused by beating of unresolved
frequencies, we adopt the average peak-to-peak amplitude, and
in case of mild amplitude variability of individual modes we
adopt the average peak-to-peak amplitude of the strongest
mode. For the two stars with the strongest amplitude variations
(Spica and 16 Lac) we list no amplitudes. Finally, no ampli-
tude is given for the three stars where only spectroscopic var-
iability was detected. This is denoted as ‘‘n/a’’ in the amplitude
column.

We list Johnson Vamplitudes whenever possible. If data from
this filter were not available, we used Strömgren y, Geneva V
(denoted VG in Table 1), or Walraven V (denoted VW). In the
latter case the logarithmic intensity amplitudes were multiplied
by 2.5 to give magnitude units. All these filters have very sim-
ilar effective wavelengths resulting in directly comparable am-
plitude values. Some stars have not been observed in these
filters. In such cases we chose in order of decreasing preference
Strömgren b, Johnson/Cousins R, Johnson B, and Cousins I.
The use of data obtained in different filters was only applicable
because the pulsation amplitudes of � Cephei stars are very
similar in the wavelength range spanned by B to I.
5. Apparent magnitude and spectral classification.—The

next two columns give the apparent magnitude in Johnson V
and the spectral type according to the Morgan and Keenan sys-
tem (MK). The V magnitudes are taken from The General Cat-
alog of Photometric Data (GCPD)3 by Mermilliod et al. (1997).
The spectral types are taken from the SIMBAD database.
6. Rotational and radial velocities.—The projected rota-

tional velocity (v sin i ) is given in the next column. If disagree-
ments between different values in the literature were detected,
either the more reliable source is quoted here or, if no distinction
in quality of the data could be made, the lower value is given.
Concerning the radial velocity (RV), the best or mean values are
quoted, in an attempt to average out the RV variations over the
pulsation cycle. The values for v sin i and RVare taken from var-
ious catalogs of radial velocities, or in some cases from original
publications.
7. Color indices from Strömgren photometry.—Columns (13)–

(16) the Strömgren color indices (b� y), m1, c1, and �. These
data were obtained from the GCPD. These indices are used in
preference to the Geneva colors, which are available for roughly
the same number of stars. The Strömgren filters are more widely
available and according to our experience, the combination of
measurement accuracy and its conversion to theoretical param-
eters such as effective temperature and surface gravity via cali-
brations of color photometry favors Strömgren photometry in
terms of achieving better accuracy in the derived basic stellar
parameters. In addition, only the c1 index may show some var-
iation over the pulsation cycle of a � Cephei star. We therefore
find that the color indices we list are good representations of the
mean colors of a star through its pulsation cycle.
For a detailed list of Geneva colors for many � Cephei stars

we refer to De Cat (2002; see also footnote 2).
8. References and notes.—Numerical references are listed

below each table. Short individual notes to several stars can be
found in the table, whereas longer discussions of some objects
are given in x 8. As references, we list selected papers that are
directly related to the stellar pulsations or those which give
useful additional information. These would typically be dis-
covery papers, those that reported most about the pulsations, or
did further analyses such as mode identifications. We give no
more than six references per star.

4.1. Table of Frequencies

In Table 4 we present a list of frequencies for the stars from
Table 1. We refrain from listing all the claimed frequencies for
all stars because the data are qualitatively inhomogeneous and
some sources may not be reliable. The choice of frequencies
listed originates from critical evaluations of literature data.

3 See http://obswww.unige.ch /gcpd /gcpd.html.
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We consider a photometrically detected frequency as also
spectroscopically detected if the variation is present and clearly
recognizable in radial velocity analyses or line profile varia-
tions, but do not insist on detections in both of these spectro-
scopic observables.

For several stars, some frequencies reached detectable am-
plitudes only during some observations. We list all frequencies
ever detected from analyses that convinced us.

5. ANALYSIS

5.1. Basic Observational Quantities

In this section we present analyses performed on the intrinsic
93 � Cephei variables. We analyze the distribution of spectral
type (see Fig. 1), radial velocity (RV), projected rotational ve-
locity (v sin i ), apparent brightness in Johnson V and pulsation
period (P) (see Fig. 2). In addition, we examine the Galactic
distribution (see Fig. 3) as well as the dependence of the pul-
sational amplitudes on the projected rotational velocities (see
Fig. 4), and thereby describe the � Cephei stars as a group.

5.1.1. Spectral Type and Luminosity Class

The three-dimensional histogram in Figure 1, which is in-
spired by Figure 4 of Sterken & Jerzykiewicz (1993), shows the
distribution of the confirmed 93 � Cephei stars according to
their spectral type and luminosity class. It shows that �20% of
the � Cephei stars appear to be B1 dwarfs. A total of 66% of the
stars are of spectral type B1 and B2 and luminosity classes III–
V. This distribution resembles very closely the spectral type
range occupied by the confirmed � Cephei stars from Sterken &
Jerzykiewicz (1993), where almost all stars lie within B0 and
B2.5. Most of the class V variables are members of open clus-
ters (80%). Two of the stars from Tab. 1 do not yet have a spec-
tral type assigned (NGC 6910 27 and V2187 Cyg) and for
3 stars no luminosity class was associated to the spectral type
(NGC 663 4, NGC 6910 16, and HN Aqr). As will be shown in
x 5.2, the assignment of luminosity classes I–III to some of
these stars must be erroneous.

5.1.2. Projected Rotational Velocity

The range of projected rotational velocity, v sin i, extends
from 0 to 300 km s�1 with HD 165174 as the fastest rotator with
300 km s�1, closely followed by NGC 4755 I with 296 km s�1.
HD 165174 is also a Be star, whereas NGC 4755 I went through

Fig. 1.—Distribution of stars according to spectral type and luminosity class.
The letters a, b, c, and d correspond to the intermediate luminosity classes I–II,
II–III, III–IV, and IV–V. [See the electronic edition of the Supplement for a
color version of this figure.]

Fig. 2.—Histograms of radial velocity, projected rotational velocity, ap-
parent magnitude, and pulsation period.

Fig. 3.—Distribution of stars according to Galactic longitude and latitude.
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phases where its pulsations were clearly detectable, but at other
times did not reach a detectable level. Most � Cephei stars seem
to be rather slow rotators (average v sin i � 100 km s�1), al-
though this could in part be due to a selection effect as the
highest-amplitude pulsators are slowly rotating stars. Hence,
their variability is more easily detectable and observable.

5.1.3. Radial Velocity

The radial velocities (RV) of the � Cephei stars, as seen in
Figure 2 (bottom) appear to be centered around�10 km s�1 but
stretch up to +65 km s�1. This distribution is that of an average
young galactic disk population, which is not surprising.

5.1.4. Apparent Brightness

The apparent brightness has a maximum at V � 9:5 mag
with 31% of the stars; these are mostly cluster � Cephei stars.
The range of apparent brightness is between 0:6 mag < V <
15:4 mag, with � Cen, �Vir, � Cru, and k Sco as brightest stars
with V between 0.6 mag and 2.0 mag. The faintest stars with V
of 11.9 mag and 15.4 mag are HN Aqr and V2187 Cyg, respec-
tively. This information can be relevant for planning observa-
tional projects, and can be compared directly to Figure 3 of
Rodrı́guez & Breger (2001).

5.1.5. Pulsation Period

Thedistribution of the pulsation periods has a peak at�0.17 day,
corresponding to 4 hr. The shortest period is 0.0667 day for!1 Sco,
the next shortest period is fromBraes 929with 0.0671 day. The two
longest periods are 0.319 day for Oo 2299 and 0.2907 day for
HD 165174.

Hence, we find that the observed range of periods for
� Cephei stars is between 0.0667 and 0.319 day or 1.60 and
7.66 hr. The median of all periods is 0.171 day.

Three of the confirmed � Cephei stars show, so far, variability
only in their line profiles. They are nevertheless included in the
group of � Cephei stars because they exhibit the same basic
behavior as the classical � Cephei stars. The lack of confirma-
tion of their variability from photometric techniques is due to
modes of high-degree ‘ in those stars, which are difficult to de-
tect in photometric observations. We have only retained objects
in Table 1 if their corotating variability period was consistent
with � Cephei pulsation.

5.1.6. Galactic Distribution

The Galactic distribution of the confirmed � Cephei stars is
shown in Figure 3. In agreement with the result from x 5.1.3, this
again suggests a young disk population. The most interesting
objects in this diagram are the ‘‘outliers,’’ the only significant
one being PHL 346, which may either have formed in the Ga-
lactic halo or could be a runaway star (Ramspeck et al. 2001).

5.1.7. Pulsation Amplitude versus Rotation Rate
and Pulsation Period versus Rotation Rate

The dependence between pulsation amplitude and rotation
rate is plotted in Figure 4. With the exception of HD 52918 and
HD 203664, only stars with rotation velocities v sin i � 90 km
s�1 show pulsation amplitudes larger than �25 mmag. This is
similar to the behavior of the � Scuti stars (Breger 1982), and
may also lend support to the hypothesis that rotation is an im-
portant factor in the amplitude limiting mechanism operating in
these types of pulsators. In this context it is interesting to note
that the range of the angular rotational velocities of high-
amplitude � Scuti stars is very similar to that of the � Cephei
stars with the highest amplitudes. For a similar analysis based
on the radial velocity pulsation amplitude we refer to Aerts &
De Cat (2003).
We also examined the pulsation period versus rotation veloc-

ities v sin i and find that there is no dependence between these
two quantities. This is also not a surprise as most of the known
� Cephei stars are photometric variables and thus pulsate in
modes of low spherical degree.

5.1.8. Mono-versus Multiperiodicity

As listed in Table 4, �40% of the confirmed � Cephei stars
are monoperiodic. We suspect that several of these 37 stars may
have additional pulsation periods that are undetected so far. On
the other hand, our practical criteria to select � Cephei stars are
likely to introduce a bias in favor of multiperiodic stars. In any
case, it seems safe to say that most � Cephei stars are multi-
periodic pulsators.

5.1.9. Binarity

Table 1 also contains information on binary � Cephei stars,
which are indicated in the Notes column. Summarizing, we can
say that there are eight spectroscopic binaries, four additional
double-lined spectroscopic binaries, two suspected binaries,
one eclipsing binary and one triple system. Thus, we find that
�14% of all � Cephei stars are located in known multiple sys-
tems with physically associated companions.
A search for visual binaries in The Catalogue of Components

of Double andMultiple Stars (Dommanget & Nys 2002) and the
Hipparcos and Tycho Catalogs (ESA 1997) reveals that 16 stars
of Table 1 are visual binaries. Five of these are already known to
be spectroscopic binaries as well. Owing to these small numbers,
we refrain from any statistical analysis. We also assume that
several additional � Cephei stars will be proven to be spectro-
scopic binaries in the future.

5.2. HR-Diagram, Masses, Pulsation Constants,
and Period-Luminosity Relation

To obtain more insight into the behavior of the � Cephei stars
as a group, and for purposes of comparison with theoretical
results, we have computed their temperatures and luminosities
to place them in the HR diagram. To this end, we adopted the
programs by Napiwotzki et al. (1993) (which can be used for
B stars of all luminosity classes), using published Strömgren

Fig. 4.—Photometric amplitudes of the � Cephei stars depending on their
projected rotational velocity.
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indices from the GCPD to derive TeA via the calibration by
Moon & Dworetsky (1985) and Mv from Balona & Shobbrook
(1984).We did not useHipparcos parallaxes, as accurate results
are only available for a few stars and as we wanted to treat the
whole sample homogeneously. We then determined bolometric
corrections from the work by Flower (1996). The theoretical
HR diagram constructed with these results is shown in Figure 5.
The error estimates are�0.020 in TeA and�0.20 in log L, which
are hoped to include external uncertainties in the applied cali-
brations themselves.

We have also plotted the candidate � Cephei stars (Table 2)
and the rejected candidates (Table 3) in this diagram for com-
parison. We compared the positions of the stars in Figure 5 with
evolutionary tracks, which we computed with theWarsaw-New
Jersey stellar evolution code (see, e.g., Pamyatnykh et al. 1998).
This way we estimated the masses of these objects and we could
consequently also compute the pulsation ‘‘constant’’ Q. The
pulsation constant was derived from the period with the highest
amplitude value. Given the uncertainties in our determinations
of TeA and L, we estimate an uncertainty of �30% in Q. The
errors on TeA and L should dominate the error introduced by not
being able to use the frequencies in the corotating frame for
most stars. This inability is due to missing mode identifications.

We adopted the theoretical boundaries of the � Cephei in-
stability strip from the work by Pamyatnykh (1999). We prefer
his results over those by Deng & Xiong (2001) because he ap-
plied newer versions of opacity tables and more reliable inter-
polation routines. The differences between these two approaches
are discussed by Pamyatnykh (2002) in detail.

The confirmed � Cephei stars occupy a well-defined region
in this plot with the exception of HD 165174, which appears to

be so hot and luminous that it falls outside the boundaries of
Figure 5. In contrast, the candidates and rejected stars are
widely scattered. We note that the theoretically predicted in-
stability strip is not completely filled with stars, a well-known
problem that we will discuss in the next section.

In addition, a gap between the coolest � Cephei stars at a
given mass and the theoretical TAMS may be suspected. It is
unclear whether this is a real feature or whether the derived
absolutemagnitudes from the Strömgren indices could be biased.
Heynderickx et al. (1994) discussed this problem in detail. In any
case, it is reasonable to conclude that all known � Cephei stars
are main-sequence objects. Consequently, the assignment of lu-
minosity classes I–III to several confirmed � Cephei stars must
be erroneous.

We can now also examine the mass distribution of the
� Cephei stars and candidates (Fig. 6). The mass of the con-
firmed � Cephei stars peaks sharply at about 12 M�. Whereas
there is a slight indication for a similar maximum for the candi-
date � Cephei stars, the histogram of the masses of the rejected
stars is featureless.

Fig. 5.—Theoretical HR diagram of the confirmed ( filled circles) and can-
didate (open circles) � Cephei stars as well as the poor and rejected candidates
( plus signs). The filled circles with the error bars in the lower left corner indicate
the rms accuracy of each point in this diagram. The slanted solid line is the
ZAMS, the thick dashed line describes the boundaries of the theoretical
� Cephei instability strip for Z ¼ 0:02, the thin dashed lines are the � Cephei
boundaries for radial modes, and the dotted lines those of the SPB stars. Several
stellar evolutionary tracks, labeled with their evolutionary masses, are also
plotted. All the theoretical results were adopted from Pamyatnykh (1999).

Fig. 6.—Distribution of the masses of the stars in Tables 1–3.
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Turning to the pulsation constant (Fig. 7), we again see a sharp
peak for the confirmed � Cephei stars located atQ ¼ 0:033 day,
corresponding to the value for radial fundamental mode pul-
sation. More than half of the candidate � Cephei stars have
Q-values in the same range, although there is a tail toward higher
Q. We remind that several stars were classified as candidate
� Cephei stars because of the lack of evidence that they are not
pulsators. The histogram of Q of the rejected candidates shows
no particular preferences. It is clear that Q-values for nonpul-
sating stars have no real relevance, but our aim here is to check
whether our separation of the candidates in the three groups was
successful. Comparing the different panels within Figure 6 and
Figure 7, respectively, implies that the choice of our selection
criteria is justified.

6. THE OBSERVATIONAL BOUNDARIES
OF � CEPHEI PULSATION

As mentioned in xx 2 and 5.2, several authors computed the
instability region for � Cephei stars. Linear nonadiabatic anal-
yses for low-degree (‘ � 2) modes predict that photometrically

observable modes are also driven in slightly evolved O-type
stars (e.g., Dziembowski & Pamyatnykh 1993), suggesting that
there could be a population of late O-type � Cephei stars.
In 1998, the central region of the Cygnus OB2 association was

investigated in search of short-period hot pulsators (Pigulski &
Koyaczkowski 1998). No � Cephei type stars were found among
the O-type variables. So far, only one O-type star, HD 34656
(O7e III) has been suggested to exhibit pulsations in the�Cephei
domain (Fullerton et al. 1991). Pulsation was claimed from ra-
dial velocity measurements; the given period of 8.81 hr is a little
above the typical range of pulsation periods for these stars. The
authors were reluctant to identify this star as a � Cephei star. In
addition, we are unsure whether the reported radial velocity var-
iations of the star are statistically significant. Therefore, we can-
not accept this O-star as a confirmed � Cephei star and place it
therefore in Table 2.
There have been several similar attempts to discover O-type

� Cephei pulsators observationally (e.g., Balona 1992). How-
ever, to date no convincing detections were made, and, with the
exception of the Be star HD 165174, there is consequently an
apparently well-defined high-mass edge to the population in the
resulting HR-diagram (Fig. 5).
From Figure 5 we see that the blue edge is a cutoff for stars

more luminous than log L� ¼ 4:6 and hotter than log TeA ¼ 4:48.
This result can be compared directly with Figure 8, where we

Fig. 7.—Distribution of the pulsation constant Q of the stars in Tables 1–3.

Fig. 8.—Upper panel: log g vs. amplitude. Lower panel: log TeA vs. ampli-
tude. The x-axis here shows the same scale as the x-axis in Fig. 5. The amplitudes
in Johnson V and Strömgren y are shown for all stars where Strömgren indices
were available. The amplitudes of the strongest modes are shown here as listed in
Table 4.
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show the pulsation amplitudes versus log g and log TeA (upper
and lower panel, respectively). In the lower panel we see that the
highest pulsation amplitudes occur in the middle of the insta-
bility region, as is expected because of the strong dependence of
the �-mechanism on temperature and hence on the depth of the
ionization layer in which it operates. This diagram also suggests
that O-type � Cephei stars could exist, but that their pulsation
amplitudes are small and therefore not yet detectable. Space
missions could enable us to detect such pulsators.

There could be many reasons for the lack of observed O-type
� Cephei stars, as mentioned above. The theoretical models
may not necessarily predict the real behavior of the stars, as
some physics may be missing from the models. For example,
the linear approach taken in the calculation of pulsation insta-
bility may not realistically reflect the complex physical pro-
cesses in real stars, such as the onset of strong stellar winds. As
mentioned before, it is also possible that O-type � Cephei stars
do exist, but with amplitudes below the current detection limits.
In combination, these factors could prohibit the detection of
O-type � Cephei stars (see also Pigulski & Koyaczkowski 1998).

In a recent publication, Tian et al. (2003) analyze a sample
of 49 presumable � Cephei stars and show a HRD together
with theoretical boundaries for the instability region computed
by Deng & Xiong (2001). Their computations also include a
boundary at the high-mass end of the instability region, which
stands in contrast to the theoretical work of Pamyatnykh (1999)
(see above). We compared their list of stars with our results and
find that 27 of those stars are in our list of confirmed � Cephei
stars, 6 are classified as candidates and the remaining 16 are in
the list of rejected stars. When we compare their HRD with
Figure 5, we see that the boundaries adopted by Tian et al. (2003)
encompass all stars from Table 1. Therefore, from an empirical
point of view, both instability regions by Pamyatnykh (1999) and
Deng & Xiong (2001) fit our sample equally well.

The theoretical � Cephei instability strip is also not filled at
the low-mass (red) end. As the theoretical results seem to be
more reliable in this part of the HR diagram, the only explana-
tion we have for this finding is again that the pulsational ampli-
tudes are too small to be detected by current methods. We base
this argument on analogy with the � Scuti stars, whose pulsa-
tions are of the same nature ( low-order p- and g-modes driven
by the �-mechanism) as those of the � Cephei stars, and whose
number increases strongly with better detection levels (see, e.g.,
Breger 1979, Fig. 3). Support for this suggestion comes from
intensive observations of individual � Cephei stars (see, e.g.,
Handler et al. 2003; Jerzykiewicz et al. 2005), for which more
and more pulsation modes were detected with decreasing de-
tection threshold.

We note that the low-mass boundary of the theoretical in-
stability strip in Figure 5 for radial modes agrees better with the
observations, but it is still too cool to be explained by errors in
the temperature calibrations of the observed stars.

The empirical determination of the edges of the instability re-
gion is a very interesting challenge in the field of � Cephei stars.
New surveys of the late O-type stars and early to mid B-type
stars would therefore be of considerable astrophysical interest.

7. CONCLUSIONS

Of the 231 stars under consideration, 93 were confirmed as
� Cephei type variable stars (Table 1). Their spectral types range
from B0 to B3 with one exception, NGC 663 4, whose spectral
type of B5 does not appear to be reliable. The periods of the
strongest pulsation modes range from P ¼ 0:0667 to 0.319 day
or 1.6 to 7.7 hr with a median of 0.171 day. Projected rotational

velocities v sin i range from 0 to 300 km s�1, with a typical value
of around 100 km s�1. This suggests that � Cephei stars are
rather slow rotators, although this result could be affected by a
bias in detecting possible low-amplitude modes occurring in
rapidly rotating stars. We expect more detections of � Cephei
stars concerning lower amplitude, higher v sin i stars with space
observations in the near future. The Galactic distribution of these
stars does not yield evidence for a pulsator that has formed at
high Galactic latitude.

There are 77 stars for which no clear classification could be
made as a result of limited or conflicting data. These are listed in
Table 2 as suspected � Cephei type variable stars; they deserve
further attention. Additional notes are provided on interesting
characteristics of 19 of these stars. Many of these stars seem
good � Cephei candidates and it was often only the lack of recent
data that forced us to put them in the list of candidate � Cephei
stars.

Despite their previous classification as � Cephei type varia-
bles or candidates, 61 of the stars could not be considered as such
(Table 3). In some cases authors were overconfident in classi-
fying them as � Cephei stars. In other cases, later measurements
have shown that they are either a different kind of variable, or
that their variability is no longer detectable, casting doubt on the
original observations. Some misclassifications are also due to his-
torical reasons since, during the early days of work on � Cephei
stars, the group was not as well known as it is today.

The pulsation constantQ calculated for all confirmed�Cephei
stars lies belowQ ¼ 0:06 day with a peak atQ ¼ 0:033 day. The
Q-value encompasses many physical parameters, and its use as
an observational constraint to classify this group of variable stars
is therefore considered more accurate than previous classifica-
tion techniques. These techniques often relied more heavily on
limited information such as spectral type classification and pul-
sation period. This upper limit of Q ¼ 0:06 day can provide
an additional observational constraint for the classification of
� Cephei stars, keeping the uncertainties in the determination of
Q in mind.

The theoretical instability region for the � Cephei stars, as
calculated by Pamyatnykh (1999), is not populated at both the
low-mass/red end and the blue end. The lack of stars at the blue
end, where one would expect late O-type stars, is expected (e.g.,
Balona 1992; Pigulski & Koyaczkowski 1998). We emphasize
that this gap could be due to limitations in the theoretical
modeling of the instability region, as well as to the difficulties
inherent to observing hot stars exhibiting strong stellar winds
and to possible pulsation amplitudes too low to be detected with
past and present methods.

It is hoped that our new and refined catalog provides a useful
framework within which to plan future observing campaigns,
both ground-based and using the upcoming spaceborne obser-
vatories. The table of suspected � Cephei variables provides a
list of 77 interesting candidates that require further investiga-
tion. In addition, the catalog provides improved constraints on
the classification and physical nature of � Cephei variables, and
these can in turn be used to correctly classify new early-type
short-period variable stars.

8. TABLES

In Table 1 we present all confirmed � Cephei stars. In Table 2
we list candidate � Cephei stars and in Table 3 we give rejected
� Cephei candidates. At the end of each table we give notes on
individual stars as well as short explanations on interesting
characteristics of some stars. Table 4 contains a list of pulsation
frequencies for all stars from Table 1.
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TABLE 1

Catalog of Galactic � Cephei Stars

HD

(1)

Hipparcos

(2)

Name

(3)

HR/Cluster

(4)

BD/CD

(5)

Other Name

(6)

R.A.

(J2000)

(7)

Decl.

(J2000)

(8)

Period

(days)

(9)

V

(mag)

(10)

Spectral Type

(11)

v sin i
(km s�1)

(12)

886............... 1067 � Peg 39 +14 14 Algenib 00 13 14 +15 11 00 0.1518 2.8 B2 IV 4.5

+60 282 V909 Cas 01 36 39 +61 25 54 0.207 10.5 B1 III

NGC 663 4 01 46 39 +61 14 06 0.194 11.0 B5

Oo 692 NGC 869 692 +56 501 V611 Per 02 18 30 +57 09 03 0.1717 9.3 B0 V

NGC 869 839 +56 508 V665 Per 02 18 48 +57 17 08 0.1949� 9.5 B2 V

Oo 992 NGC 869 992 +56 520 V614 Per 02 19 00 +57 08 44 0.1326 9.9 B1 Vn

Oo 2246 NGC 884 2246 +56 572 02 22 03 +57 08 26 0.1842� 9.9 B2 III

Oo 2299 NGC 884 2299 +56 575 V595 Per 02 22 09 +57 08 28 0.319 9.1 B0.5 IV 160

16582........... 12387 � Cet 779 �00 406 82 Cet 02 39 28 +00 19 42 0.1611 4.1 B2 IV 5

21803........... 16516 KP Per 1072 +44 734 03 32 38 +44 51 20 0.2018� 6.4 B2 IV 40

24760........... 18532 � Per 1220 +39 895 45 Per 03 57 51 +40 00 36 0.1603� 2.9 B0.5 V 130

29248........... 21444 � Eri 1463 �03 834 48 Eri 04 36 19 �03 21 08 0.1735� 3.9 B2 III 25

35411........... 25281 	 Ori 1788 �02 1235 28 Ori 05 24 29 �02 23 50 0.13 3.2 B0.5 V 130

35715........... 25473  2 Ori 1811 +02 962 30 Ori 05 26 50 +03 05 44 0.0954� 4.6 B2 IV 141

44743........... 30324 � CMa 2294 �17 1467 Mirzam 06 22 41 �17 57 21 0.2513� 2.0 B1 II–III 1

46328........... 31125 
1 CMa 2387 �23 3991 4 CMa 06 31 51 �23 25 06 0.2096 4.3 B1 III 16

50707........... 33092 EY CMa 2571 �20 1616 15 CMa 06 53 32 �20 13 27 0.1846� 4.8 B1 Ib 49

52918........... 33971 19 Mon 2648 �04 1788 V637 Mon 07 02 55 �04 14 21 0.1912� 4.9 B1 V 274

56014........... 34981 EW CMa 2745 �26 4057 27 CMa 07 14 15 �26 21 09 0.0919 4.7 B3 IIIe 150

59864........... 36500 �33 3879 V350 Pup 07 30 34 �34 05 26 0.238� 7.6 B1 III

61068........... 37036 PT Pup 2928 �19 1967 07 36 41 �19 42 08 0.1664� 5.7 B2 II 10

64365........... 38370 QU Pup 3078 �42 3610 07 51 40 �42 53 17 0.1678� 6.0 B2 IV �30

64722........... 38438 3088 �54 1966 V372 Car 07 52 29 �54 22 01 0.1034� 5.7 B1.5 IV 147

71913........... 41586 YZ Pyx �34 4858 08 28 42 �34 43 53 0.2058 7.7 B1.5 II

78616........... 44790 KK Vel �44 5150 09 07 42 �44 37 56 0.2157 6.8 B2 II–III 10

80383........... IL Vel �52 2955 09 17 31 �52 50 19 0.1832� 9.2 B2 III 65

90288........... �56 3324 V433 Car 10 23 57 �57 27 52 0.1095� 8.2 B2 III–IV 240

303068......... NGC 3293 11 �57 3329 10 34 48 �58 08 54 0.1458� 9.8 B1 V 42

303067......... NGC 3293 10 �57 3340 V401 Car 10 35 30 �58 12 00 0.1684� 9.5 B1 V 125

NGC 3293 16 �57 3344 V403 Car 10 35 41 �58 12 45 0.2506 8.7 B1 IV 33

NGC 3293 65 V412 Car 10 35 45 �58 14 00 0.1135 9.9 B1 V

NGC 3293 23 V404 Car 10 35 47 �58 14 30 0.1621 9.2 B1 III 10

NGC 3293 14 V405 Car 10 35 48 �58 12 33 0.1524� 9.3 B0.5 V 129

NGC 3293 24 V378 Car 10 35 54 �58 14 48 0.16� 9.2 B1 III 194

NGC 3293 133 V440 Car 10 35 55 �58 13 00 0.179 9.1 B1 III 225

NGC 3293 18 V406 Car 10 35 58 �58 12 30 0.1756� 9.3 B1 V 40

NGC 3293 27 �57 3351 V380 Car 10 36 02 �58 15 10 0.227 8.9 B0.5 III 61

92024........... NGC 3293 5 �57 3354 V381 Car 10 36 08 �58 13 05 0.1773� 9.0 B1 III 122

109885......... 61751 KZ Mus �70 955 12 39 19 �71 37 18 0.1706� 9.0 B2 III 47

111123......... 62434 � Cru 4853 Mimosa 12 47 43 �59 41 19 0.1912� 1.3 B0.5 IV 18

BS Cru NGC 4755G (7) �59 4454 12 53 21 �60 23 21 0.1508� 9.8 B0.5 V 27

NGC 4755 113 12 53 26 �60 22 26 0.2332 10.2 B1 V 106

NGC 4755 405 12 53 38 �60 22 39 0.1252� 10.2 B2 V 18

CT Cru NGC 4755 301 12 53 44 �60 22 29 0.1305 9.8 B1 V 225

CV Cru NGC 4755 I (9) 12 53 47 �60 18 47 0.1789� 9.9 B1 Vn 296

CZ Cru NGC 4755 202 12 53 52 �60 21 52 0.1589� 10.1 B1 V 262

CX Cru NGC 4755 201 12 53 52 �60 22 15 0.1825 9.4 B1 V 195

62937 CY Cru NGC 4755 307 12 53 52 �60 22 28 0.1592 9.7 B1 V 107

NGC 4755 210 12 53 53 �60 21 46 0.0933 10.3 B2 Vn

62949 BW Cru NGC 4755 F (6) ALS 2816 12 53 58 �60 24 58 0.2049� 9.1 B2 III 96

112481......... 63250 �49 7513 V856 Cen 12 57 36 �49 46 50 0.2596� 8.4 B2 Ib

116658......... 65474 � Vir 5056 �10 3672 Spica 13 25 11 �11 09 40 0.2717 0.9 B1 IV 160

118716......... 66657 � Cen 5132 �52 5743 13 39 53 �53 27 59 0.1696� 2.3 B1 V 159

122451......... 68702 � Cen 5267 �59 5054 Agena 14 03 49 �60 22 22 0.1535� 0.6 B1 II 139

126341......... 70574 �1 Lup 5395 �44 9322 1 Lup 14 26 08 �45 13 17 0.1774 4.6 B2 IV 15

129056......... 71860 � Lup 5469 �46 9501 14 41 55 �47 23 17 0.2598� 2.3 B1.5 III 24

129557......... 72121 BU Cir 5488 �55 5809 14 45 10 �55 36 05 0.1276� 6.1 B2 IV 30

129929......... 72241 �36 9605 V836 Cen 14 46 25 �37 13 19 0.1431� 8.1 B3 V 2

136298......... 75141 � Lup 5695 �40 9538 15 21 22 �40 38 51 0.1655 3.2 B2 IV 221

144470......... 78933 !1 Sco 5993 �20 4405 9 Sco 16 06 48 �20 40 09 0.0667 3.9 B1 V 89

145794......... �52 7312 V349 Nor 16 15 26 �52 55 15 0.1599� 8.7 B2 II–III
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v sin i

(km s�1)
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(15)
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886............... 4.5 �0.107 0.093 0.116 2.627 3.5 17 (V ) 1, 2, 3, 4 Visual binary

50 (R) 5

0.486 �0.160 0.122 2.619 40 (V ) 6, 7 Spectral type doubtful

19 (V ) 8

43 (V ) 9

3 (V ) 8

11 (V ) 10

160 16 (V ) 10, 11

16582........... 5 �0.099 0.091 0.102 2.616 12.7 25 (V ) 1, 2, 3, 12, 13

21803........... 40 0.082 0.023 0.102 2.617 2.4 72 (V ) 1, 2, 14, 15

24760........... 130 �0.074 0.055 �0.047 2.594 0.8 11 (Hp) 3, 16, 17 Visual binary; amplitude

from this paper

29248........... 25 �0.076 0.068 0.072 2.610 14.9 74 ( y) 1, 2, 18, 19, 20, 21 Visual binary

35411........... 130 �0.058 0.071 �0.010 2.608 19.8 n /a 3, 22, 23 Eclipsing binary; multiple system

35715........... 141 �0.088 0.075 0.033 2.619 12 n /a 3, 18, 21, 24 Double-lined spectroscopic

binary; visual binary

44743........... 1 �0.091 0.054 �0.003 2.593 33.7 21 (V ) 2, 3, 18, 25, 26, 27 Visual binary

46328........... 16 �0.093 0.064 �0.022 2.585 26.9 34 (V ) 1, 2, 14, 28 Visual binary

50707........... 49 �0.087 0.071 �0.014 2.594 28 13 (V ) 1, 12, 14, 21, 26, 29

52918........... 274 �0.073 0.065 0.023 2.591 32 47 ( y) 1, 3, 30, 31, 32

56014........... 150 �0.067 0.070 0.168 2.572 +16 8 (V ) 32, 33, 34 Visual binary

59864........... 0.003 0.061 0.022 2.599 44 16 (B) 14, 28, 35, 36

61068........... 10 �0.068 0.077 0.050 2.617 22 39 (b) 1, 8, 17, 37, 38

64365........... �30 �0.075 0.076 0.112 2.622 32.2 13 (VW ) 1, 18, 21, 28

64722........... 147 �0.046 0.075 0.023 2.610 18 11 (VW ) 1, 21, 28

71913........... �0.012 0.052 0.024 2.594 32 (VG) 39

78616........... 10 0.060 0.039 0.068 2.611 26 48 (V ) 1, 3, 14, 35, 40 Visual binary

80383........... 65 0.097 0.013 0.072 2.617 19 86 (V ) 1, 41 Visual binary

90288........... 240 �0.040 0.054 0.020 2.622 4 16 (V ) 1, 28, 38, 41 Visual binary

303068......... 42 0.060 0.037 0.045 2.611 �7 12 ( y) 1, 42, 43

303067......... 125 0.082 0.034 0.047 2.604 �10 18 ( y) 1, 14, 42, 44, 45

33 0.048 0.040 0.023 2.591 �23 49 ( y) 1, 14, 42, 44, 45

0.074 0.037 0.073 2.585 8 ( y) 42, 45, 46

10 0.083 0.025 0.036 2.604 3 61 ( y) 28, 42, 45

129 0.020 0.048 0.016 2.596 �14 10 ( y) 1, 42, 44, 45

194 0.089 0.025 0.006 2.593 �12 14 ( y) 1, 14, 35, 42, 44, 45

225 14 ( y) 42, 45

40 0.038 0.050 0.045 2.605 �16 21 ( y) 1, 14, 35, 42, 44, 45 Visual binary

61 0.122 �0.001 0.073 2.60 �15 20 ( y) 1, 14, 35, 42, 45, 46

92024........... 122 0.035 0.035 0.014 2.598 �16 11 ( y) 1, 35, 42, 44, 45, 47 Eclipsing binary

109885......... 47 0.173 �0.010 0.060 2.620 �61.1 77 (V ) 39, 41, 48, 49

111123......... 18 �0.103 0.061 �0.041 2.596 15.6 22 (V ) 2, 3, 12, 35, 50, 51 Visual binary

27 0.175 �0.018 0.056 2.609 �23 5 (V ) 42, 52, 53

106 0.172 0.019 0.116 2.632 �19 5 (B) 42, 52, 53, 54

18 0.146 0.023 0.090 2.613 �18 4 (V ) 52, 53, 55

225 0.179 �0.021 0.103 2.605 �6 10 (V ) 42, 52, 53, 54

296 0.227 �0.023 0.112 2.607 �32 13 (V ) 42, 52, 53

262 0.148 0.020 0.113 2.617 �33 16 (V ) 42, 52, 54

195 0.153 0.005 0.102 2.609 �16 10 (V ) 42, 52, 53

107 0.174 �0.028 0.152 2.620 �27 11 (B) 42, 52, 53, 54

0.177 0.022 0.136 2.634 7 (V ) 42, 52, 56

96 0.143 0.002 0.062 2.605 �22 17 (V ) 42, 52, 53

112481......... 2.604 �19 34 (VG) 1, 35, 57, 58

116658......... 160 �0.114 0.080 0.018 2.605 1 Var. 2, 3, 18, 28, 35, 50 Ellipsoidal variable

118716......... 159 �0.094 0.058 0.043 2.608 3 15 (VW) 1, 3, 21, 35, 50, 59 Visual binary

122451......... 139 �0.092 0.045 �0.004 2.594 5.9 25 (V ) 3, 21, 35, 43, 60, 61 Suspected binary (80)

126341......... 15 �0.047 0.064 0.132 2.621 �21.5 27 (V ) 1, 2, 35, 50, 62 Visual binary

129056......... 24 �0.086 0.071 0.080 2.604 5.2 20 (VW) 1, 2, 3, 21, 35, 62 Visual binary

129557......... 30 0.036 0.027 0.058 2.617 �6.4 17 ( y) 1, 35, 62, 63 Visual binary

129929......... 2 �0.059 0.058 0.038 2.618 66 24 (VG) 1, 28, 57, 64, 65

136298......... 221 �0.101 0.075 0.076 2.616 0.2 3.5 (V ) 12, 21, 35, 66, 67

144470......... 89 0.037 0.043 0.010 2.618 �2.6 n /a 3, 21, 68, 69 Only spectroscopic variability

detected so far

145794......... 2.615 28 (VG) 1, 28, 38, 58 Spectroscopic binary
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8.1. Omitted Stars

Several candidate � Cephei stars in Table 2 originate from
the line profile variability surveys of Telting et al. (2002) and
Schrijvers et al. (2002). They were not directly claimed as
� Cephei candidates by these authors. Stars that show line pro-
file variability but where we discovered that the variations are
likely not to originate in nonradial pulsation do not appear in the
following tables at all.

HD 11241 (1 Per).—No periodicities in the spectroscopic
data of Janı́k et al. (2003).

HD 48977 (16 Mon).—Probably a rotationally variable
star.

HD 64503 (QZ Pup).—Ellipsoidal variable with a residual
variability of P � 1 day, see Haefner & Drechsel (1986).

HD 64740.—Rotational variable with a period of 1.33 days,
see Lester (1979).

HD 154445.—Hipparcos data analysis results in a period of
4.5916 days with a peak-to-peak amplitude of 19 mmag.

HD 169467 (� Tel).—Microvariable in Hipparcos with a
period of 0.909 day; it also is a He rich star and we suspect it to
be a SPB star.
HD 172910.—Hipparcos data results in two periods: 1.1983

and 0.9812 days, and we suspect it to be a SPB star.
A similar comment applies to the � Ophiuchi stars listed in

Table 1 of Balona & Dziembowski (1999). Objects from that
work which can have corotating variability periods too long to
be due to � Cephei-type pulsation as described by us were not
included in this catalog.

8.2. Notes on Individual � Cephei Stars

V595 Per.—The period of its light variation is somewhat long
and there seems to be only one. The position of this star in the HR
diagram of Krzesiński & Pigulski (1997) leads to a pulsation con-
stant of 0.039 day. In � Cephei models the value of Q for the ra-
dial fundamental mode is between 0.034 and 0.041 day (if one
only looks at modes excited in solar-metallicity models, the upper

TABLE 1—Continued

HD

(1)

Hipparcos

(2)

Name

(3)

HR/Cluster

(4)

BD/CD

(5)

Other Name

(6)

R.A.

(J2000)

(7)

Decl.

(J2000)

(8)

Period

(days)

(9)

V

(mag)

(10)

Spectral Type

(11)

v sin i

(km s�1)

147165.......... 80112 � Sco 6084 �25 11485 20 Sco 16 21 11 �25 35 34 0.2468� 2.9 B1 III 53

147985.......... 80653 �43 10792 V348 Nor 16 26 57 �43 47 57 0.1323� 7.9 B1.5 II–III 80

Braes 929 NGC 6231 253 �41 11018p V945 Sco 16 53 55 �41 52 15 0.0671 9.6 B1 V 100

Braes 930 NGC 6231 282 V1032 Sco 16 53 59 �41 48 42 0.1193� 9.8 B2 V 80

Braes 932 NGC 6231 261 �41 11028 V946 Sco 16 54 02 �41 51 12 0.0988� 10.3 B2 IV–Vn 140

326330.......... Braes 672 NGC 6231 238 V964 Sco 16 54 18 �41 51 36 0.0878� 9.6 B1 Vn 210

Braes 948 NGC 6231 110 �41 11056 V947 Sco 16 54 35 �41 53 39 0.1079� 9.8 B1 V 190

326333.......... Braes 675 NGC 6231 150 �41 11059 V920 Sco 16 54 43 �41 49 36 0.1012� 9.6 B1 Vn 150

156327B....... 84655 �34 11622 V1035 Sco 17 18 23 �34 24 31 0.146� 9.4 WC7 + B0 III

156662.......... �45 11411 V831 Ara 17 21 06 �45 58 56 0.1689� 7.8 B2 III 190

157056.......... 84970 
 Oph 6453 �24 13292 42 Oph 17 22 01 �24 59 58 0.1405� 3.3 B2 IV 35

157485.......... 85189 �26 12112 V2371 Oph 17 24 35 �26 55 29 0.2212� 9.1 B1.5 Ib

158926.......... 85927 k Sco 6527 �37 11673 Shaula 17 33 37 �37 06 14 0.2137� 1.6 B2 IV 163

160578.......... 86670 � Sco 6580 �38 12137 17 42 29 �39 01 48 0.1998 2.4 B1.5 III 115

163472.......... 87812 6684 +00 3813 V2052 Oph 17 56 18 +00 40 13 0.1399� 5.8 B2 IV–V 120

164340.......... 88352 �40 12092 18 02 33 �40 05 16 0.1529 9.3 B2 IV–V

165174.......... 88522 6747 +01 3578 V986 Oph 18 04 37 +01 55 08 0.2907 6.2 B0 IIIn 300

165812.......... 88884 �22 4581 V4382 Sgr 18 08 45 �22 09 38 0.1759� 7.9 B1.5 II

166540.......... 89164 �16 4747 V4159 Sgr 18 11 48 �16 53 38 0.233� 8.1 B1 Ib 55

180642.......... 94793 +00 4159 V1449 Aql 19 17 15 +01 03 34 0.1822 8.3 B1.5 II–III 90

NGC 6910 18 20 22 59 +40 45 39 0.1565� 10.8 B1 V

NGC 6910 16 20 23 07 +40 46 56 0.1922� 10.7 B3

NGC 6910 14 20 23 08 +40 46 09 0.1904 10.4 B0.5 V

NGC 6910 27 20 23 34 +40 45 20 0.143 11.8

V2187 Cyg 20 33 18 +41 17 39 0.2539 15.4

199140.......... 103191 BW Vul 8007 +27 3909 20 54 22 +28 31 19 0.201 6.5 B2 III 60

203664.......... 105614 SY Equ +09 4793 21 23 29 +09 55 55 0.1659� 8.6 B0.5 IIIn 180

205021.......... 106032 � Cep 8238 +69 1173 Alfirk 21 28 40 +70 33 39 0.1905� 3.2 B2 IIIe 25

NGC 7235 8 22 12 34 +57 15 29 0.2029� 11.9 B1.5 V

HN Aqr PHL 346 22 37 38 �18 39 51 0.1523 11.5 B2 45

214993.......... 112031 DD Lac 8640 +39 4912 12 Lac 22 41 29 +40 13 21 0.1931� 5.3 B2 III 40

216916.......... 113281 EN Lac 8725 +40 4949 16 Lac 22 56 24 +41 36 14 0.1692� 5.6 B2 IV 30
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147165............ 53 0.168 �0.032 0.003 2.604 �1 40 (V ) 1, 3, 21, 70, 71, 72 Spectroscopic binary

147985............ 80 46 (V ) 1, 3, 38, 73, 74

100 0.206 �0.020 0.031 2.596 Var. 11 ( y) 75, 76, 77, 78 Double-lined spectroscopic binary

80 0.201 �0.015 0.131 2.617 6 ( y) 75, 76, 79 Double-lined spectroscopic binary

140 0.228 �0.046 0.144 2.626 �32 17 ( y) 75, 76, 77, 78, 80 Suspected binary (80)

326330............ 210 0.198 �0.004 0.015 2.615 �30, var 5 ( y) 75, 76, 79

190 0.237 �0.011 0.006 2.612 7 ( y) 75, 76, 77, 78 Double-lined spectroscopic binary

326333............ 150 0.215 �0.013 0.026 2.606 �47, var 14 ( y) 51, 75, 76, 80 Suspected binary (80)

156327B......... 35 (V ) 81 Eclipsing binary

156662............ 190 0.200 �0.044 0.074 2.614 16 (VG) 1, 38, 73

157056............ 35 �0.092 0.089 0.104 2.624 �5.6, var? 19 ( y) 1, 21, 38, 82, 83, 84 Visual binary

157485............ 2.623 48 (VG) 39

158926............ 163 �0.105 0.072 0.074 2.613 18.6, var 23 (V ) 1, 3, 21, 22, 85, 86 Spectroscopic triple system

160578............ 115 �0.100 0.073 0.073 2.613 0.2,var 9 (V ) 2, 3, 85, 86, 87 Spectroscopic binary

163472............ 120 0.128 0.017 0.145 2.630 �17.6 28 (V ) 1, 21, 38, 88, 89, 90, 91 Magnetic star

164340............ 2.584 25 (V ) 92, 93

165174............ 300 0.075 0.000 �0.119 2.567 +17, var 9 (b) 15, 94, 95, 96, 97, 98 Spectroscopic binary; mild Be star

165812............ 0.079 0.029 �0.001 2.611 �24 28 (VG) 39, 99 Periods from Hipparcos photometry

and Geneva data disagree

166540............ 55 �1.6 23 (V ) 100

180642............ 90 0.259 �0.035 0.031 �14 78 (VG) 15, 39, 99

0.600 �0.110 0.140 2.636 15 (V ) 101

17 (V ) 101

0.670 �0.160 0.110 2.612 17 (V ) 101

0.820 �0.180 0.170 2.625 9 (V ) 101

34 (I ) 102

199140............ 60 �0.033 0.051 0.029 2.610 �8.5 85 (V ) 1, 3, 63, 103, 104, 105

203664............ 180 48 60 (VG) 15, 39

205021............ 25 �0.092 0.066 0.010 2.605 �3.1 37 (V ) 2, 3, 106, 107, 108, 109 Spectroscopic binary; magnetic

star; mild Be star; star is located

in the overlap region of the BD

and CD catalogs

BD �22 4581=CD �22 12607

29 (V ) 110

45 �0.068 0.070 0.094 63 32 (V ) 1, 38, 111, 112, 113

214993............ 40 �0.034 0.052 0.050 2.609 �12.5 76 ( y) 1, 3, 114, 115, 116, 117 Spectroscopic binary; star is located

in the overlap region of the BD

and CD catalogs

BD �22 4581=CD �22 12607

216916............ 30 �0.047 0.066 0.092 2.629 �13 Var 1, 3, 118, 119, 120, 121 Spectroscopic binary; visual binary;

eclipsing binary

Notes.—Units of right ascension are hours, minutes, and seconds, and units of declination are degrees, arcminutes, and arcseconds. Table 1 is also available in
machine-readable form in the electronic edition of the Astrophysical Journal Supplement.

References.— (1) Cugier et al. 1994; (2) Lesh & Aizenman 1978; (3) Aerts & De Cat 2003; (4) Valtier et al. 1985; (5) Robb et al. 2000; (6) Pietrzynski 1997;
(7) Pigulski et al. 2001; (8) Krzesiński et al. 1999; (9) Gomez-Forrellad 2000; (10) Krzesiński & Pigulski 1997; (11) Slettebak 1968; (12) Grady et al. 1987;
(13) Jerzykiewicz et al. 1988; (14) Evans 1967; (15) De Cat et al. 2004; (16) De Cat et al. 2000; (17) Abt et al. 2002; (18) Wilson 1953; (19) Aerts et al. 2004a;
(20) Handler et al. 2004; (21) Schrijvers et al. 2002; (22) De Mey et al. 1997; (23) Batten et al. 1989; (24) Telting et al. 2001; (25) Shobbrook 1973a; (26) Jakate
1979b; (27) Shobbrook 1985; (28) Heynderickx 1992; (29) Shobbrook 1973b; (30) Balona et al. 1992; (31) Irvine 1975; (32) Balona et al. 2002; (33) Balona 1995a;
(34) Balona & Krisciunas 1994; (35) Duflot et al. 1995; (36) Sterken & Jerzykiewicz 1990; (37) Shobbrook 1981; (38) Heynderickx et al. 1994; (39) Aerts 2000;
(40) Cousins 1982; (41) Handler et al. 2003; (42) Balona et al. 1997; (43) Balona 1977; (44) Feast 1958; (45) Balona 1994; (46) Engelbrecht 1986;
(47) Freyhammer et al. 2004; (48) Kilkenny & Hill 1975; (49) Hill et al. 1974; (50) Gutierrez-Moreno & Moreno 1968; (51) Shobbrook 1979).; (52) Stankov et al.
2002; (53) Feast 1963; (54) Balona & Koen 1994; (55) Dachs & Kaiser 1984; (56) Schild 1970; (57) Hill 1970; (58) Waelkens & Heynderickx 1989; (59) Schrijvers
et al. 2004; (60) Ausseloos et al. 2002; (61) Robertson et al. 1999; (62) Bernacca & Perinotto 1970; (63) Vander Linden & Sterken 1987; (64) Hill 1971; (65) Aerts
et al. 2003; (66) Lloyd & Pike 1988; (67) Shobbrook 1972; (68) Telting & Schrijvers 1998; (69) Houk 1982; (70) Goosens et al. 1984; (71) Jerzykiewicz & Sterken
1984; (72) Chapellier & Valtier 1992; (73) Waelkens & Cuypers 1985; (74) Aerts et al. 1994; (75) Balona & Laney 1995; (76) Arentoft et al. 2001; (77) Balona
1983; (78) Balona & Shobbrook 1983; (79) Balona & Engelbrecht 1985a; (80) Garcı́a & Mermilliod 2001; (81) Paardekooper et al. 2002; (82) Henroteau 1922;
(83) Briers 1971; (84) Handler et al. 2005; (85) Shobbrook & Lomb 1972; (86) Lomb & Shobbrook 1975; (87) Uytterhoeven et al. 2001; (88) Jerzykiewicz 1993;
(89) Jerzykiewicz 1972; (90) Kubiak & Seggewiss 1984; (91) Neiner et al. 2003; (92) J. Molenda-Żakowicz & G. Poyubek 2005, in preparation; (93) Garrison et al.
1977; (94) Lynds 1959; (95) Jerzykiewicz 1975; (96) Cuypers et al. 1989; (97) Coté & van Kerkwijk 1993; (98) Balona 1995b; (99) Waelkens et al. 1998;
(100)Waelkens et al. 1991) ; (101) Koyaczkowski et al. 2004a; (102) Pigulski & Koyaczkowski 1998; (103) Stankov et al. 2003; (104) Plaskett & Pearce 1931;
(105) Aerts et al. 1995; (106) Frost 1906; (107) Pigulski & Boratyn 1992; (108) Telting et al. 1997; (109) Shibahashi & Aerts 2000; (110) Pigulski et al. 1997;
(111) Waelkens & Rufener 1988; (112) Kilkenny & van Wyk 1990; (113) Dufton et al. 1998; (114) Young 1915; (115) Jerzykiewicz 1978; (116) Aerts 1996;
(117) Dziembowski & Jerzykiewicz 1999; (118) Walker 1951; (119) Dziembowski & Jerzykiewicz 1996; (120) Thoul et al. 2003; (121) Jerzykiewicz & Pigulski
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TABLE 2

Candidate � Cephei Stars

HD

(1)

Hipparcos

(2)

Name

(3)

HR/Cluster

(4)

BD/CD

(5)

Other Name

(6)

R.A.

(J2000)

(7)

Decl.

(J2000)

(8)

Spectral Type

(9)

V

(mag)

(10)

Reference

(11)

Notes

(12)

NGC 663 114 01 46 40 +61 09 52 . . . 12.4 1

13494............... AG +56 243 V352 Per 02 13 37 +56 34 14 B1 III 9.3 2, 3

14053............... NGC 869 612 +56 498 02 18 23 +57 00 37 B1 II 8.5 2

14250............... AG +56 292 +56 545 V359 Per 02 20 16 +57 05 55 B1 IV 9.1 2

AG +57 301 +56 589 V360 Per 02 22 50 +57 30 42 B1 III 9.6 2

21856............... 16518 1074 +34 674 03 32 40 +35 27 42 B1 V 5.9 4, 5 Not variable in 4; possible � Ophiuchi star

NGC 1502 37 04 07 43 +62 19 39 B1.5 V 9.3 2, 6

NGC 150 26 +61 675 04 07 44 +62 10 04 B2 IV 9.6 6

25638............... 19272 NGC 1502 1 +61 676A 04 07 51 +62 19 48 B0 III 6.9 6

32990............... 23900 1659 +24 755 103 Tau 05 08 06 +24 15 55 B2 V 5.5 5 Spectroscopic binary

34656............... 24957 +37 1146 05 20 43 +37 26 19 O7e III 6.8 7, 8, 9, 10

35149............... 25142 23 Ori 1770 +03 871 05 22 50 +03 32 40 B1 V 5.0 5, 11 Possible � Ophiuchi star

36166............... 25751 1833 +01 1032 05 29 55 +01 47 21 B2 V 5.7 5 Possible � Ophiuchi star

36512............... 25923 � Ori 1855 �07 1106 36 Ori 05 31 56 �07 18 05 B0 V 4.6 12, 13, 14

36695............... 26063 VV Ori 1868 �01 943 05 33 31 �01 09 22 B1 V 5.4 5, 11 Spectroscopic binary; possible

� Ophiuchi star

36819............... 26248 1875 +23 954 121 Tau 05 35 27 +24 02 23 B2.5 IV 5.4 5, 11 Possible � Ophiuchi star

37756............... 26736 1952 �01 1004 05 40 51 �01 07 44 B2 IV–V 4.95 5 Spectroscopic binary

38622............... 27364 1993 +13 979 133 Tau 05 47 43 +13 53 59 B2 IV–V 5.27 5, 16 Double system with possible

T Tauri component

39291............... 27658 2031 �07 1187 55 Ori 05 51 22 �07 31 05 B2 IV–V 5.3 5, 17, 18 Not variable in 18; possible

� Ophiuchi star

40494............... 28199 � Col 2106 �35 2612 05 57 32 �35 16 59 B2.5 IV 4.4 11, 16 Star in double system

252248............. 29121 AG +13 539 NGC 2169 5 V917 Ori 06 08 27 +13 55 51 B2 V 8.8 2, 3, 19 Possible Be star

43078............... 29687 AG +22 667 +22 1243 LR Gem 06 15 15 22 18 04 B0 IV 8.8 2, 3

44112............... 30073 2273 �07 1373 7 Mon 06 19 43 �07 49 23 B2.5 V 5.2 5, 11 Spectroscopic binary;; possible

� Ophiuchi star

45546............... 30772 2344 �04 1526 10 Mon 06 27 57 �04 45 44 B2 V 5.04 5 Star in double system

51630............... 33447 2603 �22 1616 06 57 15 �22 12 10 B2 III/IV 6.6 20, 21

53755............... 34234 ADS 5782 A 2670 �10 1862 V569 Mon 07 05 50 �10 39 36 B0.5 V 6.5 2, 22, 23, 24

63949............... 38159 QS Pup 3058 �46 3460 07 49 12 �46 51 27 B1.5 lV 5.8 22, 25

68324............... 39970 IS Vel 3213 �47 3653 08 09 43 �47 56 13 B2 IV 5.2 20, 22, 26

69081............... 40321 3240 �35 4358 OS Pup 08 13 58 �36 19 20 B1.5 IV 5.1 11, 27 Possible � Ophiuchi star;

in 27 slow variable

70839............... 40932 3293 08 21 12 �57 58 24 B1.5 III 5.9 11 Possible � Ophiuchi star

70930............... 41039 B Vel 3294 �48 3734 08 22 32 �48 29 25 B1 V 4.8 11 Double or multiple star; possible

� Ophiuchi star

72108............... 41616 3358 �47 4004 08 29 05 �47 55 44 B2 IV 5.3 11 Double or multiple star

72127............... 41639 3359 �44 4462 08 29 28 �44 43 29 B2 IV 4.99 11 Double system; possible � Ophiuchi star

74071............... 42459 HW Vel 3440 08 39 24 �53 26 23 B5 V 5.4 21, 28

74273............... 42614 3453 �48 4020 08 41 05 �48 55 22 B1.5 V 5.9 11 Double-lined spectroscopic binary;

possible � Ophiuchi star

74455............... 42712 HX Vel 3462 �47 4251 08 42 16 �48 05 57 B1.5 Vn 5.5 11, 29 Susp. ell. var in 29; possible

� Ophiuchi star

74575............... 42828 � Pyx 3468 �32 5651 08 43 36 �33 11 11 B1.5 III 3.7 21, 30, 31 IR standard star

74753............... 42834 D Vel 3476 �49 3761 08 43 40 �49 49 22 B0 IIIn 5.1 11 Possible � Ophiuchi star

86466............... 48799 IV Vel 3941 �52 3465 09 57 11 �52 38 20 B3 IV 6.1 27, 32

89688............... 50684 RS Sex 4064 +03 2352 23 Sex 10 21 02 +02 17 23 B3.2 IV 6.6 3, 33, 34 PHipparcos � 0:129 day
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TABLE 2—Continued

HD

(1)

Hipparcos

(2)

Name

(3)

HR/Cluster

(4)

BD/CD

(5)

Other Name

(6)

R.A.

(J2000)

(7)

Decl.

(J2000)

(8)

Spectral Type

(9)

V

(mag)

(10)

Reference

(11)

Notes

(12)

96446......... 54266 V430 Car �59 3544 11 06 06 �59 56 59 B2 I He 6.7 35, 36 He strong

97533......... 54753 �57 3772 11 12 36 �58 38 38 B1:Vn 8.4 37

V770 Cen 11 21 09 �60 32 13 B5 e 12.4 38 Be star

NGC 3766 67 V847 Cen 11 36 14 �61 37 36 B2 Vp 9.9 39

104337....... 58587 TY Crv 4590 �18 3295 31 Crt 12 00 51 �19 39 32 B1.5 V 5.3 5, 40 Spectroscopic binary; ell. var. in 40

108483....... 60823 � Cen 4743 �49 7115 12 28 02 �50 13 50 B2 V 3.9 11, 18 Possible � Ophiuchi star

112092....... 63003 �1 Cru 4898 12 54 36 �57 10 41 B2 IV–V 3.9 11, 41 Double syst., not var. in 27 and 41

120307....... 67464 � Cen 5190 13 49 30 �41 41 15 B2 V 3.4 42, 43, 44, 45, 46, 47

121743....... 68245 � Cen 5248 �41 8329 13 58 16 �42 06 03 B2 IV 3.8 17, 27, 48, 11, 49 Var. in 17, not var. in 27 and 48

121790....... 68282 �01 Cen 5249 �44 9010 13 58 41 �44 48 13 B2 IV–V 3.8 11, 48, 49 Possible � Ophiuchi star; not var. in 48

132058....... 73273 � Lup 5571 �42 9853 14 58 32 �43 08 02 B2 III 2.7 42, 43, 50 Possible � Ophiuchi star

132200....... 73334 � Cen 5576 �41 9342 14 59 10 �42 06 15 B2 IV 3.1 11, 49

136504....... 75264 � Lup 5708 �44 10066 15 22 41 �44 41 23 B2 IV–V 3.4 11, 49 Spectroscopic binary; possible

� Ophiuchi star

142669....... 78104 � Sco 5928 �28 11714 5 Sco 15 56 53 �29 12 51 B2 IV–V 3.9 11, 45 Spectroscopic binary; possible

� Ophiuchi star

142883....... 78168 5934 �20 4364 15 57 40 �20 58 59 B3 V 5.9 4, 45, 51

143018....... 78265 � Sco 5944 �25 11228 6 Sco 15 58 51 �26 06 51 B1 V 2.9 11, 40, 45 Spectroscopic binary; ecl. bin in 40

144218....... 78821 � Sco A 5985 �19 4308 16 05 27 �19 48 07 B2 V 4.9 24, 42, 52, 53

145502....... 79374 � Sco 6027 �19 4333 14 Sco A 16 11 59 �19 27 39 B2 IV 4.13 11, 45, 54 Spectroscopic binary

148703....... 80911 6143 �34 11044 N Sco 16 31 23 �34 42 16 B2 III–IV 4.22 11, 18, 49

149881....... 81362 +14 3086 V600 Her 16 36 58 +14 28 31 B0.5 III 7.0 34, 55, 56, 57

151985....... 82545 �2 Sco 6252 �37 11037 16 52 20 �38 01 03 B2 IV 3.5 11, 49

326327....... Braes 669 NGC 6231 28 �41 11007 V962 Sco 16 53 39 �41 47 48 B1.5 Ve+sh 9.7 58, 59 Triple system?

NGC 6231 289 �41 11027p 16 54 06 �41 51 13 B0.5 V 9.5 60, 61

NGC 6231 80 V963 Sco 16 54 14 �41 55 01 B0 Vn 10.3 60, 61

NGC 6231 104 16 54 16 �41 49 34 . . . 10.2 61

NGC 6231 SBL 515 �41 7736 16 54 21 �41 49 30 B1 Vn 11.2 61

163868....... 88123 �33 12700 17 59 56 �33 24 29 B5 Ve 7.4 37 Be star

171034....... 91014 6960 �33 13338 18 33 58 �33 00 59 B2 IV–V 5.3 11, 18, 49 Possible � Ophiuchi star

176502....... 93177 ADS 11910 A 7179 +40 3544 V543 Lyr 18 58 47 +40 40 45 B3 V 6.2 51

NGC 6871 14 V1820 Cyg 20 05 39 +35 45 31 B2 III 10.8 62

IC 4996 Hoag 7 V1922 Cyg 20 16 45 +37 40 44 . . . 10.9 4, 63, 64

V2190 Cyg 20 33 25 +41 22 04 . . . 14.3 65

201819....... 104579 8105 +35 4426 21 11 04 +36 17 58 B0.5 IVn 6.5 4

210808....... 109505 +62 2045 V447 Cep 22 11 00 +63 23 58 B5 7.3 66

NGC 7419 BMD 451 22 54 17 60 48 23 . . . 15.9 67, 68 Be star

NGC 7419 BMD 551 22 54 19 60 48 14 . . . 16.4 67, 68 Be star

217035....... KZ Cep +62 2136 22 56 31 +62 52 07 B0 V 7.7 2, 69 Maybe Be star

Notes.—Units of right ascension are hours, minutes, and seconds, and units of declination are degrees, arcminutes, and arcseconds. Table 2 is also available in machine-readable form in the electronic edition of the
Astrophysical Journal Supplement.

References.—(1) Pigulski et al. 2001; (2) Hill 1967; (3) Kukarkin et al. 1971; (4) Jerzykiewicz 1993; (5) Telting et al. 2002; (6) Delgado et al. 1992; (7) Balona 1975; (8) Balona et al. 1992; (9) Fullerton et al. 1991;
(10) Balona 1995b; (11) Schrijvers et al. 2002; (12) Waelkens 1991; (13) Balona & Engelbrecht 1985b; (14) Smith 1981; (15) Li & Hu 1998; (16) Gerbaldi et al. 2001; (17) Kukarkin et al. 1981; (18) Adelman 2001;
(19) Jerzykiewicz et al. 2003; (20) Jerzykiewicz & Sterken 1977; (21) Balona 1977; (22) Wilson 1953; (23) Shobbrook 1983; (24) Abt et al. 2002; (25) Heynderickx et al. 1994; (26) Sterken & Jerzykiewicz 1993; (27) Jakate
1979b; (28) Renson & Sterken 1977; (29) Morris 1985; (30) Sterken & Vander Linden 1983; (31) Van Hoof 1973a; (32) Evans 1967; (33) Percy & Au-Yong 2000; (34) De Cat et al. 2004; (35) Matthews & Bohlender 1991;
(36) Mathys 1994; (37) J. Molenda-Żakowicz & G. Poyubek 2005, in preparation; (38) Vidal et al. 1974; (39) Balona & Engelbrecht 1986; (40) Kazarovets et al. 1999; (41) Pedersen & Thomsen 1977; (42) Duflot et al. 1995;
(43) Aerts & De Cat 2003; (44) Gutierrez-Moreno & Moreno 1968; (45) Levato et al. 1987; (46) Cuypers et al. 1989; (47) Schrijvers & Telting 2002; (48) Balona 1982; (49) Sterken & Jerzykiewicz 1983; (50) Schrijvers 1999;
(51) Koen & Eyer 2002; (52) Aerts et al. 1999; (53) Holmgren et al. 1997; (54) Van Hoof et al. 1963; (55) Morris 1985; (56) Antokhina & Barannikov 1996; (57) Hill et al. 1976; (58) Balona & Laney 1995; (59) Garcı́a &
Mermilliod 2001; (60) Balona & Engelbrecht 1985a; (61) Arentoft et al. 2001; (62) Delgado et al. 1984; (63) Delgado et al. 1985; (64) Hoag et al. 1961; (65) Pigulski & Koyaczkowski 1998; (66) Koen 2001; (67) Beauchamp
et al. 1994; (68) Koyaczkowski et al. 2002; (69) Deupree 1970.
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TABLE 3

Poor and Rejected � Cephei Candidates

HD

(1)

Hipparcos

(2)

Name

(3)

HR/Cluster

(4)

BD/CD

(5)

Other Name

(6)

R.A.

(J2000)

(7)

Decl.

(J2000)

(8)

Spectral Type

(9)

V

(mag)

(10)

References

(11)

Notes

(12)

3379................. 2903 53 Psc 155 +14 76 AG Psc 00 36 47 15 13 54 B2.5 IV 5.9 1, 2 SPB star

+61 285 01 32 37 +61 58 12 B0.5 III: 9.5 3 P � 2 days, aliasing mistake

in reference

13051............... 10541 V351 Per +55 554 02 09 26 +56 59 30 B1 IV: 8.6 4, 5 PHipparcos � 2:5 days

13544............... 10391 AG +53 218 +53 480 V353 Per 02 13 52 +53 54 53 B0.5 IV 8.9 6, 7, 8

NGC 869 49 +56 473 V356 Per 02 16 58 +57 07 49 B0.5 IIIn 9.2 4, 7, 9 Be star; claimed variability

not confirmed

NSV 776 NGC 869 963 Oo 963 02 18 58 +57 08 18 B2 IV 11.0 10 Claimed variability not confirmed

13745............... AG +55 231 V354 Per 02 15 46 +55 59 47 O9.7 II 7.9 7, 11 No convincing variability

in Hipparcos photometry

13831............... 10615 +56 469 V473 Per 02 16 39 +56 44 16 B0 IIIp 8.3 12

13866............... 10641 V357 Per +56 475 02 16 58 +56 43 08 B2 Ib 7.5 4, 7 Claimed variability not confirmed

15239............... 11604 St7�28 +60 487 V528 Cas 02 29 38 +60 39 26 B2.5 V+sh 8.5 13 PHipparcos � 1 day

15752............... 11953 AG +58 273 +57 589 V362 Per 02 34 12 +58 24 20 B0 III 8.8 7 No convincing variability

in Hipparcos photometry

16429A............ 12495 STF 284A +60 541 V482 Cas 02 40 45 +61 16 56 O9.5 III 7.9 7, 14

19374............... 14514 53 Ari 938 +17 493 UWAri 03 07 26 17 52 48 B1.5 V 6.1 15, 16, 17 Claimed variability not confirmed

23480............... 17608 Merope 1156 +23 522 V971 Tau 03 46 20 +23 56 54 B6 IVe 4.2 18, 19, 20 Periodic Be star, P ¼ 0:49 day

24640............... 18434 NSV 1418 1215 +34 768 03 56 29 +35 04 51 B1.5 V 5.5 21, 22

27396............... 20354 53 Per 1350 +46 872 V469 Per 04 21 33 +46 29 56 B4 IV 4.8 23, 24 SPB star

28114............... 20715 1397 +08 687 V1143 Tau 04 26 21 +08 35 25 B6 IV 6.1 25 SPB star

28446............... 21148 DL Cam 1417 +53 779 1 Cam 04 32 01 +53 54 39 B0 IIIn 5.8 26, 27 Probably SPB

33328............... 23972 k Eri 1679 �08 1040 69 Eri 05 09 09 �08 45 15 B2 IVne 4.2 8, 20, 28, 29 Periodic Be star, P ¼ 0:702 day

35468............... 25336 � Ori 1790 +06 919 24 Ori 05 25 08 +06 20 59 B2 III 1.6 30, 31

37776............... 26742 �01 1005 V901 Ori 05 40 56 �01 30 26 B2 IV 6.9 7, 32, 33

38010............... 26998 +25 941 V1165 Tau 05 43 39 25 26 22 B1 Vpe 6.8 34 Be star, PHipparcos � 0:67 day

252214............. 29106 AG +13 535 NGC 2169 2 +13 1120 V916 Ori 06 08 18 13 58 18 B2.5 V 8.1 5, 7, 35 Claimed variability not confirmed

43837............... 30041 AG +20 661 +20 1369 06 19 17 +20 34 48 B2 Ibp. . . 8.5 6, 36 PHipparcos � 2 days

43818............... 30046 LU Gem +23 1300 11 Gem 06 19 19 +23 28 10 B0 II 6.9 36, 37, 38

47432............... 31766 2442 +01 1443 V689 Mon 06 38 38 +01 36 49 O 9.5 III 6.2 6, 39, 40 PHipparcos � 2 days

51309............... 33347 � CMa 2596 �16 1661 20 CMa 06 56 08 �17 03 15 B3 Ib/II 4.4 2, 41, 42

53974............... 34301 FN CMa 2678 �11 1790 07 06 41 �11 17 39 B0.5 IV 5.4 5, 7, 39 PHipparcos � 1 day

55857............... 34924 GY CMa 2734 �27 3789 ALS 255 +07 13 36 �27 21 23 B0.5 V 6.1 37, 43, 44 Claimed variability not confirmed

55958............... 34937 GG CMa 2741 �30 4143 07 13 47 �03 01 51 B2 IV 6.6 45, 46 Claimed variability not confirmed

57219............... 35406 �02 Pup 2790 �36 3519 NW Pup 07 18 39 �36 44 34 B2 IVne 5.1 47, 48, 49

65575............... 38827 � Car 3117 07 56 47 �52 58 57 B3 IVp 3.4 8, 16, 41, 50

67536............... 39530 3186 �62 330 V375 Car 08 04 43 �62 50 11 B2.5 Vn 6.2 8, 37, 51 Be star, PHipparcos ¼ 1:01646 days

74195............... 42536 o Vel 3447 08 40 18 �52 55 19 B3 IV 3.6 52 SPB star
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74375.......... 42568 d Car 3457 �59 2020 V343 Car 08 40 37 �59 45 40 B1.5 III 4.3 6, 51, 53 PHipparcos ¼ 2:37952 days

74280.......... 42799 	 Hya 3454 +03 2039 7 Hya 08 43 14 +03 23 55 B3 V 4.9 41, 54, 55 PHipparcos � 2:2 days

77002.......... 43937 b01 Car 3582 �58 2347 V376 Car 08 56 58 �59 13 45 B2 IV–V 4.9 37, 56, 57 Claimed variability not confirmed

77320.......... 44213 IU Vel 3593 �42 4875 09 00 22 �43 10 26 B2.5 Vne 6.1 19, 20, 47 Periodic Be star (P ¼ 0:612 day)

85953.......... 48527 3924 �50 4622 V335 Vel 09 53 50 �51 08 48 B2 III 5.9 52 SPB star

92007.......... NGC 3293 26 �57 3350 V379 Car 10 35 59 �58 14 15 B1 III 8.2 20, 58, 59, 60, 61 Periodic Be star (P ¼ 1:754 days)

98410.......... 55207 ALS 2299 �62 505 V536 Car 11 18 18 �62 58 28 B2/B3 Ib/II 8.8 26 PHipparcos ¼ 1:45325 days

104841........ 58867 
2 Cru 4603 �62 610 12 04 19 �63 09 57 B2 IV 4.7 37, 41

106490........ 59747 � Cru 4656 �58 4466 12 15 09 �58 44 56 B2 IV 2.8 16, 39, 41, 62, 63, 64

109668........ 61585 � Mus 4798 �68 1104 12 37 11 �69 08 08 B2 IV–V 2.7 16, 37, 39, 41

BT Cru NGC 4755 418 �59 4542 12 53 36 �60 23 46 B2 V 9.6 64, 65, 66, 67, 68 Claimed variability not confirmed

NGC 4755 215 12 53 38 �60 22 49 11.6 58, 69, 70 P ¼ 0:355 day, SPB star?

BV Cru NGC 4755 105 12 53 39 �60 21 12 B0.5 IIIn 8.7 65, 67, 68 P � 1 or 2 days, possible binary

112078........ 63007 k Cru 4897 �58 4794 12 54 39 �59 08 48 B4 Vne 4.6 5, 20, 47, 62, 71 PHipparcos ¼ 0:35168 day, Q ¼ 0:11 day

116072........ 5034 �60 4639 V790 Cen 13 22 36 �60 58 19 B2.5 Vn 6.2 8, 72 � Lyr-type eclipsing binary

122980........ 68862 � Cen 5285 �40 8405 14 06 03 �41 10 47 B2 V 4.4 57

130903........ 72710 He 3�1034 �40 9037 V1018 Cen 14 51 58 �40 48 21 B2p 7.9 26, 73, 74

160762........ 86414 � Her 6588 +46 2349 85 Her 17 39 28 +46 00 23 B3 IV 3.8 75, 76

160124........ 86432 NGC 6405 100 �32 13072 V994 Sco 17 39 38 �32 19 13 B3 IV 7.2 77, 78 SPB star

180125........ 94588 +10 3839 V1447 Aql 19 14 58 +10 24 34 B8 V 7.4 26, 74 PHipparcos ¼ 2:1678 days

180968........ 94827 ES Vul 7318 +22 3648 2 Vul 19 17 44 +23 01 32 B0.5 IV 5.4 8, 20, 79 Periodic Be star (P ¼ 1:27 days)

188439........ 97845 7600 +47 2945 V819 Cyg 19 53 01 +47 48 28 B0.5 IIIn 6.3 6, 79

189687........ 98425 25 Cyg 7647 +36 3806 V1746 Cyg 19 59 55 +37 02 34 B3 IVe 5.1 80, 81 Be star

195556........ 101138 !1 Cyg 7844 +48 3142 45 Cyg 20 30 04 +48 57 06 B2.5 IV 4.9 27

204076........ 105912 BR Mic �32 16569 21 27 01 �31 56 20 B2 II 8.8 82 PHipparcos � 3:6 days

217811........ 113802 LN And 8768 +43 4378 23 02 45 +44 03 32 B2 V 6.4 83

224559........ 118214 LQ And 9070 +45 4381 AG +46 2225 23 58 46 46 24 47 B4 Vne 6.5 20, 84, 85 Periodic Be star (P ¼ 0:619 day)

Notes.—Units of right ascension are hours, minutes, and seconds, and units of declination are degrees, arcminutes, and arcseconds. Table 3 is also available in machine-readable form in the electronic edition of the
Astrophysical Journal Supplement.

References.— (1) Le Contel et al. 2001; (2) Kukarkin et al. 1981; (3) Maciejewski et al. 2004; (4) Mahra & Mohan 1979; (5) Kukarkin et al. 1971; (6) Koen & Eyer 2002; (7) Hill 1967; (8) Grady et al. 1987; (9) Steele
et al. 1999; (10) Krzesiński et al. 1999; (11) De Cat et al. 2004; (12) Garrido & Delgado 1982; (13) Percy & Madore 1972; (14) McSwain 2003; (15) Percy & Au-Yong 2000; (16) Adelman 2001; (17) Sterken 1988;
(18) McNamara 1985; (19) Balona 1990; (20) Balona 1995a; (21) Jones 1960; (22) Telting et al. 2002; (23) De Ridder et al. 1999; (24) Chapellier et al. 1998; (25) Mathias et al. 2001; (26) Kazarovets et al. 1999;
(27) Jerzykiewicz 1993; (28) Balona 1975; (29) Balona 1995b; (30) Krisciunas & Luedeke 1996; (31) Krisciunas 1994; (32) Catalano & Renson 1998; (33) Khokhlova et al. 2000; (34) Jaschek et al. 1980;
(35) Jerzykiewicz et al. 2003; (36) Percy 1984; (37) Jakate 1979b; (38) Shobbrook 1978; (39) Balona 1977; (40) Balona & Engelbrecht 1981; (41) Elst 1979b; (42) Balona & Engelbrecht 1985b; (43) Breger et al. 1991;
(44) Balona & Cuypers 1993; (45) Jerzykiewicz & Sterken 1977; (46) Morris 1985; (47) Balona et al. 1992; (48) Yudin 2001; (49) Dachs et al. 1981; (50) Leone & Catanzaro 1998; (51) Van Hoof 1973b; (52) Aerts et al.
1999; (53) Waelkens & Rufener 1983a; (54) Abt et al. 2002; (55) Saxena & Srivastava 1997; (56) Jakate 1979a; (57) Balona 1982; (58) Balona et al. 1997; (59) Cugier et al. 1994; (60) Duflot et al. 1995; (61) Feast 1958;
(62) Shobbrook 1981; (63) Elst 1979a; (64) Schrijvers et al. 2002; (65) Balona & Koen 1994; (66) A. Stankov 2005, in preparation; (67) Jakate 1978; (68) Koen 1993; (69) Stankov et al. 2002; (70) Perry et al. 1976;
(71) Evans 1967; (72) Waelkens & Rufener 1983b; (73) Dachs & Kaiser 1984; (74) ESA 1997; (75) Mathias & Waelkens 1995; (76) Chapellier et al. 2000; (77) Waelkens 1991; (78) Waelkens & Rufener 1985;
(79) Lynds 1959; (80) Percy et al. 2002; (81) Pavlovski et al. 1997; (82) Hambly et al. 1994; (83) Shaw et al. 1983; (84) Matthews et al. 1991; (85) Percy & Lane 1977.
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TABLE 4

Pulsation Periods for Stars from Table 1

Identifier

(1)

Period

(days)

(2)

Reference, (Note)

(3)

HD 886 ....................... 0.1517502ps 1

V909 Cas .................... 0.207p 2

NGC 663 4 ................. 0.194047p 3

V611 Per ..................... 0.1716946p 4

V665 Per ..................... 0.242342p 5

0.199545p This work

+more

V614 Per ..................... 0.1326359p 5

NGC 884 2246 ........... 0.184188p 6

0.170765p

V595 Per ..................... 0.31788p 6

HD 16582 ................... 0.1611ps s: 7, p: 8

HD 21803 ................... 0.201779ps 9, 10

0.198085ps 10, 11

0.227099p 10, 11

+more 10

HD 24760 ................... 0.1887s 12

0.1698s

0.1600s

0.1455s

0.13976s s: 13, not found in 12

0.1911s s: 13, not found in 12

HD 29248 ................... 0.1735126ps 14

0.1768681ps

0.1779337ps

0.1773937ps

0.126619ps

0.16015ps

0.15969ps

0.16074s

0.1389p

HD 35411.................... 0.133s 15

HD 35715 ................... 0.0954s 16

0.0932s

HD 44743 ................... 0.2512988ps p: 17, s: 18, rv: 19

0.25003ps 17, 18, 20, rv: 19

0.23904ps 17, rv: 19, 21

HD 46328 ................... 0.2095754p 22

HD 50707 ................... 0.18464ps 22

0.1932ps 23

0.1924p

HD 52918 ................... 0.191207ps 24

0.204517ps

HD 56014 ................... 0.0919p p: 25

HD 59864 ................... 0.238p: 26

0.243p:

HD 61068 ................... 0.166385p 22

0.164921p

HD 64365 ................... 0.201584p This work

+ more

HD 64722 ................... 0.11541p 27

0.1168 or 0.1323p

HD 71913 ................... 0.20578p 28

HD 78616 ................... 0.21569ps 18, 22

HD 80383 ................... 0.18316p 29

0.18647p

0.1847p

HD 90288 ................... 0.10954p 29

0.12024p

0.10344p

0.1295p

HD 303068 ................. 0.1457p 30

0.1487p

TABLE 4—Continued

Identifier

(1)

Period

(days)

(2)

Reference, (Note)

(3)

HD 303067 ........................ 0.1684p 30; similar situation

as for HD 303068

0.1751p

0.1643p

V403 Car............................ 0.251p 30; similar situation

as for HD 303068

V412 Car............................ 0.114p: 30

V404 Car............................ 0.16p: 30

V405 Car............................ 0.152p 30

0.158p

0.1841p: 22

V378 Car............................ 0.1600p 30

0.2070p

0.177p:

V440 Car............................ 0.179p: 31

V406 Car............................ 0.1756p 30; similar situation

as for HD 303068

0.1785p

V380 Car............................ 0.2274p 30

V381 Car............................ 0.1773p 30

0.1502p 32

0.1397p 32

HD 109885 ........................ 0.17054p 29

0.16806p

0.1616p

0.1752p

HD 111123......................... 0.1911846ps 33

0.1678228ps 34

0.1827430ps

BS Cru ............................... 0.151p 35

0.156p

0.163p

0.137p

0.157978p 36

NGC 4755 113................... 0.233p 37

NGC 4755 405 .................. 0.125p 35

0.128p

CT Cru ............................... 0.131p 35

CV Cru............................... 0.179p 35

0.128p

CZ Cru ............................... 0.159p 35

0.108p

0.1386p 30

CX Cru............................... 0.182p 35

CY Cru............................... 0.159p 37

NGC 4755 210 .................. 0.093p 35

BW Cru.............................. 0.205p 35

0.220p

0.190p

0.1623p 36

HD 112481......................... 0.254537p 22

0.259618p

HD 116658......................... 0.173787ps 38

HD 118716......................... 0.169608ps 39, 40

0.17696ps 40, 41

0.1617s

0.1356s

0.1308s

HD 122451 ........................ 0.153496s 42

0.155920s (Balona’s photometric

period uncertain)

0.153960s

HD 126341 ........................ 0.17736934ps 43

HD 129056 ........................ 0.25984663ps 22

0.2368ps 44
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TABLE 4—Continued

Identifier

(1)

Period

(days)

(2)

Reference, (Note)

(3)

HD 129557 ............................... 0.1275504ps 45

0.142516p 46

0.134769p

HD 129929 ............................... 0.1547581p 47

0.1433013p

0.1550486p

0.1430527p

0.1517234p

0.1435509p

HD 136298 ............................... 0.198ps 39, 48

HD 144470 ............................... 0.067s 49

HD 145794 ............................... 0.15991p 50

0.1918p

HD 147165 ............................... 0.246829ps 51

0.239661ps

HD 147985 ............................... 0.132312ps 52

0.144930ps 18

0.156656ps

V945 Sco .................................. 0.06706p 53

V1032 Sco ................................ 0.11928p 54

0.07699p

0.12040p

V946 Sco .................................. 0.09878p 53

0.09544p

0.09071p

0.08550p

0.08302p

V964 Sco .................................. 0.087846p 54

0.067575p

0.055328p

V947 Sco .................................. 0.10788p 53

0.06096p

V920 Sco .................................. 0.10119p 53

0.10765p

0.10389p

0.12137p

0.09114p

HD 156327B............................. 0.146p 55

0.136p

HD 156662 ............................... 0.16890p 52

0.18861p

0.16978p

HD 157056 ............................... 0.1405280ps 56

0.13722p

0.13569p

0.13391p

0.12877p

0.12699p

0.12542p

HD 157485 ............................... 0.2212p 28

0.2240p

HD 158926 ............................... 0.2138272ps 57

+ more

HD 160578 ............................... 0.19983ps 57

HD 163472 ............................... 0.13989010ps 10, 58

0.1466s 10, 59

HD 164340 ............................... 0.1529341p 60

0.1567948 60

HD 165174 ............................... 0.303ps 10, 61

HD 165812 ............................... 0.1759p 28

0.2180p

HD 166540 ............................... 0.23299p 62

0.22729p

HD 180642 ............................... 0.18225ps 10, 28

TABLE 4—Continued

Identifier

(1)

Period

(days)

(2)

Reference, (Note)

(3)

NGC 6910 18 ........................... 0.156539p 63

0.162486p

0.148877p

NGC 6910 16 ........................... 0.192198p 63

0.171077p

0.239556p

NGC 6910 14 ........................... 0.190396p 63

NGC 6910 27 ........................... 0.143010p 63

V2187 Cyg................................ 0.25388p 64

HD 199140 ............................... 0.20104444ps 65, 66

HD 203664 ............................... 0.16587ps 10, 28

+more 10

HD 205021 ............................... 0.1904870ps 67

0.2031s 68

0.1967s

0.1859s

0.18460s

NGC 7235 8 ............................. 0.202890p 69

0.177898p

HN Aqr ..................................... 0.15231ps 70, 71

HD 214993 ............................... 0.23583ps 72

0.19738ps 73

0.19309ps

0.1917p

0.1884p

0.18747ps

0.18215ps

0.1711p

0.1350p

HD 216916 ............................... 0.1691670ps 74

0.1708555ps 75

0.1817325ps

0.1816843p

Notes.—The letter ‘‘p’’ after a given period denotes a photometric detec-
tion and ‘‘s’’ denotes a spectroscopic one. Uncertainties of the periods are in
the last digits. Table 4 is also available in machine-readable form in the
electronic edition of the Astrophysical Journal Supplement.

References.— (1) Valtier et al. 1985; (2) Robb et al. 2000; (3) Pigulski
et al. 2001; (4) Krzesiński et al. 1999; (5) Gomez-Forrellad 2000; (6) Krzesiński
& Pigulski 1997; (7) Campos & Smith 1980; (8) Cugier & Nowak 1997;
(9) Jarzebowski et al. 1981; (10) De Cat et al. 2004; (11) Struve&Zebergs 1959;
(12) De Cat et al. 2000; (13) Gies et al. 1999; (14) De Ridder et al. 2004; (15) De
Mey et al. 1996; (16) Telting et al. 2001; (17) Shobbrook 1973a; (18) Aerts
et al. 1994; (19) Struve 1950; (20) Balona et al. 1996; (21) Kubiak 1980;
(22)Heynderickx 1992; (23) Lynds et al. 1956; (24)Balona et al. 2002; (25)Balona
& Krisciunas 1994; (26) Sterken & Jerzykiewicz 1990; (27) Sterken &
Jerzykiewicz 1980; (28) Aerts 2000; (29) Handler et al. 2003; (30) Balona et al.
1997; (31) Balona 1994; (32) Freyhammer et al. 2004; (33) Cuypers et al. 2002;
(34) Aerts et al. 1998; (35) Stankov et al. 2002; (36) Koen 1993; (37) Balona &
Koen 1994; (38) Lomb 1978; (39) Shobbrook 1972; (40) Schrijvers et al. 2004;
(41) Schrijvers 1999; (42) Ausseloos et al. 2002; (43) Cuypers 1987; (44) Mathias
et al. 1994a; (45) Vander Linden & Sterken 1985; (46) Sterken & Jerzykiewicz
1983; (47) Aerts et al. 2004b; (48) Lloyd & Pike 1988; (49) Telting & Schrijvers
1998; (50) Waelkens & Heynderickx 1989; (51) Chapellier & Valtier 1992;
(52) Waelkens & Cuypers 1985; (53) Balona & Shobbrook 1983; (54) Balona
& Engelbrecht 1985a; (55) Paardekooper et al. 2002; (56) Handler et al. 2005;
(57) Lomb & Shobbrook 1975; (58) Kubiak & Seggewiss 1984; (59) Neiner et al.
2003; (60) J. Molenda-Żakowicz &G. Poyubek 2005, in preparation; (61) Cuypers
et al. 1989; (62) Waelkens et al. 1991; (63) Koyaczkowski et al. 2004a;
(64) Pigulski &Koyaczkowski 1998; (65)Aerts et al. 1995; (66) Sterken et al.1993;
(67) Telting et al. 1997; (68) Stebbins & Kron 1954; (69) Pigulski et al. 1997; (70)
Kilkenny& vanWyk 1990; (71) Dufton et al. 1998; (72) G. Handler et al. 2005, in
preparation; (73)Mathias et al. 1994b; (74) Lehmann et al. 2001; (75) Jerzykiewicz
& Pigulski 1999.
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boundary decreases to 0.036 day). Assuming twice the photo-
metric period as the rotation period of a possible rotationally
variable star, we derive a rotational velocity of�800 km s�1. This
value is higher than the break-up velocity and excludes the possi-
bility of rotational variability. Therefore, V595 Per is confirmed to
be a � Cephei star.

HD 24760 (� Per).—Preliminary results by K. Uytterhoeven
(2004, private communication) on this star show that several
frequencies are probably excited in � Per and that harmonics are
also present. More research on this star is currently in progress.
See also Harmanec (1999) and Gies et al. (1999).

HD 35715 ( 2 Ori).—Is also an ellipsoidal variable. Pulsa-
tion was not detected photometrically but in line profiles.

HD 52918 (19 Mon).—This is also a Be star (H� emission
discovered by Irvine (1975)) with a relatively high pulsation
amplitude that may be connected to shock phenomena in the
atmosphere. Balona et al. (2002) find three frequencies, two of
them are due to � Cephei-type pulsation.

HD 56014 (27 (BW) CMa).—Balona (1995a) lists this star as
a periodic Be star with a period of P ¼ 1:262 days. Short-period
pulsations were, however, detected by Balona & Krisciunas
(1994), who report the redetection of a period of P ¼ 0:0918
day. Next to HD 52918, this would be the second star to exhibit
Be as well as � Cephei type variability. It is also a close optical
double system, and therefore it is possible that the � Cephei
variability does not originate in the Be star. More research on
this star is needed.

HD 122451 (� Cen).—Very eccentric double-lined spectro-
scopic binary with two � Cephei components.

HD 158926 (k Sco).—This is a triple system with a variable
dominant period of around 4.679410 cycles day�1. There are
three additional significant frequencies that can, however, be
attributed to either the primary or the tertiary component of this
system (Uytterhoeven et al. 2004a, 2004b).

HD 160578 (� Sco).—K. Uytterhoeven (2004, private com-
munication) confirms one pulsation mode at 4.99922 cycles
day�1, together with its first harmonic. All other additional fre-
quencies mentioned in the literature can be explained by means
of a rotational modulation effect between a nonradial mode and
the rotation of the star in presence of spots on the stellar surface,
but a pure nonradial pulsation model cannot be excluded at the
time being (Harmanec et al. 2004).

HD165174 (V986Oph).—This is by far the hottest, most mas-
sive and most luminous � Cephei star; it also has one of the lon-
gest periods. The nature of this mild Be star has been discussed in
detail by Cuypers et al. (1989), and we agree with these authors
that there is no compelling reason not to consider it a � Cephei
star. It satisfies our definition of this group of pulsating stars.

8.3. Notes on Individual Candidate � Cephei Stars

NGC 1502 37.—According to Delgado et al. (1992), Hill
(1967) confused this star with NGC 1502 A=NGC 1502 1. We
give its correct identification here and note in addition that
NGC 1502 37 is a visual binary.

HD 34656.—This O7e III star was investigated by Fullerton
et al. (1991), who detected radial velocity variations with a
period of 8.81 hr, of which we are however not convinced.
Fullerton et al. (1991) inferred that HD 34656 is a pulsating star
and excluded the possibilities of the variations originating in
rotational modulation of a weak surface feature or motion in a
binary system. They associated its variability with � Cephei
type pulsation but were reluctant to identify it as such a variable
at that time. This star is often cited to be the only O-type
� Cephei star pulsator, despite the authors’ caution.

HD 36512 (� Ori).—Although the periods claimed for this
star in the literature imply SPB-like variability, our amplitude
spectrum of its Hipparcos data has the highest peak at a period
of 0.146 day indicating a � Cephei nature of the pulsation.
HD 43078.—Hill (1967) suggests the presence of a fairly

convincing 0.23887 day period for this star, which is, however,
not present in the Hipparcos data. The Strömgren colors of this
star are unusual, placing it considerably below the ZAMS, and
are inconsistent with its spectral classification.
HD 53755 (V569 Mon).—Balona (1977) found a period of

0.18 day. In the Hipparcos data we could not detect any con-
vincing periodicity. The highest peak in the amplitude spectrum
of these data is at 0.66 day, which is too long for � Cephei type
pulsation.
HD 63949 (QS Pup).—There are doubts about the presence

of the 0.1182 day variation in the 1975 data set as well as about
the 0.108 day variation (C. Sterken 2003, private communica-
tion). The Hipparcos amplitude spectrum for this star indicates
no variability exceeding 4 mmag.
HD 74455.—Morris (1985) suspected it to be an ellipsoidal

variable; confirmed in Hipparcos data (this work); see also
Waelkens & Rufener (1983a).
HD 74575 (� Pyx).—Van Hoof (1973a) concluded from RV

measurements that this star is a � Cephei variable; Balona
(1977) found it not variable in RV, whereas Sterken & Vander
Linden (1983) found a well-defined sinusoidal velocity curve
with a probable period of 5 hr, but from one night only.
HD 86466 (IV Vel).—The available data are not conclu-

sive. Jakate (1979b) places this star in his ‘‘suspected � Cephei
stars’’ table. The highest peak in the amplitude spectrum of
the Hipparcos data of the star is at a 0.105 day period, but a
0.55 day variation is almost equally probable.
HD 96446 (V430 Car).—This Bp star shows a 0.8514 day

period resulting from rotation, but a possible secondary period
near 0.26 day could be due to pulsation (Matthews&Bohlender
1991).

NGC 3766 67 (V847 Cen).—The frequency of the light var-
iation of this candidate � Cephei star is close to 4 cycles per
sidereal day, which could indicate an extinction problem, and
low-frequency variability also seems to exist.
HD 104337.—Ellipsoidal variability is confirmed by Hip-

parcos data (this work).
HD 120307 (� Cen).—This is a single-lined spectroscopic

binary and a Be star; see Cuypers et al. (1989). The period of
0.4255 day results in Q ¼ 0:107 day, which is too large for
� Cephei pulsation. Most of the other periods found for this star
are too long for � Cephei pulsation as well. Schrijvers & Telting
(2002), however, detected seven frequencies spectroscopically
that they attributed to high degree modes (‘ > 5), which could
be connected to � Cephei type pulsation or be � Ophiuchi-like
line profile variability.
HD 143018.—Ellipsoidal variable with P ¼ 1:570 day, see

Stickland et al. (1996).
HD 144218 (� Sco A).—Binary system; � Cep candidate

with a tentative period of P ¼ 0:1733 day (see Holmgren et al.
1997).

HD 149881 (V600 Her).—Possibly an ellipsoidal variable
with a � Cephei component (De Cat et al. 2004). Pulsational
variability not detectable in Hipparcos data within a limit of
4.5 mmag.
HD 176502 (V543 Lyr).—Visual double star. TheHipparcos

data clearly indicate that the star is variable, but the timescale
remains unknown because of aliasing; it could be either several
days or 2.5 hr.
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NGC 687114 (V1820 Cyg).—Few variability measurements
of this candidate � Cephei star are available, and the star is
underluminous for the rather longperiod claimed.

HD 210808 (V447 Cep).—The analysis of this star’s Hip-
parcos photometry reveals a primary period of 0.314 day, and a
possible secondary period of 0.460 day (Koen 2001). The late
spectral type of the star is inconsistent with its Strömgren H�
index (2.639), suggesting a possible Be nature. The star is also
known as a visual binary and as an X-ray source.

8.4. Notes on Individual Rejected � Cephei Stars

HD 13544 (V353 Per).—Two periods of 0.6647 and 0.7724
day explain this star’s Hipparcos photometry.

HD 13831 (V473 Per).—Be star. Published data indicate
short-period variability, but Hipparcos photometry (this work)
fails to confirm that.

HD 16429A (V482 Cas).—This star is a speckle binary in a
triple system; also a radio emitter and an X-ray source. Time-
scales present in its Hipparcos light curves are of the order of
P ¼ 1:7 2:5 days.

HD 24640.—The published radial velocity curves are not
convincing. Variability timescales in the star’s Hipparcos pho-
tometry are longer than 1.5 days.

HD 28446 (1 (DL) Cam).—Our analysis of this star’s Hip-
parcos photometry results in candidate periods considerably
longer than those of � Cephei type pulsation; it is also possible
that parts of eclipses were observed by the satellite.

HD 35468 (� Ori).—Krisciunas (1994) and Krisciunas &
Luedeke (1996) suspect this is a low-amplitude, possibly ir-
regular variable. However, their measurements are too scarcely
sampled to enable a search for periods in the range of � Cephei
pulsations.

HD 37776 (V901 Ori).—This is a rapidly rotating magnetic
CP star (Catalano & Renson 1998). We determine a period of
1.538 days from its Hipparcos photometry.

HD 43818 (11 (LU) Gem).—Most recent data (Percy 1984)
show no evidence for variability on a timescale<0.2 day but on
a timescale of >0.2 day or more likely >0.5 day. The period
derived in that paper is P ¼ 1:25 days. Period from Hipparcos
�2.1 days (this work).

HD 51309 (� CMa).—There are no new data since the
work of Balona & Engelbrecht (1985b). In their work the
star was defined as a 53 Per star with a tentative period of
1.3947 days.

HD 57219 (�02 Pup).—Our analysis of this star’sHipparcos
data shows little evidence for variability, contrary to the sug-
gestion of low-signal variability by Balona et al. (1992). The
spectral classification of the star is also a matter of debate (see
Dachs et al. 1981). Renson et al. (1991) classify the star as B3
and He strong, which seems to be the classification most con-
sistent with its Strömgren colors.

HD 65575 (� Car).—The Hipparcos light curves show no
evidence for variability within a limit of 3 mmag.

HD 104841 (
2 Cru).—Claimed to be an ultra–short-period
pulsator (Jakate 1979b), but not confirmed. TheHipparcos pho-
tometry is consistent with a double-wave light variation with a
period of 3.4 days.

HD 106490 (� Cru).—Variability dubious, and if present, of
long period (3.6 days). Hipparcos photometry shows no vari-
ability above 3 mmag.

HD 109668 (�Mus).—Variability dubious, and if present, of
long period. Hipparcos photometry shows no variability above
2.5 mmag. Radial velocity variable.

HD 122980 (� Cen).—No short-period light variations. The
Hipparcos data indicate possible slower low-amplitude vari-
ability (this work). Radial velocity variable.

HD 130903 (V1018 Cen).—The Hipparcos data can be
folded with a period of 1.65064 days to give a double-wave
light curve. Although only few measurements are available, we
suspect the star is a binary-induced variable.

HD 160762 (� Her).—Slowly pulsating B star with sus-
pected, but unconfirmed shorter period variations. Cannot be
considered to be a � Cephei star for the time being.

HD 188439 (V819 Cyg).—The Hipparcos period of this OB
runaway star is 0.71373 day, resulting in Q ¼ 0:10 day.

HD 195556 (!1 Cyg).—The available data, including the
Hipparcos photometry indicate several possible or unstable pe-
riods, all of which are, however, longer than 15 hr.

HD 217811 (LN And).—Claimed to be an ultra–short-period
pulsator, but not confirmed. A three-day period explains the
variations in the Hipparcos photometry.

8.5. Notes on Individual Frequencies

HD 24760 (� Per).—A period at 0.0945 day was detected by
Smith et al. (1987) as well as Gies et al. (1999). We assume that
this is a harmonic of the main pulsation mode at P ¼ 0:1887 day.

HD 35411 (	 Ori).—A period at 0.43208 day was found by
Waelkens & Lampens (1988) in their photometric data. It is
doubtful if it originates from pulsation.

HD 52918 (19 Mon).—A period at 5.88 days was also de-
tected (Balona et al. 2002), which is too long for � Cephei-type
pulsation.

HD 59864 (V350 Pup).—Sterken & Jerzykiewicz (1990)
demonstrated the multiperiodicity of this star, but could not
give unambiguous period determinations because of aliasing.
The choice of the primary frequency also affects all others. The
periods we list are the most likely ones from the work by
Sterken & Jerzykiewicz (1990).

HD 61068 (PT Pup).—Heynderickx (1992) reports two
frequencies that we list in Table 4. This author, however, noted
aliasing problems in his period determinations. Amplitude var-
iability also seems present. In addition, the Hipparcos data for
this star (Koen & Eyer 2002) do not confirm the periodicities
listed by Heynderickx (1992). More observations of this star are
clearly necessary to determine the periodic content of its vari-
ability properly.

HD 64365 (QU Pup).—Frequency analyses by Sterken &
Jerzykiewicz (1980) and Heynderickx (1992) had periods of
0.1678 and 0.1927 day in common. However, our analysis of
the Hipparcos photometry of that star resulted in a 0.2016 day
period, which is the 1 cycle day�1 alias of the 0.1678 day period
given by the previous authors. As we suspect that the pre-
whitening of this erroneous period from single-site data had gen-
erated spurious secondary signals, we only list the frequency
found in the Hipparcos data. We do point out that the star is
multiperiodic in any case.

HD 64722 (V372 Car).—Aliasing mistake by Heynderickx
(1992), solved by reanalysis of Hipparcos data, this work.

HD 78616 (KK Vel).—There may be another independent
pulsation mode at half the period we listed.

HD 303068.—Different authors list up to five different fre-
quencies (see Engelbrecht 1986; Heynderickx 1992), of which
only two are in common in the different studies.

V404 Car.—Additional periods of 0.1742 and 0.1506 day are
listed by Engelbrecht (1986), but they were not confirmed by
other work.
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HD 111123 (� Cru).—More frequencies are possibly present,
but we are unsure whether they originate from pulsation
(Cuypers et al. 2002).

HD 116658 (� Vir).—The only periodicity that we regard
convincing in the analyses of this star is 0.1738 day. Smith
(1985) found a number of additional signals in his line-profile
analysis. We support the suggestion by Aerts & De Cat (2003)
that more spectroscopic data have to be analyzed before a
definite conclusion about the presence of the additional perio-
dicities can be made.

HD 136298 (� Lup).—Photometric period likely an alias of
the spectroscopic one quoted.

HD 145794 (V349 Nor).—The value of the second period of
this star is uncertain because of aliasing (Waelkens&Heynderickx
1989).

HD 156327B (V1035 Sco).—The V amplitude is 35 mmag;
spectroscopic variability was detected, but no period could be
determined.
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5.3 Asteroseismological studies of three β Cephei

stars: IL Vel, V433 Car and KZ Mus

Original paper:

G. Handler, R. R. Shobbrook, F. F. Vuthela, L. A. Balona, F. Rodler, T. Tshenye,
2003, MNRAS 341, 1005
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5.4 Asteroseismology of ν Eridani

5.4.1 Asteroseismology of the β Cephei star ν Eridani −
I. photometric observations and pulsational frequency
analysis

Original paper:

G. Handler, R. R. Shobbrook, M. Jerzykiewicz, K. Krisciunas, T. Tshenye, E.
Rodriguez, V. Costa, A.-Y. Zhou, R. Medupe, W. M. Phorah, R. Garrido, P. J.
Amado, M. Paparó, D. Zsuffa, L. Ramokgali, R. Crowe, N. Purves, R. Avila, R.
Knight, E. Brassfield, P. M. Kilmartin, P. L. Cottrell, 2004, MNRAS 347, 454
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ABSTRACT
We undertook a multisite photometric campaign for the β Cephei star ν Eridani. More than
600 h of differential photoelectric uvyV photometry were obtained with 11 telescopes during
148 clear nights.

The frequency analysis of our measurements shows that the variability of ν Eri can be de-
composed into 23 sinusoidal components, eight of which correspond to independent pulsation
frequencies between 5 and 8 cd−1. Some of these are arranged in multiplets, which suggests
rotational m-mode splitting of non-radial pulsation modes as the cause. If so, the rotation period
of the star must be between 30 and 60 d.

One of the signals in the light curves of ν Eri has a very low frequency of 0.432 cd−1. It can
be a high-order combination frequency or, more likely, an independent pulsation mode. In the
latter case, ν Eri would be both a β Cephei star and a slowly pulsating B (SPB) star.

The photometric amplitudes of the individual pulsation modes of ν Eri appear to have
increased by about 20 per cent over the last 40 years. So have the amplitudes of the dominant
combination frequencies of the star. Among the latter, we could only identify sum frequencies
with certainty, not difference frequencies, which suggests that neither light-curve distortion in
its simplest form nor resonant mode coupling is their single cause.

One of our comparison stars, µ Eridani, turned out to be variable with a dominant time-scale
of 1.62 d. We believe either that it is an SPB star just leaving its instability strip or that its
variations are of rotational origin.

Key words: techniques: photometric – stars: early-type – stars: individual: µ Eridani – stars:
individual: ν Eridani – stars: oscillations – stars: variables: other.
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1 I N T RO D U C T I O N

Lengthy multisite observations of multiperiodically pulsating stars
have become a standard tool in variable star research. The benefits
of such efforts are long, uninterrupted time series of the variations
of the target stars, which are necessary to resolve complicated pul-
sational spectra. The more individual variations present in a given
pulsator, the more we can learn about its interior by modelling the
observed mode spectra. This technique is called asteroseismology.

The most extensive observational efforts for asteroseismology
have been performed with dedicated telescope networks. For in-
stance, the Whole Earth Telescope (Nather et al. 1990) has already
observed 40 individual targets, more than half of which are pulsating
white dwarf stars, the others being pulsating sdB stars, rapidly oscil-
lating Ap stars, cataclysmic variables, etc. The Delta Scuti Network
(e.g. Zima et al. 2002) has studied 10 different objects during 23
campaigns and acquired a total of more than 1000 h of measurement
for some δ Scuti pulsators.

The very first coordinated multisite observations were obtained as
early as 1956, on the β Cephei star 12 (DD) Lacertae (de Jager 1963).
This effort even included both spectroscopic and multicolour pho-
tometric measurements. In more recent times, however, β Cephei
stars were (aside from a large campaign for BW Vul; Sterken et al.
1986) rarely the targets of extended observing campaigns. The rea-
son may be the sparse frequency spectra of β Cephei stars compared
to pulsating white dwarfs or δ Scuti stars. For many years, the record
holder was 12 (DD) Lac with five known independent modes of pul-
sation (Jerzykiewicz 1978), which was recently superseded by the
six modes of V836 Cen (Aerts et al. 2003).

However, the apparent paucity of frequencies in the mode spectra
of β Cephei stars may be questioned. Experience with δ Scuti stars
has shown that the more the detection level for periodic light vari-
ations is pushed down, the more pulsation modes are detected (e.g.
see the sequence of papers by Handler et al. 1996, 1997, 2000). In
fact, most of the pulsation modes of these stars have light ampli-
tudes around or below 1 mmag, an amplitude quite easily detected
with the large data sets of 2–3 mmag precision differential photom-
etry obtained during these campaigns. As the pulsational driving of
the β Cephei stars (Moskalik & Dziembowski 1992) is based on
essentially the same mechanism (the κ mechanism) as that of the
δ Scuti stars, just operating on heavier chemical elements, it can
be suspected that many low-amplitude modes are also excited in β

Cephei stars but have not yet been detected simply because of a lack
of suitable data. Indeed, this idea is supported by recent high-quality
observations (Stankov et al. 2002; Cuypers et al. 2002; Handler et al.
2003).

Besides the detection of many pulsation modes, another neces-
sary ingredient for asteroseismology is the correct identification of
these modes with their pulsational quantum numbers, k, the radial
overtone of the mode, the spherical degree 
 and the azimuthal order
m. For pulsating stars whose frequency spectra do not show any ob-
vious regularities caused by rotationally split modes or consecutive
radial overtones the use of mode identification methods is required.
This may, for instance, be spectroscopic diagnostics from line profile
variations or photometric colour amplitude ratios and phase shifts.
Unfortunately, such methods may not always yield unambiguous
results (see, for example, Balona 2000). However, Handler et al.
(2003) recently showed that mode identification from photometric
colour amplitudes works well for slowly rotating β Cephei stars and
they estimated that a relative accuracy of 3 per cent in the amplitude
determinations is sufficient to achieve an unambiguous determina-
tion of 
.

Consequently, β Cephei stars are indeed suitable for astero-
seismic studies. If successful, many interesting astrophysical re-
sults can be expected. For instance, angular momentum transport
in these stars can be studied. The frequencies of some pulsation
modes of β Cephei stars are sensitive to the amount of convective
core overshooting (Dziembowski & Pamyatnykh 1991). Deviations
from the rotational frequency splitting of non-radial mode multi-
plets can be due to the interior magnetic field structure of those stars
(Dziembowski & Jerzykiewicz 2003). Once the interior structures
of several β Cephei stars in various phases of their evolution are de-
termined, main-sequence stellar evolution calculations can be cal-
ibrated and more accurately extrapolated to the supernova stage,
which can in turn constrain spectral and chemical evolution theo-
ries of galaxies.

Hence, it is justified to devote large observational efforts to β

Cephei stars that seem suitable for asteroseismology. The selection
of a good candidate is one of the most important prerequisites for
such a study. For the present work, our choice was ν Eri (HD 29248,
V = 3.92). Its mode spectrum reveals high asteroseismic interest;
four pulsation frequencies were known, a singlet and an equally
spaced triplet (Kubiak 1980; Cuypers & Goossens 1981). The singlet
has been suggested to be a radial mode, and the triplet is consistent
with a dipole (Aerts, Waelkens & de Pauw 1994; Heynderickx,
Waelkens & Smeyers 1994).

If this triplet contained at least two rotationally split m-
components of a mode, ν Eri would also be a slow rotator, a hy-
pothesis supported by its measured v sin i (the most recent determi-
nation being 20 km s−1; Abt, Levato & Grosso 2002). This is im-
portant because the adverse effects of rotational mode coupling (see
Pamyatnykh 2003 or Daszyńska-Daszkiewicz et al. 2002) in a sub-
sequent theoretical analysis would be diminished. Finally, ν Eri is a
bright equatorial star, so it can be observed from both hemispheres
with photometric and high-resolution spectroscopic instruments.

We therefore organized a multisite campaign for ν Eri, applying
both observing methods mentioned above (Handler & Aerts 2002).
In the following, we report on the results from the photometric
measurements. The analysis of the spectroscopy, pulsational mode
identification and seismic modelling of the identified oscillations
will be the subject of future papers.

2 O B S E RVAT I O N S A N D R E D U C T I O N S

Our photometric observations were carried out with 11 different
telescopes and photometers at 10 observatories on five different
continents; these are summarized in Table 1. In most cases, single-
channel differential photometry was acquired through the Strömgren
uvy filters. However, at Sierra Nevada Observatory (OSN) a simul-
taneous uvby photometer was used, so we included the b filter as
well, and at the four observatories where no Strömgren filters were
available we used Johnson V . Some measurements through the Hβ

filters were also obtained at OSN. The total time base line spanned
by our measurements is 157.9 d.

We chose two comparison stars for ν Eri: µ Eri (HD 30211, B5IV,
V = 4.00) and ξ Eri (HD 27861, A2V, V = 5.17). Another check
star, HD 29227 (B7 III, V = 6.34) was also monitored at OSN.
We note that µ Eri was the single comparison star in all published
extensive photometric studies of ν Eri (van Hoof 1961; Kubiak
& Seggewiss 1991) and that its Hipparcos photometric data (ESA
1997) imply some slow variability (Koen & Eyer 2002). The star is
also a spectroscopic binary (Porb = 7.35890 d, e = 0.26; Hill 1969).
In the hope that we could also understand the variability of µ Eri
with our multisite observations, and hoping to use that knowledge
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Table 1. Log of the photometric measurements of ν Eri. Observatories are ordered according to geographical longitude. Sites that acquired V
measurements only are marked with asterisks.

Observatory Longitude Latitude Telescope Amount of data Observer(s)
Nights h

Sierra Nevada Observatory −3◦ 23′ +37◦ 04′ 0.9-m 18 53.59 ER, VC, RG, PJA
Cerro Tololo Interamerican Observatory −70◦ 49′ −30◦ 09′ 0.6-m 8 43.19 KK
Fairborn Observatory −110◦ 42′ +31◦ 23′ 0.75-m APT 24 114.54 –
Lowell Observatory −111◦ 40′ +35◦ 12′ 0.5-m 10 46.01 MJ
Mauna Kea Observatory∗ −155◦ 28′ +19◦ 50′ 0.6-m 4 7.78 RC, NP, RA, RK, EB
Mount John University Observatory∗ +170◦ 28′ −43◦ 59′ 0.6-m 1 3.83 PMK
Siding Spring Observatory +149◦ 04′ −31◦ 16′ 0.6-m 31 117.70 RRS
Xing-Long Observatory∗ +117◦ 35′ +40◦ 24′ 0.85-m 3 15.72 AYZ
South African Astronomical Observatory +20◦ 49′ −32◦ 22′ 0.5-m 37 151.82 GH, TT, RM, WP, LR
South African Astronomical Observatory +20◦ 49′ −32◦ 22′ 0.75-m 7 39.31 GH
Piszkestetö Observatory∗ +19◦ 54′ +47◦ 55′ 0.5-m 5 11.86 MP, DZ
Total 148 605.35

in re-analyses of the published data of ν Eri, we retained µ Eri
as a comparison star. During data reduction, we took care that the
variations of µ Eri would not influence the results on our primary
target.

Data reduction was therefore started by correcting for coinci-
dence losses, sky background and extinction. Nightly extinction
coefficients were determined with the Bouguer method from the ξ

Eri measurements only; second-order colour extinction coefficients
were also determined. We then calculated differential magnitudes
between the comparison stars (in the sense µ Eri–ξ Eri). Heliocen-
trically corrected versions of these time series were set aside for
later analysis of the variability of µ Eri, to which we will return
later.

The nightly (µ Eri–ξ Eri) differential magnitudes were fitted with
low-order polynomials (n < 4). The residuals of the non-differential
µ Eri magnitudes with respect to that fit were combined with the
ξ Eri data and were assumed to reflect the effects of transparency
and detector sensitivity changes only. Consequently, these combined
time series were binned into intervals that would allow good com-
pensation for the above-mentioned non-intrinsic variations in the
target star time series and were subtracted from the measurements
of ν Eri. The binning minimizes the introduction of noise in the
differential light curve of the target.

The timings for this differential light curve were heliocentrically
corrected as the next step. Finally, the photometric zero-points of
the different instruments, which may be different because of the
different colours of ν Eri and ξ Eri, were examined at times of
overlap with a different site and adjusted if necessary. Measurements
in the Strömgren y and Johnson V filters were treated as equivalent
and analysed together due to the same effective wavelength of these
filters. The resulting final combined time series was subjected to
frequency analysis; we show some of our light curves of ν Eri in
Fig. 1. In the end, we had more than 3000 measurements in each
filter with accuracies of 3.7 (u filter), 3.0 (v filter) and 3.0 mmag
(y/V filters) per data point available.

3 F R E QU E N C Y A NA LY S I S

3.1 The programme star

Our frequency analyses were mainly performed with the program
PERIOD 98 (Sperl 1998). This package applies single-frequency
power spectrum analysis and simultaneous multifrequency sine-
wave fitting. It also includes advanced options, such as the calcu-

lation of optimal light-curve fits for multiperiodic signals including
harmonic, combination, and equally spaced frequencies. As will be
demonstrated later, our analysis requires some of these features.

We started by computing the Fourier spectral window of the final
light curves in each of the filters. It was calculated as the Fourier
transform of a single noise-free sinusoid with a frequency of 5.7633
cd−1 (the strongest pulsational signal of ν Eri) and an amplitude
of 36 mmag sampled in the same way as were our measurements.
The upper panel of Fig. 2 contains the result for the combined y and
V data. Any alias structures that would potentially mislead us into
incorrect frequency determinations are quite low in amplitude due
to our multisite coverage.

We proceeded by computing the amplitude spectra of the data
itself (second panel of Fig. 2). The signal designated f 1 dominates,
but some additional structures not compatible with the spectral win-
dow side lobes are also present. Consequently, we pre-whitened this
signal by subtracting a synthetic sinusoidal light curve with a fre-
quency, amplitude and phase that yielded the smallest possible resid-
ual variance, and computed the amplitude spectrum of the residual
light curve (third panel of Fig. 2).

This resulted in the detection of a second signal (f 2) and of another
variation at the sum frequency of the two previously detected. We
then pre-whitened a three-frequency fit from the data using the same
optimization method as before and fixed the combination term to
the exact sum of the two independent frequencies. We continued
this procedure (further panels of Fig. 2) until no significant peaks
were left in the residual amplitude spectrum.

We consider an independent peak statistically significant if it
exceeds an amplitude signal-to-noise ratio (S/N) of 4 in the peri-
odogram; combination signals must satisfy S/N >3.5 to be regarded
as significant (see Breger et al. 1999, for a more in-depth discus-
sion of this criterion). The noise level was calculated as the average
amplitude in a 5-cd−1 interval centred on the frequency of interest.

We repeated the pre-whitening procedure with the u and v data
independently and obtained the same frequencies within the obser-
vational errors. We then determined final values for the detected
frequencies by averaging the values from the individual filters,
weighted by their S/N. The pulsational amplitudes were then re-
computed with those frequencies; the result is listed in Table 2.

The residuals from this solution were searched for additional
candidate signals that may be intrinsic. We have first investigated
the residuals in the individual filters, then analysed the averaged
residuals in the three filters (whereby the u data were divided by
1.5 to scale them to amplitudes and rms scatter similar to that in the
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Figure 1. Some light curves of ν Eri. Plus signs are data in the Strömgren u filter, filled circles are our v measurements and open circles represent Strömgren
y and Johnson V data. The full line is a fit composed of all the periodicities detected in the light curves (Table 2). The amount of data shown here is about half
the total.

other two filters), and finally applied statistical weights according to
the recommendation by Handler (2003). Some interesting features
were found and are listed in Table 3.

In this table, the signal at 0.254 cd−1 is formally significant in the
v filter data, and noticeable peaks are present at the same frequency

in both the u and y filter data. However, we find the evidence from
all the data sets taken together not sufficiently convincing to claim
reality for this peak. Similar comments apply to the other signals
listed in Table 3. We would, however, like to point out that the
variations near 6–8 cd−1 may all be components of multiplets that
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Figure 2. Amplitude spectra of ν Eri. The uppermost panel shows the spectral window of the data, followed by the periodogram of the data. Successive
pre-whitening steps are shown in the following panels; note their different ordinate scales. See text for details.

include detected modes. The signals at frequencies higher than
17 cd−1 all coincide with combinations of detected modes.

3.2 The comparison stars

We still have to analyse the light curves of µ Eri–ξ Eri. To this end,
we have computed the amplitude spectrum of these data and show
it in the upper panel of Fig. 3. One peak stands out; pre-whitening
it leaves strong evidence for further variability of this star (Fig. 3,
second panel), but no more periodicities can be detected.

The single periodicity that may be present in the light curves of µ

Eri has a frequency of 0.61638 ± 0.0005 cd−1 and uvy amplitudes
of 10.2, 6.4 and 5.0 mmag, respectively. It is statistically significant
with S/N ratios between 6.3 and 4.4 in the different filters, but it
is not clear if its frequency and amplitude were constant through-
out the observing window. The residual amplitude spectrum after
pre-whitening this signal still shows a very strong 1/f component
and indicates that the variability of µ Eri is complicated. However,
further analyses of the differential µ Eri–ξ Eri light curves, such
as searching for variations with non-sinusoidal pulse shapes using
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Table 2. Multifrequency solution for our time-resolved photometry of ν Eri.
Formal error estimates (following Montgomery & O’Donoghue 1999) for
the independent frequencies range from ±0.00001 cd−1 for f 1 to ±0.00035
cd−1 for f 8. Formal errors on the amplitudes are ±0.2 mmag in u and ±0.1
mmag in v and y. The S/N ratio quoted is for the y filter data.

ID Freq. u ampl. v ampl. y ampl. S/N
(cd−1) (mmag) (mmag) (mmag)

f 1 5.76327 73.5 41.0 36.9 137.0
f 3 5.62006 34.6 23.9 22.7 83.6
f 4 5.63716 32.2 22.4 21.0 77.7
f 2 5.65393 37.9 26.4 25.1 92.6
f 6 6.24408 3.9 2.5 2.6 9.8
f 7 6.26205 2.9 1.9 1.8 6.8
f 8 7.19994 1.3 0.9 1.1 4.3
f 5 7.89780 4.3 3.1 3.0 11.7
f A 0.43218 5.5 3.2 3.2 7.1
f 2 + f 3 11.27399 2.8 1.7 1.4 6.4
f 1 + f 3 11.38333 11.1 7.9 7.5 34.9
f 1 + f 4 11.40043 10.9 7.7 7.1 33.2
f 1 + f 2 11.41720 12.6 9.0 8.4 39.3
2f 1 11.52654 4.5 3.1 2.9 13.8
f 1 + f 5 13.66107 1.6 1.2 1.1 6.4
f 1 + f 3 + f 4 17.02049 1.0 0.7 0.7 4.7
f 1 + f 2 + f 3 17.03726 4.4 3.1 2.6 16.9
f 1 + f 2 + f 4 17.05435 1.0 0.8 0.9 6.1
f 1 + 2f 2 17.07113 0.8 0.7 0.5 3.5
2f 1 + f 3 17.14660 1.8 1.4 1.2 8.0
2f 1 + f 4 17.16370 1.7 1.2 1.0 6.6
2f 1 + f 2 17.18047 1.9 1.4 1.3 8.2
2f 1 + f 2 + f 3 22.80053 1.5 1.0 0.9 6.9

Table 3. Possible further signals. The data set in which they
attained highest S/N are indicated.

ID Frequency S/N
(cd−1)

0.2543 4.0 (v)
6.221 3.6 (uvy, weighted)
7.252 3.4 (uvy, weighted)
7.914 3.1 (u)

f 1 + 2f 3 17.0034 3.2 (u)
f 1 + 2f 2 + f 3 22.6912 3.5 (u)
3f 1 + f 2 + f 3 28.5638 3.1 (u)

the residualgram method (Martinez & Koen 1994) or by folding the
data with the orbital period, all remained inconclusive.

On the other hand, we noticed that the amplitude spectrum of the
de-trended comparison star magnitude differences (with a low-order
polynomial fitted to each night of data to remove the slow variability
of µ Eri) has the highest peak at 10.873 cd−1 in all the filters. It is
even significant with a S/N =5.2 in the v filter data, where it reaches
an amplitude of 0.6 mmag.

To examine whether this peak is real and, if so, from what star it
originates, we computed the differential (ν Eri–µ Eri) and (ν Eri–
ξ Eri) light curves. We then pre-whitened the frequency solution
from Table 2 from these data and computed the residual amplitude
spectra. We also examined the (ξ Eri–HD 29227) data from OSN
for this purpose. Unfortunately, these tests were not fully conclusive
because the noise level in these amplitude spectra is higher than
in those of the de-trended differential comparison star magnitudes

Figure 3. Upper panel: amplitude spectrum of (µ Eri–ξ Eri) in the y filter.
Second panel: residual amplitude spectrum after pre-whitening f 1. Lower
panel: residual amplitude spectrum of (µ Eri–ξ Eri) out to the Nyquist fre-
quency; no further variations are detected.

only. All we can say is that, if real, the 10.873-cd−1 variation is more
likely to originate from ξ Eri. In any case, our assumption that ξ Eri
is photometrically constant does not affect our analysis of ν Eri.

3.3 Re-analysis of literature data

We have re-analysed the photometric measurements by van Hoof
(1961) and Kubiak & Seggewiss (1991). The first data set was re-
trieved from the IAU archives (as deposited by Cuypers & Goossens
1981) and consists of two seasons of ultraviolet U and one season
of yellow Y measurements (the Y bandpass is identical to Johnson
V; see Lyngå 1959). The frequency analysis was performed on the
U data as they are considerably more numerous, whereas we deter-
mined only the amplitudes in the Y data with frequencies fixed to
the values derived from the U measurements.

We homogenized these data by averaging them into 7-min bins
and by removing poor data, sometimes whole nights. The frequency
analysis of the resulting U data set revealed the presence of frequen-
cies f 1 to f 4 as well as the sum frequencies of f 1 with the f 2, f 3,
f 4 triplet. The amplitude spectrum after pre-whitening the corre-
sponding multifrequency fit shows a strong increase of noise that
precludes the detection of further signals. We note that neither the
low 0.432-cd−1 variation of ν Eri nor the suspected 0.616-cd−1 pe-
riodicity of µ Eri could be detected.

To enable a search for further signals known from our analysis
in those data, we determined the zero-points of the residual light
curves of the individual nights and subtracted them from the data.
Fourier analysis of this modified data set allowed the detection of
four more signals established in our measurements. Their frequen-
cies and amplitudes recovered in van Hoof’s U data are listed in
Table 4 together with the corresponding Y amplitudes.

The photometric measurements by Kubiak & Seggewiss (1991)
consist of two runs of 17.1-d and 5.1-d time base, respectively,
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Table 4. Multifrequency solution for the U and Y data of van Hoof (1961).
The identifications of the signals are the same as in Table 2. Formal error
estimates (Montgomery & O’Donoghue 1999) for the independent frequen-
cies range from ±0.00001 cd−1 for f 1 to ±0.00017 cd−1 for f 6. Formal
errors on the U amplitudes are ±0.3 mmag. However, the real errors are
believed to be higher because of the zero-point adjustments we made. The
formal uncertainty on the Y amplitudes is ±0.8 mmag.

ID Freq. U ampl. Y ampl. S/N
(cd−1) (mmag) (mmag)

f 1 5.76345 52.8 28.9 78.2
f 3 5.62018 25.5 20.1 37.7
f 4 5.63738 26.5 19.5 39.2
f 2 5.65385 27.9 20.8 41.3
f 6 6.24417 2.7 2.1 4.0
f 7 6.26227 3.7 4.0 5.6
f 5 7.89830 2.1 2.0 3.1
f 1 + f 3 11.38363 8.1 6.2 13.0
f 1 + f 4 11.40083 8.1 5.5 13.0
f 1 + f 2 11.41730 9.2 7.0 14.7
2f 1 11.52690 2.8 3.8 4.4

separated by 4 yr. The f 2, f 3, f 4 triplet can, therefore, not be resolved
in these data, but f 1 can be separated from it and its uvby amplitudes
can be estimated. We obtain amplitudes of 55 ± 3 mmag in u, 30 ±
2 mmag in v, 28 ± 2 mmag in b and 27 ± 2 mmag in y for signal f 1.
The 0.616-cd−1 variation of µ Eri may be present in these data.

4 D I S C U S S I O N

4.1 The β Cephei type pulsation frequencies

We have detected eight independent signals in the light curves of
ν Eri that are in the typical frequency domain for β Cephei star
pulsation, i.e. they are pressure (p) and gravity (g) modes of low
radial order. We show the schematic amplitude spectrum composed
of these modes and of further suspected signals in Fig. 4.

This figure shows intriguing structures. Besides the known triplet
of frequencies near 5.64 cd−1, there is another doublet near 6.24 cd−1

with a suspected further component, and the two other signals near
7.2 and 7.9 cd−1 may also be parts of mode multiplets. We believe
that these are signs of rotational splitting of non-radial pulsation
modes. If so, the rotation period of ν Eri must be between 30 and
60 d, depending on the types of mode we see (p and/or g modes).

Figure 4. Schematic amplitude spectrum of ν Eri. The solid lines represent
detected modes, whereas the dashed lines indicate the positions of possible
further signals.

The low-frequency triplet is asymmetric. Dziembowski &
Jerzykiewicz (2003) calculated the asymmetry as Aobs = f 2 +
f 3 − 2f 4 = −7.1 ± 0.3 × 10−4 cd−1 (using the naming conven-
tion from Table 2) from archival data, whereas our measurements
indicate Aobs = −3.3 ± 0.4 × 10−4 cd−1. Comparing Tables 2 and 4,
it appears that our value for the triplet centroid frequency f 4 is less
accurate than the formal errors would suggest – which is plausible
given that our observational time base is only about 2.6 times the
inverse triplet splitting.

A comparison of Tables 2 and 4 allows another interesting con-
clusion; the pulsational amplitudes of all modes of ν Eri seem to
have increased between the measurements of van Hoof and those
of our studies. Allowing for the different wavelength passband of
the archival U measurements that also included a silvered mirror
(Lyngå 1959) and our Strömgren u data, an increase in the pulsa-
tional amplitudes of about 20 per cent can be estimated. It is possible
that most of this increase has occurred in the last 15–20 yr as the u
amplitude of f 1 in the data by Kubiak & Seggewiss (1991) is also
considerably smaller than in our data.

4.2 The combination signals

The light curves of ν Eri are not perfectly sinusoidal (cf. Fig. 1);
therefore, combination signals result from our method of frequency
determination. It is not well known what the physical cause of com-
bination frequencies is. Some of the most prominent hypotheses
include simple light-curve distortions due to the pulsations propa-
gating in a non-linearly responding medium or independent pulsa-
tion modes excited by resonances.

In case of the light-curve distortion hypothesis, the amplitudes
and phases of the combination frequencies can be predicted. They
also contain some information about the medium that distorts the
light curves (see Wu 2001 and references therein). In the simplest
case, the amplitudes of the combination signals scale directly with
the product of the amplitudes of the parent modes (see, for example,
Garrido & Rodrı́guez 1996).

As we do not have a pulsational mode identification available at
this point, we cannot examine the two above-mentioned hypotheses
quantitatively, but some statements can still be made. For instance,
simple light-curve distortion should produce combination sum and
difference frequencies of about the same amplitude. However, dif-
ference frequencies are completely absent in our multifrequency
solution (Table 2) although the strongest of these signals should be
easily detectable in our data.

The amplitude variations we reported before can also be exam-
ined. We note that the amplitude of the sum frequencies of f 1 with
the f 2, f 3, f 4 triplet increased by about 20 per cent, which is the same
as the increase of the individual amplitudes of the parent modes, but
less than expected for the simple light-curve distortion hypothesis.

The absence of the difference frequencies also poses a problem
for the resonant mode coupling hypothesis. As the stellar eigenmode
spectrum is much denser at low frequencies than at high frequencies
due to the presence of many gravity modes, we would expect to see
many more difference frequencies in the case of mode coupling,
which is not the case.

4.3 The low-frequency variation

We found a signal of 0.43218 cd−1 in the light curves of ν Eri and
evidence for other periodic low-frequency signals. Such variability
is an order of magnitude slower than β Cephei type pulsation. These
variations are not due to the slowly variable comparison star µ Eri;
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they occur at frequencies different from the dominant variation of
the latter star and we have taken care that its variability does not
affect our analysis of ν Eri in our reduction procedures. They are,
therefore, present in our light curves of ν Eri.

Although this slow variability has been detected in the measure-
ments in all three Strömgren filters used, we have taken special
care in determining whether these variations are intrinsic to the star.
Consequently, we computed amplitude spectra of the four largest
homogeneous subsets of data (i.e. those that used the same filters
and detectors throughout the whole campaign and that spanned a
time base longer than 70 d) in all three filters. We have found a
peak at 0.432 cd−1 present in all these amplitude spectra, and we
are therefore sure it is not an artefact of the observing or reduction
procedures; it is due to intrinsic variations of ν Eri.

Unfortunately, there is some doubt as to whether this is an in-
dependent frequency or not. A possible high-order combination
frequency (3f 1 − 3f 3) would be located only 0.0026 cd−1 away
from f A, which is much larger than the formal error estimate of
±0.0001 cd−1 for the frequency uncertainty of f A, but smaller than
the 0.0063-cd−1 frequency resolution of our data. It would be sur-
prising if such a high-order difference frequency were present in
our data when there is no evidence for lower-order ones. We thus
suspect that f A is an independent frequency, but only new measure-
ments increasing the time base of our data set will allow us to answer
this question unambiguously.

If f A were an independent periodicity, what would be the physical
reason for such a variability? As argued above, the rotation period
of ν Eri must be between 30 and 60 d; the observed 2.3-d period can
therefore not be connected to rotation. ν Eri is also not known to be
a binary; extensive radial velocity studies are available and no vari-
ability except that due to the short-period pulsations has ever been
reported. In addition, the wavelength dependence of the amplitude
of the 0.432-cd−1 signal excludes a pure geometric origin of this
variability.

Hence, the slow variations are probably due to high-order g-mode
pulsations of the star, which is also consistent with the colour am-
plitudes. We note that Jerzykiewicz (1993) also detected a low-
frequency variation in his light curves of the β Cephei star 16 (EN)
Lac, which he interpreted to be either due to a pair of spots – or due
to g-mode pulsation.

4.4 The variability of µ Eri

In Section 3.1 we reported that one of our comparison stars, µ Eri,
shows rather complex light variations with a time-scale of about
1.6 d. To examine their origin, we first determined its position in
the Hertzsprung–Russell (HR) diagram. As a start, we retrieved the
standard Strömgren and Geneva colours ofµEri from the Lausanne–
Geneva data base (http://obswww.unige.ch/gcpd/gcpd.html).

The star’s Geneva colours then imply T eff = 15 670 ± 100 K
according to the calibrations by Künzli et al. (1997). The star’s Hip-
parcos parallax (ESA 1997), combined with a reddening correction
of AV = 0.06 determined from its Strömgren colours and the cal-
ibration of Crawford (1978), the bolometric corrections by Flower
(1996) and Drilling & Landolt (2000) result in Mbol = −3.6 ± 0.4.
We can thus place µ Eri in the theoretical HR diagram (Fig. 5).

Interestingly, µ Eri seems to be an object just at or shortly after
the end of its main-sequence life. It is located within the instability
strip of the SPB stars, and the time-scale (cf. De Cat & Aerts 2002;
Pamyatnykh 2002) and complexity of its variability as well as the
colour dependence of its amplitudes on wavelength are consistent
with it being an SPB star. µ Eri may have many pulsation modes

Figure 5. The position of µ Eri in the theoretical HR diagram. Some
stellar model evolutionary tracks labelled with their masses (full lines) for
(v sin i)ZAMS = 200 km s−1 are included. The theoretical borders of the
β Cephei and SPB star instability strips (Pamyatnykh 1999; thick dashed
and dotted lines, respectively) are included for comparison. The evolution-
ary tracks are shifted to the zero-age main sequence (ZAMS; full diagonal
line) and to the instability strip boundaries because the latter do not include
rotational effects.

excited which are so closely spaced in frequency that we cannot
resolve them with the time base of our measurements.

However, pulsation is not the only possible physical cause of the
light variations of µ Eri. For the 1.622-d time-scale of the variability
of the star to be due to rotational effects, an equatorial rotational
velocity of 193 km s−1 is required. The published estimates of the
projected rotational velocity v sin i of µ Eri range from 150 km s−1

(Abt et al. 2002) to 190 km s−1 (Bernacca & Perinotto 1970), which
is consistent with that constraint. A double-wave light variation with
twice that period would, however, be in conflict with the measured
vsin i. The complexity of the light variations of µ Eri argues against
a rotational origin.

The same argument can be used against an interpretation of µ

Eri’s variability in terms of binarity. In addition (as argued above
for the long period detected for ν Eri), the wavelength dependence
of the colour amplitudes in our measurements suggests that a pure
geometric origin of this variability is unlikely. Most importantly,
however, the 7.3-d spectroscopic binary period of µ Eri is quite
different from the observed time-scale of its light variability or from
an integral multiple of it.

Hence, we cannot unambiguously determine the cause of the vari-
ability of µ Eri. A high-resolution, high S/N spectroscopic study will
probably allow us to distinguish between the two viable hypotheses,
pulsation or rotational modulation.

5 C O N C L U S I O N S

Our photometric multisite campaign of the β Cephei star ν Eri
has resulted in the largest single data set ever obtained for such a
pulsator. The frequency analysis of these measurements has revealed
the presence of eight independent pulsation modes, which is the
most ever detected for such a star. These are normal β Cephei type
variations (p and g modes of low radial order), but one additional
signal may be a high-order gravity-mode pulsation. ν Eri could
therefore be not only a β Cephei star, but also an SPB star. It would
thus be the second example of a star exhibiting two different types of
pulsation. The high-order g-modes of the first such star, HD 209295,
are however believed to be triggered by tidal effects (Handler et al.
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2002). As we have no evidence for binarity of ν Eri, it may therefore
be the first star in which two types of pulsation with time-scales more
than an order of magnitude different are intrinsically excited.

The β Cephei type pulsation frequencies show some regular struc-
tures, i.e. some are contained in multiplets that may be due to non-
radial m-mode splitting. If so, the rotation period of ν Eri is between
30–60 d, depending on the type of modes in these multiplets. These
multiplets are a strong constraint for pulsational mode identification,
which will be the subject of a future paper. In any case, the low-
order p- and g-mode spectrum of ν Eri as reported here is suitable
for detailed seismic modelling.
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ABSTRACT
We undertook a multisite spectroscopic campaign for the β Cephei star ν Eridani. A total
of 2294 high-resolution spectra were obtained from telescopes at 11 different observatories
around the world. The time base of dedicated multisite observations is 88 d. To this data set
we have added 148 older, previously unpublished spectra, such that the overall time-span of
the 2442 spectra is 430 d. The analysis of the radial velocity variations derived from the Si III

triplet centred on 4560 Å leads to 19 significant frequencies, of which seven correspond to
independent pulsation frequencies. Five of these are members of multiplets with an average
spacing of 0.018 ± 0.002 cd−1. Our spectroscopic results agree well with those derived from
a simultaneous multisite photometric campaign of the star, albeit that we do not recover their
low frequency at 0.43218 cd−1. We find three different candidate frequencies below 1 cd−1

instead. We also find that the radial velocity amplitude of the main mode has increased by some
30 per cent over the last 15 years, which is consistent with the photometry data. We derive a
relative equivalent width variation of 6.5 per cent, which is completely dominated by the main
radial mode. The phase difference between the radial velocity and light variations for the
main frequency is 97.◦9 ± 1.◦8, which is clearly deviant from the adiabatic value and confirms
the radial nature of the dominant mode. The spectral line broadening leads to an upper limit
of 20 km s−1 for v sin i, which is consistent with the long rotation period derived from the
frequency splittings.

Key words: techniques: spectroscopic – stars: early-type – stars: individual: ν Eridani – stars:
oscillations – stars: variables: other.

�E-mail: conny@ster.kuleuven.ac.be
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1 I N T RO D U C T I O N

The research domain of asteroseismology has received a strong im-
petus since its successful application to the Sun (helioseismology),
to several white dwarfs (for recent applications, see Vauclair et al.
2002; Handler, Metcalfe & Wood 2002) and also to solar-like stars
(for a review, see Bedding & Kjeldsen 2003). So far, seismic studies
have concentrated mainly on such stars because they have very rich
frequency spectra consisting of short-period oscillations. However,
stellar evolution codes are most uncertain for stars with large con-
vective cores. A successful application of asteroseismology to these
objects would lead to a large step towards our understanding of their
evolution.

Most efforts to achieve high-precision seismology for stars more
massive than the Sun with convective cores were concentrated on
δ Scuti stars and relied on frequencies derived from photometric
multisite campaigns (see Breger et al. 2002, for a recent example).
The lack of unique mode identifications, however, hampered the
detailed derivation of the internal structure of such stars.

Stars of spectral type B have even larger convective cores and
longer oscillation periods than δ Scuti stars. However, their internal
structure is relatively simple, as they do not possess an outer convec-
tive zone. Their oscillations are driven by the κ mechanism acting in
the metal opacity bump situated around 200 000 K (Dziembowski
& Pamyatnykh 1993; Gautschy & Saio 1993). Efforts to perform
seismic studies of the B0–2 main-sequence β Cephei stars started
in 1996 (Dziembowski & Jerzykiewicz 1996) for the star 16 (EN)
Lac and, a few years later, for 12 (DD) Lac (Dziembowski &
Jerzykiewicz 1999). Again, unknown mode identification of some
of the non-radial modes limited the detailed modelling. New seis-
mic analyses have been performed very recently by Handler et al.
(2003) for the three stars IL Vel, V433 Car and KZ Mus and by
Thoul et al. (2003) for 16 (EN) Lac. The most in-depth study so far
was presented by Aerts et al. (2003b) for the star HD 129929, in
which evidence for moderate overshooting with a parameter αov =

Table 1. Log of the spectroscopic measurements of ν Eridani. The Julian Dates are given in days, with respect to 245 2000. N denotes the number of spectra,
�T is the time-span expressed in days, �λ is the wavelength step expressed in m Å resulting from the resolving power of the instrument at the position of the
Si III triplet and S/N denotes the average signal-to-noise ratio measured at the continuum between 4550 and 4551 Å (see Fig. 1). A ‘�’ denotes a linear array
instead of an echelle spectrograph. The Mount John observations do not contain the Si III triplet, thus they were not included in the radial velocity analysis of
the current paper; they will be used in future analyses.

Observatory Longitude Latitude Telescope Julian Date Data amount and quality Observer(s)
Begin End �T N �λ S/N

Mt. Stromlo Observatory, Australia +149◦ 04′ −35◦ 19′ 1.9-m 608 611 3.1 68 DJ
623 628 5.0 79 51 210 DJ

South African Astronomical Observatory +20◦ 49′ −32◦ 22′ 1.9-m 598 604 6.3 132 ERC, GH
626 632 6.2 168 69 120 LAB

Pico dos Dias Observatory, Brazil� −45◦ 35′ −22◦ 32′ 1.6-m 551 562 11.1 71 61 800 AB
Haute Provence Observatory, France� +5◦ 43′ +43◦ 46′ 1.52-m 590 616 26.1a 112 23 450 PM
Tautenburg Observatory, Germany +11◦ 42′ +50◦ 59′ 2.0-m 600 628 28.1b 73 28 370 HL
La Palma Observatory, Spain −17◦ 53′ +28◦ 45′ 2.6-m NOT 588 601 13.2 70 19 640 II, JHT, KU
Apache Point Observatory, USA −105◦ 49′ +32◦ 47′ 3.5-m 595 598 2.3 201 76 430 JK
Calar Alto Observatory, Spain +2◦ 33′ +37◦ 13′ 2.2-m 654 663 9.0 82 20 440 SD, IT, AH
McDonald Observatory, USA −104◦ 01′ +30◦ 40′ 2.1-m 599 606 7.3 318 UH

654 663 9.2 488 43 480 PDC
La Silla Observatory, Chile −70◦ 44′ −29◦ 15′ 1.2-m Euler 227 240 13.1 148 TM, KU

569 582 13.2 181 TM
624 638 14.3 251 18 360 MATG

Mt. John Univ. Obs., New Zealand +170◦ 28′ −43◦ 59′ 1.0-m 627 629 2.1 19 – – PLC, JB, DJW

Total 429.9 2442

a36 spectra taken on JD 245 2590 and the additional 76 spectra between JD 245 2612 and 245 2616.
bSix spectra taken on JD 245 2600, 30 on JD 245 2621 and 37 on JD 245 2628.

0.1 and non-rigid rotation could be derived from six detected and
well-identified oscillation modes, among which are components of
frequency multiplets. The latter is the first study for which the stan-
dard structure models cannot explain the well-identified frequency
values unless overshooting occurs.

A major drawback for additional seismic applications onβ Cephei
stars is the lack of agreement between photometric and spectro-
scopic mode identifications. The latter have been performed for
many bright β Cephei stars (Aerts & De Cat 2003) but 16 (EN) Lac is
one of the few multiperiodic objects for which both photometry and
spectroscopy point towards the same mode identification for the de-
tected non-radial modes (Aerts et al. 2003c). In an effort to improve
this situation, and with the goal to perform the most in-depth seis-
mic application on a β Cephei star, Handler & Aerts (2002) set up a
large spectroscopic and photometric multisite campaign for the star
ν Eridani (HD 29248, V mag 3.92, spectral type B2 III). This cam-
paign took place between 2002 October and 2003 January. The first
results, based only on the photometric data, together with the his-
tory of the target and our selection criteria are presented in Handler
et al. (2004, hereafter Paper I). In the following, we report on results
based on the radial velocities obtained from our spectroscopic data.
The pulsational mode identification and seismic modelling of the
identified oscillations will be the subject of future papers.

This paper is organized as follows. In Section 2 we begin with a
description of our data and the reduction process. We then discuss
our calculation of the time series of radial velocities of ν Eridani in
Section 3. Section 4 is devoted to the detailed frequency analysis,
and we end with discussions and future work in Section 5.

2 O B S E RVAT I O N S A N D DATA R E D U C T I O N

The spectroscopic observations were carried out with 11 different
telescopes at observatories on five continents; they are summarized
in Table 1. In all but two of the cases, the instrument was an echelle
spectrograph.
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Table 2. Multifrequency solution for the radial velocities derived
from our time-resolved spectroscopy of ν Eridani. Formal error es-
timates for the independent frequencies range from 8 × 10−6 cd−1

for f 1 to ±0.00014 cd−1 for f 10.

Number Identification Freq. Ampl. S/N
(cd−1) (km s−1)

1 f 1 5.763298 20.20 ± 0.07 152.9
2 f 2 5.654014 7.69 ± 0.10 57.8
3 f 3 5.620097 6.87 ± 0.10 51.7
4 f 4 5.637432 6.92 ± 0.09 52.0
5 f 1 + f 2 11.417312 2.36 ± 0.08 29.2
6 f 1 + f 3 11.383395 2.02 ± 0.09 25.0
7 f 1 + f 4 11.400730 1.87 ± 0.07 23.1
8 f 1 + f 2 + f 3 17.037409 1.26 ± 0.08 18.7
9 f 9 6.242458 0.78 ± 0.08 6.0

10 f 10 7.898225 0.78 ± 0.08 6.8
11 2f 1 + f 2 + f 3 22.800707 0.70 ± 0.07 11.7
12 2f 1 + f 3 17.146693 0.65 ± 0.09 9.7
13 f 13 6.221429 0.62 ± 0.09 4.8
14 2f 1 + f 2 17.180610 0.73 ± 0.10 10.9
15 2f 1 + f 4 17.163392 0.52 ± 0.07 7.8
16 f 1 + f 10 13.661523 0.39 ± 0.08 5.3
17 3f 1 17.289894 0.37 ± 0.08 5.5
18 3f 4 16.912296 0.32 ± 0.07 4.7
19 1 + f 2 + f 3 12.274111 0.30 ± 0.08 3.8

The integration times were typically ∼10 min, depending on the
instrument and on the atmospheric conditions. This leads to a tem-
poral resolution of <5 per cent for the main four intrinsic modes of
ν Eridani (for their frequency values we refer to Table 2).

All raw data were subjected to the usual reduction process, which
consists of de-biasing, flat-fielding, background subtraction and
wavelength calibration by means of a Th/Ar and/or a quartz lamp.
The spectra were shifted to the heliocentre, and the Heliocentric
Julian Dates of mid-exposure were calculated.

Subsequently, the Si III triplet centred on 4552.622, 4567.840 and
4574.757 Å was considered. It is well known that these triplet lines
in the spectrum of B0–2 main-sequence stars are the best for a
study of the pulsational behaviour of such stars because they are
not affected very much by blending, they are strong lines and they
are so close to the top of the star’s energy distribution that they
are almost insensitive to temperature variations (De Ridder et al.
2002). (Re)Normalization of the continuum flux near this Si triplet
was carried out in a homogeneous way by calculating the best-fitting
cubic spline function through the continuum near these wavelengths
and then dividing the local spectrum by this spline.

We superimpose in Fig. 1 the average profile of the Si III

λ4553 Å line of ν Eridani from each observatory (note that the
Mount John data are not included in this paper, as they do not con-
tain the Si triplet). It is important to note that these averages are
in good agreement with each other as far as the central position of
the line is concerned, the small differences in depth being mainly
due to the partial coverage of the beating of the numerous modes
(for a list, see Paper I or Table 2 in this paper). The averages from
two observatories appear to deviate from the others: the Pico dos
Dias (upper curve) and Tautenburg (lower curve) averages. How-
ever, the data sets from both instruments contain profiles which are
fully consistent with corresponding ones from the other instruments.
This proves that different beating patterns and/or the limited time
spread (as also indicated in the footnote of Table 1) are responsible
for the deviant average profiles, and not the instrumental and/or
signal-to-noise ratio (S/N) effects.

Figure 1. The average profile of the Si III λ4553 Å line of ν Eridani plotted
for each of the observatories separately.

Figure 2. The time series of the average Si III radial velocities of ν Eridani
derived from each spectrum taken during the dedicated multisite campaign.

The absence of large wavelength shifts in the central position of
the average profiles allows us to exclude the possibility of ν Eridani
being a spectroscopic binary with a period that would be relevant
for the study of its intrinsic line-profile behaviour.

3 R A D I A L V E L O C I T Y A N D E QU I VA L E N T
W I D T H D E T E R M I NAT I O N

The radial velocities of ν Eridani we present in this paper corre-
spond to the centroids of the Si III triplet lines. These centroids are
calculated using the following equation

Vrad =
∑N

i=1(1 − Ii )(xi − x0)�xi
∑N

i=1(1 − Ii )�xi

, (1)

where Ii is the normalized flux value measured at wavelength pixel
λi and � xi ≡ xi − xi−1 where xi is the velocity corresponding to λi

with respect to the laboratory wavelength λ0. We made two different
choices for the determination of the wavelength range [x1, xN] in
equation (1), which led to three different ways of determining Vrad:

(i) summation over a carefully chosen, constant region in wave-
length (see, for example, the vertical lines indicated in Fig. 1);
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Figure 3. Radial velocities of ν Eridani during some selected nights of the dedicated multisite campaign.

(ii) summation over a dynamical region in wavelength, which
typically extends over a few angstrom and which is adopted for
each profile separately;

(iii) same as in (ii), but after a local renormalization of the con-
tinuum.

For each of these methods we then determined the average radial
velocity per observatory for each of the three Si III lines. These av-
erages range from 16.1 to 19.5 km s−1 for the bluest Si III line, with
similar averages being found for the two redder lines. As was the
case with the average line profiles, the difference in average radial
velocities from the different observatories is again introduced by
the different coverages of the overall beat pattern. We then dupli-
cated our data sets and proceeded with our analysis by applying
to one of the duplicates a correction for the small differences in
radial velocity. This correction involved shifting the radial veloc-
ities to average zero per observatory, i.e. by determining the nor-
malized first moment, 〈v〉 (for a definition, see Aerts, De Pauw
& Waelkens 1992) for each of the Si III lines per spectrum per
method.

For each spectrum we then calculated an average radial velocity
from the three separate Si III lines, for each of the indicated methods.
We show in Fig. 2 the time series of the first normalized moment
variations computed with method (i) for the average of the three
Si III lines, for the dedicated multisite campaign. The nightly vari-
ations for some selected nights are displayed in Fig. 3. A beating
phenomenon resulting from multiperiodicity is clearly visible and
the radial velocity amplitude is large, of the order of 20 km s−1, in
agreement with previous studies (e.g. Aerts, Waelkens & De Pauw
1994a). The error bars denoting the standard deviation resulting
from this procedure are not indicated in Figs 2 and 3 for clarity,
but they are plotted in Fig. 4, which we discuss further on. In what
follows we present the results for this particular data set of normal-
ized first moments, of which we have used only those radial velocity

measurements with a standard error below 3 km s−1. To this data set
we have added the older, previously unpublished CORALIE data
(see Table 1) using the same quality criterion. This new data set
now contains 2367 data points1 with an average standard deviation
of 0.9 km s−1. Our adopted quality criterion therefore implies a re-
duction of only 3 per cent of the data set size. We stress, however,
that all the accepted frequencies (see Table 2) were also obtained
with the complete data set of 2442 data points, regardless of the
method used for the radial velocity calculation or whether we apply
the correction to obtain 〈v〉.

We have also determined the equivalent width (EW), calculated
as the denominator in equation (1), of each of the three lines of the
Si III triplet, using the same three methods as outlined above as far
as integration over the profile is concerned. It is well known that
the EW variations of β Cephei stars are small, typically of the order
of a few per cent (De Cat 2002). However, ν Eridani is one of the
exceptions, because of its dominant radial large-amplitude mode
(Aerts et al. 1994a; De Ridder et al. 2002). We display in Fig. 4
the phase diagrams for the main frequency of 5.763298 cd−1 of the
EW for the bluest Si III line, as well as for the radial velocity and for
the magnitude of the Strömgren y filter data presented in Paper I.
The relative amplitude of the EW variation is 6.5 per cent. The EW
variations are completely dominated by the radial mode (see the
following section). It is therefore only useful to compare the phase
behaviour of the EW, 〈v〉 and Strömgren y for this frequency. We
find the following phase differences: φ〈v〉 − φ y = 0.272 ± 0.005 and
φEW − φ y = 0.044 ± 0.008, expressed in radians. The φ〈v〉 − φ y

value implies a clear deviation from the adiabatic value of 0.25,
while the antiphase behaviour between the EW and the photometric
light curve agrees with the effective temperature of ν Eridani (De
Ridder et al. 2002).

1 This data set is available upon request from the first author.
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Figure 4. Phase diagram according to f 1 of the equivalent width of the
Si III λ4553 Å line (top), of the radial velocity (including standard errors
derived from averaging over the three Si lines of the triplet, middle) and of
the Strömgren y data taken from Paper I (bottom). The reference epoch was
each time taken to be HJD 245 2500.

4 F R E QU E N C Y A NA LY S I S

We have followed the same procedure outlined in Paper I in order to
derive the intrinsic frequencies of ν Eridani from its radial velocity
variations. We used PERIOD 98 (Sperl 1998) as well as unpublished
software to do so. The results are graphically depicted in Fig. 5, while
the frequency values and their amplitudes are listed in Table 2. The
uppermost panel of Fig. 5 represents the spectral window, calculated
in the same way as that presented in Paper I. A comparison with fig. 2
of Paper I shows that the spectroscopic data suffer slightly more
from aliasing than the photometric data. However, the time base

of the spectroscopy is longer, thus the accuracy for the frequency
determination should, in principle, be higher.

The main frequency f 1 = 5.6733 cd−1 found in the photometry
is even more dominant in the radial velocity variations. It has an
amplitude of ∼20 km s−1, corresponding to a S/N ratio of 153.
The noise level was determined in the same way as in Paper I, i.e.
it is the average amplitude (as determined by an integration over
the periodogram) in a 5-cd−1 interval centred on the considered
frequency, after pre-whitening by all significant peaks.

We pre-whitened the data with a synthetic sinusoidal curve with
the frequency, amplitude and phase that led to the smallest residual
variations. We then proceeded with a search for additional frequen-
cies, in the same way as in Paper I, i.e. by optimizing each time
the frequency values through a non-linear regression analysis with
the frequencies as free parameters, using as a starting value the
frequency found from the periodograms. We then found the same
results as in photometry, i.e. three further independent frequencies
f 2, f 3, f 4 and the combination frequencies f 1 + f 2, f 1 + f 3, f 1 + f 4,
f 1 + f 2 + f 3. We did not optimize the combination frequencies,
but fixed them to the values resulting from the optimized intrinsic
frequencies f 1, . . . , f 4 (just as in Paper I). After pre-whitening with
these eight mentioned frequencies, the amplitude at low frequencies
becomes noticeable (see Fig. 5). We neglect this for the time being
and concentrate on the higher frequencies. We clearly recover the
two frequencies f 9 and f 10 of the newly discovered modes we re-
ported in Paper I. After further pre-whitening with these two modes
and two more combination frequencies, we detect f 13, which is the
lowest frequency component in the residuals of an apparent triplet
around f 9. The photometric data (Paper I) clearly favour the right
peak of this triplet because of less aliasing, but leave our f 13 as an
additional suspected frequency. As f 13 has higher amplitude in our
data, we then pre-whitened with that frequency. Besides f 13, we
find six additional combination frequencies. All the 19 frequencies
listed in Table 2 are significant with respect to the usual four S/N
ratio criteria (3.5 for combination frequencies – see Breger et al.
1999).

After pre-whitening with the 19 frequencies given in Table 2,
we turn to the study of the power at low frequency. This results in
three candidate frequencies, f 20, f 21, f 22, with S/N above 3 (where
the noise level is calculated from the same periodogram as for the
accepted frequencies, i.e. after pre-whitening with the 19 frequen-
cies listed in Table 2). They are listed in Table 3. None of these
corresponds to the frequency f A = 0.432 cd−1 found in Paper I.

The frequencies f 20 and f 21 do not reach the necessary ampli-
tude to be accepted, given our adopted noise criterion. A natural
question is whether any of the frequencies in the [0, 1] cd−1 range
are due to the addition of the data sets from the different instru-
ments. The frequencies f 20 and f 21 are also found independently in
the CORALIE spectra (by far the most stable spectrograph among
those used) after pre-whitening with f 1, . . . , f 19, even if we con-
sider only the ∼70-d time string. This suggests that f 20 and f 21

are probably real. However, the McDonald data, which have a time
base of 64 d, do not reveal either f 20 or f 21 after pre-whitening with
f 1, . . . , f 19. Furthermore, these low frequencies are not found in
the photometry (Paper I), thus we therefore caution against over-
interpreting f 20 and f 21. We do point out that the number 22 fre-
quency of 0.01909 cd−1, which is formally significant (see Fig. 6),
corresponds to a period of 50.4 d, which might be the surface ro-
tation period of the star. This frequency, however, is not present in
any of the separate data sets after pre-whitening with f 1, . . . , f 19.
Future detailed seismic modelling should be able to shed light on
this.
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Figure 5. Amplitude spectra of ν Eridani computed from the radial velocities. The uppermost panel shows the spectral window of the data. All subsequent
panels show the periodograms after different stages of pre-whitening (note the different scale). We refer to the text for details.

Table 3. Results from a multifrequency fit after subtraction of all
frequencies listed in Table 2 for candidate additional frequencies.
These are to be regarded as uncertain for the moment.

Number Identification Freq. Ampl. S/N
(cd−1) (km s−1)

20 f 20 0.82443 0.74 ± 0.07 3.5
21 f 21 0.61384 0.73 ± 0.07 3.4
22 f 22 0.01909 0.90 ± 0.08 4.1

After pre-whitening with f 20, f 21, f 22 we find a peak at 1.069
cd−1 with an amplitude corresponding to 2.7 S/N. From here on,
all of the additional candidate frequencies have amplitudes below
3 S/N. We show in Fig. 6 the periodogram between 0 and 2 cd−1

after pre-whitening with all the frequencies listed in Table 2. The
three frequencies listed in Table 3 are indicated in this figure, as is
the noise level.

The final amplitude spectrum is shown in Fig. 7. This should be
compared with that shown in fig. 4 of Paper I.

We next discuss the amplitude increase of 25 per cent of the modes
in the photometric data over the past 40 years reported in Paper I. We

Figure 6. Amplitude spectrum of ν Eridani computed from residual radial
velocities after pre-whitening with the 19 frequencies listed in Table 2. The
dotted lines indicate the frequencies f 19, f 20 and f 21 given in Table 3. The
dashed horizontal line indicates the noise level as defined in the text. We
refer to the text for further details.

have reconsidered the 74 spectra published in Aerts et al. (1994a),
obtained between 1987 November 6–14 with the European Southern
Observatory (ESO) Coudé Auxiliary Telescope (CAT). As already
emphasized by Aerts et al. (1994a) this time base is insufficient to

C© 2004 RAS, MNRAS 347, 463–470



Asteroseismology of ν Eridani – II. 469

Figure 7. Final amplitude spectrum of the intrinsic frequencies derived from the radial velocities. The unambiguous intrinsic frequencies listed in Table 2 are
indicated by a full line while the uncertain frequencies given in Table 3 are represented by the dotted lines. We stress that the x-axis is interrupted and has a
different scale for both panels. Moreover, the y-axis is logarithmic and we have expressed the amplitudes in m s−1 in order to suppress the dominance of the
main mode in the graph.

resolve the triplet f 2, f 3, f 4 and only f 1 and f 2 were found from a
frequency analysis. We have fitted the first normalized moment of
these older data by fixing f 1, f 2 as in Table 2 and we find the ampli-
tudes A1 = (15.7 ± 0.7) km s−1 and A2 = (9.1 ± 0.8) km s−1. Impos-
ing f 1 an f 2 to the radial velocities from the CORALIE data taken in
2001 (see Table 1) leads to A1 = (19.6 ± 0.5) km s−1 and A2 = (7.3 ±
0.6) km s−1, which agree with the current amplitudes listed in Table 2
within the errors. We therefore conclude that the main mode of ν

Eridani has increased its radial velocity amplitude by 29 per cent be-
tween 1987 and 2001. This is consistent with the 25 per cent increase
in the photometric amplitude of that mode found in Paper I. How-
ever, we find that the mode with f 2 has decreased its amplitude by
18 per cent, while an increase is reported in Paper I. Hence, the radial
velocity data derived from modern high-resolution spectra suggest
that the mode with frequency f 2 must have exchanged some of its
energy with the main radial mode between 1987 and 2001, unless
beating of the unresolved triplet components modified its measured
amplitude.

Going further back in time, Kubiak (1980) performed frequency
analyses on all radial velocity data available at that time, i.e. those
gathered by Henroteau (1921, 1927), Struve et al. (1952) and Struve
& Abhyankar (1955). He reported the amplitudes 19.3, 7.2, 8.0 and
6.3 km s−1 for f 1, f 2, f 3 and f 4 respectively, for the 455 data
points with a time base of 457 d in 1923–1924 of Henroteau (1927).
For the 345 data points gathered by Struve et al. (1952) and by
Struve & Abhyankar (1955) in the years 1951–1954, Kubiak obtains
16.2, 11.3, 3.6 and 6.3 km s−1 for f 1, f 2, f 3 and f 4, respectively.
Although Kubiak estimates the uncertainty of the amplitudes to be
∼2 km s−1, it seems that the amplitudes of the four strongest modes
change on a time-scale of decades. Furthermore, it appears that the
triplet mode with frequency f 2 has higher amplitude whenever the
main radial mode’s amplitude has decreased, and vice versa.

5 D I S C U S S I O N A N D F U T U R E P L A N S

We have provided the most extensive data set of high-resolution
spectroscopic data of a β Cephei star so far. The previous record
holders were 12 (DD) Lac (Mathias et al. 1994), β Cephei (Aerts
et al. 1994b), β Crucis (Aerts et al. 1998), 16 (EN) Lac (Lehmann

et al. 2001) and 19 Mon (Balona et al. 2002). Between 500 and
1400 spectra were obtained for each of these five stars, but all from
single-site campaigns, thus only a limited number of mode frequen-
cies were detected from these older data. Moreover, some of the
detected modes in these stars have uncertain mode identifications,
and this remains a problem for a seismic application to 19 Mon
(Balona et al. 2002), β Crucis (Briquet & Aerts 2003), 12 (DD)
Lac (Dziembowski & Jerzykiewicz 1999) and β Cephei (Telting,
Aerts & Mathias 1997; Shibahashi & Aerts 2000). Seismic analyses
of 16 (EN) Lac were carried out by means of photometric mode
identification by Dziembowski & Jerzykiewicz (1996) and recently
by means of the addition of spectroscopic mode identification by
Thoul et al. (2003).

Our current spectra of ν Eridani were gathered during a three-
month multisite campaign involving 11 spectrographs, which is the
first of its kind for this type of pulsating star. A total of 2442 spec-
tra were obtained. We disentangled 19 frequencies from the radial
velocity data, while three frequencies are reported as additional can-
didates.

From the observed splittings, we infer a long rotation period of
56 d in the case of rigid rotation and a zero Ledoux splitting constant.
An estimate of the rotation velocity of ν Eridani can be derived from
the narrowest profiles we have at our disposal. Indeed, when the pro-
files are narrowest, the effect of the pulsational broadening to the
overall line broadening is minimal. Overall, the profiles are broad-
ened by pulsation, rotation and thermal motions. For ν Eridani’s
temperature, the thermal broadening amounts to ∼8–10 km s−1.
The pulsational broadening is difficult to estimate without having
solved the complete mode identification, including the derivation
of the amplitude, of all the oscillation modes. However, it must be
several km s−1 given that four high-amplitude modes are beating.
The FWHM of the narrowest Si III profiles leads to a minimal over-
all broadening of ∼ 23 ± 2 km s−1. This implies that 20 km s−1

is a strict upper limit for v sin i. Abt, Levato & Grosso (2002) also
list a v sin i of 20 km s−1. If we interpret the splittings as due to
rigid rotation and pure acoustic modes, and if we assume a stel-
lar radius of ∼6 R�, then we end up with an equatorial rotation
velocity of ∼5 km s−1, which is compatible with our spectroscop-
ically determined upper limit for v sin i. Note that this upper limit
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for v sin i is a serious overestimate of the true equatorial rotation
velocity resulting from the frequency splittings. This situation is
completely analogous to the star HD 129929 (Aerts et al. 2003c)
which is also a very slow rotator among the β Cephei stars. For
ν Eridani we find a ratio between the intrinsic frequencies and the
rotation frequency below 0.3 per cent assuming a zero Ledoux con-
stant. This allows us to neglect rotational effects, such as the Coriolis
force and the centrifugal forces, in future seismic modelling of the
star.

The photometric frequency content of ν Eridani derived in Paper I
consists of 23 accepted frequencies. Of those 23 frequencies, 17
are common to the 19 reported here from the radial velocities,
given that our spectroscopic f 13 may be either the left peak of
the triplet, for which the right peak is found in Paper I, or the
monthly alias of that right peak, and given that we find a 1-d alias
of f 2 + f 3. The two other frequencies are harmonics of f 1 and f 4.
A common set of 17 frequencies between multicolour photometry
and high-resolution spectroscopy, among which are seven intrin-
sic frequencies, has never been obtained before for a β Cephei
star. This constitutes a very promising starting point for mode
identification and seismic modelling, the results of which will be
presented in future papers. We point out that we will be search-
ing for additional frequencies in several different line profile di-
agnostics, on which we will also report in the near future. This
might reveal additional frequencies connected with higher-degree
modes.

The biggest discrepant result from the photometric and radial
velocity data sets is the absence of f A = 0.43218 cd−1 (Paper I) in
the latter. It is noteworthy that a similar situation occurs for the β

Cephei star EN (16) Lac, for which Jerzykiewicz (1993) reported
the frequency 0.165 cd−1 (which is twice the orbital frequency)
from photometry, while this frequency was not found in the much
more extensive spectroscopic data (Lehmann et al. 2001). The star
19 Mon is the only β Cephei star so far for which a low frequency
is consistently found in both photometric and spectroscopic data
(0.17019 cd−1; Balona et al. 2002). It is not clear for any of these
three β Cephei stars what the physical interpretation of the low
frequency is.
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J. Daszyńska-Daszkiewicz,1,5 K. Lefever,1 A. J. Korn,6 U. Heiter6 and C. Aerts1

1Instituut voor Sterrenkunde, K. U. Leuven, Celestijnenlaan 200B, B-3001 Leuven, Belgium
2Nordic Optical Telescope, Apartado 474, 38700 Santa Cruz de La Palma, Spain
3South African Astronomical Observatory, PO Box 9, Observatory 7935, Cape Town, South Africa
4Institut für Astronomie der Universität Wien, Türkenschanzstr. 17, 1180 Wien, Austria
5Astronomical Institute of Wrocl�aw University, ul. Kopernika 11, 51-622 Wrocl�aw, Poland
6Department of Astronomy and Space Physics, Uppsala Astronomical Observatory, Box 515, SE-75120 Uppsala, Sweden

Accepted 2004 March 2. Received 2004 March 1; in original form 2004 February 6

ABSTRACT
Using the large photometric and spectroscopic data sets of the ν Eridani multisite campaign
given in our two recent papers (Aerts et al. and Handler et al.), we present an extended
frequency analysis and a photometric mode identification. For the extended frequency analysis,
we used an improved radial velocity time series, the second-moment time series and the line
profiles themselves. In the radial velocity time series, we can now detect an additional pulsation
frequency that was previously only found in photometric time series. We also report several new
candidate pulsation frequencies. For seven frequencies, the photometric mode identification
indicates that they belong to a radial mode and six dipole modes, and for three frequencies the
degree � could not be unambiguously determined. We also placed ν Eri in the Hertzsprung–
Russell diagram by determining T eff using Geneva plus Strömgren photometric calibrations,
spectral energy distribution fitting, by non-local thermodynamic equilibrium hydrogen, helium
and silicon line profile fitting, and by determining log(L/L�) using the Hipparcos parallax
and an Hβ calibration.

Key words: techniques: photometric – techniques: spectroscopic – stars: early-type – stars:
individual: ν Eridani – stars: oscillations – stars: variables: other.

1 I N T RO D U C T I O N

The massive B-type β Cephei stars are of particular asteroseismic in-
terest. After all, they will be the next-generation supernovae, thereby
chemically enriching our environment. Modelling their evolution,
however, requires a thorough understanding of their convective core
and of internal rotational mixing, two topics about which there is cur-
rently very limited knowledge. Using low-degree pulsation modes,
which have very deep turning points, to probe this convective core
currently seems the best way to resolve this problem.

The pulsation periods of β Cephei stars (3–8 h) are, however,
significantly longer than those of δ Scuti stars or white dwarfs, mak-
ing them more challenging targets to detect pulsational frequencies.
This is why, from 2002 October until 2003 January, a large multisite
and multitechnique campaign was set up for a β Cephei star. More
than 2000 high-resolution spectra and 3000 photometric measure-
ments in three passbands were obtained for ν Eridani (HD 29248,
B2III). The data and a frequency analysis are presented in Handler

�E-mail: joris.deridder@ster.kuleuven.ac.be

et al. (2004, hereafter Paper Ia) and Aerts et al. (2004, hereafter
Paper Ib). The present paper exploits these data sets further.

Successful seismic modelling involves not only detecting pulsa-
tion frequencies, but also mode identifications. Knowing the degree
� significantly reduces the number of possible mode matches, and
can therefore help to narrow down the set of candidate models. In
addition, it is essential to know whether we are dealing with an
m = 0 mode, as the zonal modes are not affected by rotation in the
first-order approximation.

In this paper we present the final frequency analysis results (Sec-
tion 2) of both the spectroscopic and the photometric time series,
as well as mode identification results (Section 4). In addition we
determined the basic stellar parameters to put ν Eridani in the
Hertzsprung–Russell (HR) diagram (see Section 3). These results
serve as the starting point for stellar modelling papers (Pamyatnykh,
Handler & Dziembowski 2004; Ausseloos et al., in preparation).

2 F R E QU E N C Y A NA LY S I S

The time series of ν Eri presented in Papers Ia and Ib are the largest
ever collected for a β Cephei star, with the sole purpose of detecting
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as many pulsational frequencies as possible. In what follows we
extend the frequency analysis done in the previous papers, by a
reanalysis of the radial velocity time series, and for the first time a
frequency analysis of the line profile time series.

2.1 The radial velocity

We carefully redetermined the moments (see Aerts, de Pauw &
Waelkens 1992, for a definition) of each of the three Si lines of
the Si III triplet around 456 nm. In the intervals [455.0, 455.6] nm,
[456.4, 457.2] nm and [457.2, 457.75] nm around respectively the
Si III 455.3 nm, the Si III 456.8 nm and the Si III 457.5 nm lines, we
first locally renormalized the spectrum and then selected the part that
should not be regarded as continuum. This part contains the spectral
line as well as a bit of the continuum that is difficult to distinguish
from the far wings of the line. The remaining part of the interval
was used to compute the standard deviation σ of the normalized
flux noise. The region of the spectrum with points at least 2σ in
flux away from the continuum was then extracted as the line profile,
of which the normalized moments were consequently computed.
The integration boundaries of the moments are thus dynamically
determined depending on the signal-to-noise (S/N) ratio (≡ σ−1)
of the spectrum. The corresponding integration interval is much
smaller than the wavelength intervals stated above. The advantage
is a considerable noise reduction in the moments time series. As
the main mode of ν Eri has a large amplitude (∼22 km s−1), the
spectral lines show a rather large periodic Doppler shift. A fixed
wavelength integration range would therefore have to be taken quite
large to ensure that the entire line profile is always included. This
would also mean the inclusion of noisy continuum on the red side
when the line shows a blueshift and vice versa, which degrades the
accuracy of the moments.

Note that, as in Paper Ib, we compute the radial velocity with the
first moment of the line profile, and not by the central wavelength of
a fitted Gaussian, as the Si line profiles are sometimes rather skewed.
We also did not use the wavelength of the minimum flux point as
this could lead to frequency harmonics in the v rad data regardless of
whether the star pulsates linearly or not.

After removing noisy data points (S/N < 150) and outliers, we
retained 1740, 1874 and 1827 data points for respectively the Si III

455.3, 456.8 and 457.5 nm lines. We did a careful frequency analysis
of these v rad data and we tabulate the results later in this section. We
find all the ‘independent’ frequencies mentioned in Paper Ib, and in
addition we now find three (instead of only two) frequency peaks
of the multiplet around 6.24 d−1. We also find most of the ‘combi-
nation’ frequencies stated in Paper Ib, plus some additional ones.
Just as in Papers Ia and Ib, we identify a combination frequency
as a frequency outside the usual β Cephei frequency interval of
[3, 8] d−1, and which can be written as a linear combination of two
or more independent frequencies within the estimated observational
errors. During multifrequency solution determinations, these com-
bination frequencies are fixed to their exact linear combination. We
realize, however, that this approach is not without risk, as it might
not be impossible that a linearly stable high-order eigenfrequency
close to but not exactly equal to a linear combination frequency
might be excited due to non-linear effects. In such a case, fixing the
combination frequencies would lead to a biased estimate of the inde-
pendent frequencies. We nevertheless choose to fix the combination
frequencies as it seems unlikely that all or even most of them would
be real eigenfrequencies. The alternative, i.e. introducing extra free
parameters, would then lead to overfitting and thus to an excessive
variance of the estimated independent frequencies.

We made an effort to determine the optimal multifrequency so-
lution in an N-dimensional box with edges 2�ν around the initial
estimate. One way of doing this is to make an N-dimensional grid
in the box, with mesh size δν, and verify the performance of the
frequency solution in each of the (2�ν/δν + 1)N grid points. This
number of grid points is, however, computationally unfeasible for ν

Eri, for which we have N = 8 and �ν = 10−2 d−1 and for which
we would like to have δν = 10−4 d−1. We therefore resorted to
N-dimensional conjugate directions minimization (see e.g. Press
et al. 1992), which we choose because there is no need for deriva-
tives. The function to minimize was the χ2 function with eight
dependent and 12 combination frequencies in the case of a spec-
troscopic data set, and nine dependent frequencies and 14 combina-
tion frequencies in the case of a photometric data set. This method
seemed to perform quite well in a reasonable amount of time. Unfor-
tunately, the window function of the spectroscopic time series has
local maxima at ν = 0.0023 and 0.0046 d−1, which may have led
the algorithm to an alias frequency. We therefore also systematically
checked whether the frequency combination

{ν1 + n1 × 0.0023, ν2 + n2 × 0.0023, . . . , ν8 + n8 × 0.0023},
where {ν i} is the solution after minimization and ni ∈ {0, ± 1, ±
2}, has a better χ2 value. The results of this optimization approach
are given in Table 1, where we also give for each frequency the
amplitude and phase together with their estimated uncertainties.

In fact, one reason for giving Table 1 in addition to table 2 of both
Papers Ia and Ib is to provide a better feeling for the uncertainties
involved. We underline that the error estimates on the frequencies
given in Papers Ia and Ib are formal estimates (as clearly stated),
derived under the assumption of an equidistant time series of a
monoperiodic signal with uncorrelated noise. The different values of
the derived frequencies for the different Si lines and for the different
Strömgren passbands in Table 1 provides another way to assess the
uncertainties on the frequencies. The uncertainties on the amplitudes
and the phases were computed, as usual, with the local curvature
of the χ2 function where we assumed the frequencies to be known.
The derived values of the amplitudes and phases (the latter are not
given in Papers Ia and Ib) for the different Si lines provide another
view on the uncertainties involved. Especially the phases seem to
be rather inaccurately determined. We note that both the phase and
its uncertainty depend on t 0 as well as on the exact value of the
frequency.

Concerning the close frequencies around 6.24 d−1, we easily find
the frequencies ν 6 and ν 8 in the new radial velocity time series; these
were also detected in the photometric time series. The frequency ν 8

is new for the spectroscopic data, as it was not found in the v rad data
of Paper Ib. A peak at the position of ν 7 (a frequency that was clearly
detected in Paper Ib, and mentioned as a possible photometric signal
in Paper Ia) is seen in the radial velocity time series of all three Si
lines, but shows much less power than mentioned in Paper Ib, as can
be read from Table 1. Much of the evidence for ν 7 therefore comes
from both Papers Ia and Ib instead of from our new radial velocity
time series.

At this point we would like to mention that we did a frequency
analysis not only of the first moment, but also of the second mo-
ment 〈v2〉. The motivation to do so is the β Cephei star β Cru-
cis, for which some pulsation frequencies were found in the higher
moments but not in 〈v〉 (Aerts et al. 1998), and which were later
confirmed by satellite (WIRE) data (Cuypers et al. 2002). However,
a frequency analysis of the second moment is notoriously difficult
because of the many possible cross-term frequencies. If there are
N frequencies ν i detected in the first moment, there can be N (N
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Table 1. Estimates of the frequencies, amplitudes and phases of the modes found in the radial velocity and photometric time series. Each frequency was

assigned a unique identification. The signal is always written as C + ∑N
i=1 Ai sin[2πνi (t − t0) + ϕi ], where t 0 = HJD 245 2000. Eight independent and

12 combination frequencies were found in the v rad data, and nine independent and 14 combination frequencies were found in the photometric data. The
combination frequencies were always fixed to their exact linear combination of independent frequencies. The uncertainties on the last given digit of the
amplitudes and phases are given in parentheses.

v rad (Si III 455.3 nm) v rad (Si III 456.8 nm) v rad (Si III 457.5 nm)
ID Freq. (d−1) A (km s−1) ϕ (deg) Freq. (d−1) A (km s−1) ϕ (deg) Freq. (d−1) A (km s−1) ϕ (deg)

ν1 5.76330 22.36(7) 318.0(2) 5.76330 22.50(6) 318.3(2) 5.76330 22.74(6) 318.7(2)
ν2 5.65396 8.91(9) 69.5(6) 5.65394 9.04(8) 76.5(5) 5.65394 9.09(8) 77.1(5)
ν3 5.62006 8.11(9) 27.8(6) 5.62006 8.18(8) 29.2(6) 5.62008 8.29(8) 23.6(5)
ν4 5.63734 7.91(8) 182.8(6) 5.63731 8.00(7) 191.8(5) 5.63731 8.03(7) 191.4(5)
ν5 7.89845 1.00(7) 307(4) 7.89847 1.00(6) 305(4) 7.89833 0.97(6) 340(4)

ν6 6.24434 1.03(8) 152(4) 6.24500 1.03(7) 0(4) 6.24510 0.96(7) 335(4)
ν7 6.22304 0.31(7) 272(15) 6.22099 0.36(6) 55(10) 6.22114 0.35(6) 17(11)
ν8 6.26080 0.76(8) 86(7) 6.26231 0.76(7) 105(5) 6.26250 0.79(7) 64(5)
ν12 ν1 + ν3 2.84(8) 184(2) ν1 + ν3 2.82(8) 183(2) ν1 + ν3 2.84(8) 184(2)
ν13 ν1 + ν4 2.59(8) 345(2) ν1 + ν4 2.59(7) 350(2) ν1 + ν4 2.59(8) 345(2)

ν14 2ν4 0.61(7) 153(7) 2ν4 0.59(6) 163(6) 2ν4 0.61(7) 153(7)
ν15 ν1 + ν2 3.19(9) 229(2) ν1 + ν2 3.20(8) 233(1) ν1 + ν2 3.19(9) 229(2)
ν16 2ν1 0.70(7) 96(6) 2ν1 0.75(6) 97(5) 2ν1 0.70(7) 96(6)
ν17 ν1 + ν5 0.52(7) 93(8) ν1 + ν5 0.48(6) 88(8) ν1 + ν5 0.52(7) 93(8)
ν19 ν1 + ν2 + ν3 1.45(7) 103(3) ν1 + ν2 + ν3 1.50(6) 108(2) ν1 + ν2 + ν3 1.45(7) 103(3)

ν22 2ν1 + ν3 0.94(8) 351(5) 2ν1 + ν3 0.95(8) 347(5) 2ν1 + ν3 0.94(8) 351(5)
ν23 2ν1 + ν4 0.88(8) 160(5) 2ν1 + ν4 0.76(7) 164(5) 2ν1 + ν4 0.88(8) 160(5)
ν24 2ν1 + ν2 1.14(9) 37(5) 2ν1 + ν2 1.11(8) 40(4) 2ν1 + ν2 1.14(9) 37(5)
ν25 3ν1 0.52(7) 178(8) 3ν1 0.50(6) 169(7) 3ν1 0.52(7) 178(8)
ν26 2ν1 + ν2 + ν3 0.94(7) 261(4) 2ν1 + ν2 + ν3 0.92(6) 263(4) 2ν1 + ν2 + ν3 0.94(7) 261(4)

Strömgren u Strömgren v Strömgren y
ID Freq. (d−1) A (mmag) ϕ (deg) Freq. (d−1) A (mmag) ϕ (deg) Freq. (d−1) A (mmag) ϕ (deg)
ν1 5.76326 73.5(2) 63.4(2) 5.76327 41.0(1) 64.4(2) 5.76327 36.9(1) 63.0(2)
ν2 5.65391 37.9(2) 172.7(3) 5.65396 26.5(1) 162.0(3) 5.65393 25.1(1) 168.1(3)
ν3 5.62009 34.6(2) 111.7(3) 5.62007 23.9(1) 117.3(3) 5.62006 22.7(1) 118.4(3)
ν4 5.63715 32.2(2) 319.8(4) 5.63720 22.4(2) 307.8(4) 5.63718 21.1(1) 313.6(4)
ν5 7.89757 4.3(2) 246(3) 7.89769 3.1(1) 219(3) 7.89779 2.9(1) 195(2)

ν6 6.24352 3.9(2) 61(3) 6.24406 2.6(1) 307(3) 6.24326 2.6(1) 114(3)
ν8 6.26181 2.8(2) 317(4) 6.26178 1.9(1) 322(4) 6.26182 1.7(1) 309(4)
ν9 7.20012 1.4(2) 109(8) 7.19984 1.0(1) 179(8) 7.19964 1.2(1) 223(6)
ν10 0.43235 5.5(2) 187(2) 0.43190 3.2(1) 289(2) 0.43232 3.2(1) 192(2)
ν11 ν2 + ν3 2.8(2) 11(4) ν2 + ν3 1.7(1) 2(5) ν2 + ν3 1.4(1) 2(5)
ν12 ν1 + ν3 11.1(2) 297(1) ν1 + ν3 7.9(1) 303(1) ν1 + ν3 7.5(1) 300(1)
ν13 ν1 + ν4 10.9(2) 150(1) ν1 + ν4 7.7(2) 139(1) ν1 + ν4 7.1(1) 143(1)

ν15 ν1 + ν2 12.6(2) 5.6(9) ν1 + ν2 9.0(1) 354.9(9) ν1 + ν2 8.4(1) 358.8(9)
ν16 2ν1 4.5(2) 183(3) 2ν1 3.1(1) 176(3) 2ν1 2.9(1) 175(3)
ν17 ν1 + ν5 1.6(2) 44(7) ν1 + ν5 1.2(1) 15(7) ν1 + ν5 1.1(1) 349(6)
ν18 ν1 + ν3 + ν4 1.0(2) 12(12) ν1 + ν3 + ν4 0.7(1) 359(12) ν1 + ν3 + ν4 0.7(1) 15(11)
ν19 ν1 + ν2 + ν3 4.4(2) 256(3) ν1 + ν2 + ν3 3.1(2) 257(3) ν1 + ν2 + ν3 2.6(1) 263(3)

ν20 ν1 + ν2 + ν4 1.0(2) 53(13) ν1 + ν2 + ν4 0.9(1) 30(10) ν1 + ν2 + ν4 0.9(1) 50(9)
ν21 ν1 + 2ν2 0.9(2) 257(14) ν1 + 2ν2 0.8(1) 236(11) ν1 + 2ν2 0.6(1) 253(15)
ν22 2ν1 + ν3 1.8(2) 113(7) 2ν1 + ν3 1.4(1) 106(6) 2ν1 + ν3 1.2(1) 106(6)
ν23 2ν1 + ν4 1.8(2) 335(7) 2ν1 + ν4 1.2(1) 314(7) 2ν1 + ν4 1.1(1) 313(8)
ν24 2ν1 + ν2 2.0(2) 181(6) 2ν1 + ν2 1.4(1) 162(6) 2ν1 + ν2 1.3(1) 166(6)
ν26 2ν1 + ν2 + ν3 1.5(2) 65(7) 2ν1 + ν2 + ν3 1.0(1) 67(8) 2ν1 + ν2 + ν3 0.9(1) 69(8)

+ 1) frequencies present in the second moment: besides ν i also
2ν i , ν i + ν j and ν i − ν j (Aerts 1996). In the case of ν Eri this
would imply that we can expect 420 frequencies, although not all
of them need to have an amplitude above the noise level. The power
spectrum of the second-moment time series of the Si III (456.8 nm)
line indeed shows many peaks, and we do not list them here for the
sake of brevity. The bottom line of our analysis is that, besides the

many cross-term frequencies, we did not find any convincing new
frequencies.

2.2 The line profiles

We continued our quest for frequencies by doing a frequency analy-
sis on the line profiles of the Si III 455.3 and 456.8 nm lines. Indeed,
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Figure 1. The power spectra of the Si III 455.3 and 456.8 nm line profiles,
obtained by summing the power at each wavelength point in the intervals
[455.16, 455.40] nm and [456.678, 456.922] nm, respectively. The power
spectra are plotted on top of each other, and can hardly be distinguished.
The CLEAN algorithm with gain parameter g = 0.2 was used. The thick al-
most horizontal line denotes the 1σ noise level of the non-CLEAN-ed Fourier
power spectrum after prewhitening the time series with the 20 frequencies
mentioned in Table 2, and was approximated at each frequency by the aver-
age power in a 0.1 d−1 interval around that frequency.

several examples of β Cephei stars exist for which some pulsa-
tion frequencies are clearly detected in the line profiles but not in
the radial velocity data (e.g. ε Cen, Schrijvers, Telting & Aerts
2004).

We considered normalized flux time series at each wavelength
point in the intervals [455.16, 455.40] nm and [456.678, 456.922]
nm. We used the CLEAN algorithm (Roberts, Lehar & Dreher 1987)
to search for frequencies but systematically verified with classical
Fourier analysis that our results are not numerical artefacts. The
frequency analysis was done in the interval [0, 30] d−1 with a fre-
quency step of 2 × 10−6 d−1. Consequently, we summed the power
over all the wavelength bins to obtain an overall power spectrum.
The result is shown in Fig. 1. In the corresponding Table 2 we list the
20 frequencies that are clearly present in both silicon line profiles.
We also list each time the suspected identification, which is always
either one of the independent frequencies also found in the radial
velocity, or a linear combination of these independent frequencies.
Besides these frequencies we also consider the low-amplitude fre-
quencies 4.707 and 4.742 d−1, worth comparing with theoretically
predicted frequencies.

In Table 2 we list two frequency combinations as possible iden-
tifications for the frequencies 5.51 and 5.89 d−1. We consequently
asked ourselves the following question: As we have nine genuine

Table 2. All frequency peaks that are clearly present in both Si III

455.3 and 456.8 nm line profiles. We also list the suspected identifi-
cation, where we have used the same notation as in Table 1.

Si III 455.3 nm Si III 456.8 nm Possible
Freq. (d−1) Freq. (d−1) Identification

0.10880 0.10886 ν1 − ν2

0.12630 0.12622 ν1 − ν4

0.14270 0.14268 ν1 − ν3

5.51228 5.51224 2ν4 − ν1

5.61986 5.61986 ν3

5.63760 5.63762 ν4

5.65384 5.65390 ν2

5.76334 5.76336 ν1

5.88910 5.88910 2ν1 − ν4

11.27368 11.27364 ν11

11.38330 11.38326 ν12

11.40108 11.40104 ν13

11.41688 11.41688 ν15

11.52670 11.52672 ν16

17.03752 17.03752 ν19

17.16478 17.16480 ν23

17.18004 17.18006 ν24

17.28994 17.28996 ν25

22.80086 22.80086 ν26

23.05362 23.05360 4ν1

eigenfrequencies ν 1, . . ., ν 9, should we not expect that almost every
newly found frequency peak in the β Cephei pulsational frequency
range [ν b, ν e] = [3, 8] d−1 can be written as some linear combination
of these eigenfrequencies? Part of the answer is that it turns out that
there are actually not many possible linear combinations that map
frequencies from [ν b, ν e] back into the same interval and that are
at the same time not too far-fetched with respect to the linear com-
binations found in the Fourier spectrum of the radial velocity. Only
the general combinations 2ν j − ν k and ν j + ν k − ν i seem to be
acceptable. We now compute the probability that a randomly cho-
sen frequency coincides with a combination frequency ν c. Given
n independent frequencies, the number of possible combinations
2ν j − ν k is simply n(n − 1), and the number of different combina-
tions ν j + ν k − ν i is n(n − 1)(n − 2)/2. We consider a frequency
to ‘coincide’ with a combination frequency ν c if it is in the inter-
val [ν c − δν, ν c + δν] with δν being the observational frequency
precision. If n and/or δν is (are) sufficiently small (as in our case)
we can expect that none of these intervals will overlap with another
interval. All of these intervals together occupy a fraction

δν

νe − νb
n2(n − 1)

of the total β Cephei frequency range [ν b, ν e], which is equal to
the probability that a frequency randomly chosen in this interval
falls into one of the intervals. Setting n = 9, [ν b, ν e] = [3, 8] d−1

and δν = 10−3 d−1 for the case of ν Eri, we can roughly estimate
this probability to be 13 per cent, i.e. a non-negligible probability.
We must note, however, that our assumption that the newly found
frequency peak is independent of the confirmed eigenfrequencies
might not be justified. If it is indeed a genuine eigenfrequency, the
underlying pulsation physics may impose that it can or cannot be
written as a linear combination of the other eigenfrequencies.

In fact, in Fig. 2 we find two indications that the frequencies
5.51 and 5.89 d−1 might indeed not be combination frequencies.
This figure shows the morphology of the amplitude and the phase
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Figure 2. Amplitude and phase distributions for several frequencies, for the Si III 456.8 nm line. On the left-hand side the distributions of the genuine
eigenfrequencies plus the frequencies 5.51 and 5.89 d−1 are shown. For comparison, on the right-hand side, we also show the distributions of some combination
frequencies. The amplitudes are unitless as the line profiles are normalized. The phases are expressed in radians.

distribution of several frequencies found in the Si III 456.8 nm line
profile time series. The amplitudes and phases were computed by
fitting the flux time series at each wavelength point with a sum of
20 sines corresponding to the 20 frequencies listed in Table 2. The
amplitude and phases of these sines then make up the distributions
shown in Fig. 2. We show examples of both genuine eigenfrequen-
cies and known combination frequencies. The phase diagrams of
the 5.51 and 5.89 d−1 frequencies show a monotonic phase distribu-
tion across the line profile with a large phase range. Such behaviour
is typical for higher-degree modes, which would explain why we
do not see the frequencies in the photometry or the radial velocity
data. However, this evidence is not conclusive, as the combination
frequency ν 11 shows the same phase behaviour in the line profile.
Another indication is that for both 5.51 and 5.89 d−1 the line profile
shows more variability in the line wings than in the line core, which
is also systematically true for the eigenfrequencies, while it is vice
versa for the combination frequencies. Again, this evidence is not
conclusive, as we do not know what the velocity distribution of a
combination frequency looks like at the surface of the star, so that
we also do not know what kind of line profile variations we should
expect.

3 BA S I C S T E L L A R PA R A M E T E R S

For a photometric mode identification it is useful to have the position
of ν Eri in the HR diagram. This position and its error box can also
be used as the initial guess and additional constraint for further
asteroseismic investigations.

Geneva photometric colours of ν Eri were obtained from the
General Catalogue of Photometric Data (Mermilliod, Mermilliod
& Hauck 1997). From these colours, the Geneva indices X and Y
can be deduced, which are independent of interstellar extinction for
hot stars like ν Eri. We then used the calibration of Künzli et al.
(1997) to obtain T eff = 23084 ± 234 K and log g = 3.88 ± 0.19.
We emphasize that the uncertainties quoted are lower limits, as the
calibration for hot stars requires the metallicity to be known a priori,
but we assumed it to be solar.

Besides Geneva photometry we also used Strömgren photometry
to estimate the effective temperature. We used the large literature
survey already done by Hauck & Mermilliod (1998) to obtain the
following quantities for ν Eri: V = 3.960, b − y = −0.076, m 1 =
0.068, c1 = 0.072 and β = 2.610. With these values we can compute
the following reddening-free indices (Strömgren 1966):

[c1] = c1 − 0.2(b − y) = 0.087,

[m1] = m1 + 0.18(b − y) = 0.054,

[u − b] = [c1] + 2[m1] = 0.196.

Consequently, we used the [u − b]–T eff calibration

5040K

Teff
= 0.1692 + 0.2828[u − b] − 0.0195[u − b]2

of Napiwotzki, Schönberner & Wenske (1993) to estimate T eff =
22 500 K.

We also estimated T eff by fitting the spectral energy distribution
(SED) of ν Eri. To do so, we collected optical and infrared fluxes
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Figure 3. A selection of observational hydrogen, helium and silicon line profiles together with their best fits (smooth curves) obtained for T eff = 24 000 K,
log g = 3.7 and n(He)/n(H) = 0.12.

of ν Eri from Glushneva et al. (1992) and ultraviolet fluxes from
Jamar et al. (1976). It is difficult to estimate to what extent this SED
is reddened, but we tried to correct for reddening by using Fitz-
patrick’s (1999) mean galactic interstellar extinction law. Next, we
fitted the dereddened SED with theoretical SEDs computed from
local thermodynamic equilibrium (LTE) Kurucz (1994) stellar at-
mosphere models. The best fit was obtained for a model with T eff

= 21 900 K. To have an idea about the uncertainty of this value,
we examined the effects of small variations of the extinction or the
observed ultraviolet fluxes (which are most important for our tem-
perature determination) within their observational errors. From this,
we roughly estimate the uncertainty to be about 1000 K.

We also used the echelle spectra obtained at the Calar Alto Ob-
servatory (see Paper Ib) to make a spectroscopic estimate for T eff.
To generate a grid of theoretical line profiles we ran the spheri-
cally symmetric non-local thermodynamic equilibrium (NLTE) at-
mosphere code FASTWIND, first introduced by Santolaya-Rey, Puls
& Herrero (1997). The newest version of FASTWIND includes the
effects of metal line blocking/blanketing (see Herrero, Puls &
Najarro 2002) as well as a consistently calculated temperature struc-
ture based on the thermal balance of electrons, except for the in-
nermost part of the atmosphere, where a flux-correction method is
applied (see Kubat, Puls & Pauldrach 1999). We used five hydrogen
lines (Hα up to Hε), six He I lines (402.6, 438.7, 447.1, 471.3, 492.2
and 667.8 nm), two Si II doublets (412.8–413.1 and 504.1–505.6
nm), two Si III triplets (455.3–456.8–457.5 and 481.3–481.9–482.9
nm) and two additional Si III lines (471.6 and 574.0 nm). These

theoretical line profiles were then compared with the least pulsa-
tionally broadened observational line profiles to search for the T eff,
log g and particle number ratio n(He)/n(H) for which the match is
best. Especially the wings of the hydrogen lines and the ionization
balance between Si II and Si III are useful to determine respectively
the gravity and the temperature. Our best match turns out to be for
the parameters T eff = 24 000 K, log g = 3.7 and n(He)/n(H) =
0.12. We estimate the uncertainties on these parameter values to be
1000 K, 0.1 dex and 0.02, respectively. In Fig. 3 we show fits of 12 of
the 23 selected spectral lines as examples. The fact that we seem to
find a slight He overabundance is not too surprising as the chemical
analysis of Kilian (1992) shows that half of her sample of unevolved
B stars are actually He overabundant. The very slow rotation of ν Eri
(see Paper Ib) is in fact consistent with our findings in the sense that
Zboril & North (1999) show that He-enhanced B stars are signifi-
cantly slower rotators than normal B-type stars. We also refer to a
recent abundance analysis of ν Eri of Korn & Heiter (in preparation),
who, besides H, He and Si lines, also used oxygen lines to determine
abundances. They find a slight He enhancement as well, although,
as in our case, the uncertainties on the observed abundances cannot
exclude a solar abundance. Also the derived abundances of Si and O
are solar within the error bars.

Following the discussion above, we adopt conservatively T eff =
22 900 ± 1100 K, in the hope that the true value is indeed contained
in this rather large interval.

In order to compute the luminosity from the visual magnitude V ,
we first need to compute the interstellar extinction AV . Although
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AV is very difficult to estimate, we are somewhat fortunate that
the Galactic latitude b = − 31◦ of ν Eri implies that the star does
not lie in the patchy Galactic plane, so that we can make a rough
estimate of AV with the work of Sandage (1972). This leads to
AV ≈ 0.2, and thus to V 0 ≈ 3.76. The Hipparcos parallax π = 5.56
± 0.88 mas implies a distance d = 180 ± 28 pc. The absolute visual
magnitude is therefore MV0 = −2.52 ± 0.34, where we assumed
that most of the uncertainty on MV0 comes from the uncertainty on
the distance rather than from the uncertainty on the dereddened V 0

magnitude. From the work of Flower (1996) we derive a bolometric
correction of BC = −2.12 ± 0.16, where the uncertainty comes
from the uncertainty on T eff. This leads to M bol = − 4.64 ± 0.38
and thus to log(L/L�) = 3.76 ± 0.15. Another way to estimate the
luminosity is to use the strength of the Hβ Balmer line as measured
by the Strömgren β index. We applied the Hβ luminosity calibration
of Balona & Shobbrook (1984), and obtained MV0 = −3.16 ± 0.40
and therefore M bol = − 5.28 ± 0.43 and log(L/L�) = 4.01 ± 0.17,
different from but not incompatible with our value obtained with the
Hipparcos parallax.

Having two independent estimates for the luminosity, we adopt
conservatively the mean value and the union of the error boxes:
log(L/L�) = 3.89 ± 0.29. Deriving log(L/L�) from the radius
R = 5.1 ± 0.8 R� and the T eff = 24 000 K of our best FASTWIND

model mentioned above, leads to exactly the same value. This is not
an independent estimate, however, since the radius for this model
was computed with the method of Kudritzki (1980) using the Hip-
parcos-based MV0 derived above. It is nevertheless reassuring that
the values are at least consistent. The position of ν Eri in the HR
diagram with the previously derived T eff and log(L/L�) estimates,
is shown in Fig. 4.

4 M O D E I D E N T I F I C AT I O N

We used the well-known method of photometric amplitude ratio
fitting to determine the degree � of each mode (see e.g. Cugier,

Dziembowski & Pamyatnykh 1994; Balona & Evers 1999). The ob-
servational amplitude ratios (normalized with respect to the u filter)
were computed from Table 1 for the nine independent frequencies.
To compute the theoretical amplitude ratios, we used the Liège stel-
lar evolution code CLES and the non-adiabatic pulsation code MAD

(Dupret 2001) to compute the required non-adiabatic parameters,
together with Kurucz (1994) atmosphere models. First we com-
puted a series of models in the error box determined in Section 3.
From each of these models we then extracted all modes with 0 � �

� 4 in the frequency range [5.5, 8] d−1, except for the low-frequency
mode ν 10 for which we used the frequency range [0.3, 0.55] d−1.
For each of these modes, we computed the photometric amplitude
ratios, and finally we took the average of these ratios and compared
them with the observational ratios. To have an idea about the uncer-
tainty of the theoretical amplitude ratios, we also computed the rms
scatter, which allows us to define a minimal uncertainty region. The
comparison between the theoretical and observational photometric
amplitude ratios is shown in Fig. 5. We systematically omitted the
theoretical � = 3 amplitude ratios as their peculiar wavelength de-
pendence is easily recognized but not seen in the data. In addition,
for � = 3 modes one expects very low light-curve amplitudes due to
a considerable surface cancellation effect. From Fig. 5 we see that
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ν 1 is clearly a radial mode and that ν 2, ν 3 and ν 4 are components
of an � = 1 triplet. Also ν 5 is clearly an � = 1 mode. For ν 6 and
ν 8 there might be some doubt between � = 0 and � = 1, but from
theoretical frequency spectra we know that no radial mode can be
as close to the radial mode ν 1 as ν 6 and ν 8 are. This implies that ν 6

and ν 8 are also � = 1 modes. No clear photometric mode identifica-
tion is possible for ν 9, as its amplitude is too small. In the panel of
the low-frequency mode ν 10, it can be seen that the rms scatter of
the theoretical amplitude ratios is rather large. Moreover, this rms
scatter is larger for higher degree �. The uncertainty regions of � =
1 and � = 2 are still disjunct, but the uncertainty region of � = 4
overlaps both of them. The comparison with the observational am-
plitude ratios points towards an � = 2 or an � = 4 mode, although
an � = 1 mode cannot be firmly excluded.

The photometric mode identification method outlined above fea-
tures the characterization of an ‘average’ radial mode, an ‘average’
dipole mode, etc. This was done by computing the mean and the
rms of theoretical amplitude ratios of all relevant modes of all stel-
lar models in the error box in the HR diagram. We will now adopt a
complementary approach where we search for the stellar model that
fits best the photometric observations (in the χ2 sense) but without
trying to fit the observed frequency values themselves. Besides the
photometric amplitude ratios Av/Au and Ay/Au, we also fitted the
photometric phase differences ϕv − ϕu and ϕ y − ϕu , and computed
the χ 2 in the usual way. Given the errors on the photometric am-
plitudes and phases, the errors on the amplitude ratios and phase
differences were computed assuming that measurements in differ-

ent passbands are independent. This time the stellar models in the
error box in the HR diagram were computed with the Warsaw–New
Jersey stellar evolution code, and the non-adiabatic eigenfunctions
with the pulsation code of Dziembowski (1977). We also allowed
for variations in metallicity (∈ [0.015, 0.023]) but we still neglected
the effects of overshooting. The diagrams with χ2 as a function of
the degree � for the best model are shown in Fig. 6. This model
has a mass M = 9 M�, a metallicity Z = 0.016 and an effective
temperature T eff = 22 500 K. It is reassuring to find essentially the
same results as before. The main mode ν 1 is clearly a radial mode
and modes ν 2 up to ν 8 and ν 10 are best explained with dipole modes.
The frequency ν 9 seems, however, to be best fitted with a degree �

higher than one.
One of the important differences between the two photometric

mode identifications we presented is the selection of the modes.
Fig. 5 is based on both stable and unstable modes, while Fig. 6 is
based on unstable modes only (except for ν 10, for which we could
only find stable modes). Stable modes are usually disregarded for a
photometric mode identification, but for ν Eri we make an exception.
As shown by Pamyatnykh et al. (2004) and by Ausseloos et al.
(in preparation), the observed frequency values strangely cannot
be explained with standard stellar models if one only considers
unstable modes. We therefore included also stable modes for Fig. 5,
but disregarded them for Fig. 6 to see to what extent the results
would be altered. The important conclusion is that both approaches
lead to the same mode identification.

For the modes ν 1, . . . , ν 4 and the modes ν 6 and ν 8, we can be
fairly confident about their degree � as well as their azimuthal order
m. Of the remaining frequencies for which we still need informa-
tion, only ν 7 is also present in the spectroscopic data. To gain extra
information about this frequency, and about the frequencies 5.51
and 5.89 d−1, we attempted a spectroscopic mode identification by
modelling the moments, the amplitude and phase distributions, and
the line profiles. For all three techniques we encountered the prob-
lem of the enormous amount of computing power required to model
reliably and usefully such a large spectroscopic time series con-
taining so many frequencies. Modelling subsets of this time series
did not allow the interesting frequencies to be resolved. One of the
difficulties is that it is not possible to identify and ‘remove’ the
modes one by one, as the effects of the different modes on the line
profiles are coupled, much in contrast with the case of the photo-
metric time series. We actually tried the one-by-one procedure with
line profile fitting by binning the line profiles with the frequency
with the highest amplitude, then identifying the mode by fitting a
one-mode model, and consequently removing the mode by fitting
a sinusoid to the line intensity variations at each wavelength and
subtracting it from the data. We checked this procedure for the four
main modes, for which we already know the wavenumbers, but the
results were rather discouraging. To fit the amplitude and phase
distributions, we worked initially with a model with four modes.
We used both a simple but fast line profile model with a Gaus-
sian intrinsic profile (Schrijvers & Telting 1999), as well as PULSTAR

(De Ridder et al. 2002), which is slower to compute but uses more
advanced Kurucz intensity spectra. We did not succeed, however, in
finding a reliable fit to the observed amplitude and phase distribu-
tions. For ν 2, ν 3 and ν 4 this is mainly due to the fact that all three
modes have a phase distribution with a negative slope (cf. Fig. 2),
which would indicate that they are all prograde, which should not
be the case for a dipole triplet. From a spectroscopic point of view,
the frequencies around ν 4 are more likely explained by three peaks
of an � = 2 quintuplet with azimuthal orders m = 0, m = −1
and m = −2. This suspicion was actually already raised by Smith
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(1983), also from a spectroscopic investigation. In this sense there
is a clear but unexplained discrepancy between the spectroscopic
and the photometric mode identification for the frequencies ν 2, ν 3

and ν 4.

5 S U M M A RY A N D C O N C L U S I O N S

We can now summarize the observational results of the 2003 mul-
tisite and multitechnique campaign of the β Cephei star ν Eridani.

According to the photometric mode identification, we find in the
radial velocity time series a high-amplitude radial mode ν 1, a dipole
triplet ν 2, ν 3, ν 4, two close dipole modes ν 6 and ν 8 likely to be part
of the same triplet, and yet another dipole mode ν 5 of which we
are, however, uncertain whether it is a zonal or a sectoral mode.
The degree � of the frequency ν 7 could not be determined, and it
is therefore uncertain whether it belongs to the same dipole triplet
as ν 6 and ν 8. In addition to the frequencies just mentioned, two
other significant frequency peaks (ν 9 and ν 10) are found in all three
observed Strömgren passbands, although we were unable to deter-
mine uniquely their degrees �. Concerning the low-frequency peak
ν 10, we explicitly checked again if we could find it in the improved
radial velocity time series, but with no positive result. This may
cast some doubt upon whether this frequency is indeed a genuine
eigenfrequency. The reasons why we included it nevertheless in
Table 1 were given in Paper Ia and can be summarized as follows.
First, this frequency appears in all three photometric filters. Sec-
ondly, its amplitude is far above the noise level. In fact, we find at
least three eigenfrequencies with lower amplitudes in the photom-
etry. Thirdly, in Paper Ia it is explicitly checked that the variability
at this frequency is not due to the comparison stars µ Eri or ξ

Eri. Fourthly, in the same paper it was also checked that this fre-
quency is not a (reasonable) combination frequency. Finally, fifthly,
the frequency is also detectable in the data sets of the individual
observatories.

For the rotationally split multiplet around 5.63 d−1 we obtained
the following frequency differences: ν 4 − ν 3 = 0.017 18(9) d−1,
ν 2 − ν 4 = 0.016 69(7) d−1. For the frequencies around 6.24 d−1 we
obtained the differences: ν 8 − ν 6 = 0.017 1(5) d−1 and ν 6 − ν 7 =
0.021(3) d−1. The uncertainty on the last-mentioned decimal place
is given in parentheses, and was estimated from the scatter between
the different values obtained from the different spectral lines and
the different Strömgren passbands.

The list of combination frequencies found in the photometric time
series is not the same list of combination frequencies found in the
improved radial velocity time series, which is in turn not exactly
the same as the list of combination frequencies found in the radial
velocity time series of Paper Ib, although there is a great deal of
overlap in all three lists. The common property of all combination
frequencies is, however, that they never include a difference of two
independent frequencies.

In the line profiles, a few other candidate frequencies were found
in the β Cephei frequency range. They are not certain enough to be
included in a seismic modelling of ν Eri but might be used to gain
extra confidence in a model if this model turns out to be compatible
with these candidate frequencies.
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ABSTRACT
We report on the second multisite photometric campaign devoted to ν Eridani (ν Eri). The
campaign, carried out from 2003 September 11 to 2004 February 16, was very nearly a replica
of the first campaign, 2002–2003: the five telescopes and photometers we used were the same
as those in the first campaign, the comparison stars and observing procedure were identical,
and the numbers and time baselines of the data were comparable.

For ν Eri, analysis of the new data adds four independent frequencies to the nine derived
previously from the 2002–2003 data: three in the range 7.20–7.93 d−1 and a low one, equal to
0.614 d−1. Combining the new and the old data results in two further independent frequencies,
equal to 6.7322 and 6.2236 d−1. Altogether, the oscillation spectrum is shown to consist of
12 high and two low frequencies. The latter have u amplitudes about twice as large as the v

and y amplitudes, a signature of high radial-order g modes. Thus, we confirm the suggestion,
put forward on the basis of the data of the first campaign, that ν Eri is both a β Cephei and a
slowly pulsating B (SPB) star.

Nine of the 12 high frequencies form three triplets, of which two are new. The triplets
represent rotationally split � = 1 modes, although in case of the smallest-amplitude one this
may be questioned. Mean separations and asymmetries of the triplets are derived with accuracy
sufficient for meaningful comparison with models.

The first comparison star, µ Eri, is shown to be an SPB variable with an oscillation spectrum
consisting of six frequencies, three of which are equidistant in period. The star is also found to
be an eclipsing variable. The eclipse is a transit, probably total, the secondary is fainter than
the primary by several magnitudes, and the system is widely detached.

The second comparison star, ξ Eri, is confirmed to be a δ Scuti variable. To the frequency
of 10.8742 d−1 seen already in the data of the first campaign, another, equal to 17.2524 d−1,
is added.

Key words: stars: early-type – stars: individual: ν Eridani – stars: individual: µ Eridani –
stars: individual: ξ Eridani – stars: oscillations – binaries: eclipsing.

1 I N T RO D U C T I O N

The first multisite photometric and spectrographic campaign de-
voted to the β Cephei star ν Eridani (ν Eri) was carried out between

�E-mail: mjerz@astro.uni.wroc.pl
†Visiting Fellow.

2002 October and 2003 February. More than 600 h of differential
uvyV photometry on 148 nights and more than 2000 high-resolution
spectra were obtained. A frequency analysis of the photometric data
was reported by Handler et al. (2004, hereafter Paper I), while the
spectrographic time series and their analysis were presented by Aerts
et al. (2004, hereafter Paper II). An extended frequency analysis and
mode identification was provided by De Ridder et al. (2004, here-
after Paper III).
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Seismic modelling of the oscillation spectrum of ν Eri has been
undertaken by Pamyatnykh, Handler & Dziembowski (2004) and
Ausseloos et al. (2004).

In Paper I, the light variation of ν Eri was shown to consist of
23 sinusoidal terms. These included eight independent terms with
frequencies, fi, i = 1 . . . 8, spanning the range from 5.6 to 7.9
d−1, 14 high-frequency combination terms, and a term with the low
frequency fA = 0.432 d−1.

The four highest-amplitude terms, discovered long ago by Saito
(1976), consist of a singlet with frequency f 1 = 5.763 d−1, and a
triplet very nearly equidistant in frequency ( f 3 = 5.620, f 4 = 5.637
and f 2 = 5.654 d−1). Before the campaign it was known that the sin-
glet was a radial mode (Cugier, Dziembowski & Pamyatnykh 1994),
and it was surmised that it was the fundamental (Dziembowski &
Jerzykiewicz 2003), but the true nature of the triplet was unclear.
From multicolour photometry, Heynderickx, Waelkens & Smeyers
(1994) derived � = 1 for f 4, and suggested that the triplet was a rota-
tionally split dipole mode. This was challenged by Aerts, Waelkens
& de Pauw (1994), who – from an analysis of line-profile variations –
identified the f 2 term with an axisymmetric mode. However, both
results are questionable because in neither case the triplet had been
resolved. The matter was settled in Paper III: the wavelength depen-
dence of the uvy amplitudes of the triplet terms implies � = 1 for all
of them. Pamyatnykh et al. (2004) showed then that the triplet was
a g1 mode.

A frequency triplet f − < f 0 < f + can be characterized by its
mean separation

S = 0.5( f+ − f−), (1)

and asymmetry

A = f− + f+ − 2 f0. (2)

In the case of a rotationally split triplet, S is determined by the
angular rotation rate of the star, �, while A is sensitive to effects of
higher order in �, as well as to the effects of a magnetic field. If
these effects are negligible, A = 0.

For the i = 3, 4, 2 triplet, both parameters were derived before
the campaign from archival data by Dziembowski & Jerzykiewicz
(2003). The value of asymmetry they obtained, A = (−7.1 ± 0.3) ×
10−4 d−1, was unexpectedly large for the small rotation rate implied
by the triplet’s S =0.0168 d−1. Dziembowski & Jerzykiewicz (2003)
showed that this problem may be solved by postulating the existence
of a 5–10 kG magnetic field in the outer envelope of the star. From
the campaign data (see Paper III), we obtain A = (−4.9 ± 1.1) ×
10−4 d−1, a value which is not in serious conflict with the observed
S. Unfortunately, the large standard deviation of this result makes it
useless. A longer time baseline than that of the 2002–2003 campaign
would be needed to obtain a more reliable value of A and thus to
decide whether invoking a magnetic field was necessary. This was
one motivation for undertaking the sequel campaign.

In Paper III, the spherical harmonic degree of the i = 5, 6 and
7 terms was found to be � = 1, but an attempt to derive � for the
low-frequency i = A term (referred to as the ν 10 term in that paper)
was unsuccessful because of its small uvy amplitudes and the poor
resolution of diagnostic diagrams at low frequencies. Pamyatnykh
et al. (2004) showed that the i = 5 term is a p2 mode, while the i = 6
one is a p1 mode. Moreover, they suggested that the low-frequency
term is an � = 1, m = −1, g16 mode.

According to Pamyatnykh et al. (2004), only the i = 1, 2, 3
and 4 modes (i.e. the radial fundamental mode and the � = 1, g1

triplet) are unstable in standard models. Modes with f > 6 d−1 (i.e.
the i = 5, 6 and 7 modes) and the low-frequency mode are stable.

Pamyatnykh et al. (2004) demonstrate, however, that a fourfold over-
abundance of Fe in the driving zone would account for excitation
of the high-frequency modes, and would make the low-frequency
mode marginally unstable.

It has been noted in Paper I that if the low-frequency term were
indeed a high-order g mode, ν Eri would be both a β Cephei vari-
able and a slowly pulsating B (SPB) star. Unfortunately, fA differs
from the sixth-order combination frequency 3 f 1 − 3 f 3 by less than
0.003 d−1. This number is much larger than the formal error of fA,
but is smaller than half the frequency resolution of the campaign
data. Thus, the possibility that fA is the combination frequency –
although rather unlikely – cannot be rejected. Again, a longer time
baseline would help to settle the issue.

In addition to extending the time baseline, the sequel campaign
was expected to double the number of data points, and thus lower
the detection threshold, so that modes having amplitudes too low
to be seen in the 2002–2003 frequency spectra could be discovered
from the combined data.

Both comparison stars used in the 2002–2003 photometric ob-
servations turned out to be variable. For the first, µ Eri (HD 30211,
B5 IV, V = 4.00), the analysis carried out in Paper I revealed a dom-
inant frequency f ′

1 = 0.6164 d−1. (From now on, we use a prime to
denote frequencies of µ Eri.) Pre-whitening with this frequency re-
sulted in an amplitude spectrum with a very strong 1/ f component,
indicating a complex variation. Because the star is a spectroscopic
binary with an orbital period P orb = 7.35890 d (Hill 1969), tests
have been made to detect a non-sinusoidal signal with this period.
Unfortunately, they were inconclusive.

Taking into account the star’s position in the Hertzsprung–Russell
diagram, the frequency f ′

1 of the dominant variation, and the fact
that the u amplitude was about a factor of 2 greater than the v and
y amplitudes, it was concluded in Paper I that µ Eri is probably an
SPB star. However, it was also noted that instead of pulsation, a
rotational modulation could be the cause of the dominant variation.

In Paper I, the frequency analysis of detrended differential magni-
tudes of µ Eri revealed a small-amplitude variation with a frequency
fx = 10.873 d−1. It was suggested that the second comparison star,
ξ Eri (HD 27861, A2 V, V = 5.17), may be responsible.

The present paper reports the sequel photometric campaign, car-
ried out from 2003 September 11 to 2004 February 16, and an analy-
sis of the data of both campaigns. The 2003–2004 observations and
reductions are described in Section 2. Section 3 contains an account
of the frequency analysis of the new data and a comparison of the
results with those of Paper I. Low frequencies in the variation of
µ Eri and ν Eri from the uvy data of the first campaign are re-
examined in Section 4. Section 5 is devoted to frequency analysis of
the combined, 2002–2004 data. Finally, Section 6 provides a sum-
mary with an emphasis on clues for asteroseismology of the three
stars, ν Eri, µ Eri and ξ Eri.

2 O B S E RVAT I O N S A N D R E D U C T I O N S

The observations were carried out with five telescopes on four con-
tinents. An observing log is presented in Table 1. Comparison of
this table with table 1 of Paper I shows that the new data are almost
as extensive as the old data. However, the 2003–2004 y data are less
numerous than the v and u data (see below). The time baselines of
the 2002–2003 and 2003–2004 sets are very nearly the same; they
amount to 157.9 and 158.5 d for the old and new data, respectively.

The five telescopes and photometers were the same as those in
the 2002–2003 campaign. Thus, single-channel photoelectric pho-
tometers were used at all sites but Sierra Nevada Observatory (OSN),
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Table 1. Log of the photometric measurements of ν Eri in 2003–2004. Observatories are listed in the order of their geographic longitude.

Observatory Longitude Latitude Telescope Amount of data Observer(s)
Nights h

Sierra Nevada Observatory −3◦ 23′ +37◦ 04′ 0.9-m 4 10.64 ER
Fairborn Observatory −110◦ 42′ +31◦ 23′ 0.75-m APT 51 211.09 –
Lowell Observatory −111◦ 40′ +35◦ 12′ 0.5-m 25 87.10 MJ
Siding Spring Observatory +149◦ 04′ −31◦ 16′ 0.6-m 26 79.77 RRS
South African Astronomical Observatory +20◦ 49′ −32◦ 22′ 0.5-m 17 92.13 AP
South African Astronomical Observatory +20◦ 49′ −32◦ 22′ 0.5-m 19 48.52 RM, TM, PT

Total 142 529.25

where a simultaneous uvby photometer was used. At OSN, the ob-
servations were obtained with all four Strömgren filters, at Fairborn,
Lowell and Siding Spring, with u, v and y. At the South African As-
tronomical Observatory (SAAO), the y filter used in the 2002–2003
campaign had deteriorated to such a degree that it had to be dis-
carded. Because no replacement was available, the data were taken
with two filters, Strömgren u and v, except that on his first two nights
AP used Johnson filters B and V .

The comparison stars and observing procedures were the same as
in the first campaign.

The reductions, carried out separately for each of the three wave-
length bands, u, v, and y or V , consisted of: (i) computing heliocen-
tric JD numbers for the mean epochs of observations; (ii) comput-
ing the airmass for each observation; (iii) correcting instrumental
magnitudes of ν Eri, µ Eri and ξ Eri for atmospheric extinction
with first-order extinction coefficients derived from the instrumen-
tal magnitudes of ξ Eri by means of Bouguer plots; (iv) forming
differential magnitudes ‘ν Eri – ξ Eri’ and ‘µ Eri – ξ Eri’; (v)
setting the mean light levels of the differential magnitudes from
different telescope–filter combinations to the same values. In step
(iii), second-order extinction corrections were not applied because
no colour-dependent extinction effects could be detected in the un-
corrected differential magnitudes (but see the last paragraph of
Section 3.1). In step (iv), the magnitudes of ξ Eri were interpo-
lated on the epoch of observation of ν Eri or µ Eri. In step (v),
the mean light levels for each telescope–filter combination were
derived using residuals from least-squares solutions with the four
highest-amplitude terms (see Section 1).

3 F R E QU E N C Y A NA LY S I S O F T H E N E W DATA

The analysis was carried out in essentially the same way as in Paper I;
that is, frequencies were identified from periodograms, one at a time.
Before each run, the data were pre-whitened with all frequencies
found in previous runs. After several runs, the frequencies were
refined by means of a non-linear least-squares fit using the values
of independent frequencies read off the periodograms as starting
values. The frequencies of the combination terms were computed
from the independent frequencies. Thus, the unknowns in the normal
equations were the corrections to the independent frequencies, to the
mean magnitude, 〈�m〉, and to the amplitudes, Ai, and phases, φ i ,
appearing in the following expression:

�m = 〈�m〉 +
N∑

i=1

Ai sin[2π fi (t − t0) + φi ]. (3)

Here, �m is the differential magnitude in u, v or yV , N is the number
of all frequencies, fi, the combination terms included, and t0 is an
arbitrary initial epoch.

The difference with respect to the 2002–2003 analysis consisted
of using different programs: the PERIOD98 package (see Paper I)
was replaced with programs that have been in use by MJ since 1975
(see, for example, Jerzykiewicz 1978). Thus, by ‘periodogram’ we
now mean a power spectrum, and not an amplitude spectrum as
in Paper I; by ‘power’ we mean 1 − σ 2( f )/σ 2, where σ 2( f ) is
the variance of a least-squares fit of a sine curve of frequency f to
the data, and σ 2 is the variance of the same data. However, for the
purpose of estimating signal-to-noise (S/N) ratios (see below) we
also computed amplitude spectra.

3.1 The programme star

The data used for analysis were the differential magnitudes ‘ν Eri –
ξ Eri’. Power spectra were computed independently from the u and
v data. No power spectra were computed from the less numerous yV
data, but non-linear least-squares solutions were carried out for all
three bands, with the starting values of the independent frequencies
for y (henceforth we use ‘y’ instead of ‘yV’) taken from v. The OSN
b and SAAO B data were not used.

In the u and v power spectra, 14 independent and 15 combination
frequencies could be clearly seen. They are identified in the first
column of Table 2. The numbers in the table are from non-linear
least-squares solutions. The values of the independent frequencies
and their standard deviations, computed as straight means from the
separate solutions for u, v and y, are given in column 2 in the upper
half of the table. The combination frequencies, listed in the lower
half of the table, were computed from the independent frequencies
according to ID in the first column; their standard deviations were
computed from the standard deviations of the independent frequen-
cies assuming rms propagation of errors. The amplitudes, Au, Av and
Ay, with the standard deviations, given in columns 3, 4 and 5, re-
spectively, are from the independent solutions for u, v and y. The last
column lists the v amplitude S/N ratio, defined as in Paper I, except
that in Paper I the mean noise level was estimated in 5-d−1 intervals,
while now we adopt 0.1-d−1 intervals for frequencies lower than
3 d−1, and 1-d−1 intervals for higher frequencies. In all cases, the
amplitude spectra of the data pre-whitened with the 29 frequencies
of Table 2 were used for estimating the mean noise level.

In Paper I, a peak in the amplitude spectrum was considered to
be significant if its S/N ratio exceeded 4 for an independent term
or 3.5 for a combination term. As can be seen from Table 2, this
condition is met by all terms identified from the 2003–2004 data,
except the differential combination term f 1 − f 4 for which S/N =
3.0. This term may be spurious.

The standard deviations in Table 2 (and in the tables that follow),
referred to as ‘formal’ in the remainder of this subsection and in the
first three paragraphs of the next subsection, will be underestimated
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Table 2. Frequencies and amplitudes in the differential magnitudes ‘ν Eri – ξ Eri’ from the 2003–2004 data. Independent
frequencies are listed in the upper half of the table. The combination frequencies are listed in the lower half of the table. In
both cases the frequencies are ordered according to decreasing v amplitude, Av . The last column contains the v-amplitude
S/N ratio. Frequencies fx and fy are due to ξ Eri.

ID Frequency (d−1) Au (mmag) Av (mmag) Ay (mmag) S/N

f 1 5.763256 ± 0.000012 72.3 ± 0.19 40.6 ± 0.14 36.7 ± 0.15 165.0
f 2 5.653897 ± 0.000020 38.6 ± 0.19 27.2 ± 0.14 25.4 ± 0.15 110.6
f 3 5.619979 ± 0.000021 35.5 ± 0.19 25.0 ± 0.14 24.0 ± 0.15 101.6
f 4 5.637215 ± 0.000025 31.0 ± 0.18 21.8 ± 0.13 20.4 ± 0.16 88.6
f 5 7.89859 ± 0.00022 3.7 ± 0.19 2.7 ± 0.14 2.5 ± 0.16 11.0
f 7 6.26225 ± 0.00025 3.1 ± 0.19 2.2 ± 0.14 2.2 ± 0.16 8.8
fA 0.43257 ± 0.00028 3.2 ± 0.19 2.0 ± 0.14 1.7 ± 0.16 5.0
f 6 6.24468 ± 0.00034 2.3 ± 0.18 1.6 ± 0.13 1.6 ± 0.15 6.4
fB 0.61411 ± 0.00033 3.4 ± 0.18 1.5 ± 0.13 1.6 ± 0.15 4.3
fx 10.8743 ± 0.0006 1.2 ± 0.18 1.4 ± 0.13 0.9 ± 0.15 5.7
f 10 7.9296 ± 0.0005 1.6 ± 0.19 1.2 ± 0.14 1.2 ± 0.16 5.3
f 9 7.9132 ± 0.0005 1.8 ± 0.18 1.1 ± 0.13 1.3 ± 0.16 4.9
f 8 7.2006 ± 0.0005 1.4 ± 0.18 1.0 ± 0.13 1.1 ± 0.15 4.4
fy 17.2534 ± 0.0006 1.0 ± 0.19 0.9 ± 0.13 0.9 ± 0.15 4.6

f 1 + f 2 11.417153 ± 0.000023 12.3 ± 0.19 8.8 ± 0.14 8.4 ± 0.15 34.0
f 1 + f 3 11.383235 ± 0.000024 10.8 ± 0.19 7.6 ± 0.14 7.1 ± 0.15 29.3
f 1 + f 4 11.400471 ± 0.000028 9.9 ± 0.19 7.0 ± 0.14 6.6 ± 0.16 27.0
2 f 1 11.526512 ± 0.000017 4.5 ± 0.18 3.1 ± 0.13 3.1 ± 0.15 12.0
f 1 + f 2 + f 3 17.037132 ± 0.000031 3.3 ± 0.18 2.2 ± 0.13 2.0 ± 0.15 11.3
f 1 − f 2 0.109359 ± 0.000023 2.7 ± 0.19 1.6 ± 0.14 1.6 ± 0.16 4.4
2 f 1 + f 4 17.163727 ± 0.000030 1.9 ± 0.18 1.4 ± 0.13 1.3 ± 0.15 7.2
2 f 1 + f 2 17.180409 ± 0.000026 1.9 ± 0.18 1.4 ± 0.13 1.3 ± 0.15 7.2
f 2 + f 3 11.273876 ± 0.000029 2.4 ± 0.19 1.3 ± 0.14 1.1 ± 0.15 5.0
2 f 1 + f 3 17.146491 ± 0.000027 1.4 ± 0.18 1.2 ± 0.13 0.8 ± 0.15 6.2
2 f 2 11.307794 ± 0.000028 1.1 ± 0.19 1.1 ± 0.14 0.6 ± 0.16 4.2
f 1 − f 4 0.126041 ± 0.000028 1.9 ± 0.18 1.1 ± 0.13 1.2 ± 0.15 3.0
f 1 + f 3 + f 4 17.020450 ± 0.000035 1.3 ± 0.18 1.1 ± 0.13 0.9 ± 0.15 5.6
2 f 1 + f 2 + f 3 22.800388 ± 0.000034 1.3 ± 0.18 1.1 ± 0.13 0.8 ± 0.15 6.1
f 1 + f 2 − f 3 5.797174 ± 0.000031 1.5 ± 0.19 0.9 ± 0.14 1.3 ± 0.15 3.7

if the errors of differential magnitudes are correlated in time. For
the case at hand (i.e. of fitting a sinusoid to time series data), the
problem has been discussed by Schwarzenberg-Czerny (1991) and
Montgomery & O’Donoghue (1999). These authors consider the
factor, D, by which the formal standard deviations of a frequency,
amplitude and phase should be multiplied in order to obtain correct
values. (D is the same for frequencies, amplitudes and phases be-
cause the ratio of the formal standard deviations of any two of these
quantities is determined by error-free numbers such as the epochs of
observations and the starting values of the frequencies.) The factor
depends on an estimate of the number of consecutive data points
which are correlated. Unfortunately, this estimate is not easy to ob-
tain, especially for time series such as ours, consisting of data from
many nights and several observatories. We return to this point in
Section 3.2.

Fig. 1 shows the power spectra of the u and v differential mag-
nitudes ‘ν Eri – ξ Eri’ pre-whitened with the 29 frequencies of
Table 2. In both panels of the figure, the highest peaks are seen at
frequencies lower than about 5 d−1. In the u spectrum (lower panel),
the highest peak occurs at 0.314 d−1, while in the v spectrum, the
highest peak is at 1.498 d−1. The u amplitude at 0.314 d−1 is equal to
2.2 mmag, while the v amplitude at 1.498 d−1 is equal to 1.1 mmag.
The u- and v-amplitude S/N ratios amount to 2.7 in both cases. We
conclude that these frequencies are probably spurious.

For frequencies higher than 5 d−1, the highest peak in the u spec-
trum (lower panel) occurs at 5.015 d−1. For this peak the u-amplitude

Figure 1. Power spectra of the u (lower panel) and v (upper) differential
magnitudes ‘ν Eri – ξ Eri’ pre-whitened with the 29 frequencies of Table 2.

S/N ratio is equal to 5.0, so that the significance condition mentioned
earlier in this section is satisfied. However, there is no power at
5.015 d−1 in the v spectrum (upper panel); the peak closest to
5.015 d−1, at 5.128 d−1, is probably noise because it has S/N equal
to 3.2. This, and the fact that 5.015 d−1 is very nearly equal to
five cycles per sidereal day (sd−1) suggest that the peak is due to
colour extinction in the u band, which we neglected (see Section 2).
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Indeed, the differential colour-extinction correction contains a term
equal to k ′′ X�C , where k ′′ is the second-order extinction coef-
ficient, X is the airmass and �C is the differential colour index.
Because of the second factor, X, the term causes a parabola-shaped
variation symmetrical around the time of meridian passage. For a
single observatory, this will produce a signal with frequency equal
to n sd−1, where n is a small whole number equal to the number of
sine waves that best fit the variations on successive nights. In our
case, this number is apparently equal to 5. For multisite data, phase
smearing may occur, tending to wash out the signal. However, our
time series is dominated by the data from Fairborn and Lowell, two
observatories lying on nearly the same meridian and therefore in-
troducing negligible phase shift. In addition, the greatest common
divisor of the longitude differences between Fairborn and Lowell
on one hand, and SAAO and Siding Spring on the other is close to
60◦, making the 5-sd−1 signals from these observatories approxi-
mately agree in phase. We conclude that the 5.015-d−1 peak in the
u spectrum in Fig. 1 is not due to an intrinsic variation of ν Eri.

3.2 Comparison of the 2003–2004 and 2002–2003 results
for the programme star

Of the 14 independent terms in Table 2, nine appear in table 2 of
Paper I. The differences between the 2003–2004 and 2002–2003
values of their frequencies and amplitudes are listed in Table 3.
The standard deviations given in the table were computed from the
standard deviations of the 2003–2004 and 2002–2003 least-squares
solutions assuming rms propagation of errors. Thus, they are formal
in the sense defined in the previous subsection.

We shall now return to the factor D by which the formal standard
deviations are underestimated. Let us consider the nine independent
frequencies common to 2002–2003 and 2003–2004. As can be seen
from Table 3, the moduli of the frequency differences, |� f |, are of
the same order of magnitude as the formal standard deviations of
� f , σ � f . In four cases |� f | < σ � f , in three cases σ � f < |� f | <

2σ � f , and in two cases the differences exceed 2σ � f . Taken at face
value, these inequalities would indicate that four or five of the nine
frequencies changed from 2002–2003 to 2003–2004 by 1σ� f or
more, while f 3, f 5 and f 8 changed by 2σ� f or more. However,
frequency changes in β Cephei stars have time-scales much longer
than 1 yr. For the four first frequencies of ν Eri, this is shown to be
the case by Handler et al. (in preparation). Although the existence
of long-term variations does not exclude the possibility of year-
to-year variations, let us assume that these four frequencies were
strictly constant from 2002 to 2004. If the assumption were false,
the value of D we derive in the next paragraph will be too large.

Table 3. A comparison of the frequencies and amplitudes of the nine independent terms common to table 2 of
Paper I and Table 2 of the present paper. The differences, �, are in the sense ‘2003–2004 minus 2002–2003.’

ID � f (d−1) �Au (mmag) �Av (mmag) �Ay (mmag)

f 1 −0.000014 ± 0.000017 −1.2 ± 0.27 −0.4 ± 0.20 −0.2 ± 0.20
f 2 −0.000033 ± 0.000028 0.7 ± 0.27 0.8 ± 0.20 0.3 ± 0.20
f 3 −0.000081 ± 0.000030 0.9 ± 0.27 1.0 ± 0.20 1.3 ± 0.20
f 4 0.000055 ± 0.000035 −1.2 ± 0.27 −0.6 ± 0.20 −0.6 ± 0.20
f 5 0.00079 ± 0.00032 −0.6 ± 0.27 −0.4 ± 0.20 −0.5 ± 0.20
f 6 0.00060 ± 0.00048 −1.6 ± 0.27 −0.9 ± 0.20 −1.0 ± 0.20
f 7 0.00020 ± 0.00035 0.2 ± 0.27 0.3 ± 0.20 0.4 ± 0.20
f 8 0.00066 ± 0.00071 0.1 ± 0.27 0.1 ± 0.20 0.0 ± 0.20
fA 0.00039 ± 0.00040 −2.3 ± 0.27 −1.2 ± 0.20 −1.5 ± 0.20

For f = const, where f is any of the four frequencies, the modulus
of � f can be thought of as the range of f in a two-element sample of
f , the first element chosen from the parent population of f in 2002–
2003 and the second element chosen from the same population in
2003–2004. For a normal distribution, an estimate of the standard
deviation can be obtained by multiplying the range by a coefficient
k, which is a function of the number of elements in the sample,
n. For n = 2, table 12 of Crow, Davis & Maxfield (1960) reads
k = 0.886. Multiplying |� f | by this value we obtain an estimate
of the standard deviation of f . The latter number divided by the
formal standard deviation of f from Table 2 yields the factor we
are seeking. The mean value of the factor for the four frequencies
turns out to be D = 2.0. If we applied the procedure to all nine
frequencies, the result would be D = 1.8. If we used the formal
standard deviations of the 2002–2003 solution, the results would
be very nearly the same. Henceforth, we adopt D = 2. A standard
deviation equal to the formal standard deviation times this factor
we refer to as ‘corrected’, and from now on we drop the adjective
‘formal’, so that by ‘standard deviation’ we mean ‘formal standard
deviation’.

Multiplying the standard deviations of the 2003–2004 amplitudes
by two, we find that the ratios of the amplitudes to the corrected
standard deviations become approximately equal to the S/N ratios
defined in the previous subsection. This is a pleasant surprise, lend-
ing support to our value of D. [Using the numbers from Table 2, the
reader can verify the approximate equality of S/N and Av/(2σ v),
where σ v is the standard deviation of Av . Note that while for low
frequencies Av/(2σ v) is about 30 per cent larger than S/N, the ap-
proximate equality improves for high frequencies. This seems to
be reasonable in view of the 1/ f decrease of the noise level in the
periodograms.] Additional support for D = 2 comes from the fact
that a different line of reasoning applied to multisite data similar to
ours has led Handler et al. (2000) to the same value.

Let us now return to Table 3. As can be seen from the table,
|�A| are largest for fA, f 6 and f 3 (in this order). Multiplying the
standard deviations of �A by D = 2 we find the following. (i) The
amplitude of the low-frequency term has decreased by 4.3σ c in u,
3.0σ c in v and 3.8σ c in y, where by σ c we denote the corrected
standard deviation of �A. (ii) The amplitude of the i = 6 term has
decreased by 3.0, 2.2 and 2.5σ c in u, v and y, respectively. (iii) The
amplitude of the i = 3 term has increased by 1.7, 2.5 and 3.2σ c in
u, v and y, respectively. For the remaining six terms, |�A| � 2.2σ c.
We conclude that the decrease of the amplitude of the i = A term is
real, that of the i = 6 term may be real, while the amplitude increase
of the i = 3 term is probably spurious. In the remaining cases, there
is little or no evidence for amplitude variation.
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The five independent frequencies, which appear in the present
Table 2 but not in table 2 of Paper I, are (in the order of decreas-
ing v amplitude) fB, fx, f 10, f 9 and fy. The low frequency fB is
very nearly equal to the frequency f 21, one of three low frequencies
derived in Paper II from the radial velocities of ν Eri. However, in
our 2003–2004 power spectra we did not see the other two low fre-
quencies of Paper II. Frequency f 9 was listed in table 3 of Paper I
as that of one of several ‘possible further signals’. Frequencies f 10

and fy are new.
Frequency fx was found in Paper I and tentatively ascribed to ξ Eri

(see Section 1). We demonstrate in Section 3.3 that this frequency
and fy, the smallest-amplitude independent frequency in Table 2,
are both due to ξ Eri.

In addition to nine independent terms, table 2 of Paper I lists 14
combination terms. In the 2003–2004 power spectra, we did not see
three of them: f 1 + f 5, f 1 + f 2 + f 4 and f 1 + 2 f 2. On the other
hand, we detected differential combination terms, f 1 − f 2, f 1 +
f 2 − f 3 and f 1 − f 4, which were not found in Paper I.

3.3 Comparison stars

The data used for analysis were the differential magnitudes ‘µ Eri –
ξ Eri’. Power spectra were computed independently from the u and
v data. No power spectra were computed from the less numerous y
data.

In the first-run u and v power spectra, the highest peaks occurred
at the same frequency of 0.615 d−1. This frequency is close to f ′

1,
the only one found for µ Eri in Paper I (see Section 1). The second
and third runs yielded frequencies of 0.272 and 0.815 d−1, again the
same for u and v. The first of these numbers is close to twice the
orbital frequency of µ Eri, f ′

orb = 0.13589 d−1, while the second
is close to six times this frequency. The low-frequency part of the
power spectrum of the v differential magnitudes ‘µ Eri – ξ Eri’
pre-whitened with 0.615 d−1, 2 f ′

orb and 6 f ′
orb is shown in Fig. 2. In

this figure, the arrows indicate peaks at frequencies equal to f ′
orb,

3 f ′
orb, 4 f ′

orb, 5 f ′
orb and 8 f ′

orb. Peaks at these frequencies are also
present in the u power spectrum.

The occurrence of so many harmonics of the orbital frequency
implies that the data contain a strongly non-sinusoidal signal of this
frequency. The first possibility that comes to mind is an eclipse.
Fig. 3, in which the differential magnitudes ‘µ Eri – ξ Eri’ pre-
whitened with 0.615 d−1 are plotted as a function of orbital phase,
shows that µ Eri is indeed an eclipsing variable.

Returning to frequency analysis of the comparison-star data, we
rejected observations falling in the orbital phase range from 0.4
to 0.54 (i.e. the data affected by the eclipse) and recomputed the

Figure 2. Low-frequency part of the power spectrum of the v differential
magnitudes ‘µ Eri – ξ Eri’ pre-whitened with 0.615 d−1, 2 f ′

orb and 6 f ′
orb.

Arrows indicate peaks at frequencies equal to f ′
orb, 3 f ′

orb, 4 f ′
orb, 5 f ′

orb and
8 f ′

orb.

Figure 3. The u (top), v (middle) and y (bottom) differential magnitudes
‘µ Eri – ξ Eri’ pre-whitened with f ′

1 are shown as a function of orbital phase
of µ Eri. Phase zero corresponds to HJD 245 2800.

power spectra. In the first-run u and v power spectra, the highest
peaks occurred at the same frequency of 0.615 d−1 as before. The
highest peaks in the second and third u runs were at 0.701 and
0.813 d−1, respectively, while the second and third v runs yielded
1.206 and 0.701 d−1.

In the next step, we carried out non-linear least-squares solu-
tions separately for the u, v and y data. As starting values, we
used all four frequencies found above, i.e. 0.615, 0.701, 0.8132 and
1.206 d−1. The results are presented in the first four lines of Table 4.
The fifth frequency, f ′

5, will be explained shortly. The frequencies
and their standard deviations, listed in column 2, were computed as
straight means from the separate solutions for the three bands. The
amplitudes, Au, Av and Ay, and their standard deviations, are given
in columns 4, 5 and 6. The v-amplitude S/N ratio, computed in the
same way as in Section 3.1, is listed in the last column.

In the power spectra of the u and v differential magnitudes ‘µ Eri –
ξ Eri’ pre-whitened with the first four frequencies of Table 4, the
highest peaks occur at the same frequency of 0.659 d−1. Because a
term of very nearly the same frequency is prominent in the frequency
spectra of the 2002–2003 comparison-star data (see Section 4.2),
we conclude that the signals at 0.659 d−1 are intrinsic. A five-
frequency non-linear least-squares solution yielded the value of the
fifth frequency and the corresponding amplitudes given in the last
line of Table 4.

The power spectra of the u and v differential magnitudes ‘µ Eri –
ξ Eri’ pre-whitened with the five frequencies of Table 4 are shown
in Fig. 4. In both spectra, the highest peak occurs at 1.182 d−1. Al-
though these peaks may represent another term in the variation of
µ Eri, we terminate the analysis at this stage for fear of overinter-
preting the data.
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Table 4. Frequencies, periods and amplitudes in the out-of-eclipse differential magnitudes ‘µ Eri – ξ Eri’ from the
2003–2004 data. The last column contains the v-amplitude S/N ratio.

ID Frequency (d−1) Period (d) Au (mmag) Av (mmag) Ay (mmag) S/N

f ′
1 0.61504 ± 0.00010 1.6259 ± 0.00026 9.4 ± 0.22 6.1 ± 0.17 5.7 ± 0.16 11.1

f ′
2 0.70160 ± 0.00027 1.4253 ± 0.00055 4.0 ± 0.22 2.4 ± 0.16 2.2 ± 0.15 3.9

f ′
3 0.81351 ± 0.00026 1.2292 ± 0.00039 3.3 ± 0.22 2.2 ± 0.17 2.5 ± 0.17 4.1

f ′
4 1.20739 ± 0.00027 0.8282 ± 0.00019 3.1 ± 0.23 2.3 ± 0.17 2.3 ± 0.16 6.0

f ′
5 0.65934 ± 0.00028 1.5167 ± 0.00064 3.4 ± 0.21 2.3 ± 0.16 2.4 ± 0.15 4.2

Figure 4. Power spectra of the u (lower panel) and v (upper) out-of-eclipse
differential magnitudes ‘µ Eri – ξ Eri’ pre-whitened with the five frequencies
of Table 4. Arrows indicate frequencies fx = 10.874 and fy = 17.254 d−1.

At high frequencies, peaks at fx = 10.874 and fy = 17.254 d−1

can be clearly seen in the v spectrum (Fig. 4, upper panel). The
v-amplitude S/N ratio is equal to 5.2 and 4.4 for fx and fy, respec-
tively. Although in the u spectrum in the lower panel the peaks at
these frequencies are masked by noise, a closer examination shows
that they are present. For fx, the u, v and y amplitudes computed
from the differential magnitudes ‘µ Eri – ξ Eri’ amount to 0.9 ±
0.22, 1.2 ± 0.16 and 1.0 ± 0.16 mmag (formal σ ), respectively.
To within one formal σ , these numbers agree with the fx ampli-
tudes derived from the ‘ν Eri – ξ Eri’ differential magnitudes (see
Table 2). For fy, the u, v and y amplitudes computed from the dif-
ferential magnitudes ‘µ Eri – ξ Eri’ are equal to 0.9 ± 0.22, 0.9 ±
0.16 and 0.7 ± 0.16 mmag, respectively. Again, there is a 1σ agree-
ment with the amplitudes obtained from the ‘ν Eri – ξ Eri’ data
(see Table 2). In addition, the phases agree to within 1σ in all cases.
We conclude that both frequencies are due to an intrinsic variation
of ξ Eri.

4 L OW F R E QU E N C I E S F RO M
T H E 2 0 0 2 – 2 0 0 3 DATA

4.1 The eclipse

We have to admit that in our original analysis of the 2002–2003
data we missed the eclipse of µ Eri (see Paper I and Section 1).
Fig. 5 shows phase diagrams in which the 2002–2003 differential
magnitudes ‘µ Eri – ξ Eri’ pre-whitened with f ′

1 are plotted as a
function of orbital phase. The eclipse can be seen clearly.

Figure 5. The u (top), v (middle) and y (bottom) 2002–2003 differential
magnitudes ‘µ Eri – ξ Eri’ pre-whitened with f ′

1 are shown as a function of
orbital phase of µ Eri. As in Fig. 3, phase zero corresponds to HJD 245 2800.

A comparison of the phase diagrams in Figs 5 and 3 shows that
while the middle of the eclipse in 2002–2003 falls at a phase of about
0.30, in 2003–2004 it does at about 0.47, indicating a problem with
the Hill (1969) value of the orbital period. Assuming that Hill’s value
yields a correct cycle count between the first eclipse observed in
2002 and the last one in 2003, we arrive at the following ephemeris:

Min. light = HJD 245 2574.04 (4) + E/0.135490 (18). (4)

Here, E is the number of cycles elapsed from the epoch given (which
is that of the middle of the first eclipse we caught in 2002) and
the numbers in parentheses are estimated standard deviations with
the leading zeros suppressed. The question why our photometric
period differs from Hill’s spectrographic one will be addressed in a
forthcoming paper.

4.2 Analysis of the out-of-eclipse µ Eri data

In 2002–2003 the numbers of differential magnitudes ‘µ Eri – ξ Eri’
in the three bands were nearly the same, amounting to 2823, 2830
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and 2919 in u, v and y, respectively. After we rejected observations
falling within the eclipse, these numbers were reduced to 2597, 2603
and 2688, still sufficient for analysis. Using these reduced data, we
computed power spectra separately for u, v and y. The first two runs
yielded the same frequencies of 0.616 and 0.701 d−1 in all three
bands. These frequencies are very nearly equal to f ′

1 and f ′
2 of

Table 4. In the third run, the highest peak in the u power spectrum
was at 0.657 d−1, while in the v and y power spectra the highest
peaks were at the same frequency of 1.207 d−1. The first of these
numbers is close to f ′

5, while the second is nearly identical with f ′
4

(see Table 4).
The fourth run, however, was a disappointment. In the u power

spectrum, the highest peak occurred at 1.000 d−1, while in the v and
y power spectra it occurred at 0.032 d−1. Because neither of these
frequencies is likely to be intrinsic, we did not attempt to compute
fifth-run power spectra.

The four frequencies found above (i.e. 0.616, 0.701, 1.207 and
0.657 d−1) were used as starting values in a four-frequency non-
linear least-squares solution. Justification for including f ′

4 in the
u solution comes from the fact that a peak at this frequency is promi-
nent in the fourth-run u power spectrum. Likewise, f ′

5 was included
in the v and y solutions because prominent peaks at this frequency
can be seen in the fourth-run v and y power spectra.

The results of the four-frequency solutions are given in Table 5 in
the upper part of the table. This table has the same format as Table 4.
However, the S/N (last column) is now computed from the y data.

The four-frequency solutions did not include f ′
3. Because peaks

at this frequency were present in the fourth-run u and v power spec-
tra, we carried out five-frequency non-linear least-squares solutions
for all five frequencies of Table 4. The resulting values of f ′

3, the
amplitudes and S/N are given in Table 5 in the lower part of the
table.

4.3 ν Eri

As explained in Paper I, the 2002–2003 differential magnitudes of
ν Eri were computed as ‘ν Eri minus the mean of comparison stars’,
but with the low-frequency variations of µ Eri filtered out. Thus, a
peak at low frequency in the power spectrum of these differential
magnitudes – if not caused by noise – would be due to an intrinsic
variation of ν Eri or ξ Eri. In the latter case, however, the peaks would
be suppressed by a factor of 4, while the corresponding amplitudes
would be divided by 2.

In Paper I we found a prominent peak at 0.254 d−1 in the ampli-
tude spectrum of the v differential magnitudes pre-whitened with all
23 frequencies identified from the 2002–2003 data. The power spec-
trum of the same data also shows a prominent peak at this frequency.
However, there is little power at this frequency in the 2003–2004
spectra shown in Fig. 1. On the other hand, in the 2002–2003 u, v

and y power spectra there are peaks at 0.615 d−1, a frequency very

Table 5. Frequencies, periods and amplitudes in the out-of-eclipse differential magnitudes ‘µ Eri – ξ Eri’ from the
2002–2003 data. The last column contains the y-amplitude S/N ratio.

ID Frequency (d−1) Period (d) Au (mmag) Av (mmag) Ay (mmag) S/N

f ′
1 0.61587 ± 0.00013 1.62372 ± 0.00034 9.9 ± 0.26 6.2 ± 0.19 4.9 ± 0.15 9.4

f ′
2 0.70143 ± 0.00021 1.42566 ± 0.00043 6.9 ± 0.25 4.4 ± 0.19 3.3 ± 0.15 4.1

f ′
4 1.20690 ± 0.00030 0.82857 ± 0.00021 3.2 ± 0.25 3.4 ± 0.19 2.7 ± 0.15 4.5

f ′
5 0.65751 ± 0.00036 1.5209 ± 0.0008 4.2 ± 0.25 2.3 ± 0.19 2.2 ± 0.15 4.2

f ′
3 0.8147 ± 0.0006 1.2275 ± 0.0009 3.1 ± 0.24 2.3 ± 0.19 0.8 ± 0.15 1.4

nearly equal to fB found in Section 3.1 from the 2003–2004 data.
The 2002–2003 u, v and y amplitudes at this frequency amount to
2.5 ± 0.19, 1.2 ± 0.14 and 1.4 ± 0.12 mmag, respectively, in fair
agreement with the 2003–2004 amplitudes listed in Table 2. Be-
cause multiplying the 2002–2003 amplitudes by 2 would make the
agreement much worse, the possibility that fB is due to ξ Eri can be
rejected.

5 A NA LY S I S O F T H E C O M B I N E D DATA

5.1 ν Eri

After slight mean light level adjustments, the 2002–2003 and 2003–
2004 differential magnitudes of ν Eri were combined, separately for
u, v and y. The combined 2002–2004 data have the time baseline
of 525.8 d. The analysis of the 2002–2004 differential magnitudes
was carried out in the same way as that of the 2003–2004 data (see
Section 3). 16 independent and 20 combination frequencies could
be identified from the power spectra. In all cases but two, the yearly
aliases were significantly lower than the central peak, so that there
was no ±1 yr−1 uncertainty. This was to be expected because the
2002–2003 and 2003–2004 observing windows span as much as
0.43 yr each (see Section 2). The two exceptions were f 6 and f 12.
They are discussed later in this section.

The 36 frequencies derived from the combined data are listed in
the first column of Table 6. As in Tables 2, 4 and 5, the values of
the independent frequencies and their standard deviations, given in
column 2, were computed as straight means from the separate solu-
tions for u, v and y. The combination frequencies, listed in the lower
half of the table, were computed from the independent frequencies
according to ID in the first column; their standard deviations were
computed from the standard deviations of the independent frequen-
cies assuming rms propagation of errors. The amplitudes, Au, Av

and Ay, given together with their standard deviations in columns 3,
4 and 5, respectively, are from the independent solutions for u, v

and y. The v-amplitude S/N, computed in the same way as in Sec-
tion 3.1, is given in the last column. It can be seen that all indepen-
dent frequencies meet the significance condition of Paper I. Among
combination frequencies, this condition is not satisfied in two cases:
f 3 + f 4 and f 1 − f 4.

In addition to frequencies derived from the 2003–2004 data (see
Table 2), Table 6 contains two further high frequencies due to ν Eri:
f 11 and f 12. The latter is close to that of one of several ‘possible fur-
ther signals’ listed in table 3 of Paper I and to frequency ν 7 obtained
in Paper III from radial velocities of the Si III triplet around 457 nm.
Frequency f 11 is new. In order to make sure that this frequency is not
due to ξ Eri, we examined the 2002–2004 out-of-eclipse differential
magnitudes ‘µ Eri – ξ Eri’ pre-whitened with the six frequencies
of Table 7 (see Section 5.2). In the periodograms, there were no
peaks at f 11; the highest peak in the vicinity, at 6.7168 d−1, had
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Table 6. Frequencies and amplitudes in the differential magnitudes of ν Eri from the combined 2002–2004 data.
Independent frequencies are listed in the upper half of the table. The combination frequencies are listed in the lower half
of the table. In both cases the frequencies are ordered according to decreasing v amplitude, Av . Frequencies f x and f y

are due to ξ Eri.

ID Frequency (d−1) Au (mmag) Av (mmag) Ay (mmag) S/N

f 1 5.7632828 ± 0.0000019 72.8 ± 0.13 40.8 ± 0.10 36.7 ± 0.10 214.7
f 2 5.6538767 ± 0.0000030 38.5 ± 0.13 27.1 ± 0.10 25.4 ± 0.10 142.6
f 3 5.6200186 ± 0.0000031 35.0 ± 0.13 24.5 ± 0.10 23.2 ± 0.10 129.0
f 4 5.6372470 ± 0.0000038 31.8 ± 0.13 22.3 ± 0.10 21.0 ± 0.10 117.4
f 5 7.898200 ± 0.000032 3.6 ± 0.13 2.6 ± 0.10 2.5 ± 0.10 14.5
fA 0.432786 ± 0.000032 4.1 ± 0.13 2.5 ± 0.10 2.5 ± 0.10 8.3
f 7 6.262917 ± 0.000044 2.8 ± 0.14 2.0 ± 0.10 1.8 ± 0.10 11.0
f 6 6.243847 ± 0.000042 3.0 ± 0.13 1.9 ± 0.10 2.1 ± 0.10 10.5
fB 0.61440 ± 0.00005 3.0 ± 0.13 1.4 ± 0.10 1.6 ± 0.10 5.5
f 9 7.91383 ± 0.00008 1.7 ± 0.13 1.1 ± 0.10 1.2 ± 0.10 6.1
fx 10.87424 ± 0.00012 0.8 ± 0.13 1.0 ± 0.10 0.7 ± 0.10 5.7
f 10 7.92992 ± 0.00010 1.2 ± 0.13 0.9 ± 0.10 0.9 ± 0.10 5.0
f 8 7.20090 ± 0.00009 1.4 ± 0.13 0.9 ± 0.10 0.9 ± 0.10 5.0
f 11 6.73223 ± 0.00012 1.0 ± 0.13 0.8 ± 0.10 0.6 ± 0.10 4.5
f 12 6.22360 ± 0.00012 0.9 ± 0.13 0.8 ± 0.10 0.8 ± 0.10 4.4
fy 17.25241 ± 0.00016 0.6 ± 0.13 0.6 ± 0.10 0.5 ± 0.10 4.4

f 1 + f 2 11.4171595 ± 0.0000036 12.4 ± 0.13 8.8 ± 0.10 8.4 ± 0.10 50.9
f 1 + f 3 11.3833014 ± 0.0000036 10.8 ± 0.14 7.6 ± 0.10 7.3 ± 0.10 44.0
f 1 + f 4 11.4005298 ± 0.0000042 10.2 ± 0.14 7.2 ± 0.10 6.8 ± 0.10 41.7
2 f 1 11.5265656 ± 0.0000027 4.4 ± 0.13 3.1 ± 0.10 2.9 ± 0.10 17.9
f 1 + f 2 + f 3 17.037178 ± 0.000005 3.6 ± 0.13 2.5 ± 0.10 2.3 ± 0.10 18.1
f 2 + f 3 11.2738953 ± 0.0000043 2.6 ± 0.13 1.5 ± 0.10 1.3 ± 0.10 8.7
f 1 − f 2 0.1094061 ± 0.0000036 2.6 ± 0.13 1.5 ± 0.10 1.6 ± 0.10 4.0
2 f 1 + f 2 17.1804423 ± 0.0000040 1.9 ± 0.13 1.5 ± 0.10 1.3 ± 0.10 10.9
2 f 1 + f 4 17.163813 ± 0.000005 1.7 ± 0.13 1.4 ± 0.10 1.2 ± 0.10 10.1
2 f 1 + f 3 17.1465842 ± 0.0000041 1.6 ± 0.13 1.3 ± 0.10 1.1 ± 0.10 9.4
2 f 1 + f 2 + f 3 22.800461 ± 0.000005 1.4 ± 0.13 1.0 ± 0.09 0.8 ± 0.10 8.3
2 f 2 11.3077534 ± 0.0000042 0.8 ± 0.14 0.8 ± 0.10 0.5 ± 0.10 4.6
f 1 + f 2 − f 3 5.797141 ± 0.000005 1.0 ± 0.13 0.8 ± 0.10 0.8 ± 0.10 4.2
f 1 + f 5 13.661483 ± 0.000032 1.1 ± 0.13 0.7 ± 0.09 0.8 ± 0.10 4.5
f 1 + f 3 + f 4 17.020548 ± 0.000005 0.9 ± 0.14 0.7 ± 0.10 0.7 ± 0.10 5.1
f 2 + f 4 11.291124 ± 0.000005 0.8 ± 0.14 0.7 ± 0.10 0.6 ± 0.10 4.0
f 1 + f 2 + f 4 17.054406 ± 0.000005 0.8 ± 0.14 0.6 ± 0.10 0.8 ± 0.10 4.4
f 1 − f 4 0.1260358 ± 0.0000042 1.7 ± 0.13 0.6 ± 0.10 0.8 ± 0.10 1.6
f 1 + 2 f 2 17.071036 ± 0.000005 0.6 ± 0.14 0.5 ± 0.10 0.4 ± 0.10 3.6
f 3 + f 4 11.257266 ± 0.000005 0.5 ± 0.14 0.5 ± 0.10 0.3 ± 0.10 2.9

Table 7. Frequencies, periods and amplitudes in the out-of-eclipse differential magnitudes ‘µ Eri – ξ Eri’ from the
combined 2002–2004 data. The last column contains the v-amplitude S/N ratio.

ID Frequency (d−1) Period (d) Au (mmag) Av (mmag) Ay (mmag) S/N

f ′
1 0.615739 ± 0.000016 1.624065 ± 0.000042 9.9 ± 0.16 6.3 ± 0.12 5.6 ± 0.11 12.2

f ′
2 0.700842 ± 0.000034 1.42686 ± 0.00007 4.8 ± 0.16 3.0 ± 0.12 2.5 ± 0.10 6.5

f ′
4 1.205580 ± 0.000043 0.829476 ± 0.000030 3.0 ± 0.16 2.6 ± 0.12 2.4 ± 0.10 7.2

f ′
4a

a 1.208346 ± 0.000042 0.827578 ± 0.000029 2.9 ± 0.16 2.5 ± 0.12 2.4 ± 0.10 6.9
f ′

5 0.658876 ± 0.000039 1.51774 ± 0.00009 4.0 ± 0.16 2.5 ± 0.12 2.6 ± 0.11 4.8
f ′

6 0.56797 ± 0.00005 1.76066 ± 0.00016 2.7 ± 0.16 2.0 ± 0.12 2.1 ± 0.11 3.1
f ′

3 0.81272 ± 0.00006 1.23044 ± 0.00009 2.8 ± 0.16 1.9 ± 0.12 1.4 ± 0.10 4.0

a f ′
4a ≈ f ′

4 + 1 y−1.

v amplitude equal to about 0.4 mmag and S/N <2.5. Analogous
tests with the 2002–2003 data also proved negative.

We now discuss the two problematic frequencies, f 6 and f 12,
mentioned in the first paragraph of this section. In the case of f 6, the
central peak at 6.2438 d−1 was only slightly higher than the +1-yr−1

alias at 6.2465 d−1. However, the 2002–2003 and 2003–2004 values

of f 6 are both much closer to the frequency of the central peak than
to that of the alias peak. Moreover, in each band, the non-linear
least-squares fit converged to exactly the same solution regardless
of whether the starting value of f 6 was the frequency of the central
peak, the 2002–2003 value, or the 2003–2004 value. We conclude
that f 6 given in Table 6 is unlikely to be in error by 1 yr−1.
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Figure 6. Power spectra of the combined 2002–2004 u (bottom), v (mid-
dle) and y (top) differential magnitudes of ν Eri pre-whitened with the 36
frequencies of Table 6.

The case of f 12 is similar, but now the −1-yr−1 alias at 6.2210 d−1

is the problem. In v and y it is almost as high as the central peak at
6.2236 d−1, while in u it is even slightly higher. Computing power
spectra from the averaged u, v and y residuals, with proper weight
given to each band, did not solve the problem. In Paper III, there
is also the yr−1 uncertainty: the frequency is equal to 6.22304 d−1

for Si III 455.3 nm, but for Si III 456.8 and 457.5 nm it is close to
6.2210 d−1. The frequency given in table 3 of Paper I is equal to the
alias frequency. More data are needed to decide whether the value
given in Table 6 is the correct value.

Fig. 6 shows the power spectra of the 2002–2004 data pre-
whitened with the 36 frequencies of Table 6. In the u and y spectra
(bottom and top panels, respectively) the highest peaks occur at
0.3142 d−1, but in the v spectrum they occur at 0.2625 d−1. The cor-
responding amplitudes amount to 1.9 and 1.2 mmag in u and y, and
1.1 mmag in v. In neither case does the S/N ratio exceed 3.4, so that
these peaks are unlikely to be intrinsic. The reader may remember
that in Section 3.1, a peak seen at 0.314 d−1 in the 2003–2004 u
power spectrum was also dismissed as spurious.

The highest S/N peaks in Fig. 6 have frequencies equal to
5.0139 d−1 in u (S/N = 4.5), 13.0152 d−1 in v (S/N = 4.2) and
22.9440 d−1 in y (S/N = 4.1). The peak at 5.0139 d−1 can be ex-
plained in terms of colour extinction in the u band (see Section 3.1).
At 13.0152 d−1, there are low peaks in the u and y spectra with S/N
equal to 2.9 and 2.4, respectively. No peaks at 13.0152 d−1 can be
seen in the ‘µ Eri – ξ Eri’ power spectra, so that this frequency is not
due to ξ Eri. Finally, the frequency of 22.9440 d−1 is very close to
the combination frequency 3 f 1 + f 2. We conclude that while the
latter frequency may be intrinsic, the former is probably spurious.

5.2 Out-of-eclipse variation of µ Eri

Combining the 2002–2003 and 2003–2004 out-of-eclipse differen-
tial magnitudes ‘µ Eri – ξ Eri,’ we obtained time series consisting
of 5818, 5823 and 5189 data points in u, v and y, respectively.

The highest peaks in the successive power spectra of these data
occurred at frequencies close to those found from the 2003–2004
and 2002–2003 time series separately (see Tables 5 and 4) and at
the frequency f ′

6 = 0.568 d−1, which is new. In u, the frequen-
cies appeared in the order f ′

1, f ′
2, f ′

5, f ′
3 and f ′

4a, where the last
frequency is the +1-yr−1 alias of f ′

4 = 1.2056 d−1. The two high-
est peaks in the sixth-run power spectrum occurred at 2.009 and
0.997 d−1, neither of which is likely to be intrinsic. The third peak,
only slightly lower than the second, was at f ′

6. In v, the order was
f ′

1, f ′
2, f ′

4, f ′
5, f ′

6 and f ′
3, but in the third run the peak at f ′

4 was
only slightly higher than that at f ′

4a. In y, the order was the same as in
v, except that in the last run the highest peak occurred at 0.997 d−1,
while the peak at f ′

3 – although present – would be missed if it were
not previously found in u and v.

The 1-yr−1 uncertainty which affects f ′
4 did not plague other

frequencies; in all other cases the yearly aliases were significantly
lower than the central peak.

The results of the analysis are given in Table 7. The numbers
for f ′

4a are from non-linear least-squares fits in which the alias
frequency read off the power spectrum was used as the starting value.
In these fits, the other frequencies and the corresponding amplitudes
were only slightly different from those given in the table.

The u to y amplitude ratio in Table 7 exceeds 1.2 for all frequen-
cies. For four frequencies, the ratio is greater than 1.5, while for f ′

4

and f ′
6, it is equal to about 1.3. However, this dichotomy may be

illusory because the (formal) standard deviation of the latter number
amounts to about 0.10.

The reader may have noticed that f ′
1 ≈ fB. Because neither fre-

quency can be due to ξ Eri because the amplitudes and phases do
not match (see also Section 4.3), this curious near-equality must be
an accidental coincidence.

6 S U M M A RY A N D C L U E S F O R
A S T E RO S E I S M O L O G Y

6.1 Independent high frequencies of ν Eri

Fig. 7 shows schematically the 11 independent high-frequency terms
of ν Eri derived from the combined, 2002–2004 data. Comparing
this figure with fig. 4 of Paper I we can see that two of the three
high-frequency ‘possible further signals’ of Paper I are now up-
graded to the status of certainty. This has already been mentioned in

Figure 7. Schematic v-amplitude spectrum of ν Eri from the combined
2002–2004 data; the 11 independent high-frequency terms are numbered as
in Table 6.
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Table 8. The mean separation, S, and asymmetry, A, of the
close frequency triplets in the oscillation spectrum of ν Eri.

Terms S (d−1) A (d−1)

3,4,2 0.0169290±0.0000022 −0.000600±0.0000087
12,6,7 0.019658 ±0.000064 −0.00118 ±0.00015
5,9,10 0.015860 ±0.00008 0.00046 ±0.00019

Sections 3.2 and 5.1. The terms in question are the i = 9 and 12
terms. Both are members of close frequency triplets.

The third high-frequency ‘possible further signal’ of Paper I, with
frequency equal to 7.252 d−1, must remain in limbo. Although in
the power spectra pre-whitened with the 36 frequencies of Table 6
(see Fig. 6) there is a series of low peaks in the vicinity of 7.25 d−1,
the corresponding v amplitudes are smaller than 0.6 mmag and the
S/N ratios do not exceed 3.6. In u, the amplitudes are smaller than
0.8 mmag and S/N <3.1. More data are needed to decide whether
any of these peaks are intrinsic.

For the close frequency triplets seen in Fig. 7, the mean separation,
S, and the asymmetry, A, are listed in Table 8.

In Section 5.1 we have warned that f 12 may be in error by 1 yr−1. If
this were indeed the case, the values of S and A given in Table 8 for the
12, 6, 7 triplet should be replaced by 0.020964 and −0.00379 d−1,
respectively. Because of this uncertainty, and the suspicion of a
long-term variation of the amplitude of the i = 6 term (Section 3.2),
the triplet is not particularly suitable for asteroseismology at this
stage. Fortunately, the other two triplets are well behaved. There
are no yr−1 uncertainties, even for the lowest-amplitude term of the
5, 9, 10 triplet, and no signs of long-term amplitude variation. In
addition, the � = 1 spherical harmonic identification for all members
of the large-amplitude triplet and the i = 5 member of the 5, 9, 10
triplet are secure (see Paper III or Section 1). As can be seen from
Fig. 8, the i = 9 and 10 members of the triplet have uvy amplitude
ratios consistent with � equal to 1 or 2. Unfortunately, the standard
deviations of the amplitude ratios, especially those of the smallest-
amplitude member, are too large to fix � unambiguously.

6.2 Independent low frequencies of ν Eri

As we mentioned in Section 1, the frequency resolution of the 2002–
2003 data was insufficient to reject the possibility that fA is equal to

Figure 8. Observed uvy amplitude ratios for the small-amplitude members
of the 7.91 d−1 triplet (circles with error bars) compared with theoretical
amplitude ratios for � � 2. The observed ratios are from the 2002–2004
amplitudes (see Table 6), the theoretical ones from fig. 5 of Paper III. The
open circles are shifted slightly in wavelength to avoid overlap.

the combination frequency 3 f 1 − 3 f 3. As can be seen from Table 6,
the difference between fA and 3 f 1 − 3 f 3 amounts to 0.0030 d−1.
This number is not only much larger than the standard deviation of
fA, but also larger than the frequency resolution of the 2002–2004
data by a factor of about 1.5. In fact, 3 f 1 − 3 f 3 coincides with the
−1-yr−1 alias of fA. Because the alias has about the same height
as the +1-yr−1 alias, the combination frequency amplitude must be
below the detection threshold. Consequently, there is no longer any
doubt that fA is an independent low frequency in the variation of
ν Eri. In addition, we have found another low frequency, fB (see
Tables 2 and 6). Because only high-order g modes have frequencies
that low, the suggestion put forward in Paper I that ν Eri is both a
β Cep variable and an SPB star is amply confirmed.

6.3 µ Eri

To the single frequency f ′
1 = 0.616 d−1, derived from the differential

magnitudes ‘µ Eri – ξ Eri’ in Paper I, we add five further frequencies
(see Table 7). The values of the frequencies and the decrease of
the uvy amplitudes with increasing wavelength (for at least four
frequencies) indicate that we are seeing high-radial-order g modes.
Thus, as already suggested in Paper I, the star is an SPB variable.
Note that rotational modulation, the second hypothesis put forward
in Paper I for explaining the f ′

1 term, is now untenable because it
does not account for multiperiodicity.

As can be seen from Table 7, the periods P ′
3, P ′

2 and P ′
1 are equally

spaced, with the spacing equal to ∼0.20 d, while P ′
4 precedes P ′

3 by
twice this value. The equal spacing in period may be a manifestation
of the well-known asymptotic property of high-order g modes of
the same �. There are, however, the following two problems with
this idea: (i) the term halfway between P ′

3 and P ′
4 is missing, and

(ii) the period spacing is rather large. Better data may solve the first
problem if the missing term is simply too weak to be detected in our
data. The second problem requires a comparison with the theory.
Unfortunately, the only SPB-star model available in the literature
(Dziembowski, Moskalik & Pamyatnykh 1993) has M = 4 M�,
log L/L� = 2.51 and X c = 0.37, whereas µ Eri is more massive
(by ∼2 M�), more luminous (by ∼0.8 dex), and more evolved (see
Paper I). In the model, the largest period spacing (for � = 1) is equal
to ∼0.07 d, almost a factor of 3 smaller than observed in µ Eri.
Whether this disagreement can be alleviated with a model which
better matches the star remains to be verified. If this turns out to be
unsuccessful, we can still invoke the unlikely idea that an unknown
amplitude limitation mechanism is suppressing the modes halfway
between those observed.

The possibility that instead of an equally spaced period triplet, P ′
3,

P ′
2, P ′

1, we have a rotationally split frequency triplet, f ′
1, f ′

2, f ′
3, is

much less likely. Indeed, for an �= 1 g mode with frequency equal to
0.7 d−1 in the SPB-star model of Dziembowski et al. (1993), the ob-
served mean separation of the frequency triplet, equal to 0.09849 ±
0.00003 d−1, leads to equatorial velocity of rotation, ve, of about
30 km s−1 (see their fig. 13), whereas available estimates of ve sin i
of µ Eri range from 150 to 190 km s−1 (see Paper I). Increasing the
model’s radius in order to better match µ Eri may increase ve to
about 60 km s−1, still much less than the observed values. An ad-
ditional problem is posed by the large asymmetry of the frequency
triplet. The asymmetry is equal to 0.0268 ± 0.0001 d−1, while the
rotational splitting seen in fig. 13 of Dziembowski et al. (1993) is
nearly symmetric.

In addition to confirming the SPB classification of Paper I, we
have found µ Eri to be an eclipsing variable. As can be seen from
Figs 3 and 5, the eclipse is a transit, probably total, the secondary
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is fainter than the primary by several magnitudes, and the system is
widely detached. As far as we are aware, the only other eclipsing
variable with similar properties is 16 (EN) Lac (Jerzykiewicz 1979),
except that in the latter case the eclipse is partial. (Interestingly, the
discovery of an eclipse of this well-known β Cephei variable was
a byproduct of a three-site campaign undertaken for observing the
star’s pulsations.) Solving the µ Eri system will yield the primary’s
mean density and its surface gravity. However, this is beyond the
scope of the present paper.

6.4 ξ Eri

The frequencies fx = 10.8742 and fy = 17.2524 d−1 (see Tables 2
and 6) and the MK type of A2 V (see Section 1) leave no doubt that
the star is a δ Scuti variable. The Strömgren indices, c1 = 1.076 and
b − y = 0.038 (Hauck & Mermilliod 1998), are not reddened. This
is not inconsistent with the star’s Hipparcos parallax of 15.66 ±
0.80 mas. Using the parallax and the V magnitude from Hauck &
Mermilliod (1998), we obtain MV = 1.12 ± 0.11, a value which,
together with the b–y index, places the star about 0.02 mag to the
blue of the observational blue edge of the δ Scuti instability strip
in the MV versus b–y diagram (see, for example, Handler 2002).
Apart from indicating the need for a slight revision of the blue edge,
this position in the diagram suggests marginal pulsation driving as
a possible explanation for the small uvy amplitudes. However, in
view of the star’s high v sin i of 165 km s−1 (Abt & Morrell 1995),
another explanation may be provided by the hypothesis of Breger
(1982) that fast rotation is a factor in limiting pulsation amplitudes.

Unfortunately, with only two small-amplitude modes the astero-
seismic potential of ξ Eri is insignificant.
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ABSTRACT
The oscillation spectrum of ν Eri is the richest known for any variable of the β Cephei type.
We interpret the spectrum in terms of normal mode excitation and construct seismic models
of the star. The frequency data combined with data on mean colours set the upper limit on the
extent of overshooting from the convective core. We use data on rotational splitting of two
dipole (� = 1) modes (g1 and p1) to infer properties of the internal rotation rate. Adopting a
plausible hypothesis of nearly uniform rotation in the envelope and increasing rotation rate
in the µ-gradient zone, we find that the mean rotation rate in this zone is about three times
faster than in the envelope. In our standard model only the modes in the middle part of the
oscillation spectrum are unstable. To account for excitation of a possible high-order g mode at
ν = 0.43 cd−1 as well as p modes at ν > 6 cd−1 we have to invoke an overabundance of Fe in
the driving zone.

Key words: convection – stars: early-type – stars: individual: ν Eridani – stars: oscillations –
stars: rotation – stars: variables: other.

1 I N T RO D U C T I O N

The rich oscillation spectrum of ν Eri obtained in a recent multisite
campaign (Handler et al. 2004; Aerts et al. 2004) holds the best
prospects for seismic sounding of the interior of a B star but also
presents a considerable challenge to stellar pulsation theory. The
sounding is facilitated by the fact that for several excited modes the
spherical harmonic indices were determined (De Ridder et al. 2004).
The challenge is to explain mode excitation in an unexpectedly broad
frequency range.

The oscillation spectrum of ν Eri is shown in Fig. 1. Before the
campaign only the � = 0 mode and the (� = 1, g1) triplet were
known. However, for the triplet, the identification of the spherical
harmonic was uncertain. Now, thanks to the analysis of accurate
multicolour photometry and high-resolution spectroscopy, the un-
certainty was eliminated. Reliable information about � is a crucial
input for constructing seismic models of a star, that is the models
constrained by the frequency data.

In this work, we attempt to make the best use of the frequency
data to address unsolved problems in stellar evolution theory con-
cerning element mixing in convectively stable layers and angular
momentum evolution. The problems are related because rotation
induces fluid flows that may cause mixing. It is important to disen-

�E-mail: alosza@camk.edu.pl

tangle effects of overshooting from the convective core and effects
of rotationally induced element mixing. The first effect depends only
on stellar mass. The second one depends on randomly distributed
stellar angular momenta. In this context, ν Eridani, which is a very
slowly rotating B star, yields a useful extreme case. However, it
would be important to try to obtain similar quality data for more
rapidly rotating objects.

We are very curious how the angular velocity of rotation be-
haves in stellar interiors. Let us remind that, while the results of
helioseismic sounding of radial structure essentially confirmed the
standard solar model, the results for the internal rotation rate came
as a surprise. The outstanding question in the case of massive stars is
whether a substantial radial gradient of the angular rotation rate may
be present in their interiors. The question is related to another very
interesting and important problem which is the origin of magnetic
fields in B type stars.

A seismic model of a pulsating star should not only account for
the measured frequencies but also for the instability of the detected
modes. The latter requirement sets a different kind of constraint than
the former as it concerns only properties of the outer layers, where
most of contribution to mode driving and damping arises. Since the
frequency spectrum of ν Eri seems unusually broad for an object of
its type, constraints in this case are particularly interesting.

The structure of this paper is as follows. In Section 2 we construct
models of the internal structure for ν Eri and calculate its oscillation
frequencies. We find models for which the oscillation frequencies
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Figure 1. Oscillation spectrum of ν Eri. The peaks represented with the
broken vertical lines are regarded uncertain. The four modes known before
the campaign are between ν = 5.6 and 5.8 cd−1. De Ridder et al. (2004)
identified them as an � = 1 triplet and an � = 0 singlet. The newly discovered
triplet at ν ≈ 6.25 cd−1 is identified as � = 1 (De Ridder et al. 2004). In
this paper we will show that the radial mode is the fundamental and the two
dipole modes are g1 and p1, respectively. Only these mode frequencies are
used in our seismic sounding.

of three m = 0 modes – (� = 0, p1), (� = 1, g1) and (� = 1, p1) –
reproduce the observations as well as have effective temperatures
and luminosities within the observational error box. In Section 3 we
use these models and data on the triplet structure to infer the internal
rotation of the star.

The problem of how to make the observed modes pulsationally
unstable is discussed in Section 4. The tasks of constructing the
model of ν Eri whose mode frequencies match the data and of
the identification of the driving effect are not quite independent. The
driving effect in B stars strongly depends on the iron content and its
distribution in outer layers. In Section 5, we study how modification
of the iron distribution affects the frequencies. We also propose
plausible identifications of all modes detected in the ν Eri oscillation
spectrum.

2 M O D E L O F T H E S T E L L A R I N T E R I O R

For the purpose of constructing models of ν Eri we ignored all ef-
fects of rotation which, as we have checked, was fully justified.
Accordingly, we make use here only of the m = 0 mode frequencies
despite, in general, rotation causes a shift of the centroid frequency.
We consider models of massive main-sequence stars in the phase
of radius expansion. A model is characterized by its mass, M, ef-
fective temperature, T eff, initial hydrogen, X, and heavy element,
Z, abundance, as well as the overshooting parameter, αov. Here we
assume the standard solar mixture of heavy elements (departures
will be considered in Section 5) and fix X at 0.7. For opacity and the
equation of state we use the OPAL tabular data (Iglesias & Rogers
1996; Rogers, Swenson & Iglesias 1996). The nuclear reaction rates
are the same as used by Bahcall & Pinsonneault (1995).

2.1 ν Eridani’s position in the theoretical
Hertzsprung–Russell diagram

The position of the star in the log T eff–log L diagram is not very
accurately known. Our temperature determination is based on
Strömgren photometry and on the tabular data by Kurucz (1998).

Figure 2. Identification of the radial overtone of the observed modes of ν

Eri. We assume the radial mode to be the fundamental in the upper panel and
to be the first overtone in the lower panel. The mass dependence of theoretical
� = 1 mode frequencies (dashed lines) is compared to the observed � = 1
mode frequencies (horizontal lines). We find two ranges in mass (denoted
by the vertical dotted lines) where the two � = 1 mode of lowest frequency
match the observed frequencies well. However, the � = 1 mode near 7.9 cd−1

can only be reproduced in the case of the radial mode being the fundamental.

For L we use the Hipparcos parallax, Lutz–Kelker correction to the
absolute magnitude (Lutz & Kelker 1973), and the bolometric cor-
rection from Kurucz’s data. In this way we obtained the following
numbers:

log Teff = 4.346 ± 0.011 and log L = 3.94 ± 0.15.

For log T eff we include measurement errors and uncertainty of cal-
ibration. For log L we take into account errors of the parallax and
uncertainty of the bolometric correction. Our numbers are similar
to those quoted by Dziembowski & Jerzykiewicz (2003) and will
be updated by De Ridder et al. (2004).

2.2 Identification of the radial overtone of the observed modes

Before starting seismic modelling of ν Eri, we must complete the
mode identification. The work by De Ridder et al. (2004) provided
unambiguous � identifications for seven modes, and m determina-
tions by inference, but the radial overtone of the modes has not
been determined. Fortunately, one of the detected pulsation modes
is radial, which eases this task considerably.

Consequently, we follow Dziembowski & Jerzykiewicz (1996)
and only consider two one-dimensional families of models. The
position of ν Eri in the HR diagram is only consistent with the radial
mode at 5.7634 cd−1 being the fundamental or the first overtone (as
indicated later in Fig. 3). For these two possibilities, we examine the
mass dependence of theoretical � = 1 mode frequencies of standard
models and match it to the observed �= 1 mode frequencies (Fig. 2).

Because of the mixed-type character of some of the modes we
can only match the observed frequencies of the two lowest-order
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Table 1. Parameters of fitted models. The symbols denote : X c – hydrogen abundance in the core, M mix – mass of the mixed core,
which is the same as mass of the convective core at αov = 0, r c – radius of the convective core, r c0 – radius of the convective core
at ZAMS, which corresponds to the top of the µ-gradient zone.

M/M� αov Z age [Myr] log T eff log L R/R� log g X c M mix/M r c/R r c0/R

9.858 0.0 0.015 15.7 4.3553 3.969 6.279 3.836 0.2414 0.189 0.117 0.186
9.179 0.1 0.015 18.9 4.3399 3.891 6.165 3.821 0.2555 0.211 0.121 0.185

� = 1 modes within certain mass ranges. However, under the as-
sumption of the radial mode being the first overtone, no acceptable
fit can be found for the � = 1 mode of highest frequency. Hence
we can eliminate this possible identification (which would also be
less consistent with the star’s position in the HR diagram) and iden-
tify the radial pulsation mode of ν Eri as the fundamental. Conse-
quently, the � = 1 modes are the first g mode (g1) and the first two
p modes (p1 and p2). We note that the theoretical fit of the stan-
dard model to the observed p2 mode is also not very satisfactory at
first glance; we will return to this problem and its possible solution
later.

2.3 Fitting frequencies of the � = 0 and two � = 1,
m = 0 modes

We calculated frequencies of these three modes in evolutionary se-
quences of stellar models characterized by the parameters M , Z ,
αov. The first two of them and T eff were regarded as adjustable pa-
rameters to fit the measured frequencies. The adopted precision of
the fit was 10−3. The precision of the data is much higher but match-
ing to such a precision is neither interesting nor reasonable in view
of the uncertainties of the model calculations, such as the limited
accuracy of the opacity data. The upper limit of the αov parameter
was derived from the bounds on the effective temperature.

We obtained models with αov = 0.0 and αov = 0.1 which sat-
isfy all the observational constraints. The inferred value of the
metallicity parameter is Z = 0.0150 ± 0.0001, the same at αov =
0.0 and 0.1. Parameters of the two selected models are given in
Table 1.

Both models are well within the error box in the theoretical HR
diagram shown in Fig. 3. Increasing αov above 0.12 would place the

Figure 3. The evolutionary tracks for the models fitting frequencies of
the (� = 0, p1), (� = 1, g1) and (� = 1, p1) modes in ν Eri. Models were
calculated with chemical composition parameters Z = 0.015 (adjusted) and
X = 0.7 (fixed). The values of M and αov are indicated. The values of T eff

and log L inferred from photometry and the Hipparcos parallax are shown
with the error bars. Two dotted lines connect models with 5.7633 c/d as the
radial fundamental (p1) and first overtone (p2) mode.

Figure 4. The evolution of the calculated frequencies of the selected modes
in the model sequences shown in Fig. 2. Two dotted vertical lines mark
the allowed T eff range. Three horizontal lines correspond to the measured
frequencies. Solid vertical lines correspond to T eff for the fitted models. The
fittings are marked by open circles. Note that the g1 mode frequency comes
close to the radial mode frequency in a very narrow range of T eff and the
location of this range is very sensitive to αov. Crossing of the two frequencies
takes place at the point of the minimum frequency distance between the two
� = 1 modes (avoided crossing). Before the avoided crossing, the (� = 1,
p1) mode is nearly a pure acoustic mode with its frequency evolution line
being nearly parallel to the corresponding line for the radial mode. The ratio
of the two frequencies depends on Z.

seismic model below the lower bound of T eff. We, thus, conclude
that the data on ν Eri are consistent with negligible overshooting
distance and set an upper bound on it at αov = 0.12. Further con-
straining the extent of overshooting may be possible when the ef-
fective temperature determination is improved. Our constraint is in
agreement with αov = 0.10 ± 0.05 derived by Aerts et al. (2003)
from frequency analysis for the β Cephei star HD 129929, which is
also slowly rotating.

The frequency distance between the (� = 1, g1) and (� = 0,
p1) modes is indeed a very sensitive probe of overshooting. This
is illustrated in Fig. 4, where we show the evolution of the three
mode frequencies as a function of T eff. This is the main application
of the (� = 1, g1) mode. However, without the (� = 1, p1) mode
frequency the assessment of αov would not be possible unless we
have an accurate observationally determined Z value, which we do
not.
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Figure 5. Upper panel: oscillation energy distribution, E , for low order
� = 1 modes in the ν Eri model calculated with αov = 0. The plots are
very similar in the models with αov = 0.1. Lower panel: the Brunt-Väisälä
frequency, νBV, and the Lamb frequency at � = 1, νL1, in the same model.

2.4 Probing properties of low-order � = 1 modes

It is remarkable how much the three mode frequencies tell us about
the internal structure of the star. Identification of a radial mode is
important because its frequency yields an accurate constraint on the
model parameters; however, much more interesting is the informa-
tion contained in the � = 1 modes.

The probing property of a mode depends on the distribution of its
oscillation energy, E, in the stellar interior. The plots in the upper
panel of Fig. 5 show E , the energy derivative with respect to the
fractional radius, for the four consecutive � = 1 modes. In spite of
rather close frequencies, modes g1 and p1 have a grossly different
distribution of energy. This explains the differences in their evolution
seen in Fig. 4 as well as the difference in the probing properties.
One should also notice the peculiar E(r ) dependence for the g1

and p1 modes in the deep interior. A maximum (absolute in the
former and local in the latter case) is reached at the boundary of the
convective core where the Brunt-Väisälä frequency has a derivative
discontinuity. The g2 and all higher order g modes have the maxima
within the propagation zone. For our models it is the g1 mode that
has a frequency most sensitive to overshooting. In more evolved
models this property will shift to p1. Dziembowski & Pamyatnykh
(1991) observed this property of certain low-order g modes, called
by them gc, in δ Scuti star models, and emphasized the importance
of detecting such a mode in the context of the overshooting problem.
ν Eri is the first object in which a gc mode was definitely detected.
More than that, its rotational splitting has been measured.

ν Eridani is not exceptional amongst β Cep stars, which are 9–
12M� stars in the advanced main-sequence phase of evolution. In
models of such stars we typically find that the (� = 1, g1) and (� =
1, p1) modes are both unstable. There are chances that they will be
detected in a number of other stars of this type. The good luck in
the case of ν Eri is that we capture it before the avoided crossing

of the � = 1 modes. After it, the data on the modes yield much less
orthogonal information.

3 I N T E R NA L ROTAT I O N

3.1 The � = 1 triplets

The frequency structure of a rotationally split � = 1 mode may be
characterized by the mean splitting S = 0.5(ν+1 − ν−1) and the
asymmetry A = ν−1 + ν+1 − 2ν 0. If all effects of higher order in
the angular rotation rate, 
, as well as effects of a magnetic field are
negligible, then A = 0. Both parameters, A and S, for the g1 mode
have been determined before the present campaign (Dziembowski
& Jerzykiewicz 2003).

If we allow only an r dependence in 
 then

νm = ν0 + m

2π

∫ R

0

dr

R
K
 + D0 + m2 D1.

The rotational splitting kernel, K, is given by

K = (ξ 2
r − 2ξrξh + [�(� + 1) − 1]ξ 2

h )r 2ρ∫ R

0

dr
R [ξ 2

r + �(� + 1)ξ 2
h ]r 2ρ

, (1)

where ξ r and ξ h are defined by the following expression for the
displacement eigenvector

ξ = (ξr er + ξh∇h)Y m
� .

The kernels for the two modes considered are shown in Fig. 6.
The quantities D0 and D1 are quadratic in 
. The asymmetry of
the triplet arising from the quadratic effect of rotation is 2D1. The
quantity D0 represents the frequency shift of the m = 0 mode. As
we have mentioned in Section 2.1, in principle, this shift should be
subtracted from the measured frequencies of m = 0 modes when
we fit frequencies calculated for a spherical model.

From the frequencies listed by Handler et al. (2004) for the g1

mode we derive Sg = 1.69 × 10−2 cd−1 (from here on we use sub-
script g to denote quantities referring to the g1 mode, those referring
to the p1 mode will be subscribed with p), which is nearly the same
as before (Dziembowski & Jerzykiewicz 2003). There is, however, a
significant difference in the asymmetry for which the previous value
was Ag = −7.1 × 10−4 cd−1, but from the most recent data we now
determine a value which is by more than a factor of 2 smaller. The

Figure 6. The rotational splitting kernel for the g1 and p1 modes in the
model calculated with αov = 0. The vertical line at r c0/R marks the top
of the µ-gradient zone. Note the difference between K and E , shown in
Fig. 5. Rotation within the convective core has hardly any effect on the � =
1 splitting.
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former value was larger than calculated assuming uniform rotation
with the rate inferred from Sg. Dziembowski & Jerzykiewicz (2003)
considered two possible solutions. One was faster rotation in the en-
velope than in the interior, the second was a contribution to D1 from
a hypothetical magnetic field. The current data taken in a 158-d long
campaign and their time distribution are insufficient for a precise
determination of Ag. Thus we will not use this parameter here and
we will not consider effects of a possible magnetic field. We will
postpone interpretation of the Ag value until we have more precise
determination from the future data analysis.

For the p1 mode we have reliable frequencies only for the m =
0 and + 1 components. The frequency of the m = −1 component
may be estimated from the value of Ag, assuming that D1 arises
from the second order effect of rotation with the same rate for both
modes. In this way we get (assuming Ag from earlier data that we
regard as more reliable)

Ap = Ag
D1,p

D1,g
= −1.13 × 10−3 cd−1

and

ν−1,p = 2ν0,p − ν+1,p + Ap = 6.2250 cd−1.

We stress that choosing Ag from newer data or setting Ag = 0 will
make very small difference. In a similar manner we find a frequency
shift D0,p = 7 × 10−4 for the m = 0 mode. The number is below
the adopted precision of the frequency fit in our model construction.
For the linear rotational frequency splitting we get

Sp = ν+1,p − ν0,p − 0.5Ap = 0.01797 + 0.00056 = 0.0185 cd−1.

3.2 Rotation rate in the envelope and in the µ-gradient zone

Since we have data on rotational splitting only for two modes, our
inference on the internal rotation must rely on simplifying assump-
tions. Results from seismic sounding of the solar internal rotation
suggest that within chemically homogeneous radiative layers the ro-
tation rate should be close to uniform. A possible steep gradient may
occur only in the chemically inhomogeneous zone around the con-
vective core, where the µ-gradient stabilizes differential rotation.
With this in mind, we write

2πSg = Kc,g
̄c + Ke,g
̄e

and

2πSp = Kc,p
̄c + Ke,p
̄e,

where

Kc, j =
∫ rc0

0

dr

R
K j , Ke, j =

∫ R

rc0

dr

R
K j ,

and j ≡ p or g. In our fitted models we have

Kc,g = 0.187(0.168), Ke,g = 0.345(0.395),

Kc,p = 0.092(0.101), Ke,p = 0.718(0.682),

where numbers in brackets refer to the model calculated with αov =
0.1. The results are nearly the same for both models. We find


̄c ≈ 3
̄e.

Fig. 6 shows the averaging kernels for 
. The fact that the convective
core virtually does not contribute to the splitting is an exclusive
property of � = 1 modes which may be easily seen by considering
the behaviour of eigenfunctions near the r → 0 singularity. For
finite ξ we have then ξ r → �ξ h , implying (see equation 1) K → 0

if � = 1. Thus, the value 
̄c refers only to the µ-gradient zone. It is
clear that our result implies a very sharp decline of the rotation in
the layer between the current core boundary and that at the zero-age
main sequence (ZAMS) phase. How sharp the decline is depends
on the form of the 
(r ) dependence. A factor ∼5 is derived if we
assume a linear decrease of 
 between r = r c and r c0 and constant

 for r > r c0.

With this simple form of 
(r ) we find an equatorial velocity
of rotation ve = 6.1 km s−1, which is 2/3 of the value inferred
from Sg on the assumption of uniform rotation. Since the quadratic
effect of rotation is still expected to arise mainly above r = r c, we
have a problem with accounting for the pre-campaign value of Ag.
The values of the asymmetries calculated ignoring the contribution
from below r = r c0 are Ag = −2.0 × 10−4 and Ap = −2.6 ×
10−4. The time for a new discussion of the triplet asymmetry will
come when we have more precise frequencies of the modes in both
triplets.

4 H OW T H E M O D E S E X C I T E D I N ν E R I
A R E D R I V E N

Oscillation driving in B-type stars seems rather well understood
(see e.g. Pamyatnykh 1999). For low � modes, theory predicts the
occurrence of two instability domains within the main-sequence
band. In models of stars with earlier spectral types (B1–B3) low
order p and g modes are pulsationally unstable, as found in β Cep
stars, and in stars with later spectral types (B4–B8) high-order g
modes are predicted unstable, typically found in SPB stars. ν Eri is
perhaps the first β Cep star where both kinds of modes are present
(Handler et al. 2004). In the following, we assume that the 0.432 cd−1

signal in the light curves of ν Eri is an independent pulsation mode.
There is a slight chance that it may be a combination signal, but its
required order would be much higher than those of all the observed
combination frequencies of similar amplitude. Thus we regard such
an interpretation as highly unlikely.

In our fitted models we find unstable modes only in the 4.0–
6.5 cd−1 frequency range. The instability measure, η, plotted in
Fig. 7, is not a monotonic function of frequency. There is a noticeable
maximum of the instability measure near ν = 0.5 cd−1 for the � = 1
sequence and at somewhat higher frequency for � = 2. The existence
of this maximum suggests that pulsational instability in this part of
the eigenmode spectrum may be found upon some modification of
our models.

Our proposal for extending the instability range is not original.
We follow the idea of Charpinet et al. (1996, 1997) and Fontaine
et al. (2003) that the combined effect of settling and radiative levi-
tation may lead to significant overabundance of iron in the driving
zone. Since we do not have a stellar evolution code treating these
effects, we simply introduced an ad hoc factor 4 enhancement of
the iron-group elements in the log T range 5.1–5.5 and matched it
smoothly to the standard solar value outside. The result is shown
in Fig. 7. We may see that, while an extension of the instability to
higher order p modes is easy, obtaining instability in the high-order
g-mode range is more difficult. We found unstable � = 2 g modes
in the model calculated with αov = 0.1, which is cooler, but only
at ν ≈ 0.8 cd−1. Because of the ad hoc nature of the proposed iron
enhancement we regard these results merely as an indication of a
direction where the solution of the driving problem of modes de-
tected in ν Eri may be found. The proposal that the diffusion effects
may play a role in this star seems not unreasonable in view of its
very slow rotation which should not induce any appreciable mixing
of elements and this is the first star where modes in such a broad

C© 2004 RAS, MNRAS 350, 1022–1028



Asteroseismology of ν Eridani 1027

Figure 7. The instability measure, η, for � = 1 and � = 2 modes in a
standard model calculated with αov = 0 and in the corresponding model
with the Fe enhancement in the driving zone. η > 0 for unstable modes. η =
−1 if there is no active driving layer in the star for a particular mode and
it is + 1 if driving occurs in the whole interior. The position of the modes
detected in ν Eri are marked with bars on the η = 0 axis.

frequency range were detected. However, slow rotation cannot be
the sufficient condition for a broad-band excitation. In HD 129929,
which is even a slower rotator, all modes detected so far are confined
to the narrow frequency range of 6.45–7 cd−1.

5 P O S S I B L E I D E N T I F I C AT I O N O F T H E
R E M A I N I N G M O D E S

Our manipulations on the Fe abundance in outer layers are not with-
out consequences for mode frequencies and hence on the seismic
model of ν Eri. It is not difficult to find a model with modified Fe
that fits the three frequencies used in Section 2.1. The model cannot
be very different; however, the frequencies of higher order p modes
are more significantly changed.

Let us begin with the possible mode at ν = 0.432 cd−1. Though it
is easier to find instability at higher degrees, the � = 1 identification
seems more plausible because in this case the maximum of η occurs
closer to the observed frequency. Assuming � = 1 and the rotational
splitting the same as in the (� = 1, g1) mode, we obtained 0.429
and 0.435 cd−1 for the frequency of the (� = 1, m = −1, g16) mode
in the models with αov = 0 and 0.1, respectively. Thus, we regard
such an identification for the ν = 0.432 cd−1 peak as likely.

For the observed variation at ν = 7.20 cd−1, the only possible
identification, regardless of the choice of αov and modification in the
Fe abundance, is a mode of the (� = 2, p0) quintuplet. In this case the
effect of the Fe enhancement is more significant. The enhancement
described in the previous section leads to a frequency decrease by
0.02, which is comparable with the rotational splitting. With this
model the best fit is for m = 1, while with the standard models it is
for m = 2.

The effect of the Fe enhancement increases with mode frequency.
This is not surprising because the acoustic propagation zone expands
to outer layers where the effect of the enhancement is largest. For

the observed mode at ν = 7.90 cd−1 we know the �-value from pho-
tometry, and it is 1. In our standard seismic models the � = 1, p2

modes have frequencies 8.10 and 8.03 cd−1 in models with αov =
0 and 0.1, respectively. In this case, even with the freedom in choos-
ing the m value we cannot reproduce the measured frequency. The
frequency shift due to the Fe enhancement, which is about 0.1 cd−1,
brings the calculated frequencies close to the fit. We regard this fact
as partial support for the proposed effect.

We note that fitting the frequencies of all the modes detected in the
5.6–7.9 cd−1 frequency range is possible in standard evolutionary
models if one allows lower effective temperature and overshooting
in the range 0.2 < αov < 0.3 (Ausseloos et al., in preparation).

6 C O N C L U S I O N S A N D D I S C U S S I O N

We believe that our seismic models of ν Eridani yield a good approx-
imation to its internal structure and rotation but there is room for
improvement and a need for a full explanation of mode driving. We
did not fully succeed in the interpretation of the oscillation spectrum
of ν Eridani with our standard evolutionary models and our linear
non-adiabatic treatment of stellar oscillations. We fail to reproduce
mode excitation in the broad frequency range, as observed, and to
reproduce the frequency of the (� = 1, p2) mode, associated with
the highest frequency peak in the spectrum. We showed that both
problems may be cured by allowing an enhancement of the iron
abundance in the zone of the iron-opacity bump. The enhancement
may result from effects of radiative levitation, as first proposed by
Charpinet et al. (1996, 1997) to explain oscillations in sdB stars. Our
proposal is based on models with an ad hoc iron enhancement in the
bump zone and must be checked with use of stellar evolution codes
that take into account effects of levitation and diffusion of chemical
elements. We regard this as the most timely theoretical work aimed
at the interpretation of ν Eridani.

The proposed modification concerns only the outer layers and
has a small effect on models of the stellar interior and the fre-
quencies of g and p1 modes. Therefore we believe that our seis-
mic models describe the deep internal structure of the star. These
models reproduce frequencies of the fundamental radial modes and
two � = 1 modes and have effective temperatures and luminosities
within the measurement error box. Satisfactory models exist in a
range of the overshooting parameter, αov= (0–0.12), which corre-
sponds to the mass range (9.9–9.0) M�, age range (16–20) Myr,
and a fractional hydrogen depletion in the core range (0.34–0.38).
Here the important finding is the upper limit for the extent of over-
shooting. There is a prospect for getting a more stringent constraint
on αov with a more accurate determination of the star’s effective
temperature.

We believe that our most important finding concerns internal ro-
tation. We presented evidence for a sharp decline of the rotation
rate, 
, through the µ-gradient zone, around the shrinking convec-
tive zone. With data on the splitting for only two � = 1 modes, our
estimates had to rest on the assumed form of the 
(r ) dependence.
Since a significant gradient of 
 is possible only in the µ-gradient
zone, we adopted a constant 
 above it (rotation within the con-
vective core has a negligible influence on the splitting). With this
simplification we found that data require a decline by a factor ∼5
within the zone and an equatorial velocity of about 6 km s−1. The
second-order effect from this slow rotation in the envelope cannot
account for the asymmetry of the (� = 1, g1) triplet as determined
from the pre-campaign data. Only with new observations we will
be able to tell whether the problem is real. Our star is not the first
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β Cephei star for which evidence for nonuniform rotation was put
forward. However, we believe that in the ν Eri case the evidence is
significantly stronger than in the case of HD 129929 (Aerts et al.
2003), because we relied on splitting data for modes having very
different probing kernels.

ν Eridani proved to be a very important pulsating star. After the
Sun, it so far is perhaps the most rewarding main-sequence object
for asteroseismology. Many more modes were detected in several δ

Scuti stars but in none of them have so many modes unambiguously
been identified. This star deserves continued observational efforts.
An extended data base is needed for precise determination of the
frequencies of the modes in the � = 1 triplets. This is important for
a more credible assessment of differential rotation. In this context
it would be important to obtain a precise value of the projected
equatorial velocity of rotation from spectroscopy. The best vsin i
value currently available (Aerts et al. 2004) is higher than that of
equatorial velocity inferred in this work which may however be in
part due to the combined effects of pulsational and thermal line
broadening.
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ABSTRACT
We have carried out a three-site photometric campaign for the β Cephei star θ Oph from
2003 April to August. 245 h of differential photoelectric uvy photometry were obtained during
77 clear nights. The frequency analysis of our measurements has resulted in the detection of
seven pulsation modes within a narrow frequency interval between 7.116 and 7.973 c d−1.
No combination or harmonic frequencies have been found. We have performed a mode identi-
fication of the individual pulsations from our colour photometry that shows the presence of one
radial mode, one rotationally split � = 1 triplet and possibly three components of a rotationally
split � = 2 quintuplet. We discuss the implications of our findings and point out the similarity
of the pulsation spectrum of θ Oph to that of another β Cephei star, V836 Cen.

Key words: techniques: photometric – stars: early-type – stars: individual: θ Oph – stars:
oscillations – stars: variables: other.

1 I N T RO D U C T I O N

Two recent ground-breaking studies have opened up the class of
the β Cephei pulsators for asteroseismic investigations. For the star
V836 Cen, Aerts et al. (2003, 2004a) acquired and analysed 21 yr of
time-resolved Geneva photometry. They identified the six detected
pulsation modes with their pulsational quantum numbers (the radial
fundamental mode, an � = 1 triplet and two components of a rota-
tionally split � = 2 mode). Consequent seismic modelling (Dupret
et al. 2004) allowed the derivation of constraints on the position of
the star in the Hertzsprung–Russell (HR) diagram and its convective
core size, plus demonstrated that its interior rotation is not rigid.

A second β Cephei star, ν Eri, was studied with large photometric
and spectroscopic multisite campaigns (Handler et al. 2004; Aerts
et al. 2004b), yielding a total of almost 1200 h of measurement.
The nine modes detected for this star were identified with the radial
fundamental mode, two � = 1 triplets, one � = 1 singlet and one � =
2 mode (De Ridder et al. 2004). Seismic modelling (Pamyatnykh,
Handler & Dziembowski 2004; Ausseloos et al. 2004) demonstrated
that the pulsation spectrum of ν Eri cannot be reproduced with stan-
dard models, some convective core overshooting may be required
and again non-rigid interior rotation must be present (with the edge
of the convective core rotating about 3 times faster than the outer lay-
ers, consistent with the findings for V836 Cen). The seismic results
indicate that it is possible that the interior chemical composition of
the star is not homogeneous.

�E-mail: handler@astro.univie.ac.at

After some 15 years of frustration, asteroseismology of opacity-
driven main-sequence pulsators has thus finally become reality. The
reasons why some β Cephei stars are the first such objects to be stud-
ied may be summarized as follows: their pulsational mode spectra
are sufficiently simple that few possibilities for erroneous or am-
biguous mode identifications occur, yet the observed spectra are
fairly complete; radial modes have been detected for the two above-
mentioned stars (substantially reducing the number of possible seis-
mic models); finally, the applied mode identification methods do
work (e.g. see Handler et al. 2003).

The general astrophysical implications of seismic studies of the
β Cephei stars are also highly interesting. Since these objects are
main-sequence stars between 9 and 17 M� (Stankov & Handler
2005), they are progenitors of Type II supernovae, which in turn are
largely responsible for the enrichment of the interstellar medium
and thus for the chemical evolution of galaxies. Consequently, if
we can trace the evolution of β Cephei stars by sounding their
interiors in different evolutionary states, we not only are able to
calibrate stellar structure and evolution calculations, but also could
put constraints on the modelling of extragalactic stellar systems.
Therefore it is highly desirable to determine the interior structure of
several β Cephei stars.

One of the objects that seems well suited for an asteroseismic
study is θ Oph. The variability of this bright (V = 3.27 mag) object
has been known for a long time (Henroteau 1922), and the corre-
sponding period determinations in the literature are partly contro-
versial. Several authors (van Hoof & Blaauw 1958; van Hoof 1962;
Briers 1971; Heynderickx 1992) noted variable shapes of their radial
velocity and light curves, indicating multiperiodicity. However, no
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consensus on the values of possible secondary and tertiary periods
was reached.

Together with the presence of archival high-resolution spec-
troscopy (analysed in a companion paper by Briquet et al. 2005), the
findings mentioned above made θ Oph an attractive target for a mul-
tisite study. Consequently, we carried out a photometric campaign
on this star in mid-2003.

2 O B S E RVAT I O N S A N D R E D U C T I O N S

We acquired single-channel differential photoelectric photometry
through the Strömgren uvy filters with three telescopes on three
continents during the months of 2003 April to August. The mea-
surements of θ Oph were obtained with respect to two comparison
stars, 44 Oph (HD 157792, A3m, V = 4.17) and 51 Oph (HD
158643, A0 V, V = 4.81). Owing to the brightness of all three ob-
jects, some neutral density filters were applied to avoid damage of
the photomultipliers. A short summary of the observations is given
in Table 1. The total time base of our measurements is 124 d.

Data reduction was started by correcting for coincidence losses,
sky background and extinction. Nightly extinction coefficients were
determined with the Bouguer method or with the differential tech-
nique from the comparison stars (neither showed any variability dur-
ing our measurements). As the comparison stars are considerably
cooler than the variable, second-order colour extinction coefficients
were also determined. We found colour extinction corrections to
be necessary for the u data from Siding Spring Observatory (SSO)
and the Automated Photometric Telescope (APT) and applied them
correspondingly.

We then determined the mean u, v, y zero-points between the
comparison star magnitudes and used them to combine the mea-
surements of 44 and 51 Oph to a curve that was assumed to reflect
the effects of transparency and detector sensitivity changes only.
Consequently, these combined time series were binned into inter-
vals that would allow good compensation for the above-mentioned
non-intrinsic variations in the target star time series, and were sub-
tracted from the measurements of θ Oph. The binning minimizes
the introduction of noise in the differential light curve of the target.

The timings for this differential light curve were heliocentrically
corrected as the next step. Finally, the photometric zero-points of the
different sites, which may not be quite the same because of slightly
different wavelength responses of the individual instrumental sys-
tems combined with the different colours of the variable and the
comparison stars, were set to zero. The resulting final combined
time series was subjected to frequency analysis; we show some of
our light curves of θ Oph in Fig. 1. We note that the amplitude of
the light variation is modulated, but its shape is not; it is always
sinusoidal.

The accuracy of the differential light curves of the comparison
stars was 4.8 mmag in the u filter, 4.3 mmag in v and 3.9 mmag in y
per single data point. These rather high values are mostly caused by

Table 1. Log of the photometric measurements of θ Oph. Observatories are ordered according to geographical longitude.

Observatory Longitude Latitude Telescope Amount of data Observer(s)
nights h points

South African Astronomical Observatory (SAAO) +20◦ 49′ −32◦ 22′ 0.5-m 9 34.08 135 TM
Fairborn Observatory −110◦ 42′ +31◦ 23′ 0.75-m APT 44 106.68 662 –
Siding Spring Observatory (SSO) +149◦ 04′ −31◦ 16′ 0.6-m 24 104.35 506 RRS

Total 77 245.11 1303

Figure 1. Some light curves of θ Oph. Plus signs are data in the Strömgren
u filter, filled circles are our v measurements and open circles represent
Strömgren y data. The full line is a fit composed of all the periodicities
detected in the light curves (Table 2). The upper two panels are measurements
from SSO, the middle two are from the APT and the lower two from the South
African Astronomical Observatory (SAAO). The number of data shown here
is about one-third of the total.

the high airmass of θ Oph and unstable weather conditions during
the measurements at Fairborn Observatory.

3 F R E QU E N C Y A NA LY S I S

Our frequency analyses were performed with the program PERIOD

98 (Sperl 1998). This package applies single-frequency power spec-
trum analysis and simultaneous multifrequency sine-wave fitting,
and also includes advanced options.
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Figure 2. Amplitude spectra of θ Oph. The uppermost panel shows the
spectral window of the data, followed by the periodogram of the data. Suc-
cessive pre-whitening steps are shown in the following panels; note their
different ordinate scales. The second lowest panel contains a significance
curve; any peak to be regarded as real by us must exceed it. The lowest
panel shows the residual amplitude spectrum in a wider frequency range,
containing no evidence for further periodicities in our data.

We started by computing the Fourier spectral window of the
final light curves in each of the filters. It was calculated as the
Fourier transform of a single noise-free sinusoid with a frequency of
7.116 c d−1 (the strongest pulsational signal of θ Oph) and an am-
plitude of 10 mmag sampled in the same way as were our measure-
ments. The upper panel of Fig. 2 contains the result for the y data.

Any alias structures that would potentially mislead us into incorrect
frequency determinations are reasonably low in amplitude because
of our multisite coverage.

We proceeded by computing the amplitude spectra of the data it-
self (second panel of Fig. 2). The signal designated f 1 dominates. We
pre-whitened it by subtracting a synthetic sinusoidal light curve with
a frequency, amplitude and phase that yielded the smallest residual
variance, and computed the amplitude spectrum of the residual light
curve (third panel of Fig. 2).

This resulted in the detection of a second signal ( f 2). We then
pre-whitened a two-frequency fit from the data using the same op-
timization method as before, and continued this procedure (further
panels of Fig. 2) until no significant peaks were left in the residual
amplitude spectrum.

We consider an independent peak statistically significant if it ex-
ceeds an amplitude signal-to-noise ratio (S/N) of 4 in the peri-
odogram (see Breger et al. 1993). The noise level was calculated as
the average amplitude in a 5 c d−1 interval centred on the frequency
of interest; the final detection limit corresponding to S/N = 4 is
shown as a significance curve in the second lowest panel of Fig. 2.

We repeated the pre-whitening procedure with the u and v data
independently and obtained the same frequencies within the obser-
vational errors. We then determined final values for the detected
frequencies by averaging the values from the individual filters. The
pulsational amplitudes were then recomputed with those frequen-
cies. We regard this solution as representing our data set best; the
result is listed in Table 2.

θ Oph has also been observed by the Hipparcos satellite (ESA
1997). We have reanalysed the corresponding photometry of the
star and find a main frequency of 7.116 05 ± 0.000 02 c d−1 in these
measurements, consistent with the result from our data within the
errors. An analysis of our measurements combined with those by
Hipparcos allows us to refine the value of the dominant frequency
to 7.116 015 ± 0.000 002 c d−1; aliases are outside the quoted er-
rors for each individual determination. No amplitude variations of
the strongest mode seem to have occurred between the Hipparcos
measurements and ours; the other signals are not detected in the
space-based photometry.

The residuals from the multifrequency solution in Table 2 were
searched for additional candidate signals that may be intrinsic. We
first investigated the residuals in the individual filters, then analysed
the averaged residuals in the three filters (whereby the u data were
divided by 1.5 to scale them to amplitudes and rms scatter similar
to that in the other two filters), and found no evidence for addi-
tional significant periodicities in any case. The residuals between

Table 2. Multifrequency solution for our time-resolved photometry of
θ Oph. The signals are ordered according to their frequencies, but labelled
in the order of detection. Formal error estimates (following Montgomery &
O’Donoghue 1999) are listed for the individual frequencies; formal errors
on the amplitudes are ±0.20 mmag in u, ±0.18 mmag in v and ±0.16 mmag
in y. The S/N quoted is for the y filter data.

ID Freq. u ampl. v ampl. y ampl. S/N
(c d−1) (mmag) (mmag) (mmag)

f 1 7.116 00 ± 0.000 08 12.7 9.2 9.4 41.4
f 5 7.2881 ± 0.0005 2.1 1.5 1.4 6.4
f 2 7.3697 ± 0.0003 3.6 2.9 2.4 10.8
f 3 7.4677 ± 0.0003 4.7 2.4 2.3 10.2
f 4 7.7659 ± 0.0003 3.4 2.3 2.1 9.7
f 6 7.8742 ± 0.0005 2.3 1.8 1.3 5.8
f 7 7.9734 ± 0.0005 2.4 1.6 1.2 5.6
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light curve and fit are 5.2, 4.6 and 4.1 mmag per single u, v and y
point, respectively, and are thus somewhat higher than the accuracy
of the differential comparison star data, suggesting that additional,
presently undetected, frequencies could be present.

We can now confront the results of our frequency analysis with
those in the literature. The frequency of the dominant signal is con-
sistent with all the earlier studies except Henroteau (1922), tak-
ing into account some slight (evolutionary?) frequency variability
with respect to Brier’s (1971) study. Concerning the remaining fre-
quencies, we note that the resonance period of 0.137 255 d found
by van Hoof (1962) is consistent with our signal f 5. On the other
hand, none of the secondary or harmonic frequencies claimed by
Heynderickx (1992) can be reconciled with our data. We suspect
that this is due to the small number of data available to this author.
Finally, we note that the y amplitude of our analysis is consistent
with that in Heynderickx’ (1992) Walraven V data, i.e. no amplitude
variations seem to have occurred between the years 1987 and 2003.

4 M O D E I D E N T I F I C AT I O N

Our three-colour photometry gives us the possibility of deriving
the spherical degree � of the individual pulsation modes from an
analysis of the colour amplitudes. This involves a comparison of
the observed amplitudes with those predicted by models and first
requires knowledge of the position of the star in the HR diagram.

However, θ Oph is not a single star. Besides its low-mass spec-
troscopic companion discovered by Briquet et al. (2005), it is also a
speckle binary (McAlister et al. 1993). Shatsky & Tokovinin (2002)
determined a K magnitude difference of 1.09 mag between the two
components and argued that the companion to the β Cephei star
(hereinafter called θ Oph A) is physical. From the standard rela-
tions by Koornneef (1983) we can infer that the speckle companion
(hereinafter called θ Oph B) is 1.33 mag fainter in V and must thus
be a B5 main-sequence star.

To determine the effective temperature and luminosity of θ Oph
A, we must take the contribution of θ Oph B to the total light into
account. We use the standard Strömgren photometry by Crawford,
Barnes & Golson (1970), and adopt the mean V magnitude
from the Lausanne Photometric data base (http://obswww.unige.ch/
gcpd/gcpd.html, V = 3.266) for the system, and then reproduce it
and the Strömgren c1 index, which is a measure of the effective
temperatures of the stars, with the help of the standard relations by
Crawford (1978), and after dereddening. The results are shown in
Table 3.

The observations are reasonably well matched, with the exception
of the luminosity-sensitive β parameter. However, this is not a severe
problem as we will derive the luminosity of the star from its parallax.
We also note that β measurements by other authors are closer to our
calculated results than to the results from Crawford et al. (1970).

The calibration by Napiwotzki, Schönberner & Wenske (1993)
applied to the Strömgren indices listed in Table 3 then results in

Table 3. Johnson V magnitude and Strömgren colour indices of the θ Oph
system.

V b − y m1 c1 β

Observed 3.266 −0.092 0.089 0.104 2.617
Dereddened 3.223 −0.102 0.092 0.102 2.617
θ Oph A 3.546 −0.109 0.08 0.07 2.640
θ Oph B 4.876 −0.089 0.095 0.25 2.684
Combined 3.266 −0.104 0.083 0.105 2.650

Figure 3. The positions of θ Oph A and θ Oph B in the theoretical HR dia-
gram. Some stellar evolutionary tracks labelled with their masses (full lines)
and the theoretical borders of the β Cephei star instability strip (Pamyatnykh
1999, dashed line) are included for comparison. All the theoretical results
are for a metal abundance of Z = 0.015. θ Oph A is located within the
instability strip, whereas θ Oph B is not.

T eff = 22 900 ± 900 K and M v = −2.5 ± 0.5 for θ Oph A, and
T eff = 18 400 ± 700 K and M v = −1.3 ± 0.5 for θ Oph B. The
analysis of International Ultraviolet Explorer spectra by Niemczura
& Daszyńska-Daszkiewicz (2005) yielded T eff = 22 200 ± 850 K
(consistent with the combined contribution of both system compo-
nents), log g = 3.77 and [M/H] = −0.15 ± 0.12. Finally, the Hip-
parcos parallax of the system (5.79 ± 0.69 mas) results in M v =
−2.6 ± 0.3 for θ Oph A and M v = −1.3 ± 0.3 for θ Oph B, respec-
tively, consistent with the result from Strömgren photometry. The
tables by Flower (1996) then yield bolometric corrections of −2.2
and −1.7 mag, respectively, and thus M bol = −4.8 ± 0.5 for θ Oph
A as well as M bol = −3.0 ± 0.4 for θ Oph B. We show the positions
of the θ Oph components in the HR diagram derived in this way in
Fig. 3. It becomes clear that the observed pulsations must originate
from θ Oph A only.

To derive mode identifications for the pulsations of θ Oph A,
we have computed theoretical colour amplitudes for modes of 0 �
� � 4 for models with masses between 8.5 and 10 M� (in steps of
0.5 M�), effective temperatures in the range of 4.34 � log T eff �
4.38 and Z = 0.015. We first computed stellar evolutionary models
by means of the Warsaw–New Jersey evolution and pulsation code
(described, for instance, by Pamyatnykh et al. 1998). Then we de-
rived the pulsational amplitudes of such models in the parameter
space constrained above following Balona & Evers (1999). A range
of theoretical frequencies of 6.5 � f � 8.5 c d−1 was examined to
allow for some non-radial mode splitting. Phase shifts between the
light curves in the individual filters were not considered, as no such
shifts were observationally found significant even at the 2σ level.
We show a comparison of the observed and theoretical amplitude
ratios of three modes in Fig. 4.

We note that we took the contribution of θ Oph B to the total light
of the system into account when determining the observed amplitude
ratios; we found that θ Oph B contributes some 23 per cent to
the total flux in Strömgren y, 22 per cent in v and 19 per cent in u.

The reliability of the mode identifications in Fig. 4 is not easy to
judge. Whereas the modes f 3 and f 4 can be identified with � = 0 and
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Figure 4. Observed and theoretical uvy amplitude ratios (lines) for three
modes of θ Oph A and 0 � � � 4. Amplitudes are normalized to unity at
u. The filled circles with error bars are the observed amplitude ratios. The
full lines are theoretical predictions for radial modes, the dashed lines are
for dipole modes, the dot–dashed lines are for quadrupole modes, the dotted
lines are for modes of � = 3 and the triple-dot–dashed lines are for � = 4.
The small error bars denote the uncertainties in the theoretical amplitude
ratios. The upper panel is for mode f 1, the middle one for f 3 and the lower
one for f 4.

1, respectively, the situation is less clear for mode f 1 (upper panel of
Fig. 4) where the u/v amplitude ratio points towards an � = 1 mode,
but the u/y amplitude ratio suggests � = 2. Similar problems have
been found for other modes that are not shown in this figure. We
believe that the reason for these problems is a combination of several
factors, for instance possible systematic errors in the determination
of some of the pulsational amplitudes (which would be particularly
severe in u), the uncertainties of the position of the star in the HR
diagram, its poorly constrained surface metallicity [see Dupret et al.
(2004) for a discussion of the latter], and the influence of the light
of θ Oph B.

We have therefore chosen an alternative approach that appears
more objective. We calculated the ratio of the individual u, v, y
amplitudes with respect to their mean with the hope of compensating
largely for systematic errors in the amplitude determinations. Then
we compared these ratios to the theoretical ones treated in the same
way by means of a χ 2 analysis, similar to Balona & Evers (1999)
and Daszyńska-Daszkiewicz, Dziembowski & Pamyatnykh (2003),
but disregarding the pulsational phases since they do, in our case,
contain no information on the type of the modes as argued before.
The behaviour of χ 2 depending on � computed this way is shown
in Fig. 5 for all modes.

Figure 5. Mode typing for θ Oph A by means of the χ2 method.

Because of the systematic errors that may affect our mode identi-
fication, we believe that we cannot interpret the results in Fig. 5 in a
strict statistical sense [i.e. by comparing the observational χ2 values
to the critical values of a χ 2(3) distribution and then assigning con-
fidence levels to the derived mode identifications], but that we can
use them to eliminate some � values in the identification process.
The � assignments that we cannot rule out this way are listed in
Table 4.

Our mode identifications are not very satisfactory at this point,
but fortunately we can use other clues to constrain them further.
First, since f 3 is clearly a radial mode, we can rule out that f 7 is also
radial because the frequency ratio of these two modes ( f 3/ f 7 =
0.9366) is considerably larger than any period ratio of low-order
radial modes in a β Cephei star can be.

Secondly, Heynderickx, Waelkens & Smeyers (1994) have iden-
tified f 1 as an � = 2 mode from their Walraven photometry. We
have checked this identification with our method (again taking the
contribution of θ Oph B to the total light into account) and also find
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Table 4. Possible � identifications of the
individual modes of θ Oph A from our χ2

analysis.

ID Frequency �

(c d−1)

f 1 7.116 00 2 or 1
f 5 7.2881 2, 1 or 3
f 2 7.3697 3, 2 or 1
f 3 7.4677 0
f 4 7.7659 1
f 6 7.8742 3 or 1
f 7 7.9734 0, 1 or 3

� = 2 to be clearly the best match between observed and theoreti-
cal colour amplitude ratios. Thirdly, Daszyńska-Daszkiewicz et al.
(2002) demonstrated that modes of odd �, starting with � = 3, suf-
fer heavy geometric cancellation in photometric observations of β

Cephei stars using filters. For instance, an � = 3 mode of the same
intrinsic amplitude as an � = 2 mode will have only ∼1/10 of its
photometric amplitude in the u, v, y filters. We therefore disregard
all the possible � = 3 identifications in Table 4 as well.

Thus we have arrived at unique � identifications for five of the
seven modes that we detected: f 1 is � = 2, f 3 is radial, and f 4, f 6

and f 7 are all � = 1. f 2 and f 5 can be either � = 1 or 2. As the last
step, we examine the frequency spectrum of θ Oph A (schematically
plotted in Fig. 6) for the presence of structures that may be useful
for further constraining the mode identifications.

Indeed, some interesting features can be discerned. The � =
1 modes f 4, f 6 and f 7 form a frequency triplet that is almost equally
spaced. However, there is a slight asymmetry, and it is exactly in the
sense expected for non-radial m-mode splitting due to the second-
order effects of rotation. We therefore believe that f 4, f 6 and f 7 are
indeed a rotationally split triplet of � = 1 modes.

The remaining four modes are also grouped together. Intriguingly,
the spacing between f 2 and f 5 is approximately half the frequency
difference of f 5 and the � = 2 mode f 1. Again, the asymmetry of
this hypothesized f 1, f 5, f 2 multiplet is consistent with the second-
order effects of rotation. f 3 does not fit this pattern, but this is not
surprising as we have already identified it as a radial mode. The first-
order rotational splitting obtained from the f 1, f 5, f 2 multiplet is
similar to the splitting of the f 4, f 6 and f 7 triplet. Thus we suspect
that f 1, f 5 and f 2 are part of a rotationally split � = 2 quintuplet
with two components yet undetected.

Assuming that the mean splitting of the � = 1 triplet is a good
approximation of the surface rotation frequency of θ Oph A (i.e.
neglecting effects of the Coriolis force and possible differential in-
ternal rotation), we derive a rotation period of 9.6 d. The absolute

Figure 6. Schematic amplitude spectrum of θ Oph. The frequency differences between some of the modes are indicated.

magnitude and effective temperature of the star, as determined at
the beginning of this section, result in a radius of 5.2 ± 1.3 R�, and
hence in a surface rotation velocity of 27 ± 7 km s−1. As the mea-
sured projected rotational velocity of θ Oph A is about 30 km s−1

(e.g. Abt, Levato & Grosso 2002), there is a chance that we see the
star close to equator-on.

5 A N E C L I P S I N G B I NA RY ?

If we indeed saw θ Oph A equator-on, it can be suspected that the
spectroscopic companion discovered by Briquet et al. (2005) may
cause eclipses. The binary orbit derived by these authors leads to
an ephemeris for the times of primary and secondary minimum,
respectively. M. Briquet (private communication) predicts

tI = HJD 245 1811.002 + i × 56.712,

tII = HJD 245 1834.599 + i × 56.712,

where i is the number of orbital revolutions since epoch zero. Given
the total mass of the spectroscopic binary system (∼10 M�), the or-
bital period and the radius of the primary determined above, we can
also estimate the maximum duration of a possible eclipse, amount-
ing to 17 ± 4 h.

Although we found no obvious evidence for eclipses in our
photometric measurements, we folded our data according to this
ephemeris and searched them again for possible eclipses. As it turns
out, we have no measurements whatsoever during or even near the
predicted times of primary minimum, which is not surprising given
that our orbital coverage is only ∼17 per cent. We do have data
around the expected times of secondary eclipse, but none is found,
which is also not a surprise since the secondary of the spectroscopic
binary would much less luminous than θ Oph A if we see the orbital
plane (close to) edge-on, and consequently the depth of a secondary
eclipse would be too small to be detected. We again conclude that
there are no eclipses in our photometry of the θ Oph system.

6 D I S C U S S I O N

Our photometric multisite campaign on the β Cephei star θ Oph
resulted in the detection of seven independent pulsation modes. Our
colour photometry that was intended for mode typing resulted in
only two firm identifications, but we believe that this is mostly due
to the small photometric amplitudes of all but one of the pulsation
modes. However, also the strongest mode could not be unambigu-
ously identified from our data; we had to invoke literature results.

Mode identification from colour photometry of β Cephei stars
primarily rests on the amplitudes determined in the blue and ultra-
violet (λ < 4200 Å). We have used a subset of the Strömgren filter
system for our measurements as a compromise between wide avail-
ability and mode identification potential, with the drawback that the
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identifications critically depend on the results in the u filter, which
may be hard to verify. Consequently, any systematic error in the u
measurements can heavily compromise the mode identifications.

The Walraven or the Geneva photometric systems would provide
a solution to this dilemma, but they are unsuitable for multisite
work since few observatories are equipped for their use. However,
the pulsation spectrum of θ Oph A is reasonably simple and the
range of excited frequencies is less than 1 c d−1, so that an extensive
single-site study of this star in one of these photometric systems
should be sufficient to check the mode identifications at which we
finally arrived by adding further constraints to the colour amplitude
analysis.

We believe that our suggestion that f 1, f 5 and f 2 are part of a
rotationally split � = 2 quintuplet can also be checked by theoret-
ical model calculations. Since the asymmetry of the hypothesized
multiplet due to the second-order effects of rotation has been mea-
sured to good relative accuracy, and since the rotation rate of the
star is constrained by the f 4, f 6, f 7 triplet splitting, pulsational
models should be able to reproduce the observed asymmetries if
our identification of f 1, f 5 and f 2 is correct.

To perform a detailed asteroseismic study, one more ambiguity
must then still be overcome: if f 1, f 5 and f 2 are � = 2 quintuplet
members, their m values must be determined. From photometry
alone, we cannot distinguish if they correspond to m = (−2, 0, 1)
or m = (−1, 1, 2). However, the analysis of archival spectroscopy
by Briquet et al. (2005) solves this ambiguity.

It is interesting to note that we found evidence that θ Oph A
is seen close to equator-on (a result corroborated by Briquet et al.
2005). In such a configuration, the m = 0 component of � = 1 modes
as well as the |m| = 1 components of � = 2 modes should suffer
heavy geometric cancellation. However, such modes are apparently
observed.

In any case, a seismic investigation of θ Oph A is possible. We
note that we would not expect its outcome to be as fruitful as that for
ν Eri (Pamyatnykh et al. 2004; Ausseloos et al. 2004) since fewer
radial overtones of modes are excited, but the general applicability
of earlier results could be tested. In addition, the detection of a
possible eclipse of the primary would help to constrain the system
parameters even more tightly, which can in turn assist the seismic
modelling.

Finally, we would like to point out that the frequency structure
of θ Oph A is remarkably similar to that of V836 Cen (Aerts et al.
2004a): a radial mode close to an incomplete � = 2 multiplet of
somewhat lower frequency and a complete � = 1 triplet of higher
frequency, and all modes are contained in a very narrow frequency
interval (which is of extremely similar size in the co-rotating frame).
The only differences are the somewhat higher pulsation frequencies
of θ Oph A and its faster rotation. We thus speculate that once
more pulsation spectra of β Cephei stars become known in detail,
important clues on mode excitation can be gathered.
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ABSTRACT
We report a multisite photometric campaign for the β Cephei star 12 Lacertae. 750 h of high-
quality differential photoelectric Strömgren, Johnson and Geneva time-series photometry were
obtained with nine telescopes during 190 nights. Our frequency analysis results in the detection
of 23 sinusoidal signals in the light curves. Ten of those correspond to independent pulsation
modes, and the remainder are combination frequencies. We find some slow aperiodic variability
such as that seemingly present in several β Cephei stars. We perform mode identification from
our colour photometry, derive the spherical degree � for the five strongest modes unambiguously
and provide constraints on � for the weaker modes. We find a mixture of modes of 0 � � � 4.
In particular, we prove that the previously suspected rotationally split triplet within the modes
of 12 Lac consists of modes of different �; their equal frequency splitting must thus be
accidental.

One of the periodic signals we detected in the light curves is argued to be a linearly stable
mode excited to visible amplitude by non-linear mode coupling via a 2:1 resonance. We also
find a low-frequency signal in the light variations whose physical nature is unclear; it could
be a parent or daughter mode resonantly coupled. The remaining combination frequencies are
consistent with simple light-curve distortions.

The range of excited pulsation frequencies of 12 Lac may be sufficiently large that it cannot
be reproduced by standard models. We suspect that the star has a larger metal abundance in
the pulsational driving zone, a hypothesis also capable of explaining the presence of β Cephei
stars in the Large Magellanic Cloud.

�E-mail: handler@astro.univie.ac.at
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1 I N T RO D U C T I O N

12 (DD) Lacertae (hereafter briefly called 12 Lac) is one of the best-
observed β Cephei stars, a class of variable early B-type stars whose
light and radial velocity changes are due to gravity and pressure-
mode pulsations of low radial order (Stankov & Handler 2005, and
references therein). Radial velocity variations of 12 Lac were dis-
covered nearly 100 years ago (Adams 1912) and light variations
were detected soon thereafter (Stebbins 1917; Guthnick 1919).

After the recognition of the pulsational nature of the light varia-
tions of the β Cephei stars (Ledoux 1951) and because of the com-
plicated nature of the variability of 12 Lac, the star became the target
of one of the first worldwide observing campaigns (de Jager 1963),
also called The International Lacerta weeks, during which a total
of more than 700 h of time-resolved photometric and spectroscopic
measurements were secured – back in 1956.

The photometric measurements obtained during this prototype
multisite campaign were analysed by Barning (1963) who discov-
ered four different variations in the light curves (one of them spuri-
ous). Jerzykiewicz (1978) provided an extensive re-analysis of these
and some other data and proved the existence of five independent
periodicities and one combination frequency in the data.

High-resolution spectroscopic observations of 12 Lac, confirm-
ing the six photometric frequencies, were carried out by Mathias
et al. (1994). However, attempts to identify the underlying pulsa-
tion modes by spectroscopic means were unsuccessful due to the
complicated behaviour of the star, and earlier mode identification
results (e.g. the pioneering work by Smith 1980) could neither be
confirmed nor rejected.

The most striking feature within the pulsation frequencies of
12 Lac is an equally spaced triplet at 5.179, 5.334 and 5.490 cd−1.
Owing to the narrowness of the interval these three frequencies
span, it is clear that at least two of the underlying modes must be
non-radial and it is straightforward to speculate that all are actually
components of a rotationally split multiplet.

Because of this interesting possibility and because 12 Lac has
been for a long time the β Cephei star with the largest number
of known pulsation modes, it is an attractive target for asteroseis-
mic investigations, i.e. deriving the interior structure of the star by
modelling its pulsation frequencies. Dziembowski & Jerzykiewicz
(1999) carried out such a study. They could only reproduce the
equally spaced triplet with an � = 2 f-mode, and solely for models
with specific values of temperature and surface gravity. The authors
suggested that non-linear phase-lock could provide a way out of this
dilemma.

Another intriguing possibility for interpreting the pulsation spec-
trum of 12 Lac that was not previously realized is that the ratio of
the lowest pulsation frequency of the star (4.241 cd−1) to that of
another frequency at 5.490 cd−1 is perfectly consistent with the ex-
pected frequency ratio of the radial fundamental and first overtone
modes. If such an interpretation were correct, it would be rather easy
to perform seismic model computations, especially if more modes
could be observationally detected. The problem with the equally
spaced triplet would vanish as well because one of the suspected
multiplet members would in fact be a radial mode.

Clearly, the interpretation of the pulsation spectrum of 12 Lac can
potentially be extremely rewarding. Another observational effort
similar to The International Lacerta weeks, with modern observing
methods, seemed therefore quite worthwhile. In particular, new ob-
servations would be required to provide unique mode identifications
for at least the five known pulsation modes for seismic modelling to
commence. The discovery of additional low-amplitude pulsations
would of course allow more insights into the interior structure of
the star as well.

As recent observing campaigns have revealed many low-
amplitude pulsation modes for some β Cephei stars [e.g. see Aerts
et al. (2004) for V836 Cen; Jerzykiewicz et al. (2005) and refer-
ences therein for ν Eridani; and Handler, Shobbrook & Mokgwetsi
(2005) for θ Ophiuchi], it only seemed logical to organize a similar
effort for 12 Lac. We have therefore carried out a multisite campaign
for the star with both photometric and spectroscopic techniques. In
addition, the closeby eclipsing binary β Cephei star 16 (EN) Lac
was observed photometrically at the same time. Whereas we post-
pone the analysis of the latter star and that of the spectroscopy to
forthcoming papers, we report here the results of the photometric
measurements of 12 Lac.

2 O B S E RVAT I O N S A N D R E D U C T I O N S

Our photometric observations were carried out at nine different ob-
servatories with small- to medium-sized telescopes on three differ-
ent continents (see Table 1). In most cases, single-channel differen-
tial photoelectric photometry was acquired; some additional CCD
measurements turned out not to be useful. Wherever possible, the
Strömgren uvy filters were used.

However, at the Sierra Nevada (OSN) and San Pedro Martir
(SPM) Observatories simultaneous uvby photometers were avail-
able, including the b filter as well. On the other hand, the u data
from SPM were unusable. At four other observatories where no
Strömgren filters were available we used Johnson V . Finally, as the
photometer at the Mercator telescope has Geneva filters installed
permanently, we used this filter system.

We chose the two ‘classical’ comparison stars for 12 and 16 (EN)
Lac: 10 Lac (O9V, V = 4.88) and 2 And (A3Vn, V = 5.09). Another
check star, HR 8708 (A3Vm, V = 5.81), was additionally observed
during one of the SPM runs.

Data reduction was begun by correcting for coincidence losses,
sky background and extinction. Whenever possible, nightly extinc-
tion coefficients were determined with the differential Bouguer
method (fitting a straight line to a plot of differential magnitude
versus differential airmass) from the measurements of the two com-
parison stars. Second-order colour extinction coefficients were also
determined and used to adjust the measurements of 2 And, which
suffers lower extinction because it is redder than the other stars.
On some nights, the coefficients were derived from 10 Lac with the
usual Bouguer method.

It turned out that 2 And is a low-amplitude δ Scuti variable.
Light variations of this star have already been strongly suspected by
Sareyan et al. (1997). We will discuss these variations in the forth-
coming paper devoted to 16 (EN) Lac because 2 And was mostly
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Table 1. Log of the photometric measurements of 12 Lac. Observatories are ordered according to geographical longitude.

Observatory Longitude Latitude Telescope Amount of data Filter(s) Observer(s)
Nights h

Sierra Nevada Observatory −3◦23′ +37◦04′ 0.9 m 18 81.2 uvby ER, PJA, RG
Mercator Observatory −17◦53′ +28◦46′ 1.2 m 45 123.9 Geneva KU, RD, JDD, TV

JDR, BA, POB
Fairborn Observatory −110◦42′ +31◦23′ 0.75 m APT 55 201.5 uvy –
Lowell Observatory −111◦40′ +35◦12′ 0.5 m 19 97.3 uvy MJ
San Pedro Martir Observatory −115◦28′ +31◦03′ 1.5 m 20 102.7 uvby EP, JPS, LP
Mt. Dushak-Erekdag Observatory +57◦53′ +37◦55′ 0.8 m 13 70.7 V TND, NID
Tübitak National Observatory +30◦20′ +36◦50′ 0.5 m 1 2.5 V TS
Mayaki Observatory +30◦17′ +46◦24′ 0.5 m 6 13.3 V AIM
Piszkéstetõ Observatory +19◦54′ +47◦55′ 0.5 m 13 56.7 V MP, DZ, DL, VA

Total 190 749.8

used as the main-comparison star for the latter β Cephei star in the
past. For the purpose of the present work, let it suffice to say that
we only found evidence for a single periodicity in our light curves
of 2 And. No evidence for photometric variability of 10 Lac was
found.

We thus proceeded by pre-whitening the variability of 2 And with
a fit determined from all its differential magnitudes relative to 10 Lac
from the individual nights of measurement. The residual magnitudes
of 2 And were then combined with the 10 Lac data into a curve
that was assumed to reflect the effects of transparency and detector
sensitivity changes only. Consequently, these combined time-series
were binned into intervals that would allow good compensation for

Figure 1. Some of our observed light curves of 12 Lac. Plus signs are data in the Strömgren u filter, filled circles are our v measurements and open circles
represent the V data. The full line is a fit composed of the 23 periodicities detected in the light curves (Table 2). The amount of data displayed is about half the
total.

the above-mentioned non-intrinsic variations in the target star time-
series and were subtracted from the measurements of 12 Lac. The
binning minimizes the introduction of noise in the differential light
curve of the targets.

The timings for the differential light curves were helio centrically
corrected as the next step and the single-colour measurements were
binned to sampling intervals similar to that of the multicolour mea-
surements to avoid unwanted implicit weighting effects. Finally, the
photometric zero-points of the different instruments were compared
between the different sites and adjusted if necessary. Measurements
in the Strömgren y and Johnson and Geneva V filters were treated
as equivalent due to the same effective wavelength of these filters,
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and were analysed together. This combined light curve is henceforth
referred to as ‘the V filter data’.

The resulting final combined time-series was subjected to fre-
quency analysis; we show some of our light curves of 12 Lac in
Fig. 1. In the end, we had 3239 V filter measurements available
(time-span 197.0 d), 2301 points in Strömgren v (time-span 179.2 d),
1739 points in Strömgren u (time-span 179.2 d) and 488 points in
the Geneva filters (time-span 173.8 d)

3 F R E QU E N C Y A NA LY S I S

Our frequency analysis was mainly performed with the program
PERIOD98 (Sperl 1998). This package applies single-frequency
power spectrum analysis and simultaneous multi-frequency sine-
wave fitting. It also includes advanced options such as the calcula-
tion of optimal light-curve fits for multiperiodic signals including

Figure 2. Amplitude spectra of 12 Lac. The uppermost panel on the left-hand side shows the spectral window of the data, followed by the periodogram of the
data. Successive pre-whitening steps are shown in the following panels; note their different ordinate scales. After the detection of 17 periodicities (third panel
from bottom, right-hand side), some low-amplitude combination frequencies were still found in the residuals. After their pre-whitening, the presence of some
additional periodic signals in the light curves can still be suspected. Note the different abscissa scale in the last two panels.

harmonic, combination and equally spaced frequencies. As will be
demonstrated later, our analysis requires some of these features.

We started by computing the Fourier spectral window of the V
filter data. It was calculated as the Fourier transform of a single
noise-free sinusoid with a frequency of 5.179 cd−1 (the strongest
pulsational signal of 12 Lac) and an amplitude of 40 mmag, sampled
in the same way as our measurements. The upper panel of Fig. 2
(left-hand side) contains the result. There are some alias structures in
this window function due to our lack of measurements from Eastern
Asian longitudes. We must therefore apply caution in identifying
the correct frequencies in the light variations of the star.

We proceeded by computing the amplitude spectra of the data
themselves (second panel of Fig. 2, left-hand side). The signal des-
ignated f 1 dominates. Pre-whitening it by subtracting a synthetic
sinusoidal light curve with a frequency, amplitude and phase that
yielded the smallest possible residual variance, and computing the
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amplitude spectrum of the residual light curve, results in the ampli-
tude spectrum in the third panel of Fig. 2, left-hand side.

A second signal (f 2) can clearly be seen in this graph; other vari-
ations with similar frequencies also seem present, as proven by
pre-whitening f 1 and f 2 simultaneously (fourth panel of Fig. 2,
left-hand side). In this panel, we also note the presence of a com-
bination frequency, the sum of f 1 and f 4, which was consequently
also pre-whitened. We continued this procedure (further panels of
Fig. 2) until no significant peaks were left in the residual amplitude
spectrum.

We consider an independent peak statistically significant if it ex-
ceeds an amplitude signal-to-noise ratio of 4 in the periodogram;
combination signals must satisfy (S/N) > 3.5 to be regarded as sig-
nificant (see Breger et al. 1993, 1999, for a more in-depth discussion
of this criterion). The noise level was calculated as the average am-
plitude in a 5 cd−1 interval centred on the frequency of interest. 23
statistically significant sinusoidal variations were found to be nec-
essary to represent the observed light curves of 12 Lac. We note that
the six lowest-amplitude variations have S/N ∼ 4, whereas the other
signals all have S/N > 6. We also point out that the low-frequency
signal f A is clearly present in the five largest single-site data sets
(Fairborn, Mercator, OSN, SPM and Lowell) independently and is
therefore certainly real.

Some of the signals we detected are labelled as sums of frequen-
cies found earlier. All but one of these could be matched with a
single pair of parent modes, and using PERIOD98 we first verified
that the frequency of the combination would indeed correspond to
the sum of the parent frequencies within the observational errors.
Consequently, we fixed the combination frequencies to the exact
predicted value.

Table 2. Multifrequency solution for our time-resolved photometry of 12 Lac. Formal error
estimates (following Montgomery & O’Donoghue 1999) for the independent frequencies range
from ±0.000007 cd−1 for f 1 to ±0.00023 cd−1 for f 10. Formal errors on the amplitudes are
±0.2 mmag in u and ±0.1 mmag in v and V . The S/N ratio, computed following Breger et al.
(1993), is for the V filter data.

ID Frequency u Amplitude v Amplitude V Amplitude S/N
(cd−1) (mmag) (mmag) (mmag)

f 1 5.179034 56.4 40.7 38.1 178.6
f 2 5.066346 23.3 16.7 16.0 74.6
f3 5.490167 14.2 11.7 11.1 52.4
f 4 5.334357 21.9 11.6 10.0 47.3
f 5 4.24062 4.4 3.7 3.6 15.8
fA 0.35529 7.2 4.8 5.0 14.4
f 6 7.40705 2.8 2.1 2.0 9.7
f 7 5.30912 2.7 2.3 2.0 9.5
f 8 5.2162 1.3 1.3 1.3 6.2
f 9 6.7023 2.2 1.6 1.3 6.3
f 10 5.8341 1.8 1.2 1.3 6.1
f 1 + f 4 10.513392 8.3 5.9 5.5 32.9
f 3 + f A 5.84546 2.3 1.6 1.8 8.7
f 2 + f 4 10.400704 2.3 1.7 1.7 10.3
2 f 1 10.358069 1.9 1.2 1.2 6.9
f 1 + f 2 10.245381 1.7 1.3 1.2 6.9
2 f 8 10.4324 1.5 1.4 1.0 6.1
2 f 4 10.668715 1.0 0.8 0.7 4.3
f 3 + f 4 10.824524 0.8 0.7 0.6 3.9
f 2 + f 3 10.556514 1.1 0.8 0.7 4.0
2 f 1 + f 2 15.424415 0.6 0.6 0.5 4.3
f 1 + f 2 + f 4 15.579738 1.0 0.6 0.5 4.5
2 f 1 + f 4 15.692426 1.0 0.6 0.5 4.3

We repeated the pre-whitening procedure with the u and v data
independently and obtained the same frequencies within the obser-
vational errors. In particular, we note that we never encountered an
alternative solution including an alias frequency that fitted the data
better. We are therefore confident that our frequency determinations
are not affected by alias ambiguities.

Since the V filter data are most numerous and have the largest
time-span, we adopted the frequencies from this data set as our
final values and recomputed the u and v amplitudes with them.
Unsurprisingly, the amplitudes did not change significantly from
the individually optimized frequency solution. The final result of
our frequency analysis is listed in Table 2. All the signals were
found to be in phase in all filters, keeping in mind the observational
errors.

The residuals from this solution were searched for additional can-
didate signals that may be intrinsic. We have first investigated the
residuals in the individual filters, then analysed the averaged resid-
uals in the three main filters (whereby the u data were divided by
1.50 and the v data were divided by 1.07 to scale-possible signal
amplitudes to the same level as in the V data; these scale factors
were empirically derived from the amplitudes of the previously de-
tected signals). The lowest panel on the right-hand side of Fig. 2
contains this final residual amplitude spectrum. The noise spec-
trum is not white: a marked increase in amplitude towards low fre-
quency is clearly visible and additional pulsational signals may be
present.

In particular, two peaks stand out in the combined uvy data pre-
whitened by 23 frequencies: a signal at 6.859 cd−1 and another one
at 16.850 cd−1, both with an amplitude signal-to-noise ratio of 3.9.
The lower frequency is very close to the 1 cd−1 alias of the signal
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at f 3 + f A and in fact its amplitude in a multifrequency fit strongly
depends on whether f 3 + f A is assumed to be a combination peak or
whether its frequency was independently optimised. This suggests
that f 3 + f A and the signal at 6.859 cd−1 interact through aliasing.
Therefore, the latter cannot be accepted at this point. As the signal
at 16.850 cd−1 does not correspond to a combination of the previ-
ously identified periodicities (but could be an alias thereof), we can-
not accept it either. These results corroborate the usefulness of the
S/N > 4 criterion once more.

We note that including residual data in the remaining Geneva
filters in addition did not turn out to be useful because those mea-
surements are not sufficiently numerous and have a spectral window
function too poor for pre-whitening a 23-frequency fit reliably.

3.1 Some comments on the frequency analysis results

The residuals between our observed light curves and the
23-frequency fit are considerably higher than the accuracy of our
measurements would imply. For instance, the residual 12 Lac light
curves from Lowell, Fairborn and SPM (our best data) have an rms
scatter of 3.7 mmag per single measurement while the differential
comparison-star magnitudes from the same sites, after removing the
variability of 2 And, show a scatter of 2.1 mmag. The residual rms
scatter for the full 12 Lac data set is 4.0 mmag.

This is not new as far as β Cephei stars and even 12 Lac are
concerned. Jerzykiewicz (1978) already noted that the nightly zero-
points of the data gathered during The International Lacerta weeks
would vary by up to 0.02 mag.

In the present V data set, this effect is smaller but clearly present:
the zero-points vary by up to ±0.008 mag even for the sites with
the most stable equipment. For comparison, the nightly zero-points
of the V magnitude differences between the comparison stars were
found to be constant within ±0.002 mag. Thus, the increase of the
noise level towards low frequencies seen in the last two panels of
Fig. 2 does not originate from poor data reductions but is caused by
variability of 12 Lac itself.

We believe that the smaller size of the zero-point variations in
our data as compared with those in the 1956 data is partly due to
the higher accuracy of our photometry and partly to pre-whitening
our data with the low-frequency signal f A = 0.3553 cd−1 before
computing the nightly zero-points.

It may be that long-term aperiodic variability of β Cephei stars is a
common feature, as the same kind of low-frequency noise is present
in the amplitude spectra of other pulsators as well (see Jerzykiewicz
et al. 2005 for ν Eri or Handler et al. 2005 for θ Oph).

As mentioned in the previous section, we identified a sinusoidal
term as a combination signal if its frequency coincided with the
sum or difference of two or more previously detected oscillations
within the observational errors. This has several implications. First,
a combination frequency is always assumed to have a lower am-
plitude than the parent modes. Secondly, a data set with a better
frequency resolution than ours may reveal that some of the com-
binations we assigned may be chance agreements. Thirdly, one of
our assignments is not unambiguous: the signal identified with 2f 4

can also be matched with f 1 + f 3 within the accuracy of our data.
This combination may therefore be a mixture of the effect of both
parents.

There are two pairs of close frequencies in Table 2, namely
5.309/5.334 cd−1 and 5.834/5.845 cd−1. Their beat periods, 40 and
88 d, respectively, are well resolved in our data. After pre-whitening
the two pairs of signals, no peaks in the vicinity of their frequen-
cies can be found in the residual amplitude spectrum. Therefore we

have no evidence that any of these variations are due to amplitude
or frequency variability of the other partner in the doublet, and we
will assume that all of them are variations intrinsic to 12 Lac.

4 M O D E I D E N T I F I C AT I O N

We now attempt to identify the spherical degree � of the pulsation
modes by means of the uvy and Geneva passband amplitudes of the
pulsational signals detected in the light curves. These amplitudes are
to be compared with theoretically predicted ones from model com-
putations, requiring the model parameter space to be constrained
first. In other words, we need to determine the position of 12 Lac in
the HR diagram as a starting point.

The calibrations by Crawford (1978) applied to the mean
Strömgren colour indices for 12 Lac listed in the Lausanne Pho-
tometric data base (http://obswww.unige.ch/gcpd/gcpd.html) result
in E(b − y) = 0.076. The Strömgren system calibration by Napi-
wotzki, Schönberner & Wenske (1993) gives T eff = 24 000 ±
1000 K. With the Geneva colour indices (again obtained from the
Lausanne Photometric data base) of 12 Lac, the calibrations by
Künzli et al. (1997) provide T eff = 23 500 ± 700 K and logg =
3.4 ± 0.4. The analysis of International Ultraviolet Explorer (IUE)
spectra of a number of β Cephei stars led Niemczura & Daszyńska-
Daszkiewicz (2005) to derive that 12 Lac has T eff = 23 600 ± 1100
K and log g = 3.65.

To determine the absolute magnitude of 12 Lac, we take advantage
of the fact that it is part of the Lac OB1b association. The distance
modulus of this association was determined with 8.3 ± 0.3 mag
(Crawford & Warren 1976). With V = 5.25 and the reddening as
determined before, we have AV = 0.33 and thus M v = −3.4 ± 0.3,
which we adopt for the remainder of this work.

According to de Zeeuw et al. (1999), the Hipparcos mean distance
of Lac OB1b is 358 ± 22 pc, which yields V − M v = 7.77 ±
0.13 mag. These authors note that this value is smaller than most
previous ones, for instance by −0.53 ± 0.33 mag from the one
by Crawford & Warren (1976). One possible reason for this result
could be a problem with systematic errors in Hipparcos parallaxes
(Pinsonneault et al. 1998).

Summarizing the temperature determinations quoted before, we
find T eff = 23 700 ± 1000 K for 12 Lac, quite similar to the results
by Dziembowski & Jerzykiewicz (1999, log T eff = 4.374 ± 0.020).
According to Flower (1996), this effective temperature corresponds
to a bolometric correction of BC = −2.28 ± 0.10 mag, and therefore
M bol = −5.7 ± 0.4 mag or log L = 4.18 ± 0.16.

The metal abundances derived for the star in the literature show
considerable scatter and we are unable to identify a best value.
Consequently, given the new solar abundances (Asplund et al. 2004),
we assume a metallicity of Z = 0.015 for 12 Lac. We show the
position of the star in a theoretical HR diagram in Fig. 3.

For the purpose of mode identification, we will therefore assume
that 12 Lac is an object of about 11.5 M� approaching the end of
its main-sequence life. We computed theoretical photometric ampli-
tudes of the 0 � � � 4 modes for models with masses between 10.5
and 12.5 M� in steps of 0.5 M�, a temperature range of 4.355 �
log T eff � 4.395 and a metallicity Z = 0.015. This approach is
similar to that by Balona & Evers (1999). Theoretical mode fre-
quencies between 4.0 and 7.6 cd−1 were considered, except for fre-
quency fA, for which a theoretical frequency range between 0.3 and
0.4 cd−1 was examined. We compare these theoretical photometric
amplitude ratios to the observed ones in Fig. 4 for the Strömgren
uvy filters. As we cannot be certain whether the signals f 3 + f A

and 2f 8 are independent modes or not, we include them in our
analysis.
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Figure 3. The position of 12 Lac in the theoretical HR diagram. Some
stellar evolutionary tracks, for a metal abundance of Z = 0.015, labelled
with their masses (full lines) are included for comparison. We also show
the theoretical borders of the β Cephei instability strip (Pamyatnykh 1999,
dashed–dotted line) for Z = 0.015, and the instability region for the Slowly
Pulsating B (SPB) stars (dotted line).

The five pulsations of highest amplitude can be easily identified
with their spherical degree; we see a mixture of �= 0 − 2 modes. For
the lower-amplitudes modes, the identifications become less certain,
but at least some possibilities can be eliminated. For instance, signal
f 9 = 6.702 cd−1 cannot be � = 2 or 4, but it also cannot be � = 0
either because its frequency ratio with the radial mode f 4 = 5.334
cd−1 is inconsistent with those for low-order radial modes. Because
of similar arguments with the frequency ratios, we can also reject
� = 0 identifications for f 3 + fA and f 10. The mode identifications
derived this way are listed in Table 3.

The observed amplitude ratios for the radial mode f 4 =
5.334 cd−1 are not well reproduced by theory. If we attempt to
constrain Z from the observed amplitude ratios, we can only obtain
a match if we require f 4 to be the fundamental radial mode. In that
case, Z > 0.02. The observed amplitude ratios cannot be reproduced
if f 4 was the first or second overtone (but it has to be a radial mode
in any case). We hasten to add that changing the metal abundance
will not significantly affect the theoretical amplitude ratios for the
nonradial modes within the parameter space under consideration,
hence it will not affect the � identifications for any other mode.

Finally, we also show a comparison of theoretical and observed
photometric amplitude ratios from our Geneva photometry, for the
four strongest modes of 12 Lac (Fig. 5). The mode identifications
derived from the uvy data are confirmed. For the lower-amplitude
modes, such a consistency check is no longer useful as the observed
Geneva amplitude ratios do not have sufficient accuracy because of
the small number of data points available in these filters.

5 D I S C U S S I O N

5.1 The independent pulsation modes

As mentioned in Section 1, two hypotheses to explain the pulsation
spectrum of 12 Lac seemed promising before our multisite cam-
paign took place: first, the presence of a rotationally split triplet
consisting of the modes ( f 1, f 3, f 4) and secondly, the presence

of the fundamental and first radial overtones (modes f 5, f 3). Our
mode identification allows us to judge these hypotheses: neither is
correct.

The suspected rotationally split structure consists of modes of
� = 1, 0, 2, and the suspected radial modes both turned out to be � =
2. Consequently, all previous attempts to understand the pulsation
spectrum of 12 Lac were not correct.

Fortunately, our mode identifications also resulted in the detection
of a radial mode (f 4). This will be particularly helpful for the aster-
oseismic interpretation of the pulsation spectrum of the star, since
the parameter space in the HR diagram where its seismic model
will be located is greatly reduced. On the other hand, none of the
other signals we detected occurs at a frequency indicative of another
radial mode, as estimated from their frequency ratios to f 4.

Two of the strongest modes of 12 Lac are � = 1. It is tempting
to suspect that these would be components of a rotationally split
multiplet. The location of the star in the HR diagram as inferred
above implies a radius of 7.0 ± 1.8 R�. Depending on whether the
two modes would be |m|= (0, 1) or m = (−1, 1), a rotational velocity
of 40 ± 10 or 20 ± 5 km s−1 can be inferred, assuming that this
splitting reflects that surface rotation period. The measured v sin i
of 12 Lac is 30 km s−1 (Abt, Levato & Grosso 2002), suggesting that
these � = 1 modes are more likely to be |m| = (0, 1). Spectroscopic
determination of the m values of at least the three strongest non-
radial modes would be extremely helpful for understanding this
pulsation spectrum of this star.

The frequency range spanned by the independent modes of 12 Lac
(between 4.241 and 7.407 cd−1) is fairly large, and corresponds to
three or four radial overtones. A similarly large range of excited
pulsation frequencies has been found for another β Cephei star,
ν Eri (e.g. see Jerzykiewicz et al. 2005), and could not be repro-
duced by standard theoretical models (Ausseloos et al. 2004; Pamy-
atnykh, Handler & Dziembowski 2004). Consequently, one could
suspect that there is a fundamental problem with our understanding
of pulsational driving in the β Cephei stars.

More interesting (and more likely) is the idea that the interior
chemical composition of the star is not homogeneous, a suggestion
first brought forward by Pamyatnykh et al. (2004). To drive all the
observed modes of ν Eri, these authors invoked an ad hoc increase of
the abundance of the iron-group elements by a factor of 4 in the pul-
sational driving region. It may be possible to reconcile pulsational
driving of 12 Lac in a similar way. Theoretical investigations of the
question whether or not diffusion can lead to the required increase
of heavy elements in the driving region while β Cephei stars are
still on the main sequence are currently underway (Bourge et al., in
preparation).

We also found a low-frequency signal in the light curves of
12 Lac. Its observed photometric amplitude ratios are consistent
with non-radial pulsation in a � = 1, 2 or 4 mode. On the other
hand, fA is the only signal in this frequency range and the position
of the star in the HR diagram is far away from the SPB star instability
strip (Fig. 3). Therefore we cannot be sure about the astrophysical
cause of this variation; it could, for instance, be due to rotational
modulation. However, in such a case the star would rotate rather fast
(v rot ∼ 120 km s−1, or v rot ∼ 60 km s−1, if the observed frequency
was the first harmonic of the rotation period) which seems unlikely
given its measured v sin i and the conjectured rotational splitting
within the modes of 12 Lac.

5.2 The combination frequencies–resonant mode coupling

We detected several interesting features in the amplitude spectrum
of 12 Lac concerning combination frequencies that prompted us to
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Figure 4. Mode identifications for 12 Lac from a comparison of observed and theoretical uvy amplitude ratios, normalized to unity at u. The filled circles with
error bars are the observed amplitude ratios. The full lines are theoretical predictions for radial modes, the dashed lines for dipole modes, the dashed–dotted
lines for quadrupole modes, the dotted lines for � = 3 modes, and the dashed–dot–dot–dotted lines are for � = 4. The thin error bars denote the uncertainties
in the theoretical amplitude ratios.

have a closer look at these signals. For instance, only combination
frequency sums were found; no frequency differences were detected.
If frequency differences originating from the same parents as the
observed frequency sums had the same amplitudes, three of them
should have been detected in our data. This is similar to what we
found for ν Eri (Handler et al. 2004).

The single low frequency fA is also involved in a combination
which resulted in a signal within the range where the intrinsic pul-
sation mode frequencies of 12 Lac are located. The amplitude of

this combination signal is unusually high and it is rather unexpected
that fA chose to combine with f3 only, and not with the highest am-
plitude mode f 1 or the radial mode f 4 which are involved in more
combinations than f3.

Quite interestingly as well, the low-amplitude signal f 8 was found
to have a harmonic of comparable amplitude, 2f 8, that could not be
identified with any other combination of parent frequencies. On the
other hand, 2f 8 may be an independent signal that just happens to
occur at the expected frequency of a harmonic. To shed more light
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Table 3. Mode identifications for 12 Lac
from our analysis of the photometric ampli-
tude ratios.

ID Frequency l
(cd−1)

f 1 5.179034 1
f 2 5.066346 1
f3 5.490167 2
f 4 5.334357 0
f 5 4.24062 2
fA 0.35529 1, 2 or 4
f 6 7.40705 1 or 2
f 7 5.30912 2 or 1 or 3
f 8 5.2162 4 or 2
f 9 6.7023 1
f 10 5.8341 1 or 2
f 3 + f A 5.84546 2 or 1
2 f 8 10.4324 1 or 2 or 3

on the nature of f 8 and its possible harmonic, we have constructed
its pulse shape. We pre-whitened the V filter data with all signals
but f 8 and 2f 8, and then phased the residuals with the parent fre-
quency. The resulting phase diagram is shown in Fig. 6. This graph
shows a clear double-wave pulse shape, which is unlike the ‘nor-
mal’ phase diagrams of stellar pulsations, although it should be noted
that some stars show similar (unphased) light curves (e.g. see Joshi
et al. 2003).

There are two interpretations for the occurrence of combination
frequencies: light-curve distortions and resonant-mode coupling.
Under the first hypothesis, the combinations are caused by the stel-
lar material being unable to respond totally elastically to the full
acceleration due to pulsation. It should result in combination fre-
quencies whose amplitudes scale with the product of their parent
modes and with their geometrical cancellation factors. The phases
of such combinations relative to those of their parents should also
be similar.

However, such relationships should in general not be followed by
modes excited by resonant-mode coupling (Dziembowski 1982). It

Figure 5. Identifications for the four strongest modes of 12 Lac from a comparison of observed and theoretical amplitude ratios in the Geneva system,
normalized to unity at U. The filled circles with error bars are the observed amplitude ratios. The full lines are theoretical predictions for radial modes, the
dashed lines for dipole modes, the dashed-dotted lines for quadrupole modes, the dotted lines for � = 3 modes and the dashed–dot–dot–dotted lines are for
� = 4. The thin error bars denote the uncertainties in the theoretical amplitude ratios.

Figure 6. Phase diagram for the signal at f 8 = 5.216 cd−1. The data are
summed into 25 equally sized bins for clarity of representation.

is the distinction between the hypotheses of light-curve distortion
and resonant mode coupling as the cause of combination frequencies
in the amplitude spectra of 12 Lac that we are trying to achieve here.

Consequently, we examined the relative amplitudes Aij/(Ai/Aj),
where Aij is the amplitude of the combination frequency and Ai and
Aj are the amplitudes of the parent modes, respectively, and phases
φ i j − (φ i + φ j ), where φ i j is the phase of the combination signal
and φ i and φ j are the phases of the parent modes of the first-order
combination frequency sums with respect to their parents. Such an
analysis has been successfully used by Vuille (2000) and Vuille &
Brassard (2000) for the pulsating white dwarf star G 29-38. We show
the relative amplitudes and phases of the combination frequencies
in Fig. 7.

Several interesting features can be noted in this graph. First, the
harmonic 2f 8 has a relative amplitude almost two orders of magni-
tude larger than the other combinations. The second largest relative
amplitude is due to f 3 + f A, still a factor of at least three larger
than the others.

Considering the relative phases, two combinations are again
markedly different from the others: f 3 + f A and 2f 1. The

C© 2005 The Authors. Journal compilation C© 2005 RAS, MNRAS 365, 327–338



336 G. Handler et al.

Figure 7. Relative amplitudes (upper panel) and phases (middle panel) of
the combination frequencies with respect to their parent modes. The dotted
line in the middle panel connects points of zero phase shift. The lower panel
shows the relative amplitudes versus relative phase. Note the logarithmic
scale for the relative amplitudes.

relative phase of 2f 1 indicates that the pulse shape of this mode has
a descending branch steeper than the rising branch, and that the light
maxima are flatter than the light minima. Given the small amplitude
of this harmonic, the effect is however minimal. In the remaining
cases, the relative phases of the combinations indicate a mixture of
different pulse shapes. Some have a rising branch steeper than the
descending branch (positive relative phase), some behave the op-
posite way (negative relative phase). Pulse shapes with descending
branches steeper than the rising branches are unusual for pulsat-
ing variables and have to our knowledge only been found in a few
δ Scuti stars (e.g. see Rodrı́guez et al. 1997; Musazzi et al.
1998).

The lowest panel of Fig. 7 shows the relative amplitudes with
respect to the relative phases. Again, 2f 8 and f 3 + f A stand out,
whereas the other combination frequencies seem to follow a trend.
Given that there is a 2π ambiguity in the determination of the relative
phases, f 3 + f A may actually follow this trend.

In any case, there are two parallel sequences of points along the
trend. Under the hypothesis of light-curve distortion, this can be
understood at least partly: as the spherical harmonic of these com-
binations is defined by the product of the spherical harmonics of
its parents, their photometric amplitudes are subject to geometrical
cancellation, including the effect of inclination. This is consistent
with the observations. Besides 2f 8 and f 3 + fA, the combina-
tions with the highest relative amplitude involve the radial mode
f 4, whereas the lower-amplitude combinations, which should have
higher spherical degree and thus suffer stronger geometrical cancel-
lation, are between non-radial modes.

Coming back to the nature of the unusual combination frequen-
cies, we have one more statement to make: if 2f 8 were an inde-
pendent mode, it would extend the domain of mode frequencies
considerably – and there is already a problem with driving the fre-
quency range spanned by the other modes!

For all the reasons given above, we can then only explain the oc-
currence of 2f 8 by non-linear mode coupling (Dziembowski 1982).
In other words, 2f 8 is pushed to visible amplitude via a 2:1 reso-
nance with f 8. This would explain the anomalously high amplitude
of 2f 8, and it would also give us further clues on pulsational mode
identifications. If f 8 were indeed due to an � = 4 mode, it would only
be able to interact with photometrically detectable modes of � = 0,
2, 4 with the 2:1 resonance (see Dziembowski 1982). Since we were
able to rule out � = 0 or 4 for 2f 8 (Fig. 4 and Table 3), it can only be
a quadrupole mode under this hypothesis. As the azimuthal order of
the resonantly excited oscillation must be twice the azimuthal order
of the exciting mode, we are only left with the identifications |m| =
0 or 1 for f 8 and |m| = 0 or 2 for 2f 8.

A similar situation was found for the β Cephei star KK Vel: its
strongest mode has � = 4, m = 0. This mode shows a harmonic
whose photometric amplitude ratios are consistent with � = 0 (see
the discussion by Aerts, Waelkens & de Pauw 1994).

We note in passing that the low photometric amplitude of f 8

is not an argument against it being able to excite another mode
via resonant-mode coupling: geometrical cancellation reduces the
amplitude of an �=4 mode by one order of magnitude more than that
of an � = 2 mode (Daszyńska-Daszkiewicz et al. 2002). Therefore,
the intrinsic amplitude of f 8 would be about a factor of 10 higher
than that of 2f 8.

Concerning f 3 + f A, we are less certain if it would also be
resonantly excited. Its properties are not as extreme as those of
2f 8, although its amplitude is still unusually high. We would just
like to conclude with another speculation: maybe it is not f 3 +
f A that is a resonantly excited mode. The occurrence of a single
self-excited mode at a low frequency is also not easy to understand.
Consequently, it can be hypothesized that in fact fA is resonantly
excited by f3 and by an independent mode at f 3 + f A.

The behaviour of all the other combination frequencies is con-
sistent with the hypothesis of light-curve distortion, including
f 1 + f 4 that has previously been suggested to be a resonantly excited
mode (Aerts 1996).

6 C O N C L U S I O N S

The analysis of our extensive photometric observations of the
β Cephei star 12 Lac had a number of interesting surprises to offer.
We added five new independent modes to the five already known,
which may suffice for asteroseismic modelling of the stellar inte-
rior. In particular, one radial mode has been found, which is of great
benefit in restricting the parameter space in which a seismic model
is to be located.
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Our mode identifications showed that the previously suspected
rotationally split mode triplet was pure coincidence; it actually con-
sists of three modes of different spherical degree. In this context,
it is interesting to note that the δ Scuti star 1 Mon also exhibits
an equally spaced frequency triplet (Shobbrook & Stobie 1974),
but that the central triplet component is a radial mode (Balona
& Stobie 1980; Balona et al. 2001), the same situation as found
here.

The two pulsation modes of 12 Lac that were suspected to be radial
from their frequency ratio both turned out to be non-radial. These
results are a warning against performing mode identification by just
looking for ‘suspicious’ structures within the pulsation modes, such
as equally spaced frequencies, and against mode identification by
‘magic numbers’ such as the expected frequency ratios of radial
modes.

The mode spectrum of 12 Lac consists of a mixture of pulsation
modes with spherical degrees between 0 and 4 over a large range of
radial overtones. This is good and bad news for asteroseismology.
The good news is that many modes that sample different regions
of the stellar interior are potentially available. On the other hand,
pulsational mode identification becomes more difficult as the ratio
between the number of observed and theoretically predicted modes
is smaller compared to other β Cephei stars. A unique identifica-
tion of all detected pulsation modes is therefore not possible from
photometry only.

We must therefore put our hopes on to the spectroscopic mode
identifications to follow. Spectroscopic techniques can reveal the
azimuthal order of the modes, making them complementary to
the photometric method. During a spectroscopic analysis, it is pos-
sible to fix the spherical degree of the modes to the values following
from unique photometric identifications and to only derive m from
the spectroscopy. Such an approach is probably more robust com-
pared to having to identify both � and m from spectroscopy, and was
already successful in the case of θ Oph (Briquet et al. 2005).

Another interesting result from our study is the detection of a
signal that could correspond to a linearly stable mode excited by a 2:1
resonance via non-linear mode coupling. This is probably the best
case for such a mode to be present in a main-sequence pulsator, and it
can further be tested by deriving more stringent mode identifications
from an even larger set of photometric measurements. In addition,
it may be possible to infer the inclination of the pulsation axis of
the star from the relative amplitudes of the ‘normal’ combination
frequencies.

Finally, we pointed out that the range of excited pulsation fre-
quencies of 12 Lac may be larger than reproducible by standard
models. We therefore suspect that the interior chemical structure
of the star is not homogeneous and that there is probably an in-
creased heavy element abundance near the pulsational driving zone
due to diffusion, as was already postulated by Pamyatnykh et al.
(2004) for ν Eri. Such an interior compositional stratification could
also explain the presence of β Cephei stars in the Large Magellonic
Cloud (Kolaczkowski et al. 2004).
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ABSTRACT
We have carried out single and multisite photometry of the three β Cephei stars β and 15
CMa as well as KZ Mus. For the two stars in CMa, we obtained 270 h of measurement in the
Strömgren uvy and Johnson V filters, while 150 h of time-resolved Strömgren uvy photometry
was acquired for KZ Mus. All three stars are multiperiodic variables, with three (β CMa) and
four (15 CMa, KZ Mus) independent pulsation modes. Two of the mode frequencies of 15 CMa
are new discoveries and one of the known modes showed amplitude variations over the last 33 yr.
Taken together, this fully explains the diverse behaviour of the star reported in the literature.

Mode identification by means of the amplitude ratios in the different passbands suggests one
radial mode for each star. In addition, β CMa has a dominant � = 2 mode while its third mode is
non-radial with unknown �. The non-radial modes of 15 CMa, which are � � 3, form an almost
equally split triplet that, if physical, would imply that we see the star under an inclination angle
larger than 55◦. The strongest non-radial mode of KZ Mus is � = 2, followed by the radial
mode and a dipole mode. Its weakest known mode is non-radial with unknown �, confirming
previous mode identifications for the pulsations of the star.

The phased light curve for the strongest mode of 15 CMa has a descending branch steeper
than the rising branch. A stillstand phenomenon during the rise to maximum light is indicated.
Given the low photometric amplitude of this non-radial mode this is at first sight surprising,
but it can be explained by the aspect angle of the mode.

Keywords: stars: early-type – stars: individual: β CMa – stars: individual: 15 CMa – stars:
individual: KZ Mus – stars: oscillations – stars: variables: other.

1 I N T RO D U C T I O N

The β Cephei stars are a group of early B-type stars with masses
between 9 and 17 M� that exhibit light, radial velocity and line-
profile variability on time-scales between 2 and 8 h (Stankov &
Handler 2005). The cause of their variability is pulsation in pressure
and gravity modes of low radial order. About 110 definite members
of this group are known in our Galaxy (Handler 2005; Pigulski 2005;
Stankov & Handler 2005), but a large number of candidates was also
revealed in the Large Magellanic Cloud (Ko�laczkowski et al. 2004).

One of the major astrophysical applications of the β Cephei stars
is asteroseismology, the determination of the interior structure of
pulsating stars via theoretical modelling of their normal-mode spec-
tra. All main-sequence pulsators more massive than the Sun that
have been studied asteroseismically so far, and where unambiguous

�E-mail: rshob@tpg.com.au (RRS); handler@astro.univie.ac.at (GH);
lorenz@astro.univie.ac.at (DL); dipsymogorosi@hotmail.com (DM).

results on stellar structure could be obtained (e.g. see Pamyatnykh,
Handler & Dziembowski 2004), belong to the β Cephei stars.

The main prerequisite for an asteroseismic study is that a number
of pulsation modes large enough is known to remove any ambiguities
concerning the position of the star in the Hertzsprung–Russell (HR)
diagram, and that these modes are unambiguously identified with
their pulsational quantum numbers, k, the radial overtone of the
mode, the spherical degree�, and the azimuthal order m. Even among
the β Cephei stars, such objects are not easy to find, which can often
be traced to insufficient data that are incapable of providing the
required mode frequency resolution and number of mode detections.

Consequently, it is worthwhile to select potentially promising
targets and to obtain reasonably large amounts of time-resolved
photometric and/or spectroscopic data so that a reliable assessment
of their asteroseismic promise can be made. For the present work,
we have chosen three stars that seemed to justify such an effort.

The conspicuous naked-eye star (V = 1.98) β CMa is known as
a radial-velocity variable for more than a hundred years (see Struve
1950). Shobbrook (1973a) obtained the first extensive photometric
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data set for this star and analysed it together with the radial ve-
locities previously published. He found three pulsation periods for
the star, and suggested that all of them changed somewhat over the
years. As his measurements were taken in the V filter only, no pho-
tometric mode identification could be made, but the different light-
to-radial-velocity amplitudes of the two strongest modes noticed by
Shobbrook (1973a) suggest that they have different �. However, we
should note that this conclusion is based on the assumption that both
modes had the same intrinsic amplitude at the different epochs of
the photometric and spectroscopic measurements.

15 CMa (V = 4.80) shows notoriously difficult variability ac-
cording to the literature. This began with the first claim of its radial
velocity variability (Campbell 1911) that was later retracted (Moore
1936). Among the successive studies of its variability, the photomet-
ric investigation by Shobbrook (1973b) was the most extensive. He
identified the period of the dominant variation in his light curves,
and noted its non-sinusoidal shape, but could not push the analy-
sis further. Heynderickx (1992) suggested the presence of at least
two pulsation modes, which were later identified with � = 2 and 0,
respectively, on the basis of multicolour photometry (Heynderickx,
Waelkens & Smeyers 1994).

KZ Mus (V = 9.1) has been studied during a two-site photometric
effort by Handler et al. (2003). These authors also review the (short)
history of the investigations of its variability. They found four in-
dependent modes in the stellar light variations, where the strongest
of these have � = 2, 0 and 1, respectively, and the radial mode is
either the fundamental or the first overtone. The presence of addi-
tional pulsation modes was suspected by Handler et al. (2003), who
also pointed out the importance of an identification of the spherical
degree of the fourth known mode.

2 O B S E RVAT I O N S A N D R E D U C T I O N S

We acquired time-resolved differential photoelectric photometry of
all the three targets. The bright stars β and 15 CMa were measured
with respect to the comparison stars HR 2271 (V = 5.8, B3II/III)
and 17 CMa (V = 5.8, A2V), that were observed alternating with
the targets. No evidence for variability of the latter two stars within
a limit of 1.5 mmag was found.

This group of four stars was observed from three observatories
in the time-span in 2004 November to 2005 February. 35 nights of
Strömgren uvy data were obtained at Siding Spring Observatory,
Australia, with the 0.6-m telescope. 18 nights were acquired with
the 0.5-m telescope at the South African Astronomical Observatory.
The Johnson V filter was used for the first five nights; the remaining
13 nights consist of Strömgren uvy data, but the u filter was not
used for β CMa at this site. Finally, 10 nights of measurement were
performed with the 0.75-m Automated Photometric Telescope T6
at Fairborn Observatory, USA, again using Strömgren uvy filters.
Neutral density filters were used in all cases to avoid photomultiplier
destruction, owing to the extreme brightness of β CMa; the same
neutral density filters were applied to all stars at each site. The total of
63 nights of observation has a time-base of 111.95 d, corresponding
to 272.7 h of measurements of β CMa and 265.4 h of measurements
for 15 CMa, respectively.

KZ Mus was measured with the same observational technique.
The comparison stars were HD 110022 (V = 7.8, B8III/IV), which
was replaced by HD 109082 (V = 8.1, B9IV) after the first few
nights when we found evidence for variability of the former object.
The second comparison star was HD 111876 (V = 7.1, B9.5/A0V).
HD 109082 was constant during the observations. However, HD

111876 showed a small (∼0.01 mag in all three filters) mean mag-
nitude drift during the total time-span of observations.

This group of stars was observed from 2005 March to 2005 June,
but with the 0.6-m telescope at Siding Spring Observatory only. Data
were acquired during 27 nights, giving a total time-span of 98.9 d,
and 154.3 h of measurement resulted. Again the Strömgren uvy fil-
ters were used, but no neutral density filters had to be employed.

Data reduction comprised a correction for coincidence losses,
subtraction of sky background and extinction determination and
correction. Whenever possible, nightly extinction coefficients were
determined with the classical Bouguer method (fitting a straight line
to a plot of magnitude versus airmass) from the measurements of the
two comparison stars. For the remaining nights, mean coefficients
from the adjoining nights were used.

The magnitudes of the comparison stars were adjusted to their
mean differences, and were then combined into a curve that was
assumed to reflect the effects of sky transparency and detector sen-
sitivity changes only. Subsequently, these combined time series were
binned into intervals that would allow good compensation for the
above-mentioned non-intrinsic variations in the target star time se-
ries and were subtracted from the measurements of the variables.
The binning minimizes the introduction of noise in the differential
light curves of the targets.

The timings for the differential light curves were heliocentrically
corrected as the next step. Finally, the photometric zero-points of
the different instruments were compared between the different sites
and were adjusted if necessary. Measurements in the Strömgren y
and Johnson V filters were treated as equivalent due to the simi-
lar effective wavelengths of these filters, and were analysed jointly
after a correction for differential colour extinction in V . Some ex-
ample light curves of our three targets together with multifrequency
solutions to be discussed in the following are shown in Figs 1–3,
respectively.

3 F R E QU E N C Y A NA LY S I S

Our frequency analysis was mainly performed with the program
PERIOD98 (Sperl 1998). This package applies to single-frequency
power spectrum analysis and simultaneous multifrequency sine-
wave fitting. It also includes advanced options such as the calcu-
lation of optimal light-curve fits for multiperiodic signals including
harmonic, combination, and equally spaced frequencies. Our anal-
ysis will require some of these features.

3.1 β CMa

We started by computing the Fourier spectral window of the u
filter data. It was calculated as the Fourier transform of a single
noise-free sinusoid with a frequency of 3.979 cycles per day (cd−1)
(the strongest pulsational signal of β CMa) and an amplitude of
12 mmag, sampled in the same way as our measurements. The up-
per panel of Fig. 4 contains the result. The alias structures in this
window are sufficiently suppressed to allow easy and unique deter-
minations of the frequencies of the stellar light variations.

We proceeded to compute the amplitude spectra of the data them-
selves (second panel of Fig. 4). The signal designated f 1 dominates.
We pre-whitened it by subtracting a synthetic sinusoidal light curve
with a frequency, amplitude and phase that yielded the smallest pos-
sible residual variance. We then computed the amplitude spectrum
of the residual light curve, which is shown in the third panel of
Fig. 4.
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Figure 1. Some of our observed light curves of β CMa. Plus signs are data
in the Strömgren u filter, open circles are our v measurements and filled
circles represent Strömgren y data. The full line is a fit composed of all
the periodicities detected in the light curves (Table 2). The amount of data
displayed is approximately one-third of the total.

A second signal (f 2) can clearly be seen in this graph. Pre-
whitening it leaves no further significant periodicities in the u data
alone. At this stage, we pre-whitened the data from the v and y fil-
ters by the f 1 and f 2 frequencies, then combined these residuals with
those from the u filter data divided by 1.2. This 1.2 factor scales the
u data to the same amplitude as that found for f 1 in the v and y data.
This procedure is valid because the light curves of β Cephei stars
have the same phase at all optical wavelengths.

The residual amplitude spectrum of the uvy data combined in this
way is shown in the lowest panel of Fig. 4. We note the presence
of another signal, f 3, and include it in our frequency solution for
β CMa. Pre-whitening by this variation as well, we find no further
significant periodicity in our combined residual amplitude spectrum.

We consider an independent peak statistically significant if it
exceeds an amplitude signal-to-noise ratio (S/N) of 4 in the peri-
odogram; combination signals must satisfy S/N > 3.5 to be regarded
as significant (see Breger et al. 1993, 1999; for a more in-depth
discussion of this criterion). The noise level was calculated as the
average amplitude in a 5 cd−1 interval centred on the frequency of
interest.

We are now in a position to determine a final multifrequency
solution for our light curves of β CMa. To this end, we first computed

Figure 2. Some of our observed light curves of 15 CMa. Plus signs are data
in the Strömgren u filter, open circles are our v measurements and filled
circles represent Strömgren y data. The full line is a fit composed of all
the periodicities detected in the light curves (Table 3). The amount of data
displayed is approximately one-third of the total.

a weighted average for the frequencies derived from the data of the
individual filters, where the weight corresponded to the S/N of the
signals. The results were adopted as our final frequency values. We
then fitted these frequencies to the uvy data and determined their
amplitudes and phases (that were, as assumed previously, found to
be the same for all filters within the errors). The final solution is
listed in the upper part of Table 1.

The error estimates we give are the formal values for the ampli-
tudes (Montgomery & O’Donoghue 1999). We note that such formal
error bars are expected to underestimate the real errors by about a
factor of 2 (Handler et al. 2000; Jerzykiewicz et al. 2005). For the
frequencies themselves, we computed both the formal errors, and
the deviation of the mean of the values from the individual filters;
we then adopted the larger of the two values. For frequencies f 1 and
f 3 the two results agreed quite well (within 10 per cent). However,
the error of the mean was a factor of 2 larger for f 2.

This result can be easily understood: within the time-span of our
data, f 2 is not fully resolved from a possible variation of 4 cycles
per sidereal day. Such a variation could be present in our light curves
due to residual (colour) extinction effects, despite our careful data
reduction. This interpretation is supported by the observation that
the value of f 2 is closest to 4 cycles per sidereal day in the u band
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Figure 3. Some of our observed light curves of KZ Mus. Plus signs are
data in the Strömgren u filter, open circles are our v measurements and filled
circles represent Strömgren y data. The full line is a fit composed of all
the periodicities detected in the light curves (Table 4). The amount of data
displayed is approximately half the total.

where possible residual extinction effects are expected to be largest.
We must therefore be careful in the interpretation of the frequency
and uvy amplitudes of f 2.

3.1.1 Reanalysis of archival data

One of us (RRS) has digitized his archival V filter photometry of
β and 15 CMa taken in the early 1970s. We can therefore analyse
these measurements with our frequency analysis methods, allowing
a direct comparison of the results.

For β CMa we confirm the findings by Shobbrook (1973a; see
lower part of Table 1): we obtain the same three frequencies as he
did. Given the probable underestimation of the real errors of the fre-
quencies and amplitudes (especially for mode f 2), we are reluctant
to claim the presence of amplitude and/or frequency variability for
the star.

On the other hand, we note that there seems to be some low-
frequency variability, for which we are unable to determine a period,
remaining in the residuals, similar to what can be discerned in the
lowest panel of Fig. 4. We find this behaviour in all independent
data sets we have for β CMa, but not in the differential light curve
of the two comparison stars. Because we can exclude an extinction
effect for its origin, we are inclined to believe that this variation is
intrinsic to our target star.

We attempted to obtain an improved frequency solution and to
check for amplitude and frequency variability of the stellar pulsa-
tion modes by analysing the combined visual photometric data by
Shobbrook (1973a), Balona et al. (1996) and the HIPPARCOS satel-
lite (ESA 1997) together with our measurements. Regrettably, the
amount and temporal separation of the data render this investiga-
tion inconclusive: we derive a best-fitting frequency for the strongest
mode of 3.979 3334 ± 0.000 0009 cd−1 that is slightly variable in
amplitude and phase, but we cannot be certain whether or not this is a

Figure 4. Amplitude spectra of β CMa. The uppermost panel shows the
spectral window of the data, followed by the periodogram of the data. Suc-
cessive pre-whitening steps are shown in the following panels; note their
different ordinate scales.

numerical artefact due to beating with the close mode at 3.9994 cd−1

when unresolved in certain subsets of data.

3.2 15 CMa

The frequency analysis for this star was carried out in a similar way
as that for β CMa and is illustrated in Fig. 5. This time we use the
v data for display as they resulted in the light curves of best S/N. In
the case of 15 CMa, the spectral window had a single noise-free

Table 1. Multifrequency solutions for photometric data of β CMa. Error
estimates (following Montgomery & O’Donoghue 1999) on the amplitudes
are ±0.4 mmag in u and ±0.3 mmag in v and y, respectively. The S/N ratio
was computed following Breger et al. (1993) and is quoted for the v filter.

ID Frequency u amplitude v amplitude y amplitude S/N
(cd−1) (mmag) (mmag) (mmag)

New photometry

f 1 3.9793 ± 0.0001 12.0 10.6 10.0 25.5
f 2 3.9994 ± 0.0007 3.8 1.7 1.3 4.1
f 3 4.1857 ± 0.0007 1.7 1.7 1.4 4.2

Archival data

f 1 3.9792 ± 0.0001 10.3 (V) 28.5
f 2 3.9999 ± 0.0007 1.9 (V) 5.2
f 3 4.1821 ± 0.0009 1.4 (V) 4.0
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Figure 5. Amplitude spectra of 15 CMa. The uppermost panel shows the
spectral window of the data, followed by the periodogram of the data. Suc-
cessive pre-whitening steps are shown in the following panels; note their
different ordinate scales.

sinusoid with a frequency of 5.419 cd−1 and an amplitude of
5.4 mmag as input (upper panel of Fig. 5). The amplitude spec-
trum of the data themselves (second panel) already makes it clear
that more than one frequency is present in the light curves. Pre-
whitening the strongest signal (f 1) leaves two conspicuous peaks in
the residual amplitude spectrum. One of these is the first harmonic
of f 1. Further pre-whitening with these three signals indicates the
presence of another periodicity, and pre-whitening that one as well
reveals a fourth independent frequency in the light curves. Pushing
the analysis further, also by combining the residuals for the u, v

and y data, as we did for β CMa, did not result in the detection of
additional periodicities.

The final multifrequency solution for 15 CMa was determined in
the same way as for β CMa: by computing S/N-weighted averages
of the frequencies determined from the data of the individual filters.
We note that, for reasons of better accuracy, we fixed the frequency
of the harmonic signal to exactly twice the value of the parent mode
with PERIOD98.

We then recomputed the uvy amplitudes with these ‘best’ frequen-
cies and list the result in Table 2. Again, the adopted error estimates
on the frequencies correspond to the larger of the two values de-
rived from analytic formulae and rms deviations of the mean of the
frequencies.

Table 2. Multifrequency solution for time-resolved photometric data of 15
CMa. Error estimates (following Montgomery & O’Donoghue 1999) on the
amplitudes are ±0.3 mmag in u and ±0.2 mmag in v and y, respectively. The
S/N ratio was computed following Breger et al. (1993, 1999) and is quoted
for the v data.

ID Frequency u amplitude v amplitude y amplitude S/N
(cd−1) (mmag) (mmag) (mmag)

New photometry

f 1 5.4187 ± 0.0002 6.2 5.4 4.6 16.0
f 2 5.1831 ± 0.0003 5.4 3.9 2.9 11.2
2f 1 10.8374 2.4 2.1 2.1 7.2
f 3 5.5212 ± 0.0008 2.0 1.6 1.3 4.7
f 4 5.3085 ± 0.0012 1.6 1.4 1.1 4.2

Archival data

f 1 5.4180 ± 0.0003 4.8 (V) 12.3
2f 1 10.8359 1.9 (V) 6.2
f 2 5.1845 ± 0.0009 1.5 (V) 3.8
f 3 5.5253 ± 0.0007 1.9 (V) 4.9
f 4 5.3103 ± 0.0008 1.6 (V) 4.3

3.2.1 Reanalysis of archival data

We analysed the V measurements of 15 CMa by Shobbrook (1973b;
also digitized by RRS), who also detected our signal f 1 and its first
harmonic. However, he could not continue to search for further
frequencies because the residual amplitude spectrum was too com-
plicated.

Thanks to our multisite measurements, we know four pulsation
frequencies of the star without aliasing ambiguities, and we can
use this information in our reanalysis. This helps us to solve the
puzzle that the data by Shobbrook (1973b) provided: we first detect
f 1 and its harmonic. The three other frequencies detected in our
new measurements are also present in the older photometry, and all
three are required to explain the observations, as proven by different
pre-whitening trials. We list the result of this analysis in the lower
part of Table 2. We point out that f 2 has an S/N below 4, but since it
is known to be an intrinsic signal from our new measurements, we
only require S/N > 3.5 to accept this frequency as real in the old
data.

In this case, f 2 can be safely claimed as having varied in ampli-
tude, whereas no such statement can be made for the other signals.
In this context, it is interesting to revisit the discussion of the Geneva
data by Heynderickx (1992), who also observed 15 CMa. He de-
tected our f 1 and its harmonic, but then encountered two closely
spaced signals around f 2, where the frequency difference of these
signals is close to the inverse time-span of his data set. Conse-
quently, it can be suspected that these two apparent signals near f 2

could in fact be due to a single mode with amplitude variability dur-
ing Heynderickx’s observations. We note that an attempt to refine
the pulsation frequencies of the star by analysing the measurements
by Shobbrook (1973b) and the HIPPARCOS satellite (ESA 1997)
together with ours did not bear fruit due to aliasing problems.

We also note that, just as for β CMa, some slow aperiodic vari-
ability seems to be left in the residuals of both the archival and the
new measurements. This slow variability is not correlated with the
one of β CMa (neither in the old nor in the new data), which is
further support for the idea that it is intrinsic to the stars and is not
an instrumental effect.
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Figure 6. Phase diagram of light curves of 15 CMa with respect to f 1

(full dots), compared to a fit computed with f 1 and 2f 1. Two cycles of the
variation are shown. The rising branch of this light variation is flatter than
the descending branch, and there seems evidence for a stillstand before light
maximum.

3.2.2 The light-curve shape of f 1

The amplitude of the harmonic frequency of f 1 is unusually high
given the amplitude of the independent mode to which it is con-
nected. We have therefore examined the shape of the light curve
due to this mode. We fitted the five known frequencies of 15 CMa
to the archival data and to our new measurements and then pre-
whitened the fit composed of the resulting parameters for f 2, f 3

and f 4. We then phased the residuals with f 1 and show the results
in Fig. 6.

The phase diagrams obtained in this way appear odd for a pul-
sating star: the rising branch of the light curve is less steep than the
descending branch. When computing a fit to these phase diagrams
composed of f 1 and 2f 1, or when averaging the two-phase diagrams,
it even seems possible that there is a ‘stillstand’ phenomenon in the
rising branch. We would however like to see more data on the star
before coming to a definite conclusion on this matter.

It is interesting to note that the scatter in the two-phase diagrams
are very similar: although smaller in number, the precision of the
measurements taken in the 1970s is slightly better than that of our
present data.

3.3 KZ Mus

The frequency analysis for this star was carried out in a similar
fashion as for the others. We determined individual frequencies
step-by-step and found four independent modes (see Fig. 7) plus
three combination frequencies. Again, the frequencies were first
determined for each individual filter, using PERIOD98 to fix the fre-
quencies of combination signals to the exact sums predicted by those
of parent modes. Then, S/N-weighted averages of the frequencies
determined from the data of the individual filters were computed and

Figure 7. Amplitude spectra of KZ Mus. The uppermost panel shows the
spectral window of the data, followed by the periodogram of the data. Suc-
cessive pre-whitening steps are shown in the following panels; note their
different ordinate scales.

adopted as our final frequency values. Our multifrequency solution
obtained this way is listed in Table 3.

Comparing our results to those by Handler et al. (2003), we cannot
find significant evidence for amplitude or frequency variability, but
we do note the occurrence of a new combination frequency, f 1 +
f 3. This signal is actually present in the older measurements, but we
were not convinced about its reality during the previous analysis.

On the other hand, the combination signal f 2 − f 1 detected by
Handler et al. (2003) is not present in our new measurements. This
is likely due to the increased low-frequency noise in the new data
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Table 3. Multifrequency solution for our new time-resolved photometry of
KZ Mus. Error estimates (following Montgomery & O’Donoghue 1999) on
the amplitudes are ±0.4 mmag in u and v, and ±0.3 mmag in y. The S/N
ratio was computed following Breger et al. (1993, 1999) and is quoted for
the u-filter data.

ID Frequency u amplitude v amplitude y amplitude S/N
(cd−1) (mmag) (mmag) (mmag)

f 1 5.864 00 ± 0.000 04 47.2 41.0 38.4 85.4
f 2 5.950 59 ± 0.000 07 35.0 20.6 17.3 63.4
f 3 6.187 74 ± 0.000 13 16.1 12.4 11.6 29.3
f 4 5.7094 ± 0.0005 4.0 3.2 3.6 7.1
f 1 + f 2 11.814 59 1.7 1.7 1.7 3.2
f 1 + f 3 12.051 74 2.3 1.8 1.7 4.3
2f 2 11.901 18 2.2 1.6 1.8 4.1

caused by the variability of the comparison star HD 111876, which
we were not able to remove satisfactorily.

3.3.1 Refining the determination of the pulsation frequencies

Although the photometry by Handler et al. (2003) was taken 3 yr
before the measurements presented in this paper, the frequency de-
terminations of both works are accurate enough that we can link the
previous V and the present y data to obtain more accurate pulsation
frequencies. The effective wavelengths of these two bands are also
sufficiently similar to render such an approach valid.

Consequently, we performed a joint frequency analysis with PE-
RIOD98, where we could also reveal the presence of one more combi-
nation signal. The result is given in Table 4. We have confirmed that
the frequencies of the three strongest modes and their combination
frequencies are alias-free by including the HIPPARCOS photome-
try of the star (ESA 1997) as well. We could not make a similar
check for mode f 4 due to its low amplitude. In any case, the residual
amplitude spectrum after pre-whitening our joint solution contains
no evidence that measurable amplitude or frequency variations have
occurred within the 3.4-yr time-base of our observations. We have
also determined the Strömgren v amplitudes given this frequency
solution for the combined 2002 and 2005 data. However, we could
not do the same for the Johnson U and Strömgren u bands because
their wavelength responses are sufficiently different that the calcu-
lated amplitudes of the strongest modes do not correspond within
the errors.

Table 4. Multifrequency solution for the combined ground-based time-
resolved V and y, as well as v photometry of KZ Mus. The error estimates
(Montgomery & O’Donoghue 1999) on the amplitudes are ±0.2 mmag.
The S/N ratio was computed following Breger et al. (1993, 1999).

ID Frequency v amplitude V or y amplitude S/N
(cd−1) (mmag) (mmag)

f 1 5.864 016 ± 0.000 005 41.2 38.4 109.5
f 2 5.950 693 ± 0.000 011 20.4 16.5 47.2
f 3 6.187 472 ± 0.000 016 12.3 10.9 31.4
f 4 5.709 35 ± 0.000 06 3.1 3.0 8.4
f 1 + f 2 11.814 709 1.9 1.9 6.2
2f 2 11.901 386 1.5 1.5 5.0
f 1 + f 3 12.051 489 1.3 1.3 4.4
f 2 + f 3 12.138 165 1.2 1.2 4.0

4 M O D E I D E N T I F I C AT I O N

The spherical degree � of the pulsation modes of our three target
stars can be identified by comparing their observed uvy amplitudes
with those predicted by theoretical models. Required input for these
models are the mass and effective temperature of the stars, from
which their luminosity obviously follows as well.

For KZ Mus, we simply adopt the values given by Handler et al.
(2003), who derived T eff = 26 000 ± 700 K and log L/L� = 4.22 ±
0.20. For the two stars in Canis Major, the calibrations by Crawford
(1978) applied to the standard Strömgren photometry by Crawford,
Barnes & Golson (1970) results in E(b − y) = 0.027 for β CMa
and E(b − y) = 0.031 for 15 CMa, respectively. The Strömgren
system calibration by Napiwotzki, Schönberner & Wenske (1993)
then yields T eff = 25 600 ± 1000 K for β CMa and T eff = 26 300 ±
1000 K for 15 CMa.

With the Geneva colour indices of the two stars obtained from
the Lausanne Photometric Database, the calibrations by Künzli et al.
(1997) provide T eff = 25 100 ± 1100 K and log g = 3.3 ± 0.6 for
β CMa, and T eff = 26 000 ± 1500 K and log g = 3.8 ± 0.6 for 15
CMa.

The analysis of International Ultraviolet Explorer spectra of a
number of β Cephei stars by Niemczura & Daszyńska-Daszkiewicz
(2005) results in T eff = 24 700 ± 800 K and log g = 3.74 for β CMa
and T eff = 24 600 ± 1000 K and log g = 3.81 for 15 CMa.

The HIPPARCOS parallax of β CMa is 6.53 ± 0.66 mas. With
V = 1.98 and the reddening as determined before, we obtain
M v = −4.1 ± 0.2. The parallax of 15 CMa (2.02 ± 0.70 mas)
is too inaccurate to be useful. However, 15 CMa is a member of
the young open cluster Collinder 121, whose distance was deter-
mined as 592 ± 28 pc (de Zeeuw et al. 1999), which is in reason-
able agreement with the usually quoted distance to the cluster in
the pre-HIPPARCOS era, 630 pc (Feinstein 1967). Using the most
recent distance to Collinder 121, we determine M v = −4.2 ± 0.2
for this star, given that V = 4.80 and again adopting the amount of
reddening suggested by Strömgren photometry.

Summarizing the temperature determinations quoted before, we
arrive at final values of T eff = 25 100 ± 1200 K for β CMa
and 25 600 ± 1200 K for 15 CMa. According to Flower (1996),
these effective temperatures correspond to bolometric corrections
of BC = −2.2 ± 0.3 mag and BC = −2.3 ± 0.4 mag, respectively.
Consequently, the bolometric luminosities of the two stars are
−6.3 ± 0.4 mag (β CMa) and −6.5 ± 0.4 mag (15 CMa),
respectively.

Fig. 8 shows the positions of our three targets in a theoretical HR
diagram. The two stars in Canis Major have very similar properties
there, indicating that both are massive and are approaching the end
of their main-sequence life. This is somewhat in contrast with their
distinctly different pulsation periods. KZ Mus appears to just have
entered the instability strip and has lower mass than the two other
pulsators.

For the purpose of mode identification, we computed theoreti-
cal photometric uvy amplitudes for the 0 � � � 4 modes of mod-
els with masses between 13.0 and 16.0 M� in steps of 1.0 M�,
and in a temperature range of 4.38 � log T eff � 4.43 for β and
15 CMa. For KZ Mus, we investigated a range of 11.5–14.0 M� in
steps of 0.5 M�, and 4.395 � log T eff � 4.435, therefore applying
a generous interpretation of the derived error bars. All models had
an assumed metallicity of Z = 0.02. This approach is similar to that
by Balona & Evers (1999).

Theoretical mode frequencies between 3.7 and 4.5 cd−1 were
considered for β CMa, between 4.8 and 5.9 cd−1 for 15 CMa and
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Figure 8. The positions of our three targets in the theoretical HR diagram.
The filled circle denotes KZ Mus, the star symbol is for β CMa, and the open
circle represents 15 CMa. Error estimates on the effective temperatures and
luminosities of the stars are indicated. Some stellar evolutionary tracks, for
a metal abundance of Z = 0.02, labelled with their masses (full lines) are
included for comparison. We also show the theoretical borders of the β

Cephei instability strip (Pamyatnykh 1999; dashed–dotted line).

between 5.4 and 6.5 cd−1 for KZ Mus. The frequency ranges cho-
sen are somewhat larger than the ones excited in the stars to allow
for some rotational m-mode splitting. We compare the theoretical
photometric amplitude ratios to the observed ones in Figs 9–11 for
all independent modes of all three stars.

Starting with β CMa, it is clear that its strongest mode has a spher-
ical degree of � = 2. The second mode seems radial, although its
measured amplitude versus wavelength dependence is considerably
steeper than theoretically predicted. However, we believe that this is
caused by problems with differential colour extinction, which artifi-
cially increases the measured u amplitude, as discussed in Section 3.
In any case, no mode identification other than � = 0 is possible for
this mode. The lowest-amplitude pulsation mode is non-radial, but
its spherical degree cannot be constrained due to its small amplitude.

Continuing with 15 CMa, we see that the strongest mode is non-
radial with � = 1, 2 or 3, but no distinction between these hypotheses
can be made. The second strongest mode is most likely radial, and no
mode identification is possible for the two weakest modes. However,
due to their proximity to the radial mode in frequency, they must be
non-radial.

Turning to KZ Mus, one immediately sees that its strongest mode
is � = 2. The second strongest mode is suggested to be radial, al-
though again the observed amplitude ratios indicate a steeper wave-
length dependence of the amplitudes than theoretically predicted.
The third mode of KZ Mus is a dipole, � = 1, and the fourth is
non-radial. These results are in perfect agreement with the mode
identifications by Handler et al. (2003).

5 D I S C U S S I O N A N D C O N C L U S I O N S

We have observed the three β Cephei stars because we aimed at new
and improved mode identifications and because we wanted to check

Figure 9. Mode identifications for β CMa from a comparison of observed
and theoretical uvy amplitude ratios, normalized to unity at u. The filled
circles with error bars are the observed amplitude ratios. The full lines are
theoretical predictions for radial modes, the dashed lines for dipole modes,
the dashed–dotted lines for quadrupole modes, the dotted lines for octupole
(� = 3) modes, and the dashed–dot–dot–dotted lines are for � = 4. The thin
error bars denote the uncertainties in the theoretical amplitude ratios.

whether these objects would justify a larger observational effort for
asteroseismic purposes. We have reasonably succeeded in providing
the mode identifications.

One point that appears problematic, however, is that the theoret-
ically predicted u/v and u/y amplitude ratios for radial modes are
smaller than the measured ones for β CMa and KZ Mus. Whereas
the reason for this discrepancy may be incorrect differential colour
extinction coefficients for β CMa that directly affect the measured
amplitudes of the 3.9994 cd−1 mode, we cannot invoke this
explanation for the 5.951 cd−1 mode of KZ Mus as its frequency is
too different from an integer multiple of one cycle per sidereal day.
In addition, the theoretical and observed UvBV amplitudes derived
by Handler et al. (2003) are in perfect agreement for a radial mode in
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Figure 10. Mode identifications for 15 CMa from a comparison of observed
and theoretical uvy amplitude ratios, normalized to unity at u. The filled
circles with error bars are the observed amplitude ratios. The full lines are
theoretical predictions for radial modes, the dashed lines for dipole modes,
the dashed–dotted lines for quadrupole modes, the dotted lines for � = 3
modes, and the dashed–dot–dot–dotted lines are for � = 4. The thin error
bars denote the uncertainties in the theoretical amplitude ratios.

Figure 11. Mode identifications for KZ Mus from a comparison of observed
and theoretical uvy amplitude ratios, normalized to unity at u. The filled
circles with error bars are the observed amplitude ratios. The full lines are
theoretical predictions for radial modes, the dashed lines for dipole modes,
the dashed–dotted lines for quadrupole modes, the dotted lines for octupole
modes, and the dashed–dot–dot–dotted lines are for � = 4. The thin error
bars denote the uncertainties in the theoretical amplitude ratios.
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this star. We note that we have used the same differential colour
extinction correction for β and 15 CMa, which was derived from the
15 CMa data only. These two stars were measured simultaneously,
and have very similar colours, which is why this procedure was
soundest.

Returning to the mode identifications of the individual stars, the
two strongest modes of β CMa are a quadrupole and likely a radial
mode. Given the effective temperature, luminosity and thus mass
inferred in Section 4, we can compute the pulsation ‘constant’ for
such a radial mode. The result of this calculation is Q = 0.035 ±
0.009 d, indicating that this mode may be the radial fundamental,
although the possibility that it is the first overtone cannot be ruled
out this way.

We were also able to locate a radial mode in the pulsation spectrum
of 15 CMa, whose pulsation constant would be Q = 0.027 ± 0.007 d.
This suggests that we deal with the first radial overtone in this case,
although the fundamental mode or the second overtone can also not
be excluded. We note, however, that no convincing detection of a
radial mode in a β Cephei star other than the fundamental has been
made to date.

Three of the non-radial pulsation modes of 15 CMa are almost
equally spaced in frequency. Regrettably, we cannot be sure whether
these modes are � = 1, 2 or 3. Independent of the � value, we can still
assume that these modes do correspond to rotationally split compo-
nents of the same mode to check whether this leads to reasonable
results.

Doing so, and further assuming that the observed splitting cor-
responds to the surface rotational frequency of 15 CMa, we de-
rive a rotation period of 9.35 d, which translates into an equato-
rial rotational velocity of 49 ± 8 km s−1. The measured v sin i of
15 CMa is 40 km s−1 (Uesugi & Fukuda 1982), making it possible
that the three non-radial modes of the star indeed belong to the same
k and �.

For KZ Mus we confirmed the mode identifications by Handler
et al. (2003). Unfortunately, the � value of the weakest-known in-
dependent mode of the star can still not be uniquely constrained.
Repeated observations in the future may help to solve this prob-
lem as measurements from different years can be analysed together,
if homogeneous filter sets (particularly bluewards of the Balmer
jump) are used. If a mode identification of f 4 can be derived, we
believe it is likely that theoretical asteroseismic investigations can
be undertaken. Of course, additional measurements in the future
may also help to reveal modes beyond our present detection limit
(1.5 mmag).

To our regret, the asteroseismic prospects of β CMa do not seem
to be very high. With only three modes photometrically detected
and only two identified with their � value, a detailed exploration of
its inner structure seems unlikely. Perhaps this bright star is better
studied by means of spectroscopy, for instance as done by Briquet
et al. (2006).

15 CMa seems more worthwhile for further study. We have proven
the existence of a radial mode, which is of tremendous importance
for restricting the location of the star in the HR diagram. We have
also found evidence that the remaining three non-radial modes may
form a rotationally split triplet, which can be the starting point for
an asteroseismic study. What still needs to be done is to prove that
this is indeed a mode triplet and to determine its � value.

An independent clue towards the spherical degree of this possible
triplet may come from its frequency asymmetry due to the second-
order effect of rotation, which is different for different �. Following
the definition of the asymmetry of a frequency triplet f − < f 0 <

f + by Dziembowski & Jerzykiewicz (2003):

Aobs = f− + f+ − 2 f0,

we obtain A = −0.0077 ± 0.0015 cd−1 from our measure-
ments and A = −0.0004 ± 0.0011 cd−1 from the archival data.
These two values are inconsistent (perhaps due to systematic
frequency errors in the single-site archival data) and can therefore
not be interpreted; more time-resolved measurements are needed.

An unusual feature in the light curves of 15 CMa is that the
descending branch of pulsation of the strongest mode is steeper
than its rising branch. In fact, even a ‘stillstand’ phenomenon is
indicated. This has been found in only one β Cephei star, BW Vul,
to date (e.g. see Sterken et al. 1986) and is usually interpreted as a
shock phenomenon in the atmosphere due to the vicious acceleration
of the stellar material due to pulsation (e.g. Fokin et al. 2004).

However, there are two differences between the pulsations of
BW Vul and 15 CMa: BW Vul pulsates in a single radial mode,
and with much higher photometric amplitude than 15 CMa, whose
mode showing the unusual light-curve form is non-radial. The small
photometric amplitude can be explained under the assumption that
the strongest mode of 15 CMa is the m = 0 component of a rota-
tionally split multiplet. The possible range in the inclination of the
pulsation axis to the line of sight may lead to heavy geometrical can-
cellation of such a mode (e.g. see Pesnell 1985). In other words, this
mode could have high intrinsic amplitude and its low photometric
amplitude is just a projection effect.

The unusual light-curve form of this mode naturally gives rise
to a harmonic frequency with high relative amplitude compared to
the mode causing it. Combination frequencies with abnormally high
amplitudes could in some cases also be caused by resonant-mode
coupling (see Handler et al. 2006, for a more detailed discussion),
whereas other combination frequencies may be simple light-curve
distortions caused by a non-linear response of the flux to a sinusoidal
displacement due to pulsation. The sum frequencies we found in the
amplitude spectra of KZ Mus seem to be such ‘normal’ combina-
tions. Their relative amplitudes are in the same range as those of the
‘normal’ combinations of the β Cephei stars 12 Lac (Handler et al.
2006) and ν Eri (Handler et al. 2004; Jerzykiewicz et al. 2005),
keeping in mind inclinational effects. Resonant-mode coupling is
therefore not required to explain the combination frequencies of
KZ Mus.

Finally, we noticed the occurrence of slow intrinsic variability in
our residual light curves for β and 15 CMa. Such variations have
been reported for several other β Cephei stars (see the discussion by
Handler et al. 2006), and seem to be a fairly common phenomenon.
Despite the existence of very extensive data sets, its physical cause
remains unknown.
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Chapter 6

Pulsating white dwarf stars

6.1 Introduction

When a white dwarf star cools, it passes three pulsational instability strips: the
hottest are the GW Virginis stars, which are pulsating DO white dwarfs, the sec-
ond hottest are the V777 Herculis stars that comprise helium-atmosphere DB white
dwarf stars, and the coolest are the ZZ Ceti stars, DA white dwarfs whose atmo-
spheres are dominated by hydrogen. All pulsating white dwarfs vary with periods
between about 3 to 20 minutes.

Section 6.2 looks at a peculiar GW Virginis star, HS 2324+3944. This star has a
significant admixture of hydrogen in its atmosphere, which according to some model
computations should cause it to be pulsationally stable. However, it does pulsate,
but with time scales much longer than the “normal” GW Virginis stars, and in a
very complicated way.

The V777 Herculis stars are the focus of Sect. 6.3, that starts with the discovery
of only the ninth member known at the time1, immediately permitting a determi-
nation of this star’s rotation period. Section 6.3.2 reports on an extended study
of two further pulsating DB white dwarf stars, and points out their interest for as-
teroseismology. In particular, some constraints on the helium layer mass and the
12C(α, γ)16O nuclear reaction rate could be obtained. Section 6.3.3 is devoted to a
study of amplitude variability of two V777 Herculis stars, which is shown to occur
on a time scale of only a few days. Finally, Sect. 6.3.4 reports an attempt to define
the instability strip of the pulsating DB white dwarfs, and to answer the important
question of whether or not there are nonpulsators inside this instability region.

Two example studies of individual ZZ Ceti stars are the content of Sect. 6.4.
First, a “classical” asteroseismic study of such a pulsator is presented on the basis
of an extended Whole Earth Telescope run on a star with many pulsation modes.
Section 6.4.2 discusses the pulsation spectrum of another ZZ Ceti star whose mode

1Meanwhile, the results of the Sloan Digital Sky Survey have nearly doubled this number, see
Nitta et al. (2007).
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frequencies are arranged in a peculiar sequence of ratios of small integer numbers
and whose combination frequencies are used to constrain the physical properties of
its surface convection zone.

Finally, Sect. 6.5 reports an attempt to repeat something that white dwarf as-
teroseismology is famous for: the V777 Herculis stars were first predicted by theory,
and only later observationally confirmed. A similar prediction was made for the ex-
istence of pulsating DAO white dwarf stars of low mass. Consequently, a search for
such objects was undertaken - unfortunately with no success. Is this an observational
problem or are there deficiencies in the theory?
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6.2 Pulsating DO white dwarfs

6.2.1 Complex light variations of the ”hybrid” PG 1159 star
HS 2324+3944

Original paper:

G. Handler, A. Kanaan, M. H. Montgomery, 1997, A&A 326, 692
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Abstract. We present 17.36 hours of new time-series photo-
metric observations of the variable “hybrid” PG 1159 star
HS 2324+3944. These data allow us to demonstrate the pres-
ence of four frequencies in the light variations with evidence
for more. The dominating time scale of the variability (around
35 minutes) is much longer than that of GW Vir pulsators.

Binarity is not likely to cause the object’s light variations.
A pulsational origin of the variability seems more attractive.
Recent theoretical investigations suggest that pre-white dwarf
pulsations can be excited despite the presence of hydrogen in
the model’s driving region.

Key words: stars: oscillations – stars: individual:
HS 2324+3944 – stars: white-dwarfs

1. Introduction

HS 2324+3944 is one of only four “hybrid” PG 1159 stars. The
latter objects are a subgroup of DO white dwarfs, whose spec-
tra are dominated by He ii, C iv and O vi (Sion et al. 1985).
On the other hand, the spectra of “hybrids” show an He ii/C iv
absorption trough similar to the “classical” PG 1159 stars, but
also strong Balmer lines (Napiwotzki & Schönberner 1991).

About 30% of the PG 1159 stars are multiperiodic nonradial
g-mode pulsators (the GW Vir stars). Driving of these pulsations
is believed to be caused by the κ-γ-mechanism in the region of
partial ionisation of carbon and oxygen (Starrfield et al. 1985).

Analyzing two weeks of almost continuous data gathered
with the Whole Earth Telescope network, Winget et al. (1991)
identified more than 100 pulsation modes in PG 1159-035. This
allowed an unprecedented investigation of the object’s inner

Send offprint requests to: G. Handler

structure by means of precision asteroseismology. Similar anal-
yses of other GW Vir stars have been performed in the recent
years (e. g. Kawaler et al. 1995).

However, according to model calculations, the efficiency
of the above κ-γ-mechanism seems to be very sensitive to the
chemical composition in the driving region, which is located
very close to the stellar surface. In particular, the presence of
hydrogen in the driving zone is believed to inhibit pulsations
(Stanghellini et al. 1991). Regrettably, asteroseismological in-
vestigations were not helpful in constraining the structure of the
driving regions, since the eigenfunctions of the observed modes
have little weight in these parts of the models.

The spectral analysis by Dreizler et al. (1996) places
HS 2324+3944 in the GW Vir instability strip. However, their
analysis shows the presence of hydrogen as well. Dreizler et al.
suggested that HS 2324+3944 should be observed photometri-
cally to look for pulsational variability. This, they suggested,
would provide a test for Stanghellini et al.’s (1991) models
which predict no pulsations when the partial ionization zone
is contaminated by hydrogen.

Silvotti (1995, 1996) obtained two nights of time-series pho-
tometric data of HS 2324+3944. He discovered the star to be
variable with a period of about 35 minutes and suggested this
is due to high-order g-mode pulsations. However, such a period
is a factor of 3–4 larger than the periods of GW Vir pulsators.

There is a second possibility to explain the light vari-
ations of HS 2324+3944: binarity. The AM CVn stars (see
Provencal (1994) and Warner (1995) for detailed discussions)
are helium-transferring double-degenerate binaries with or-
bital periods of the same order as the time scale of the vari-
ations of HS 2324+3944 reported by Silvotti (1995, 1996).
Hence, it should not be ruled out without further scrutiny that
HS 2324+3944 be a related object, although spectroscopic ob-
servations (Dreizler et al. 1996) did not show evidence of mass
transfer.
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Table 1. Journal of the observations

Telescope Observer(s) Detector Date Start Length
(UT) (UT) (hrs)

McD 2.1 m GH PMT 13 Dec 95 2:18:28 1.90
McD 2.1 m GH PMT 15 Dec 95 1:11:44 2.71
McD 0.9 m GH, AK, MHM CCD 16 Dec 95 2:29:02 3.60
McD 0.9 m GH, AK, MHM CCD 17 Dec 95 2:38:05 3.05
McD 0.9 m GH CCD 20 Dec 95 1:05:06 1.08
McD 0.9 m GH CCD 21 Dec 95 3:13:18 0.50
McD 0.9 m GH PMT 27 Dec 95 1:22:54 1.64
McD 0.9 m GH PMT 28 Dec 95 1:24:33 2.88

Total 17.36

Earlier observations of ours (of a quality too low to pub-
lish) confirmed the unusual variability. Therefore, and because
Silvotti’s data set was too small to determine whether the vari-
ations are multiperiodic or not, we carried out a more extensive
photometric study of HS 2324+3944.

2. Data acquisition and reduction

In December 1995, we acquired eight time-series photometric
runs of HS 2324+3944 during a time span of 15 days. Three
different telescope/instrument combinations at McDonald Ob-
servatory were used: the 2.1 m telescope with a two-channel
photoelectric photometer (no filter), the 0.9 m telescope with a
CCD (B filter) and the 0.9 m telescope with the two-channel
photometer (no filter). This choice of the filters ensures mea-
surements at approximately the same effective wavelength for
both the photoelectric and CCD data. An observing log is given
in Table 1.

2.1. CCD observations

For our CCD observations we used a Tektronics 2048 × 2048
CCD with 27µm pixels binned 2×2. The full width at half max-
imum through most of the measurements was about 3′′0. Each
observation consisted of a 60 second exposure; we attempted to
observe as many comparison stars on the same frame together
with HS 2324+3944. By reading out only part of the chip we
decreased the readout time as far as possible. In this way, we
acquired one observation each 70 seconds.

The frames were corrected for bias and flat field effects us-
ing the standard IRAF procedures. Photometric reductions were
then accomplished using the IRAF APPHOT task. We extracted
the magnitudes of HS 2324+3944 plus 7 or 8 comparison stars
and selected the aperture size giving the lowest scatter for the
comparison star data. We double-checked the constancy of the
comparison stars by calculating amplitude spectra of their mag-
nitudes relative to the brightest comparison star and relative to
the mean of all comparison stars. No evidence for variability
of any of these objects was found within the 4 nights of CCD
observation. Final synthetic comparison star magnitudes were
computed by adopting a weighted mean of the measurements
of the individual objects.

These synthetic comparison star data were subtracted from
the measurements of HS 2324+3944 on a point-by-point basis
and a correction for differential extinction was applied (since
HS 2324+3944 is much bluer than its comparison stars). Fi-
nally, all the times of measurement were converted into Helio-
centric Julian Date (HJD) and the data were subjected to further
analysis.

We also note that the nightly mean magnitudes of
HS 2324+3944 relative to the comparison stars did not change
during the observations.

2.2. Photoelectric observations

Since the variability of the target object happens on time scales
at which slow variations in sky transparency can already occur,
we checked the quality of the nights by means of the Channel 2
comparison star. The latter was assumed to be photometrically
constant, since it was also one of the comparison stars used dur-
ing the CCD measurements and not found to be variable in these
data. Since we had only two channels available and could thus
not check the stability of the sky background, we chose a Chan-
nel 2 star with star/sky count ratio similar to that of the variable.
In this way, we could roughly test for possible sky background
variations (and did not find any during our measurements).

We started the reductions with discarding bad data. Conse-
quently, we performed sky subtraction by a piecewise linear or
spline fit to our sky measurements (which were obtained by in-
terrupting the target light curves each 20 – 30 minutes). Then we
corrected the data for extinction. The mean magnitude of each
run was set to zero. If some systematic trends in the data not
attributable to intrinsic variations of HS 2324+3944 remained,
we removed them by fitting a straight line to the data. Finally,
we summed the photoelectric measurements in 70-second bins
to give them equal weight to the CCD data, and we calculated
the HJD of each observation. Fig. 1 shows our reduced light
curves together with a four-frequency fit to be derived in Sect.
3, where we will further comment on this plot.

3. Frequency analysis

Our final time series was analysed with a period-finding pack-
age (Breger 1990), using single-frequency Fourier and multiple
least-squares sine wave fitting methods. These programs allow
us to search for promising peaks and prewhiten the data by cal-
culating simultaneous n-frequency fits1.

In this way three frequencies can easily be revealed in the
light variations of the program star (Fig. 2). As can be seen in
the third lowest panel of Fig. 2, there may still be more period-
icities hidden in the data. However, special care must be taken

1 During our prewhitening process we do not necessarily choose the
highest peak in our successive power spectra as the next frequency to be
included in our solution. Because of the aliasing present we rather select
the frequency combination yielding the lowest residuals between the
observed light curves and the calculated fit. We consider this approach
to be more reliable.
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Fig. 1. B-light curves and the corresponding
4-frequency fit (derived in Sect. 3) for our
data of HS 2324+3944

when trying to identify them. Therefore, we estimated a detec-
tion threshold for intrinsic variations by analysing high-speed
photometric observations of constant stars, reduced and sam-
pled in the same way as our data of HS 2324+3944. The nightly
scatter was scaled to the same level as the residuals between
the program star’s light curve and our fit. Using this method
we concluded that we may detect signals with an amplitude of
about 3 mmag at frequencies around 200 µHz, and 2.5 mmag
signals around 1000 µHz. We note that in the presence of strong
aliasing like in our data the adoption of signal-to-noise criteria
or false alarm tests is less safe.

The next promising frequency to consider is near 408.8 µHz.
Its amplitude is almost 4 mmag, and by dividing our data in dif-
ferent subsets (e.g. using the three different telescope/detector
combinations), we found out that this signal has constant am-
plitude and phase throughout the whole data set. On the other
hand, adopting the daily alias of this frequency (which is sta-
ble throughout the data set as well) at 420.4 µHz for a four-
frequency fit, the residual scatter of the light curve is only 0.03%
larger. Hence, we cannot decide which of the two peaks is real,
and we must consider both as a possible solution.

Including this fourth frequency in our fit and removing the
improved fit from our data, a further signal at 368.6 µHz (or
379.3 µHz, when the 420.4 µHz frequency is assumed) be-
comes conspicuous (second lowest panel of Fig. 2). This signal
is present in the whole data set with constant amplitude and
phase as well, but its low amplitude of about 2.5 mmag pre-
vents us from suggesting it is intrinsic to the star.

There is further power between 750 and 950 µHz (lowest
panel of Fig. 2), which exceeds our detection threshold as es-
timated above. However, when testing these variations for am-
plitude and phase stability, they are very prominent in only a
few of the nights (mostly December 17 and 27, see below for
more). Moreover, the dominating peaks in this frequency region
do not correspond to linear combinations or harmonics of the
already detected frequencies (Fig. 3). Hence we cannot reliably
include them in our frequency solution and we are left with
four secure frequencies in the light curves of HS 2324+3944.
These are summarized in Table 2. The errors in frequencies,
amplitudes and phases as listed in Table 2 are formal errors de-
termined following Kovacs (1981) and should be taken only as
estimates.
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Fig. 2. Power spectra of HS 2324+3944. Four frequencies are detected
in the star’s light variations

Of course, due to the aliasing present and despite our great
care, the frequency values are not definite. They may differ from
the values in Table 2 by their daily aliases. It may be suspected
that f2 and f4 (f4a, respectively) are aliases of each other. How-
ever, when calculating residual power spectra of our light curves
after removing the variations due to f1 and f3, both f2 and f4

(f4a) are present, and no alias of either of these frequencies can
account for the presence of both maxima in our power spectra.

Our synthetic light curves calculated with the parameters in
Table 2 fit the light curves well, except the second half of the
run obtained on HJD 2450068. It seems that in this night the
variability of the star suddenly switched to a faster time scale.
We do not think that this is a sign of inaccurate measurements,
since our comparison star data for that night did not show any
suspicious behavior. It rather seems likely that further presently
undetected frequencies are active in HS 2324+3944.

On the other hand, we are unable to fit these variations when
including some promising frequencies near 900 µHz. We are

Table 2. The 4-parameter fit calculated for our light curves of
HS 2324+3944

Frequency Amplitude Epoch
(µHz) (mmag) (HJD 2450000 +)

f1 481.87 ± 0.01 11.6 ± 0.5 64.5726 ± 0.0002
f2 501.69 ± 0.02 6.8 ± 0.5 64.5911 ± 0.0003
f3 487.44 ± 0.03 6.9 ± 0.5 64.5822 ± 0.0004
f4 408.78 ± 0.04 3.8 ± 0.5 64.5855 ± 0.0008

(f4a) (420.41 ± 0.04) (3.8 ± 0.5) (64.5873 ± 0.0008)

careful to note that the excess power near 900 µHz is present
(but it is less strong) when we exclude the Dec 17 run from the
analysis; hence it cannot originate from this night only. Its cause
remains unexplained.

Since we used three different telescope/detector combina-
tions during our observations, it is interesting to compare the
accuracy of these measurements. We find that the photoelectric
observations with the 2.1 m telescope show a residual scatter
between light curve and fit of less than 5 mmag per 70-second
integration, while the 0.9 m CCD measurements are accurate to
about 8 mmag per integration and the 0.9 m photoelectric obser-
vations have an rms error of about 10 mmag. This may suggest
that CCD observations are to be preferred for a star of a magni-
tude and time scale of light variation similar to HS 2324+3944
(V = 14.8). We note, however, that the 0.9 m photoelectric data
had a large contribution of moonlight, and thus their quality
suffered from this influence.

4. Discussion

Our analysis shows that HS 2324+3944 is very likely a multi-
periodic variable. In principle, this can be explained by both a
pulsation and a binary hypothesis. Before we start discussing
these two possibilities, let us note that Ciardullo & Bond (1996)
- during their survey for variability among O vi central stars of
Planetary Nebulae - observed the three other “hybrid” PG 1159
stars and reported suspected variations of two of those objects
(A 43 and NGC 7094) with periods near 40 minutes and 2 hours,
respectively. For the fourth, much fainter “hybrid” (Sh 2-68),
their data was not conclusive.

Considering a binary hypothesis, it has to be pointed out that
AM CVn stars may show complicated power spectra. These
usually contain two independent frequencies (believed to be
the orbital frequency and the rotational period of the accre-
tor), which are different by only a few percent. Furthermore,
linear combinations and harmonics of these frequencies may
be present, as well as sidebands to the fundamental and har-
monic periods (the frequency difference of these sidebands to
the central frequency is believed to be the inverse precession
period of the necessarily elliptical accretion disc). Comparing
these features to our frequency solution, it is easy to see that the
three close frequencies near 500µHz we found in our data of
HS 2324+3944 can be explained by such a binary hypothesis.
However, the presence of the fourth frequency near 410µHz
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Fig. 3. Power spectra of HS 2324+3944 in the range where linear combinations or harmonics of the four detected frequencies may be present.
The ten possible combinations are indicated with arrows. No agreements with the dominating peaks are visible.

does not fit into this scheme and argues against a binary origin
of all the different periodicities.

Moreover, there is no spectroscopic correspondence be-
tween AM CVn stars and “hybrid” PG 1159-type stars.
AM CVn stars have no hydrogen in their spectra; those of
HS 2324+3944 show no evidence for mass transfer.

Consequently, the explanation of the variability of
HS 2324+3944 in terms of high-order g-mode pulsations be-
comes attractive. The (nearly) sinusoidal light curves, the pho-
tometric amplitudes of the variations and the multiperiodicity
point towards the excitation of pulsations.

Another interesting speculation can be made on the possible
presence of two “magic numbers” in our frequencies. Firstly, the
pulsating PG 1159 central star of NGC 1501 (Bond et al. 1996)
shows frequency ratios very close to

√
3/2. These are inter-

preted in terms of trapped modes (see the paper cited above for
more information). Interestingly, the ratio of our frequency f4a

to f2 is within 1% of
√

3/2 as well as the ratio of the suspected
signal at 368.6µHz and f4a. Secondly, mean period spacings of
20– 23 seconds (used to determine the masses) are present in the
` = 1 modes of several GW Vir pulsators. The period difference
of the two closest frequencies we determined for HS 2324+3944
is 23.7 seconds.

As mentioned in the Introduction, the efficiency of the driv-
ing mechanism for GW Vir pulsators has originally been found
to be very sensitive to the chemical composition of the driving
region of the models used. However, recent theoretical investi-
gations provided several clues to resolve this difficulty:

In their detailed investigation of pulsation driving in GW Vir
models, Bradley & Dziembowski (1996) could only duplicate
the observed frequency range with oxygen-rich compositions in
the driving region. Furthermore, the surface abundances of some
pulsating and nonpulsating PG 1159 stars are so identical, that
they are sometimes called “spectroscopic twins”. Consequently,
Bradley & Dziembowski (1996) suggested that no GW Vir star
has a driving region with photospheric abundances. This can of
course also be taken as a reason why a “hybrid” PG 1159 star
may pulsate.

The periods we found for HS 2324+3944 are between 1990
and 2450 seconds. Bradley & Dziembowski (1996) could only
match the maximum unstable periods for the hotter GW Vir
stars (e.g. about 1000 seconds for PG 1159-035 itself2) by using
models with a combination of oxygen-rich driving regions and
artificially increased radii. This implies that Bradley & Dziem-
bowski models used to fit the periods of HS 2324+3944 would
require even larger radii.

Saio (1996) presented model calculations for pulsations of
hydrogen-deficient stars by using new OPAL opacities. These
models suggested that the sensitivity of the driving mechanism
to the chemical composition in the driving region of pre-white
dwarfs is not as strong as previously assumed.

Gautschy (1997) computed envelope models for GW Vir
stars and HS 2324+3944. His results disagreed with those of
Bradley & Dziembowski (1996). Gautschy’s instability domains
matched the observed frequency distributions of GW Vir stars
well, except for the short period modes. He did not need to
postulate chemical compositions in the driving region differ-
ing from the photospheric compositions and he did not require
artificially increased radii for a good match to the observed fre-
quency ranges.

Another result of Gautschy’s (1997) explorations is that the
existence of hydrogen in the driving zone does not necessarily
influence the pulsational instability of HS 2324-like envelope
models. He obtained unstable modes even with a hydrogen ad-
mixture of 20% in mass and he suggested that the differences
between his results and those of Bradley & Dziembowski (1996)
may simply be a consequence of differences in the numerical
treatment of the nonadiabatic oscillations.

Anyway, theoretical approaches to possible pulsations of
HS 2324+3944 still need refinement. A larger observational
database to improve our knowledge of the variability of “hy-
brid” PG 1159 stars is also required. To this end, a multisite
campaign of HS 2324+3944 is being planned.

2 This may be an observational long-period cutoff because of the
observing and analysis techniques used by Winget et al. (1991).
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Abstract. We present the results from 135 hours of nearly
continuous time series photometry on the “hybrid” (H-rich)
PG 1159 variable star HS 2324+3944, obtained in August–
September 1997. The power spectrum of the data shows several
frequencies (about 20 or more), concentrated in three narrow
and very crowded regions near 475, 390 and 950µHz in de-
creasing amplitude order. Most (if not all) of the peaks in the
latter region are linear combinations of the high-amplitude fre-
quencies between 455 and 500µHz. If we divide the data set into
two equal parts, the power spectra are different. This is proba-
bly due to a not sufficiently long (and therefore not completely
resolved) light curve; nevertheless an alternative hypothesis of
a single damped oscillator may not be completely ruled out. If
we adopt the first hypothesis, the high concentration of peaks
between 455 and 500µHz suggests the presence of both l=1
and l=2 high-overtone nonradial g-modes. The insufficient fre-
quency resolution of our data does not allow to obtain definite
precision asteroseismology results. Nevertheless a spacing of
the signals is observed, probably due to stellar rotation with a
period of 2.3 days. If the signal spacing was due to the succes-
sive overtones, the period spacings would be equal to 18.8 (l=1)
and 10.4 (l=2) s.

Key words: stars: individual: HS 2324+3944 – stars: oscilla-
tions – stars: AGB and post-AGB

1. Introduction

1.1. Pulsating and nonpulsating PG 1159 stars

The stars of the PG 1159 spectral class (31 members) consti-
tute the intermediate evolutionary phase between the end of the
constant luminosity phase – at the tip of the asymptotic giant
branch (AGB) – and the beginning of the white dwarf (WD)
cooling phase. Probing their interior structure provides direct
constraints on both classes of stars and may help to understand

Send offprint requests to: R. Silvotti (silvotti@na.astro.it)
? Based on observations obtained at the McDonald, Loiano and Bei-

jing Observatories and at the German-Spanish Astronomical Center,
Calar Alto, operated by the Max-Planck-Institut für Astronomie Hei-
delberg jointly with the Spanish National Commission for Astronomy.

better the transition from AGB to WDs and the nuclear burning
turn off process. A powerful method to probe the interior struc-
ture of the pre-WD stars and to determine some of their basic
stellar parameters is given by asteroseismology. This is possible
because 15 PG 1159 stars and central stars of planetary nebulae
(CSPN) of type [WC], called GW Vir stars from the prototype
(PG 1159-035), show multiperiodic luminosity variations which
have been interpreted as nonradial g-mode pulsations. Among
them, ten are CSPN, while five appear not to be surrounded by a
nebula (Bradley 1998). The nature of the luminosity variations
of the GW Vir stars was first proven to be stellar pulsation in
the case of PG 1159-035 itself (Winget et al. 1991). Neverthe-
less, and despite the successful results from adiabatic models to
which we will refer to below, the pulsation mechanism of the
GW Vir stars is still not well understood. Although almost all
authors agree that the pulsations should be driven by theκ–γ
mechanism, based on the C/O cyclic ionization (Starrfield et
al. 1984), a good agreement between spectroscopic abundances
and observed pulsation periods has not been found yet (Bradley
& Dziembowski 1996). A new element in this picture was re-
cently added by Dreizler & Heber (1998): their results suggest
that the GW Vir pulsations could be related to the nitrogen abun-
dance. On the other hand, in the adiabatic pulsation field, theory
may explain several observed phenomena as frequency splitting
due to rotation and/or magnetic fields, period spacing of succes-
sive overtones, and variations around the average period spacing
caused by mode trapping in the outer layers of the star (Kawaler
& Bradley 1994 and references therein). However, the measure-
ment of frequency and period spacing, which leads to accurate
determination of rotation, weak magnetic fields, stellar mass,
external layer masses, and even luminosity and distance, needs
power spectra with low noise and high frequency resolution.
For these reasons it is necessary to obtain long and nearly con-
tinuous data sets, such as those obtained by the Whole Earth
Telescope network (Nather et al. 1990).

1.2. HS 2324+3944

The star HS 2324+3944 (hereafter HS 2324) is one out of four
peculiar members of the PG 1159 spectral class showing strong
H Balmer absorption in their spectra (Dreizler et al. 1996), called
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Table 1.Journal of the observations

Telescope Instrument Observer Date Start Time Run Length
(UT) (UT) (hours)

McDonald 2.1 m PMT GH 26 Aug 1997 07:31:20 3.55
McDonald 2.1 m PMT GH 27 Aug 1997 04:45:00 6.33
Loiano 1.5 m PMT RS 27 Aug 1997 20:19:16 3.54
McDonald 2.1 m PMT GH 28 Aug 1997 03:16:00 7.66
McDonald 2.1 m PMT GH 29 Aug 1997 03:10:30 7.59
Loiano 1.5 m PMT RS 29 Aug 1997 23:32:57 1.00
Loiano 1.5 m PMT RS 30 Aug 1997 21:57:57 4.84
McDonald 0.9 m PMT GH 31 Aug 1997 03:49:30 0.58
Loiano 1.5 m PMT RS 31 Aug 1997 22:01:01 5.00
Beijing 0.85 m PMT JX 01 Sep 1997 16:17:20 1.03
Calar Alto 2.2 m CCD SD 01 Sep 1997 19:58:51 8.98
Loiano 1.5 m PMT RS 01 Sep 1997 21:30:01 5.49
Beijing 0.85 m PMT JX 02 Sep 1997 11:59:40 8.39
Loiano 1.5 m PMT RS 02 Sep 1997 20:05:19 4.29
Calar Alto 2.2 m CCD SD 02 Sep 1997 22:16:23 6.20
McDonald 0.9 m PMT GH 03 Sep 1997 02:39:40 8.73
Beijing 0.85 m PMT JX 03 Sep 1997 12:04:20 8.27
Calar Alto 2.2 m CCD SD 03 Sep 1997 20:30:41 8.29
Beijing 0.85 m PMT JX 04 Sep 1997 16:03:30 4.10
Loiano 1.5 m PMT RS 04 Sep 1997 19:23:35 5.77
Calar Alto 2.2 m CCD SD 04 Sep 1997 19:32:06 9.28
McDonald 0.9 m PMT GH 05 Sep 1997 05:31:30 1.76
Calar Alto 2.2 m CCD SD 05 Sep 1997 19:32:18 8.82
McDonald 0.9 m PMT GH 06 Sep 1997 02:39:10 8.77
McDonald 0.9 m PMT GH 07 Sep 1997 06:05:00 5.38
McDonald 0.9 m PMT GH 08 Sep 1997 02:25:40 9.10

“hybrid PG 1159 stars” (Napiwotzki & Schönberner 1991) or
lgEH PG 1159, following the notation scheme of Werner (1992).
It has an effective temperature of (130 000± 10 000) K and a
surface gravitylog g=6.2± 0.2 (Dreizler et al. 1996). Recent
new analysis of the HST-GHRS spectrum of HS 2324 show
that the C/He and O/He ratio (0.4 and 0.04 by number) is as
high as in ordinary PG 1159 stars (Dreizler 1998). Therefore
only the hydrogen abundance (H/He=2 by number) makes it
unusual. HS 2324 does not show direct signs of on-going mass
loss from P Cygni shaped line profiles, like several other lumi-
nous PG 1159 stars (Koesterke et al. 1998). However, detailed
line profiles from high resolution Keck spectroscopy show evi-
dence of mass loss in the order of roughly10−8 M�/yr (Drei-
zler et al., in preparation). Regarding effective temperature and
gravity, it belongs to the subgroup of luminous PG 1159 stars
which are in general Central Stars of Planetary Nebulae. How-
ever, differently from all the other known hybrid PG 1159 stars,
no nebula is detected around HS 2324 (Werner et al. 1997).

HS 2324 was discovered to be variable by Silvotti (1996).
Handler et al. (1997), with more extensive observations, showed
that at least four different frequencies were active and therefore
that the GW Vir hypothesis was the most likely. For other two
hybrid PG 1159 stars, the nuclei of A 43 and NGC 7094, pe-
riodic light variations are only suspected (Ciardullo & Bond
1996). The interest for the variability of HS 2324 is enhanced
by its hydrogen abundance. The presence of H was generally
considered as a inhibitor of pulsations (Stanghellini et al. 1991).

First steps to test the effects of the presence of H in the driv-
ing regions have been undertaken by Saio (1996) and Gautschy
(1997). The models of Saio (1996) do pulsate with 3% of H
mass fraction. The models of Gautschy (1997) are able to re-
produce the observed periods of HS 2324, with a very similar
H abundance of 20% by mass.

For all the reasons stated above, HS 2324 is a very inter-
esting star: the analysis of its photometric behaviour at high
frequency resolution may give important results not only for a
detailed study of the star itself, but also for more general ques-
tions regarding the GW Vir pulsation phenomenon. Therefore
we decided to carry out a multisite photometric campaign on
HS 2324, which may be considered as a first step for successive
more extensive campaigns.

2. Observations

The multisite campaign on HS 2324 was performed during 2
weeks in August–September 1997, centered on new Moon. The
journal of observations in Table 1 gives information on the ob-
servatories involved, telescopes and instruments used, and du-
ration of the single runs. Most observations were obtained using
two or three channel photometers with bialkali photomultipli-
ers (EMI9784QB for Loiano, Hamamatsu R647 for Beijing and
McDonald), no filters, and an integration time of 10 s, which
was subsequently merged to 90 s. The leak of sensitivity to pe-
riods shorter than 180 s did not give us any trouble because no
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Fig. 1. The complete light curve of HS 2324; each
panel represents 24 hours.

signals were detected in that range from a preliminary analysis
of the photometer data alone. Only the Calar Alto data were
collected using a SITe#1d CCD, B filter, and an exposure time
of about 20 s (first two nights) or 40 s (following three nights)
for each datum; the times between successive data points vary
between about 70 and 100 s. The error introduced by the differ-
ent effective wavelengths of each detector has been evaluated
to be not more than 5% in amplitude.

Despite the small number of participants in the campaign,
only four, we obtained a good coverage, comparable with other
multisite campaigns, thanks to the good weather conditions in
most nights at the different sites. The complete (and combined)
light curve is shown in Fig. 1; it has a total duration of 134.9
hours, with an overall duty cycle of 43%. In the central part of
the run (40.8 hours), the duty cycle is 98%.

2.1. Details on data acquisition and reduction

We followed basically the same data reduction procedure as
described in Handler et al. (1997). Here we summarize this
procedure and give some detail on a few differences.

For the Beijing and McDonald photoelectric data, we chose
the same comparison star already used by Handler et al. (1997),
which was also one of the comparison stars used in the Calar
Alto CCD measurements. For the Loiano photoelectric data this
was not possible because the box of channel 2 is more distant
from channel 1: therefore we used the same comparison star al-
ready used by Silvotti (1996). Both comparison stars were tested
again for photometric constancy and found not to be variable.

We then turned to sky subtraction. For the Beijing measure-
ments, where a third channel was available, the sky background
could be monitored simultaneously. In this case we subtracted
the sky counts on a point by point basis. To reduce the scatter
of the background measurements, some smoothing was applied
whenever possible. At McDonald and Loiano only two channels
were available. In this case sky was measured using channel 1
and 2 for about 1 min at irregular intervals of typically 20–90
min, depending on sky stability and presence of the Moon. The
sky counts were then interpolated linearly and subtracted. In a
few cases we used a cubic spline for the sky interpolation, when
it was clear that this procedure was giving better results than the
linear fit. All the PMT data were then corrected for extinction.
Afterwards, they were used to examine possible transparency
variations. In a few cases of high sky instability, the count ratio
between channel 1 and channel 2 was used instead of channel
1 counts only. Some smoothing of the channel 2 data was ap-
plied when possible. Systematic long time scale trends (> 2
hours), probably due to tube drifts and/or to residual extinction,
were finally compensated by means of linear or cubic spline
interpolation.

For the Calar Alto CCD data, 10 comparison stars were se-
lected, after having been tested for photometric constancy. Their
average magnitude was subtracted from the HS 2324 measure-
ments on a point by point basis. Differential extinction was
corrected by means of a cubic spline.

Finally all the single data sets (PMT + CCD) were set to a
mean value of zero. The times of all data were then converted to
Barycentric Julian Date using the algorithm of Stumpff (1980).
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Fig. 2.Power spectrum (top) and amplitude spectrum (bottom) of the entire data set. The DFT of the window function (spectral window) is also
reported both in power and in amplitude; we can note that the 1 cycle/day sidelobes have maxima at± 10.6µHz, corresponding to a period of
1.09 days.

The accuracy of the original times was of the order of± 0.3 s
(Beijing), ± 0.01 s (Loiano),± 0.2 s (McDonald) and± 1 s
(Calar Alto). For Calar Alto 1 s is also the time accuracy of
each measurement. Moreover, to have a more homogeneous
data set, we have binned the PMT data to an effective integra-
tion time of 90 s. The value of 90 s has been chosen because
it corresponds to the mean distance between consecutive CCD
observations. When more than one site was active at the same
time, in the overlap regions, we applied a weighted average of
the data obtained at the different sites. In this way even lower
quality data can be used to improve the S/N ratio (see Moskalik
1993). In its final form, the data set is constituted by the time of
each integration, the fractional departure of the count rate from
the mean (modulation intensity), and the error.

3. Temporal spectroscopy

3.1. Spectral window and power spectrum

We computed a single sine function with unit amplitude at the
same sample times of the entire data set (window function).
The discrete Fourier transform of the window function gives
the spectral window, which is shown in Fig. 2. For more com-
pleteness, both the amplitude and the power (amplitude squared)
spectra of the window function are presented. The only struc-

tures which may give troubles for the unambiguous identifica-
tion of the modes are the 1 cycle/day aliases, with a relative
amplitude of about 0.3 (relative power of 0.09).

Using the same discrete Fourier transform (DFT), based
on the Deeming (1975) method and Kurtz (1985) algorithm,
we computed the transform of the entire reduced data set. In
Fig. 2 both amplitude and power spectrum are shown in units of
millimodulation amplitude (mma) and micromodulation power
(µmp), following the suggestion of Winget et al. (1994). We
clearly see that the signals are concentrated in three main regions
near 390, 470 and 950µHz. These regions are highlighted in
Fig. 3. The tested frequency resolution of our data set is 1.4µHz,
according to Loumos & Deeming (1978); such a value corre-
sponds to obtain a half amplitude separation of two close peaks
with equal amplitude.

Looking at Fig. 3, some structures appear to be not com-
pletely resolved, suggesting that the light curve could be too
short that we can resolve all the present frequencies. To test this
crucial point, we divided the data set into two equal parts and
computed the Fourier transform of each part. The two power
spectra, presented in Fig. 4, show strong differences not only
in amplitude, but also in frequency. The first interpretation of
such differences is simply that the data set is not long enough
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Fig. 3. Detailed power spectrum of the entire data set. Note that different vertical scales have been used.

to “stabilize” the Fourier transform. In other words, the light
curve is not completely resolved. The reliability of this hypoth-
esis is increased by the fact that our best multisinusoidal fit of
the entire data set (see next section and Table 2) gives good
results also when applied only to the first or the second half
of data (Fig. 4). If the DFT apparent instability is actually due
to the insufficient coverage, most of the analyses reported in
Sects. 3.2, 4.1 and 4.2, and based on the assumption that the
DFT of HS 2324 is not time dependent on time scales shorter
than our run, will need further confirmation from a new longer
observational campaign.

On the other hand, if the DFT time instability was real, we
would need a different explanation for such peculiar behaviour.
An alternative hypothesis of a fast damped oscillator has been
considered and is reported in Sect. 5.

3.2. Frequency identification

Looking at Fig. 2 and 3, it is immediately evident that determin-
ing the active frequencies from the power spectrum of HS 2324
will be more difficult than in most other GW Vir stars for several
reasons: the power is concentrated in only 3 crowded regions;
the amplitudes are very low; the low frequencies imply that the
frequency and the period spacing expected may have about same
values. The high frequency region does not help much because it
seems to be constituted only by linear combinations of the low-

frequency peaks. Moreover we know that the frequencies are
not completely resolved and therefore we certainly have errors
both in frequency and in amplitude.

To distinguish the real frequencies present in the HS 2324
data from the artifacts introduced by the spectral window, we
proceeded as follows. First we selected the highest peak in each
of the three “active regions” near 390, 470 and 950µHz. The
separation of the three active regions guarantees that the aliases
of each frequency have almost zero influence in the other two
regions. Second we applied a least-squares multisinusoidal fit
to the data to determine accurate amplitudes and phases of the
three selected sine waves. Third we created an artificial signal
adding together the three sinusoids and using the same sampling
times as the data. This artificial signal was then subtracted from
the data (prewhitening), and the residuals were analyzed again.
Three (or less) new frequencies were selected and the whole pro-
cedure was repeated n times until the power of the prewhitened
data was near the level of the noise. At each iteration we selected
first those frequencies which were not coincident with the one
day aliases of the strongest signals. At the end of the whole pro-
cess, the frequencies, amplitudes and phases were optimized
with a final least-squares fit with all the frequencies found. The
resulting best fit parameters are listed in Table 2. It is important
to emphasize, however, that the solution in Table 2 is not the only
one. After having performed the prewhitening of 7 frequencies
(marked with an asterisk in Table 2), different solutions become
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Fig. 4.Power spectrum of the first half of data (top) versus second half (bottom). Note the strong differences both in power and in frequency. In
the small panels the regions of interest are highlighted; the dotted lines represent the spectra of the first and second half of a synthetic light curve
obtained summing the 19 sinusoids listed in Table 2 and having same time sampling as the HS 2324 data. No noise was added to the synthetic
light curves.

possible. The frequencies selected in Table 2 represent the result
of several attempts. The solution that we have chosen has the
advantage that it produces small residuals with a relative small
number of frequencies (Fig. 5). Looking at Table 2, we can note
that most (if not all) of the high frequency signals correspond
to linear combinations of the high-amplitude frequencies.

4. “Classical” seismological interpretation

4.1. Frequency splitting

In the power spectrum of HS 2324 there is not any clear direct
sign of frequency splitting. This may be due to different rea-
sons. A very small rotation rate, with secondary (m/=0) modes
below the frequency resolution, seems quite unlikely because
it would require a rotation period longer than about 9 days. A
more realistic possibility is that the star has a low inclination, so
that the amplitudes of the m/=0 modes are near the level of the
noise. A third possibility is that the concentration of the peaks
is so high that we are simply not able to recognize the modes
splitted by the rotation.

If a direct identification of the rotational splitting is not pos-
sible, the high number of peaks allows one to make use of
statistical methods. First we constructed an histogram of the
frequency separations between the signals listed in Table 2, ex-

cluding the linear combinations. The result was not significant:
no preferred frequency spacings appeared. Another attempt was
done using all the peaks of the power spectrum higher than a
fixed level; we selected 49 frequencies and made the histogram.
Here also we did not get any significant result apart that all the
peaks were never higher than the one day alias near 10–11µHz.

At this point we invoked a third method: we computed the
DFT of the amplitude spectrum, using two different subsets
spanning 350–1000µHz (all signals) and 440–500µHz (only
high power signals). The resulting power spectra are shown
in Fig. 6 (left panels). Considering the lower panel, the high-
est peaks are at 10.1 and 4.2µHz; a third peak at 2.5µHz is
clearly visible and more evident in the upper panel. Let us focus
our attention to the latter two (for the first one we will give an
interpretation below): their ratio, equal to 0.594 (or 0.589), is
very close (1% level) to the canonical value of 0.6 predicted
by asymptotic theory for the ratio between l=1 and l=2 rota-
tional frequency splitting. Therefore the 4.2 and 2.5µHz peaks
might correspond to the frequency separation between m and
m±1 (l=2 and l=1) modes. The corresponding rotation period
of the star would bePROT = 2.31 ± 0.15 days. This result
may not be considered definitive because the method used is
very sensitive to noise. Moreover the signal that we are looking
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Table 2.Results of the sinusoidal fit

Frequency Period Amplitude T1
MAX Comments

(µHz) (s) (mma) (BJD 2450686.+)

389.27±0.06 2568.89±0.41 1.33±0.15 0.82337±0.00145 f1
∗ 391.64±0.06 2553.38±0.37 1.50±0.15 0.84665±0.00135 f2

393.51±0.06 2541.25±0.37 1.45±0.15 0.82707±0.00133 f3
∗ 455.74±0.02 2194.23±0.10 4.27±0.15 0.83075±0.00041 f4

460.68±0.06 2170.70±0.27 1.84±0.16 0.83464±0.00117 f5
472.90±0.05 2114.63±0.23 3.28±0.23 0.82214±0.00098 f6

∗ 473.87±0.05 2110.29±0.24 3.29±0.22 0.82515±0.00097 f7
476.13±0.04 2100.25±0.19 4.69±0.45 0.84137±0.00089 f8

∗ 476.64±0.04 2098.02±0.17 5.20±0.45 0.84039±0.00078 f9
480.95±0.04 2079.22±0.18 2.25±0.15 0.83641±0.00077 f10
485.11±0.03 2061.37±0.14 3.13±0.17 0.83581±0.00061 f11
498.78±0.04 2004.91±0.18 1.98±0.15 0.82382±0.00082 f12
930.49±0.11 1074.71±0.13 1.02±0.21 0.82086±0.00109 (f4+f7)
931.71±0.12 1073.29±0.13 0.94±0.20 0.82618±0.00111 f4+f8 (f4+f9)

∗ 939.42±0.11 1064.49±0.13 1.08±0.21 0.81967±0.00105 (f4+f11)
949.25±0.16 1053.46±0.17 0.76±0.22 0.82672±0.00144 f6+f8 (f6+f9)

∗ 955.04±0.10 1047.07±0.11 1.22±0.20 0.82392±0.00091 f7+f10 (f4+f12)
∗ 961.71±0.12 1039.82±0.13 1.04±0.22 0.81880±0.00120 f9+f11 (f10+f10)

963.15±0.13 1038.26±0.14 0.96±0.21 0.82792±0.00120

(1) Time of the first maximum inside the data set.
(∗) These frequencies are the most reliable (see the text).

Fig. 5. Upper panels:amplitude spec-
trum of the entire data set (top) com-
pared with the spectrum of the 19-
frequency fit (bottom) having the same
time sampling as the data. No noise
was added to the synthetic data.Lower
panel: spectrum of the residuals. Note
that the vertical scale is the same in all
panels.
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Fig. 6. Search for the frequency spacing.Left panels:power spectrum of the data amplitude spectrum using two different subsets of the DFT:
350≤ f ≤ 1000µHz (all the signals,top panel) or 440≤ f ≤ 500µHz (only high-power signals,bottom panel). The power is normalized to the
peak at 10.52 (10.06)µHz, which is partially due to the one day aliases (see the text).Right panel:autocorrelation function of the data DFT using
the same subset as in theleft bottom panel.The peaks between about 8 and 13µHz are partially due to the spectral window, as it is highlighted
by the autocorrelation of the spectral window (dotted line).

for is not actually coherent: the constant frequency separation
between the modes of the same overtone splitted by the rota-
tion does not correspond, in general, to the separation between
successive overtones, which is not constant in frequency (but
almost constant in our particular case, due to the narrowness
of the high-power region). From this point of view a more ap-
propriate – but not much less noisy – method to measure the
frequency spacing is given by the autocorrelation of the DFT
(Press et al. 1992). The results of the DFT autocorrelation, re-
ported in Fig. 6 (right panel), are less significant than, but do
not contradict, those obtained from the DFT of the amplitude
spectrum.

Looking now at the peak near 10µHz of Fig. 6, its frequency
separation is very close to that of the one day alias; therefore
we could conclude that it is actually produced by all the aliases
of the signals. This conclusion would give more confidence in
the rotational origin of the two peaks at 4.2 and 2.5µHz. More-
over comparing the power of these two peaks with that of the
one day alias, we could suppose that the weakness of the m/=0
modes is actually due to the low inclination of the star. But with
a deeper analysis (testing the variations of the three peaks of
Fig. 6 (left panels) when we subtract different signals from the
HS 2324 data (prewhitening)), we can easily demonstrate that
the peak at about 10µHz has at least two components: one at
10.6µHz actually related to the one day alias and another one
related to the separation between the two signals at about 474
and 485µHz in the data DFT. Therefore it is more difficult to
derive any consideration about the weakness of the m/=0 modes
and the low inclination hypothesis does not have any support.
On the other hand, we can also demonstrate that the origin of

the 2.5 and 4.2µHz peaks is strongly related to the separation
between a few large amplitude signals. Conclusion: if the fre-
quency spacings of 2.5 and 4.2µHz are actually due to the stel-
lar rotation, the low inclination hypothesis can not be longer
followed. The new even more simple picture would be the fol-
lowing: there are five l=1 triplet component candidates (474.11

and 476.6µHz plus 389.1, 391.7 and 393.8µHz) and there are
three l=2 quintuplet component candidates (480.9, 484.5 and
488.8µHz). If we derive the frequency spacing from these val-
ues we obtain a rotation period of the starPROT = 2.41 ± 0.22
days, slightly different from the previous one. Other possible
multiplets might be present at 483.2 and 485.4µHz (l=1), and
463.7 and 467.7µHz (l=2).

In this context we can also try to estimate the inclination
of the star using the l=1 modes. Following Pesnell (1985)2 we
obtain an indication fori ' 50◦.

4.2. Period spacing and mode trapping

The two peaks in the amplitude spectrum DFT, described in
the previous section, could also be due to the period spacing
between modes with successive overtones. In Fig. 7 (left panels)

1 The frequencies reported here are not taken from Table 2; we prefer
to use the values found in the data DFT, as Table 2 may contain errors.

2 These equations require two strong assumptions, certainly not
completely – if not at all – realistic for low gravity GW Vir stars:
the m/=0 modes should be all excited at the same amplitude level;
the amplitude variations during the run must be excluded. Therefore
this estimate of the inclination of the stellar rotational axis must be
considered very tentative.
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Fig. 7. Search for the period spacing.Left panels:Fourier transform of the period spectrum (amplitude spectrum in the period domain) in the
period range 1000≤ P≤ 2857 s (top) and 2000≤ P≤ 2273 s (bottom). The power is normalized to the peak at 46.3 (46.1) s, which is mainly
due to the one day aliases in the main power region between 2000 and 2273 s. The peaks at 18.8 and 10.4 s might be due to the l=1 and l=2
period spacing. The peak at 9.4 s is the first harmonic of the 18.8 s signal.Right panels:Kolmogorov-Smirnov test (top) and Inverse Variance
test (bottom) applied to the first 12 frequencies listed in Table 2 (excluding the linear combination region). Both tests do not show any significant
value for the period spacing.

we show the DFT of the period spectrum (amplitude spectrum
in the period domain). For the upper panel we used a subset
of the period spectrum with periods between 1000 and 2857 s,
while for the lower panel we used a narrower part with periods
spanning 2000 – 2273 s. Excluding the peak at about 46 s, which
is related to the one day alias as discussed in the previous section,
the most significant period spacings are 18.8 s and 10.4 s (at least
in the lower graph; in the upper graph the 10.4 s peak appears
more uncertain). Their ratio is close (accuracy better than 5%)
to the asymptotic value of

√
3, suggesting that 18.8 and 10.4 s

might correspond to the l=1 and l=2 period spacings. In this
hypothesis, the differences between the two left panels of Fig. 7
suggest that the l=2 modes might be present only (or mainly) in
the high-amplitude region between 2000 and 2273 s.

An attempt to confirm the hypothesis that the modes
of HS 2324 are equally spaced in period (and not in fre-
quency) has been done applying the Kolmogorov-Smirnov (K-
S) test (Kawaler 1988) and the Inverse Variance technique
(O’Donoghue 1994) to the first 12 periods listed in Table 2 (ex-
cluding the linear combinations). The results, reported in Fig. 7
(right panels), do not confirm that the modes are equally spaced
in period. Moreover, the lack of any significant period spacing
further indicates that the period list is not complete3.

3 Note that these methods, which are in general much more reliable
than the DFT of the period spectrum, can completely fail when they
are applied to a period list erroneous and/or incomplete, as it can be
in our case. For this reason the hypothesis that the signals are equally
spaced in period (and not in frequency) can not be completely ruled
out.

Nothing may be said about the trapped modes phenomenon
apart the following. The ratio between the frequencies of the
highest peaks in the 380 and 475µHz regions gives

√
3/2 with

an accuracy better than 1%. This number was found in other GW
Vir stars, as RXJ 2117+3412 and the central star of NGC 1501
(Bond et al. 1996), and is compatible with calculated trapping
coefficients (Kawaler & Bradley 1994).

5. The damped oscillator hypothesis

When we discovered that the DFT was unstable, we also tried
to explain such apparent time dependence of the DFT with a
completely different quasi-periodic approach. We considered
the hypothesis that the DFT temporal instability was real and
due to a very short life time of the oscillations, which were
continuously excited and damped.

We therefore applied to the HS 2324 data the Linear State
Space model developed by Michael König for the analysis of
X-ray variability of AGN (König & Timmer 1997, K̈onig et
al. 1997). The current version of this program requires unin-
terrupted and equally spaced datasets. Moreover, in order to
provide reliable results, the time scales to be investigated must
be sampled at least ten times. The only part of our light curve
which fulfills these criteria (JD 94 – 94.9, after rebinning with
200 s) can be actually fitted with a period of 2134 s and a damp-
ing time of approximately 3.5 periods. A further attempt has
been done using a larger nearly uninterrupted part of the light
curve (JD 94 – 95.7), filling the small gaps with white noise or
with synthetic data (both techniques give same results). The re-
sults are slightly different in this case: 2154 s and 3.1 periods. In
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Fig. 8. Damped oscillator (up) vs 19 sinusoids function (down) in the best part of the light curve (BJD 94.0 – 95.7). Both the synthetic light
curves (main panels) and DFTs (window panels) are shown and compared with the HS 2324 data (crosses).

both cases from a K-S test the residual is white noise with over
90% probability. If we try to find a secondary period the results
are unreliable (damping time longer than the dataset), but in any
case the inclusion of more frequencies does not improve the fit.

In Fig. 8 the fit from the Linear State Space model is com-
pared with the multisinusoidal fit: the quality is comparably
good. Despite this partial success, we cannot demonstrate that
the damping time found is really a fundamental quantity, con-
stant over at least some days. We would need several datasets
(ideally, but not necessarily coherent) of at least one day length
to reject or corroborate this hypothesis. Moreover, the excitation
time-scale obtained from the Linear State Space model appears
to be very short respect to the growth rates obtained from GW Vir
non-adiabatic models. For these reasons the present results are
not convincing enough to abandon the DFT results. On the other
hand, the inviting advantage of the quasi-periodic approach is
the small number of parameters required to describe the light
curve. Unstable power spectra have been found also in other lu-
minous PG 1159 stars (e.g. RXJ 2117+3412) and [WC] CSPN
(e.g. NGC 1501) variables. Changes were observed down to the
time resolution of several days (Bond et al. 1996, Table 6).

6. Summary and discussion

The results of our multisite campaign clearly show that the
power spectrum of HS 2324 contains several periodic signals

(about 20 or more). We therefore may exclude binarity to explain
its variability, as already suggested by Handler et al. (1997). The
frequencies and amplitudes are comparable with those of the
GW Vir stars. If we consider also that HS 2324 is spectroscop-
ically classified as a PG 1159 star, the immediate interpretation
is that its variability is due to high overtone g-mode pulsations.

The high H abundance detected in HS 2324, about 17% in
mass (Dreizler 1998), is a very interesting and unique (up to
now) element, which might help to shed light upon the driving
mechanisms of the GW Vir stars. As discussed in the introduc-
tion, the presence of H was generally considered as an inhibitor
of pulsations (Stanghellini et al. 1991). But this result was rather
speculative because, until a few years ago, no H-rich PG 1159
stars were known. With HS 2324 this question has gained im-
portance. Presently the real effects of the presence of H appear to
be less severe from preliminary models of H-rich GW Vir stars
(Saio 1996, Gautschy 1997). On the other hand, the detection
of hydrogen in the atmosphere of HS 2324 does not necessar-
ily imply that hydrogen is present also in the driving regions.
However, HS 2324 belongs to the subclass of luminous PG 1159
stars which still show mass loss effects in strong UV/FUV lines
(Koesterke & Werner 1998, Koesterke et al. 1998). It is highly
probable that HS 2324 is also affected by mass loss which would
inhibit an abundance gradient due to gravitational settling. It is
therefore plausible that the atmospheric composition is also rep-
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resentative for the driving region. An unambiguous detection of
mass loss and the determination of the mass loss rate has to await
FUSE (Far Ultraviolet Spectroscopic Explorer) observations of
the OVI resonance lines.

However, the asteroseismological analysis is hampered by
the fact that the DFT appears to be unstable in time. In principle
this is not a new phenomenon: it has been observed in the light
curve of all luminous PG 1159 and [WC] variables (the term
“variable variables” was therefore coined by S. D. Kawaler).
But in our case, as discussed in Sect. 3.1, this fact is probably
due to a poor frequency resolution caused by an insufficient
coverage.

If this interpretation is correct, it is not possible to obtain
definite precision asteroseismology results from our data set.
Nevertheless a spacing of the signals is probably present in the
DFT and can be explained in two different ways. The most likely
hypothesis is that we see the frequency spacing produced by the
stellar rotation with a periodPROT = 2.31 ± 0.15 days. The
second possibility, which can not be completely excluded, is that
we see the period spacing between successive overtones. In this
case the period spacings, equal to 18.8 (l=1) and 10.4 (l=2) s,
would imply a stellar mass of 0.67 (l=1) and 0.70M� (l=2) using
the interpolation formula of Winget et al. (1991). This astero-
seismological mass would be higher than the 0.59M� value,
found from spectroscopy plus evolutionary tracks (Dreizler et
al. 1996). But this discrepancy would not be very significant as it
is possible that the interpolation formula of Winget et al. (1991)
needs some adjustment because of the peculiar composition of
HS 2324.

In an alternative interpretation we assumed that the DFT
instability was real and we applied the Linear State Space model
(König & Timmer 1997) to investigate the quasi-periodic nature
of these variations. As discussed in Sect. 5, this approach is also
partially successful, but it also requires new longer observations
to be confirmed. At the moment we can only speculate about the
physical interpretation. Do we see the coupling time between
different g-modes or the damping of a single mode? In principle,
the quasi-periodic nature of HS 2324 could even endanger the
interpretation as g-mode pulsations.

In conclusion both possible interpretations of the apparent
DFT instability need a new bigger observational effort, which
could be realized only with a larger number of telescopes in a
WET-like campaign. If we adopt the hypothesis that the DFT
instability is only apparent, it is also possible to estimate the
duration needed for such a campaign in order to be able to
separate all the frequencies. If all the l=1 and l=2 frequencies
were excited in the region between 450 and 500µHz, where
most power is concentrated, the average frequency separation
would be about 0.4µHz. In a more realistic case, if only 50% of
the frequencies were excited (as in PG 1159, which is the GW
Vir star with the largest number of detected modes), a frequency
resolution of about 0.8µHz would be enough. Therefore we
would require a data set with a time base of about 1.7 times the
data set analyzed in this paper.
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6.3.2 The asteroseismological potential of the pulsating DB
white dwarf stars CBS 114 and PG 1456+103

Original paper:

G. Handler, T. S. Metcalfe, M. A. Wood, 2002, MNRAS 335, 698
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6.3.3 Amplitude and frequency variability of the pulsat-
ing DB white dwarf stars KUV 05134+2605 and PG
1654+160 observed with the Whole Earth Telescope

Original paper:

G. Handler, D. O’Donoghue, M. Müller, J.-E. Solheim, J. M. Gonzalez Perez,
F. Johannessen, M. Paparo, B. Szeidl, G. Viraghalmy, R. Silvotti, G. Vauclair, N.
Dolez, E. Pallier, M. Chevreton D. W. Kurtz, G. E. Bromage, M. S. Cunha, R.
Østensen, L. Fraga, A. Kanaan, A. Amorim, O. Giovannini, S. O. Kepler, A. F. M.
da Costa, R. F. Anderson, M. A. Wood, N. Silvestri, E. W. Klumpe, R. F. Carlton,
R. H. Miller, J. P. McFarland, A. D. Grauer, S. D. Kawaler, R. L. Riddle, M. D.
Reed, R. E. Nather, D. E. Winget, J. A. Hill, T. S. Metcalfe , A. S. Mukadam,
M. Kilic, T. K. Watson, S. J. Kleinman, A. Nitta, J. A. Guzik, P. A. Bradley, K.
Sekiguchi, D. J. Sullivan, T. Sullivan, R. R. Shobbrook, X. Jiang, P. V. Birch, B.
N. Ashoka, S. Seetha, V. Girish, S. Joshi, T. N. Dorokhova, N. I. Dorokhov, M.
C. Akan, E. G. Meistas, R. Janulis, R. Kalytis, D. Alisauskas, S. K. Anguma, P.
C. Kalebwe, P. Moskalik, W. Ogloza, G. Stachowski, G. Pajdosz, S. Zola, 2003,
MNRAS 340, 1031
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6.3.4 Analysis of helium-rich white dwarf IUE spectra

Original paper:

B. G. Castanheira, S. O. Kepler, G. Handler, D. Koester, 2006, A&A 450, 331
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ABSTRACT

We studied the class of DB white dwarf stars, using re-calibrated UV spectra for thirty four DBs obtained with the IUE satellite. By compar-
ing the observed energy distributions with model atmospheres, we simultaneously determine spectroscopic distances (d), effective tempera-
ture (Teff), and surface gravities (log g). Using parallax measurements and previous determinations of Teff and log g from optical spectra, we can
study whether the atmospheres of eleven DB stars are consistent with pure He or have a small amount of H contamination. We also report on
our observations of seventeen stars with Teff close to the DB instability strip through time series photometry and found them to be non variable
within our detection limits.

Key words. stars: white dwarfs – stars: variables: general – stars: oscillations – ultraviolet: stars

1. Introduction

Among all known white dwarf stars, around 20% have a he-
lium (He) dominated atmosphere, and are thus assigned the
spectral type DB. Most of these stars are believed to be result
of the born again or a very late He thermal pulse during the
early planetary nebula cooling phase (e.g. Althaus et al. 2005).
In this event, the residual hydrogen (H) is completely burnt, the
star returns quickly to AGB phase and again to planetary neb-
ula, this time, without H. As they stars cool down, DBs cross
an instability strip, where they are seen as multi-periodic pul-
sators. Beauchamp et al. (1999) determined its boundaries as
27 800 ≥ Teff ≥ 22 400 K from a comparison of their pure
He model atmosphere grid with ML2/α = 1.25 to optical spec-
tra, and 24 700 ≥ Teff ≥ 21 800 K, if undetectable traces of
hydrogen (H) are allowed in the models.

The study of the instability strip of the DBs is still a chal-
lenge because of the small number of known pulsators; only
seventeen are known to date (Nitta et al. 2005). Another diffi-
culty is that the determinations of Teff and log g from spectra
are degenerate as, in general, these two parameters are corre-
lated. Working with optical spectra is even more problematic,
as possible contamination with even trace amounts of hydro-
gen that are undetected in the spectra can decrease the result-
ing effective temperatures by up to 3000 K and log g by up
to 0.05 dex (Beauchamp et al. 1999). The uncertainty in Teff

� Partially based on observations at Observatório do Pico dos Dias/
LNA.

derived from the published optical spectra is thus comparable
to the width of the instability strip.

The DBs have been studied since the 1960 s, but especially
after the discovery of a pulsator, GD 358, based on theoret-
ical predictions (Winget et al. 1982). This star is the bright-
est and one of the best studied variable He atmosphere white
dwarf (DBV) stars. Because pulsation theory gives detailed
predictions of DBV properties, these stars can be used to study
neutrino rates probing the electro-weak theory (Winget et al.
2004; Córsico & Althaus 2004), the C(α,γ)O cross section
(Metcalfe 2003, 2005), and the He3/He4 separation (Wolff et al.
2002; Montgomery & Winget 2000) which cannot be achieved
in any terrestrial laboratory. Pulsations in DBs are predicted to
exist in a narrow temperature range, ∼3000 K wide, but it has
been difficult to measure Teff with sufficient accuracy to deter-
mine the edges of the instability strip.

Considerable interest is focused on the accurate determina-
tion of atmospheric parameters for DB white dwarfs, for yet
another reason, the so called “DB gap”, where there are no ob-
served DB stars. It occurs between 45 000 and 30 000 K in the
cooling sequence (e.g. Hansen & Liebert 2003). The physical
reason of the DB gap is still not understood. However, many
theories attempt to explain why there would be no DBs within
this range of temperature. One possibility is that DBs would
turn into DAs (white dwarf with pure H atmospheres) by drag-
ging H to the surface of the star, blocking the atmosphere. In
this scenario, we expect to find more H in the hot DBs than

Article published by EDP Sciences and available at http://www.edpsciences.org/aa or http://dx.doi.org/10.1051/0004-6361:20054221



332 B. G. Castanheira et al.: He rich white dwarf stars

in the cooler ones. We also investigate that possibility in this
paper, but we do not confirm this theory.

2. Fitting the ultraviolet spectra

To study the DBs as a class and the characteristics of their in-
stability strip, we used ultraviolet spectra because they are less
affected by possible trace amounts of H that plague the optical
determination of the effective temperature (Beauchamp et al.
1999). The data we use to determine the distance (d), effec-
tive temperature (Teff), and surface gravity (log g) are the re-
calibrated ultraviolet spectra for DB stars, obtained with the
International Ultraviolet Explorer (IUE) satellite and published
by Holberg et al. (2003). The spectra were re-calibrated with
the New Spectroscopic Image Processing System (NEWSIPS)
data reduction by NASA, and in the low-dispersion spectral
mode with a resolution of ∼6 Å.

One of the major motivations to use the archive of IUE low-
dispersion spectra, besides it comprising an homogeneous sam-
ple, is to work with spectra of which the absolute calibration is
based on a synthetic model atmosphere energy distribution for
the white dwarf star G191-B2B (WD 0501+527). The models
we fit are the same kind used in the flux calibration.

We used a new grid of Koester’s model atmospheres, with
input physics and methods similar to those described in Finley
et al. (1997), consisting of models with Teff from 12 000 K
to 28 000 K, and a step of 500 K, and logg from 7.0 to 9.0,
with 0.1 dex step. We used two sets of model atmospheres:
pure He and He contaminated with a small amount of H
[log y ≡ log (NHe/NH) = −3.0]. This is the the upper limit for
the amount of H contamination for a star not show discernible
H lines in the optical spectra, i.e., to be classified as a DB and
not as a DBA. All models were calculated with ML2/α = 0.6
mixing length theory, considering that Bergeron et al. (1995)
and Koester & Vauclair (1997) have shown this choice of mix-
ing length gives consistent results in the UV and optical, for
the DAs. There is no reason to expect the mixing length de-
scription to be different for DBs. These models were used to
simultaneously fit Teff, log g and d to the available IUE spectra.

We calculated the minima in χ2 between the ob-
served spectra and the models, allowing the three param-
eters, Teff, log g, and d, to vary. We used the model
radii described in Althaus & Benvenuto (1997), avail-
able in http://www.fcaglp.unlp.edu.ar/evolgroup/
tracks.html.

Our determinations of Teff , log g and the distance for all
DB stars with IUE spectra available are shown in Table 1. In
Cols. 3−5, we show the values derived using pure He models,
and in Cols. 6−8, the same parameters using He/H models.

3. Comparison of results

Our determinations are still degenerate with respect to the con-
tamination of H in the He atmosphere. To minimize this effect,
we used external measurements, like: optical spectra, parallax
measurements, and V magnitudes, if available.

3.1. Distance moduli

To test the reliability of our spectroscopic distances, we used
our determinations of Teff and log g, Bergeron’s et al. (2001)
absolute magnitude, and the published V magnitude to estimate
the distance moduli. In Table 2 we show the derived distances
from this method and the distances after cross correlating both
solutions.

In almost all cases, both spectroscopic and magnitude de-
rived distances agree, even though we used independent model
grids.

3.2. Parallax measurements

For six stars of our sample, parallax measurements are avail-
able (van Altena et al. 2001). Comparing these distances with
the ones derived spectroscopically, the better agreement, in
general, is the solution derived using pure He models. There
are two stars, GD 358 and GD 408, for which we could not
distinguish the atmospheric composition. Feige 4 is an excep-
tion, for which both spectroscopic solutions do not agree with
the published parallax. However, this is the faintest star in our
sample with parallax measurement, with magnitude close to the
limit of the catalog. In Table 3, we show the parallax distance
and the best stellar composition cross correlating the solutions.

The IUE spectra of Feige 4 (full line) is shown in Fig. 1 in
comparison to the models. The best models derived from the
spectra are with Teff = 19 000 K, log g = 8.50, d = 61 pc, and
pure He (dashed line) and with Teff = 18 000 K, log g = 7.50,
d = 112 pc, and He/H grid (dotted line). Using the distance de-
rived from parallax, d = 33 pc, the best models are not only
much cooler, Teff = 14 000 K for pure He models (dotted-
dashed line) and Teff = 17 000 K for He/H models (long dashed
line), but they also do not fit the slope of the observed spec-
tra. Another argument to claim the parallax measurement is not
correct is that this star has apparent magnitude V = 15.3, too
faint for such a large parallax, unless the radius is extremely
small, i.e., high mass, incompatible with the observed spectra.

3.3. Comparison with optical spectra results

Beauchamp et al. (1999) studied the optical spectra of eight
known DBVs together with fifteen other DB and DBA stars
with temperatures above 20 000 K. For DBs, including DBVs,
they used a pure He atmosphere composition, or a homoge-
neous H/He ratio with only traces of H, at the detection thresh-
old – defined as that which would produce barely visible Hβ
or Hγ features, two lines included in their spectra. The influ-
ence of small, spectroscopically invisible amounts of H in the
DB’s atmospheres is an important issue in the definition of the
temperature scale in the optical, because Teff determined using
He models with small admixture of H are often lower by a few
thousand of K, than those determined with pure He models.

The instability strip Beauchamp et al. (1999) derived from
the analysis of optical spectra contains non-variable stars.
Its Teff is also uncertain due to the possible presence of trace
amounts of H in the stellar atmospheres. In Table 4, we com-
pare our determination for Teff from UV spectra, described
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Table 1. Atmospheric parameters and distance determined from IUE spectra, using pure He models (He) and He contaminated with a small
amount of H (He/H) models. An asterisk indicates a DBA star, for which our determinations are not adequate.

Name WD He Teff (K) He log g He d (pc) He/H Teff (K) He/H log g He/H d (pc)

G 266-32 0000-170 16 000± 600 8.50± 0.60 39± 12 14 000± 270 8.00± 0.02 46± 3

GD 408 0002+729 14 000± 40 8.50± 0.04 26± 1 14 000± 40 7.50± 0.07 54± 2

Feige 4 0017+136 19 000± 170 8.00± 0.17 61± 5 18 000± 60 7.50± 0.06 112± 7

G 270-124 0100-068 20 500± 130 8.40± 0.23 34± 4 19 000± 100 7.00± 0.15 69± 5

PG 0112+104 0112+104 27 000± 110 7.50± 0.03 136± 2 27 000± 130 8.50± 0.06 71± 2

GD 40 0300-013 15 000± 420 7.50± 0.21 104± 11 15 000± 310 8.50± 0.16 58± 5

BPM 17088 0308-565 21 500± 190 7.70± 0.08 58± 2 21 000± 280 8.00± 0.14 49± 3

BPM 17731 0418-539 20 000± 140 8.00± 0.14 83± 6 19 000± 110 7.50± 0.06 110± 3

BPM 18164 0615-591 16 000± 50 8.50± 0.17 26± 2 16 000± 40 7.00± 0.04 64± 1

Ton 10 0840+262 21 000± 90 7.50± 0.09 96± 4 18 000± 100 7.00± 0.15 103± 8

L748-70 0845-188 18 000± 140 7.50± 0.14 129± 9 18 000± 60 7.50± 0.06 135± 4

PG 0853+163∗ 0853+163 21 000± 450 7.70± 0.18 126± 11 20 000± 650 7.50± 0.65 137± 44

PG 0948+013 0948+013 19 000± 280 8.20± 0.19 92± 9 18 000± 150 7.00± 0.15 173± 13

GD 303 1011+570 18 000± 140 7.50± 0.14 75± 5 18 000± 60 7.50± 0.03 78± 1

PG 1115+158 1115+158 23 000± 500 8.50± 0.10 137± 7 22 000± 500 7.00± 0.25 321± 40

PG 1149-133∗ 1149-133 20 500± 440 7.60± 0.57 161± 46 19 000± 260 7.00± 0.19 196± 19

PG 1311+129∗ 1311+129 26 500± 450 7.70± 0.05 249± 6 27 000± 280 7.50± 0.14 298± 14

PG 1326-037 1326-037 21 500± 290 8.40± 0.35 81± 14 20 000± 100 8.00± 0.10 100± 5

GD 325 1333+487 16 000± 40 8.20± 0.01 34± 0.2 15 000± 120 7.00± 0.06 61± 2

PG 1351+489 1351+489 22 500± 190 7.60± 0.15 194± 14 22 000± 150 7.00± 0.07 266± 10

PG 1411+218 1411+218 15 000± 70 7.80± 0.01 49± 0.3 14 000± 70 7.00± 0.03 66± 1

G 200-39 1425+540 15 000± 110 7.70± 0.09 74± 3 15 000± 310 8.50± 0.31 47± 7

PG 1445+152 1445+152 21 500± 120 8.40± 0.12 91± 5 21 000± 120 8.50± 0.06 86± 3

PG 1456+103∗ 1456+103 24 000± 190 8.50± 0.27 110± 15 24 000± 290 9.00± 0.14 76± 5

G 256-18 1459+821 16 000± 50 8.00± 0.03 53± 1 15 000± 310 7.00± 0.05 83± 2

GD 190 1542+182 22 500± 90 8.50± 0.11 48± 3 21 000± 60 7.00± 0.06 106± 3

GD 358 1645+325 24 500± 130 8.50± 0.10 29± 1 24 000± 50 8.50± 0.03 30± 0.4

PG 1654+160 1654+160 25 000± 550 7.50± 0.11 237± 13 26 000± 1100 7.00± 0.55 331± 91

L 7-44 1708-871 23 000± 610 8.30± 0.42 55± 12 21 000± 680 7.00± 0.34 106± 18

GD 378 1822+410 17 000± 60 8.20± 0.04 39± 1 16 000± 80 7.00± 0.08 70± 3

L 1573-31 1940+374 17 000± 50 7.60± 0.05 62± 1 17 000± 40 7.00± 0.07 86± 3

BPM 26944 2034-532 17 000± 390 8.50± 0.39 34± 7 17 000± 80 7.00± 0.12 86± 5

G 26-10 2129+000 13 000± 60 7.50± 0.06 50± 2 13 000± 40 7.50± 0.02 54± 1

LTT 9031 2224-344 19 000± 160 7.50± 0.16 72± 6 18 000± 130 7.00± 0.13 88± 6

in Sect. 2, with those derived from optical spectra. The opti-
cal spectra also give two solutions, with or without trace H.
For seven DB stars, the best agreement in Teff in both UV
and optical range is for atmospheres consistent with a small
amount of H instead of none. The exception is the star GD 358,
which has a higher probability of having a pure He atmosphere
in agreement with Provencal et al. (2000) determination of
log (NHe/NH) ≤ −5 for this star. In Fig. 2, we show a com-
parison between UV (x-axis) and optical (y-axis) spectroscopic
determinations of Teff , for a pure He atmosphere and a He/H at-
mosphere. The closer a given data point is to the dashed line
(1:1 correspondence between UV and optical spectra), the bet-
ter the solution for the atmosphere composition becomes. The
dotted lines link the two atmosphere determinations for a given
star, showing that He/H atmospheres are more likely for this
sample.

GD 358 is the only star in our sample which both parallax
measurement and optical spectra determination is available. We
cannot distinguish the best atmosphere composition from the
parallax, but a pure He atmosphere is still consistent with the
optical spectra determination.

For the star GD 190, even though we get a better agree-
ment with the optical spectra for a contaminated atmo-
sphere, Provencal et al. (2000) obtained an upper limit of
log (NHe/NH) ≤ −6.5, consistent with a pure He atmosphere.

An important consideration is that we fitted all stars us-
ing DB models, never with DBA models. From the IUE spec-
tra, we cannot determine if a star is a DBA or not. The op-
tical spectra of PG 0853+163, PG 1149-133, PG 1311+129,
and PG 1456+103 do show H, which has been taken into ac-
count by Beauchamp et al. (1999) by using models with a con-
siderable amount of H. Our temperatures for DBA stars are
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Table 2. Distance determined from distance modulus (Cols. 2−3) using IUE Teff and log g, compared to absolute magnitude models and
available V magnitudes. We used both pure He models (He) and He contaminated with a small amount of H (He/H) models. The last 2 columns
are the distances after cross correlating these values and the spectroscopic distances (see values in Table 1).

Name He d (pc) He/H d (pc) He dcross (pc) He/H dcross (pc)

G 266-32 36+22
−16 45± 2 37+13

−10 46± 2

GD 408 26± 1 51± 2 26± 1 53± 1

Feige 4 81± 7 108+4
−3 71± 4 110± 4

G 270-124 35+7
−6 88+10

−9 34± 4 78+6
−5

PG 0112+104 144+28
−20 71+3

−4 140+14
−10 71± 2

GD 40 100+20
−15 50+3

−8 102+11
−9 54+3

−5

BPM 17088 61+4
−3 50± 5 60± 2 50± 3

BPM 17731 82± 6 109+4
−3 83± 4 109± 2

BPM 18164 27± 4 79+10
−9 27± 2 71+5

−4

Ton 10 81+4
−2 104+9

−8 89+3
−2 104± 6

L748-70 122+14
−12 122+6

−5 125+8
−7 128+4

−3

PG 0853+163∗ 135+18
−16 150+95

−56 131+11
−10 144+52

−36

PG 0948+013 92+15
−13 205+25

−23 92+9
−8 189+14

−13

GD 303 119+14
−11 119+7

−3 97+7
−6 98+3

−1

PG 1115+158 95+8
−9 260+53

−45 116+5
−6 291+35

−30

PG 1149-133∗ 178+92
−57 258+42

−36 169+51
−37 227+23

−21

PG 1311+129∗ 187± 9 218+29
−22 218± 5 258+16

−13

PG 1326-037 82+23
−22 103+7

−8 82± 13 101+4
−5

GD 325 33+0.2
−0.3 70± 3 33+0.1

−0.2 66± 2

PG 1351+489 194+21
−36 293+17

−15 194+13
−19 280+10

−9

PG 1411+218 48+0.5
−0.6 76± 2 48± 0.3 71± 1

G 200-39 69+5
−4 39+11

−10 72± 3 43+7
−6

PG 1445+152 77± 7 71± 4 84± 4 78± 2

PG 1456+103∗ 87± 18 57+8
−7 98± 12 66± 4

G 256-18 60+1
−2 111± 7 56± 1 97± 4

GD 190 49+4
−5 134± 6 49± 3 120± 3

GD 358 30± 2 30± 1 30± 1 30+0.3
−0.4

PG 1654+160 196+22
−16 302+192

−113 216+13
−10 317+106

−73

L 7-44 57+14
−12 133+28

−22 56+9
−8 119+17

−14

GD 378 42± 1 90± 6 40± 1 80± 3

L 1573-31 67± 2 103± 4 64± 1 95± 3

BPM 26944 34+13
−11 101+10

−9 34+7
−6 93+6

−5

G 26-10 58+3
−2 58± 1 54± 2 56± 1

LTT 9031 78+10
−8 108+12

−11 75+6
−5 98± 6

therefore not reliable, but differences in Teff from our models
with or without trace H are the same order as our uncertainties.

We did not compare log g values, as their uncertainties are
too large from both UV and optical spectra.

4. Looking for new pulsators

Robinson & Winget (1983) reported a search for pulsating
DB white dwarf stars, classifying twenty nine stars as non-
variable. Expanding this search, we acquired time-series pho-
tometric observations of another thirteen DB white dwarf stars,
which have Teff close to the edges of the DB observed in-
stability strip, plus one DA (H atmosphere white dwarf) dur-
ing two observing runs at the South African Astronomical
Observatory (SAAO), and four DBs at the Observatório Pico

Table 3. Using the distance determined by parallax measurements
(second column), we study the best agreement with our fits, deriving
the atmosphere composition (third column).

Star d (pc) Atmosphere

GD 408 35± 6 undetermined

Feige 4 33± 10 undetermined

GD 325 35± 4 He/H

G 200-39 58± 13 pure He

GD 358 37± 4 undetermined

L 1573-31 49± 7 pure He

dos Dias (OPD) in other three runs, to search for variabil-
ity. At SAAO, one of us (GH) used the 0.75-m telescope in



B. G. Castanheira et al.: He rich white dwarf stars 335

Table 4. Atmospheric parameter determinations from UV spectra in comparison to those derived by Beauchamp et al. (1999) using optical
spectra. The last column shows the best agreement in atmosphere composition using both independent determinations.

Name UV He UV He/H Optical He Optical He/H Atmosphere

G 270-124 20 500± 130 19 000± 100 22 500 20 500 He/H

PG 0112+104 27 000± 110 27 000± 130 31 500 28 300 He/H

PG 1115+158 23 000± 500 22 000± 500 25 300 21 800 He/H

PG 1351+489 22 500± 190 22 000± 150 26 100 22 600 He/H

PG 1445+152 21 500± 120 21 000± 120 23 600 22 200 He/H

GD 190 22 500± 90 21 000± 60 21 500 21 000 He/H

GD 358 24 500± 130 24 000± 50 24 900 24 700 He

PG 1654+160 25 000± 550 26 000± 1100 27 800 24 300 He/H

Fig. 1. IUE spectra obtained for Feige 4 (full line) compared with the
best models derived leaving all parameters free for a pure He grid
(dashed line) at d = 61 pc, with Teff = 19 000 K and log g = 8.50,
for a a DB contaminated with H (dotted line), at d = 112 pc, with
Teff = 18 000 K and log g = 7.50. Using the parallax distance, (d =
33 pc) for pure He grid (dotted-dashed line), the best solution is for
Teff = 14 000 K and log g = 8.50, and for a DB contaminated with H
(long dashed line), the atmospheric parameters are Teff = 17 000 K
and log g = 9.00.

April/May 2000 and the 1.0-m telescope in December 2001. At
both telescopes, a high-speed CCD photometer (O’Donoghue
1995) was employed. It was operated in full-frame mode on the
0.75-m telescope with 20-s integrations and 3−4 s readout dur-
ing the measurements in 2000, but in frame-transfer mode with
10-s integrations in 2001. At OPD, we used the 1.6-m telescope
in 1986, with a single channel photometer and 5-s integration
time. We also observed at OPD in 2004, using the 0.6-m tele-
scope and CCD 101, with 30-s integration, and 7−8 s readout.
No filters were used in order to maximize the received light and
considering that g-mode pulsations should have the same phase
at different wavelengths (e.g. Kepler et al. 2000). We show the
observing log in Table 5.

Fig. 2. Comparison between the UV (x-axis) and optical (y-axis) deter-
minations for Teff using pure He models (blue triangles) and DB mod-
els contaminated with H (red squares). The dotted lines correspond
to the same star. The dashed line delineates 1:1 correspondence be-
tween UV and optical spectra.

We reduced the SAAO CCD data with the standard soft-
ware for this instrument, and carried out photometry by using
the program MOMF (Kjeldsen & Frandsen 1992) which uses
a combined approach of PSF fitting photometry and aperture
corrections on the star-subtracted frames, giving optimal re-
sults. Fourier amplitude spectra of the resulting light curves
are shown in Fig. 3. For the OPD runs, the detection lim-
its are 3 mma for BPM 17088 and GD 270-124, 2 mma for
BPM 17731, and 1.4 mma for L 7-44.

All the seventeen stars are constant within our detec-
tion limit. The detection limits are satisfactory for all stars
except PG 0949+094, WD 1415+234 (run terminated by
cloud) and PG 2234+064, which should be re-observed.
WD 1445+152 may also require some additional observa-
tions; the highest peak in its amplitude spectrum is some-
what outside the typical range for pulsating white dwarf stars
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Table 5. Journal of observations. ∆T is the length of the corresponding
observing run.

Star Run start (UT) ∆T (h) # points

BPM 17088 09/09/86, 05:18 1.24 890

BPM 17731 11/09/86, 04:11 3.17 2282

GD 270-124 31/10/86, 22:54 3.37 2423

WD 0853+163 26/04/00, 17:46 1.13 173

WD 1311+129 27/04/00, 21:23 1.51 230

PG 1445+152 28/04/00, 21:18 1.33 195

PG 0949+094 29/04/00, 17:00 1.25 193

PG 1026-056 29/04/00, 18:19 1.15 175

L 151-81A 29/04/00, 23:53 1.61 250

WD 1134+073 30/04/00, 18:15 1.41 213

WD 1332+162 01/05/00, 18:29 1.79 260

WD 1336+123 01/05/00, 20:19 1.43 222

WD 1444-096 01/05/00, 21:48 1.10 168

WD 1415+234 01/05/00, 22:57 0.57 88

PG 2354+159 16/12/01, 18:38 1.07 386

PG 2234+064 17/12/01, 18:57 0.91 326

L 7-44 15/08/04, 00:33 2.61 233

Table 6. Variability classification of the DB stars in our sample.
The V is used for variables, NV for non-variables and NO for not
observed for variability.

Stars

V PG 1115+158, PG 1351+489, PG 1456+103,

GD 358, PG 1654+160

NV Feige 4, G270–124, PG 0112+104, GD 40,

BPM 17731, Ton 10, PG 0853+163, GD 303,

PG 1311+129, GD 325, PG 1445+152, G 256-18,

GD 190, L 7-44, GD 378, G 26-10, LTT 9031

BPM 17088

NO G 226-32, GD 408, BPM 18164, L 748-70,

PG 0948+013, PG 1149-133, PG 1326-037,

PG 1411+218, G 200-39, L 1537-31, BPM 26944

but we cannot rule out that it is intrinsic to the star from
the present data. We also note that we could not detect vari-
ability of the DA white dwarf L 151-81B, but our detec-
tion limit (∼8 mma) is poor. On the other hand, we suspect
that the star 2MASS 14581310-6317340, (∼8 arcsec East of
L 151-81AB) is a δ Scuti star, with a 1.3-h period and 23 mmag
semi-amplitude.

The variability classification of DB stars is shown in
Table 6, where V is used for variables, NV for non-variables,
and NO for not observed for variability reported.

Having derived the physical parameters from ultraviolet
spectra, and the atmosphere composition for thirteen stars, we
are ready to determine the DB instability strip for this homoge-
neous sample. In Figs. 4 and 5, we show the final determination

Fig. 3. Fourier amplitude spectra of the null results of a search for
pulsation among DB white dwarf stars.

12000170002200027000
Teff

 (K)

6.4

7.4

8.4

lo
g 

g

Variables
Non−variables
Not observed

Fig. 4. DB instability strip using pure He models for the stars for which
we cannot determine atmosphere composition: variables (filled trian-
gle), non-variables (filled squares), and not observed for variability
(open circles). There are 2 stars close to the instability strip that have
not been observed for variability.
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Fig. 5. DB instability strip using H contaminated He models for the
stars for which we cannot determine atmosphere composition: vari-
ables (filled triangle), non-variables (filled squares), and not observed
for variability (open circles). There are 2 stars close to the instability
strip that have not been observed for variability.

for Teff and log g for variables (filled triangle), non-variables
(filled squares), and so far not observed by time series pho-
tometry (open circles) DB stars. This diagram shows that DBs
pulsate in a well-defined temperature range, from 26 000 ≥
Teff ≥ 22 000 K. For the stars which we could not determine
their atmosphere composition, we used both pure He models
and He/H models, respectively. There is a 97% chance that the
DB instability strip contains only variable stars. Even if the er-
ror bars in Teff were three times larger, there is only a 4% prob-
ability of contamination. This probability was calculated by
adding the probability of all variables that fall inside the insta-
bility strip and all non-variables outside, using Gaussian dis-
tributions for our Teff determinations only (no consideration
for log g). There are still stars close to the instability strip that
have not been searched to our knowledge for variability, and
which are crucial for the study of the instability strip.

However, Beauchamp et al.’s (1999) optical spectra fitting
found non-variables inside the instability strip. In this sense, for
a true determination of the DB instability strip it is necessary
to fit the optical and UV spectra simultaneously, to analyze the
possible differences to convection prescription.

5. Concluding remarks

We used model atmospheres with ML2/α = 0.6 to derive atmo-
spheric parameters (Teff and log g) and distances for thirty four
DB stars with available IUE re-calibrated spectra. Our model
grid fit well the spectra. Another important conclusion is that
atmospheric contamination with H is not directly proportional
to Teff for DB stars, based on our determination for eleven stars,
which has been a suggestion to explain the DB gap by convec-
tion dragging H upwards. We also find no DB stars inside the
DB gap.

Acknowledgements. Financial support: CAPES/UT grant, CNPq
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ABSTRACT

This paper analyses the Whole Earth Telescope observations of HL Tau 76, the first discovered pulsating DA white dwarf. The star was observed
during two Whole Earth Telescope campaigns. It was a second priority target during the XCOV13 campaign in 1996 and the first priority one
during the XCOV18 campaign in 1999. The 1999 campaign reached 66.5% duty cycle. With a total duration of 18 days, the frequency resolution
achieved is 0.68 µHz. With such a frequency resolution, we were able to find as many as 78 significant frequencies in the power spectrum,
of which 34 are independent frequencies after removal of all linear combinations. In taking into account other frequencies present during the
1996 WET campaign and those present in earlier data, which do not show up in the 1999 data set, we find a total of 43 independent frequencies.
This makes HL Tau 76 the richest ZZ Ceti star in terms of number of observed pulsation modes. We use those pulsation frequencies to determine
as much as possible of the internal structure of HL Tau 76. The pulsations in HL Tau 76 cover a wide range of periods between 380 s and 1390 s.
We propose an identification for 39 of those 43 frequencies in terms of � = 1 and � = 2 non-radial g-modes split by rotation. We derive an
average rotation period of 2.2 days. The period distribution of HL Tau 76 is best reproduced if the star has a moderately “thick” hydrogen mass
fraction log qH ≥ −7.0. The results presented in this paper constitute a starting point for a detailed comparison of the observed periods with the
periods calculated for models as representative as possible of HL Tau 76.

Key words. stars: interiors – stars: individual: HL Tau 76 – stars: oscillations – stars: white dwarfs

1. Introduction

There are 71 pulsating DA white dwarfs presently known (the
ZZ Ceti or DAV stars). This number is composed on one
hand of the 36 ZZ Ceti stars published prior to the first re-
lease of the Sloan Digital Sky Survey (SDSS) and includes the
ZZ Ceti stars recently discovered on the basis of their loca-
tion in the logg−Teff diagram: G30-20 (Mukadam et al. 2002),
MCT 0145-2211 and HE 0532-5605 (Fontaine et al. 2003),

� Based on data obtained at the Haute-Provence Observatory,
INSU/CNRS, France, the Teide Observatory, Tenerife, Spain,
the Laboratorio Nacional de Astrofisica/CNPq, Brazil, the Cerro
Tololo Interamericain Observatory, Chili, the McDonald Observatory,
Texas, USA, the Kitt Peak National Observatory, Arizona, USA,
the Mauna Kea Observatory, University of Hawaii, USA, the
Beijing Observatory, China, the Naini Tal Observatory, India, The
South Africa Astronomical Observatory, South Africa, the Moletai
Observatory, Lituania, the Wise Observatory, Israel, the Suhora
Observatory, Poland and the Loiano Observatory, Italy.
�� Table 2 is only available in electronic form at
http://www.edpsciences.org

LP133-144 and HE1258+0123 (Bergeron et al. 2004). They lie
well inside the ZZ Ceti instability strip as defined by Bergeron
et al. (1995). On the other hand, 35 new ZZ Ceti stars have
been discovered from the first release catalog of the SDSS
(Mukadam et al. 2004a; Abazajian et al. 2003; Harris et al.
2003; Kleinman et al. 2004). The 36 previously published
ZZ Ceti stars define a narrow instability strip in the H-R dia-
gram (or in the log g − Teff diagram) of trapezoidal form due
to the mass dependence of its blue and red edges. Its loca-
tion in Teff depends on the adopted prescription for the con-
vection. Bergeron et al. (1995) have shown that within the
framework of the mixing lenght theory (MLT), the choice of
the ML2 version with a mixing length equals to 0.6 pressure
height scale optimizes the Balmer lines profiles and the en-
ergy distribution from the UV to the visible wavelength range.
For the average DA mass, it ranges from 12 460 ± 200 K
for the hottest (G226-29) to 11 070 ± 200 K for the coolest
(G30-20 and BPM24754), according to Bergeron et al. (1995),
Fontaine et al. (2003) and Bergeron et al. (2004). According
to Bergeron et al. (2004), the instability strip for these ZZ Ceti

Article published by EDP Sciences and available at http://www.edpsciences.org/aa or http://dx.doi.org/10.1051/0004-6361:20053149
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white dwarfs is a “true” instability strip, which means that all
the DA white dwarfs falling inside this region of the H-R di-
agram do pulsate (no non-pulsating DA has yet been found
within the instability strip in this sample). This is in disagree-
ment with the instability strip derived from the SDSS newly
discovered ZZ Ceti stars. Mukadam et al. (2004b) suggest that
it is not pure. Whether this results from a genuine cohabita-
tion of pulsators and non-pulsators within the instability strip
or from larger uncertainties in the atmospheric parameters de-
rived from the SDSS needs to be examined. The DA white
dwarfs of the SDSS sample falling within the instability strip
are fainter than those analyzed by Bergeron et al. (2004). Their
atmospheric parameters are derived from lower S/N spectra: for
instance, the S/N of the spectrum for the brighest non variable
star (WD 1338-0023, g = 17.1) in the Mukadam et al. (2004b)
sample is 35 (Kleinman et al. 2004), while all the DA spec-
tra analyzed by Bergeron et al. (2004) have a S/N ≥ 80. It
suggests that the location of the SDSS DA white dwarfs in the
log g − Teff diagram suffers larger uncertainties. This may ex-
plain the overlap between pulsators and non-pulsators within
the Mukadam et al. (2004b) instability strip.

Whether the instability strip is pure or not pure is an impor-
tant issue since, if the instability strip is a “pure” one, then it
is an indication that the internal structure of the ZZ Ceti white
dwarfs as derived from asteroseismology is representative of
the DA white dwarfs as a whole group. DA white dwarfs rep-
resent 80% of the total white dwarf population (Fleming et al.
1986). As the white dwarfs are the last evolutionary stage of
low and intermediate mass stars, which form the vast majority
of all stars, it is important to know their internal structure as
precisely as possible.

The white dwarf cooling sequence could potentially be
used as a powerful cosmochronological tool (Winget et al.
1987). One finds most of the known white dwarfs in the solar
neighbourhood, but they are also present in both open and glob-
ular clusters, and some have been identified as potential galac-
tic halo members. In each case, calibrating the corresponding
cooling sequence would provide an age determination, inde-
pendent from other methods, and hopefully more precise. This
goal is not yet achieved however, due to various uncertainties
in the models. Among those uncertainties, the unknown propor-
tion and distribution of C and O in the core and the incomplete
understanding of the way they crystallize at the low luminosity
end of the cooling sequence affect the estimate of the total ther-
mal energy reservoir, while the unknown helium and hydrogen
content and thickness of the envelope affects the estimate of the
rate at which this energy is released through radiation and/or
convection. They introduce an uncertainty on the derived age
of the coolest white dwarfs on the order of 2 Gyr (Winget &
Van Horn 1987; see Fontaine et al. 2001 for a recent review).

The asteroseismological study of the ZZ Ceti white dwarfs
can help in reducing part of these uncertainties by constrain-
ing the stars’ total mass and hydrogen mass fraction. The diffi-
culty in determining these values from asteroseismology comes
from two main sources: 1) they show generally few modes, in
contrast with the theoretical calculations which predict many
more unstable modes than observed; and 2) the pulsation am-
plitudes become increasingly variable as the ZZ Ceti stars

become closer to the red edge of the instability strip so that
some of the modes may have amplitude below the detection
limit during a given observing season, which implies that more
than one observing season is necessary to recover a useful
power spectrum. Both effects make it difficult to find enough
modes to apply the standard method of asteroseismology which
needs a sufficient number of pulsation modes to be observed
and identified.

Most of the ZZ Ceti stars close to the instability strip blue
edge show constant pulsation amplitude. But in this case, very
few modes are unstable since the stars are just entering the in-
stability strip. In those stars, the κ–γ mechanism due to hy-
drogen partial ionization is responsible for the instability since
the fraction of the flux conveyed by convection is negligible
(Dolez & Vauclair 1981; Winget et al. 1982). However, as they
show too few modes for traditional pattern matching analysis,
one can only rely on a direct comparison of the frequencies
computed in white dwarf models with the observed frequen-
cies to constrain the model, or a set of plausible models, which
best reproduce the observations. There is generally no unique
solution. As the white dwarfs cool within the instability strip,
convection carries an increasing fraction of the flux as Teff de-
creases. Brickhill (1983, 1990, 1991a,b) found that since the
convection zone responds almost instantaneously to the pul-
sations, it can drive the pulsations. The convective driving in
ZZ Ceti stars was further analyzed by Goldreich & Wu (Wu
& Goldreich 1999, 2001; Goldreich & Wu 1999a,b; Wu 2001).
As the ZZ Ceti cool and the convection zone deepens, more and
more modes are driven and the convection give them increasing
energy (and so more power). Since the depth of the convection
zone varies in response to the variations of the physical condi-
tions induced by the pulsations (temperature and pressure) non
linearities occur in the surface flux perturbations which show
up through an increasing complexity of the power spectra, vari-
ability of the amplitudes, non-sinusoidal pulse shapes, linear
combinations of frequencies, etc. Closer to the red edge, al-
most all the flux is carried by convection. The strong feedback
of convection on the pulsations now results in the damping of
many of the modes, so that again fewer modes are available
for asteroseismological diagnosis. So, the determination of the
hydrogen mass fraction for individual ZZ Ceti stars has been
attempted in very few cases. This led Clemens (1993) to con-
sider the pulsation properties of the ZZ Ceti stars as a group.
From the similarities in the period distribution observed in the
hot ZZ Ceti stars, he concluded that they should also have a
somehow similar internal structure and estimated that their hy-
drogen mass fraction should be around MH/M∗ = 10−4, the
value predicted by stellar evolution theory.

Looking for the ZZ Ceti stars for which a hydrogen mass
determination has been proposed, one can check that in most
cases those determinations rely on a small number of detected
modes whose identification remains often ambiguous. Table 1
summarizes the results on the hydrogen mass fraction deter-
mined from asteroseismology. Except for G29-38, which is the
best studied ZZ Ceti star up to now and in which 19 multi-
plets have been identified as possible � = 1 modes, the num-
ber of available modes is small. In 5 of the ZZ Ceti stars
listed, out of 8 total, the hydrogen mass fraction is estimated
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Table 1. Derived MH/MWD in ZZ Ceti stars.

Object Number of modes MH × 10−4 MWD Ref.

G 226-29 3 ≈1.0 1

L 19-2 11 ≈1.0 2

R 548 7 1.5 3

GD 165 8 ≈2.0 4

G 29-38 19 0.005 5

G 117-B15A 3 ≈1.0 6

GD 154 3 2 × 10−6 7

BPM 37093 8 0.02–0.6 8

Notes: The number of modes is obtained after subtracting the linear
combinations and harmonics from the power spectra. Its does include
multiplet components induced by rotational splitting (except in the
case of G 29-38 where the indicated number is the total number of
multiplets). This number is the sum of all the modes observed dur-
ing various observing seasons. References: 1) Kepler et al. (1995);
2) Bradley (1993, 2001); 3) Bradley (1998); 4) Bergeron et al. (1993),
Bradley (2001); 5) Kleinman et al. (1998); 6) Robinson et al. (1995),
Bradley (1998); 7) Pfeiffer et al. (1996); 8) Kanaan et al. (2005),
Metcalfe et al. (2004), but see also Fontaine & Brassard (2004).

to be ≈10−4MWD, where MWD is the white dwarf mass. These
estimates rely mostly on the assumption that the shortest ob-
served periods are correctly identified as the periods of the
lowest order � = 1 modes calculated in DA white dwarf mod-
els. In some of those models, the effects of varying the helium
mass fraction has been included in the analysis, while in oth-
ers models a standard value of 10−2 has been adopted as in the
Wood’s (1995) evolutionary sequences. In the other three cases,
G29-38, GD154 and BPM37093, it is smaller. However, it must
be emphasized that in the case of G29-38, there is not yet a
convincing model so that the quoted value is only a prelimi-
nary estimate. In the case of GD 154, the estimate is based on
the assumption that the three independent modes seen during
the WET campaign were trapped modes, an assumption which
may not be generally true since in the pulsating white dwarfs
which show more modes, the largest amplitude ones are not
necessarily trapped. For BPM37093, the hydrogen mass frac-
tion is not strongly constrained since the possible models which
fit equally well the observed periods cover a rather large range.

Since the hydrogen mass fraction estimate largely relies on
a proper identification of the modes, which is often difficult
even from long time-series photometric data, two alternative
methods have been devised. In the first case, the wavelength
dependence of the pulsation amplitudes has been used to se-
lect the � degree of the modes (Robinson et al. 1995; Kepler
et al. 2000b). The method requires data covering a large enough
wavelength range, including preferably the UV where the am-
plitudes vary most significantly. It also requires high S/N ratio
to distinguish between � = 1 and � = 2 modes whose pre-
dicted amplitude variations are quite close. The second method
uses time-dependent spectrophotometry (van Kerkwijk et al.
2000; Clemens et al. 2000; Kotak et al. 2002a; Thompson et al.
2003, 2004). The variations in the line profile during the pulsa-
tion cycle contain information on the � degree of the modes.

This method implies the use of large telescopes since it re-
lies on high resolution spectroscopy with good enough S/N on
time scale which should be a fraction of the typical periods.
However, both methods would also require long enough time-
series to resolve the close frequencies of rotationally split mul-
tiplets or of overlapping modes of different � degrees, a condi-
tion which cannot be easily satisfied.

To summarize, the question of whether the DA white
dwarfs all have the same hydrogen mass fraction is presently
unsettled. A hydrogen mass fraction of 10−4 MWD is adopted as
a “standard” value in most models used in computing cooling
sequence (the so called “thick” hydrogen models). If a large
dispersion in the hydrogen mass fraction in DA white dwarfs
was found to be real, it would introduce an equivalent disper-
sion in the age of white dwarfs of a given luminosity and in-
crease the uncertainty in the age calibration of the white dwarf
luminosity function.

So, trying to determine the hydrogen mass fraction in
DA white dwarfs from the asteroseismology of the ZZ Ceti
stars is worthwhile. HL Tau 76 is a ZZ Ceti star of particu-
lar interest in this respect. It shows a large number of pulsation
frequencies whose hopefully a significant fraction should be in-
dependent pulsation modes. As a result, the model is expected
to be rather strongly constrained and its main parameters, in-
cluding its hydrogen mass fraction, well determined.

The star was the primary target of a Whole Earth Telescope
(WET, Nather et al. 1990) campaign whose results are de-
scribed in the present paper. In Sect. 2, the observations and
the data reduction are presented. Section 3 gives a global de-
scription of the power spectrum while Sect. 4 offers a detailed
analysis of the power spectrum and a discussion of its varia-
tions compared to previous observations. Section 5 is devoted
to the asteroseismological interpretation of our data. Section 6
summarizes our results.

2. Observations and data reduction

2.1. Summary of previous work

With a Teff = 11 440±350 K (Bergeron et al. 1995), HL Tau 76
is part of a group of ZZ Ceti stars located in the cool part
of the instability strip, the red edge being defined by G30-20
and BPM24754 at Teff = 11 070 ± 200 K. Its log g = 7.89 ±
0.05 translates to a mass of M/M� = 0.55 ± 0.03 assum-
ing it has a pure carbon core, a helium layer fractional mass
MHe/MWD = 10−2 and a “thick” hydrogen layer fractional mass
MH/MWD = 10−4, according to Bergeron et al. (1995) from the
models of Wood (1995). However, since the hydrogen and he-
lium mass fraction are not known, the derived total mass cannot
be tightly constrained by spectroscopy alone.

HL Tau 76=V411 Tau is the very first discovered pulsating
white dwarf (Landolt 1968). In the original discovery data set,
Landolt identified a quasi-periodic variation of about 12.5 min
with a large amplitude of 0.14 mag. This discovery was con-
firmed by observations of Warner & Nather (1970, 1972) and
the main period was more precisely determined as 12.437 min.
The light curve of Warner & Nather (1972) was reanal-
ysed by Page (1972) who established for the first time the
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multiperiodicity of HL Tau 76 in finding three periods: 748.5±
2 s, 665 ± 2 s and 628 ± 2 s. Later, Fitch (1973) ob-
tained new observations confirming the multiperiodicity of
HL Tau 76. However, while the largest amplitude was still
at a period of 748.5 s, another period of 494 s was present
in the light curve, while the periods previously detected at
665 s and 628 s were absent, thus revealing the amplitude
variations of HL Tau 76. Such amplitude variations were com-
monly found in many other ZZ Ceti stars discovered later on.
HL Tau 76 has been further observed, either from single-site
or from multi-site photometric campaigns, including a WET
campaign (XCOV13) in February 1996, where it was a sec-
ondary target. A preliminary analysis of the data available un-
til 1997 has been presented by Dolez & Kleinman (1997). The
available single-site data include those obtained at the 1.5 m
telescope of the Tenerife Observatory in November 1989, at
the 1.9 m telescope of the Haute Provence Observatory in
December 1989 and at the 36-in telescope of the McDonald
Observatory in October 1990. A short description of those ob-
servations is given in Dolez & Kleinman (1997). In this pa-
per, we will use those results when necessary. The frequency
resolution achieved by these observations are ≈1.1 µHz in
November 1989, ≈9 µHz in December 1989, ≈5.4 µHz in
October 1990 and 2.6 µHz during XCOV13. In addition, a short
run of time-resolved spectroscopy is described by Kotak et al.
(2002b).

2.2. The observations

The observations described in this paper result from the
Whole Earth Telescope multisite fast photometry campaign
(XCOV18) organized in November 1999. During that cam-
paign, HL Tau 76 was the first priority target.

The data have been obtained mostly with 3-channel pho-
tometers all equipped with blue sensitive photomultipliers
(Hamamatsu R647-04 or similar) and used without a filter
(white light). These instruments fulfill the specifications and
requirements as prescribed by Kleinman et al. (1996). The sam-
pling time was either 5 s or 10 s. The sky background is con-
tinuously monitored by the third channel, with the target and
comparison stars placed in the other two channels. Some data
have been obtained with CCD photometers. Table 2 gives the
Journal of the observations. The CCD data are identified in the
last column.

During that campaign, the non-overlapping data resulted in
a 66.5% duty cycle. The total duration of the campaign was
18 days. The data of 17 days were used for the computation of
the power spectrum which leads to a frequency resolution in the
Fourier Transform of the corresponding light curve ≈0.68 µHz.

2.3. Data reduction

The photomultiplier (PMT) photometer data have been reduced
in a now standard way (Nather et al. 1990; Kepler 1993). In
3-channel photometers, the sky background is measured at the
beginning and at the end of each run in all channels. These
data are used to determine the sensitivity ratios of the channels.

The sky background is subtracted point by point from the target
and comparison star channels, after application of the proper
sensitivity ratios. Each star channel is then corrected for extinc-
tion and normalized. When conditions show evidence for trans-
parency variations, the normalized target star channel counts
are divided by the smoothed comparison star channel counts.
Subtracting unity from the resulting time series gives the time
series on which the barycentric correction to the time base is
applied. The exposure times of the PMT data were 5 or 10 s
while in the case of the CCD data they were close to 30 s.
We performed some simulations to estimate the consequence
of adding data sampled at different rates, which is the case
for our data (PMT+CCD). We considered different combina-
tions of parts of a noise free single sinusoidal light curve, with
gaps, sampled at different rate (5 s, 10 s, 20 s) and calculated
the corresponding window functions. This always results in a
degraded window function showing higher amplitude aliases
compared to the window function computed from the same
light curve sampled at a uniform rate. As a result, we decided
to homogenize the sampling rate by summing the PMT data
to 30 s, after having checked that there was no signals with
periods shorter than 60 s.

A few runs have been rejected where the noise level was
too high, which was usually due to clouds or instrumental prob-
lems. In case of overlapping data, we tried to use the additional
data to improve the signal/noise ratio. If a signal S 1, whose
noise is b1, overlaps with a signal S 2, whose noise is b2, the
weighted sum S of these signals is given by:

S = S 1 × b2
2(b2

1 + b2
2)−1 + S 2 × b2

1(b2
1 + b2

2)−1.

The resulting noise b is theoretically lower than the individual
data noise by:

b = b1b2/
√

(b2
1 + b2

2).

This shows that by adding two signals of similar noise, the
resulting noise may be improved by

√
2. Similarly, doing the

weighted sum of signals whose noise differs by a factor of 3 im-
proves the resulting noise by only 5%. This is only true in the
ideal case where both signals are sampled at the same rate.
Practically, we performed such a weighted sum only for data
whose noise differs by no more than a factor of 3. Otherwise,
we kept only the best signal/noise ratio data. The resulting nor-
malized light curve is shown in Fig. 1.

3. The amplitude spectrum

The amplitude spectrum of the time series is obtained by
performing a Fourier Transform. As the amplitude spectrum
of HL Tau 76 is somewhat complex, it is shown on a large
scale in three parts in Figs. 2−4 for the frequency inter-
vals 0−2000 µHz, 2000−4000 µHz and 4000−6000 µHz re-
spectively. The amplitude spectrum above 6000 µHz is not
shown as it is mainly noise and shows only very low ampli-
tude insignificant signal. Each figure is formed of 5 panels,
each covering a 400 µHz frequency interval. The correspond-
ing window function is shown in Fig. 5 in full size and on a
larger scale for a better visibility of the remaining aliases.
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Fig. 1. Normalized light curve of HL Tau 76 during the 1999 WET
campaign (XCOV18). All the runs used in the power spectrum com-
putation are shown. We subtract unity to the normalized light curve so
that its average value is 0. The fractional modulation intensity (mi) is
plotted as a function of time (UT)(left side scale). Each panel corre-
sponds to one day (right side scale).

The peaks in the amplitude spectrum are extracted by suc-
cessive non-linear least squares fits followed by prewhitening
The significance of the peaks is determined in the following
way. For each peak, we estimate the average noise σ on a fre-
quency interval of 100 µHz centered on the peak frequency.
The False Alarm Probability (FAP) (Scargle 1982) for that
peak to be due to noise on such a frequency interval is esti-
mated. As a first step, all peaks with a FAP≤ 10−3 are consid-
ered as significant, which is equivalent to considering as signif-
icant all peaks with amplitude larger than 3.4×σ. Each of these
frequencies was then subtracted from the light curve in succes-
sive steps of pre-whitening, the whole FT being recomputed at
each step.

An illustration of the frequency iterative extraction process
is shown in Fig. 6 for the first 6 frequencies. We can see in
the panel hl07 that after the extraction of the 6 largest ampli-
tude peaks, a large number of significant peaks are still present.
The last panel shows the residuals after pre-whitening by the
first 52 frequencies. The remaining peaks are all linear com-
binations of the previously extracted frequencies. This proce-
dure extracts a total number of 85 significant peaks which are
listed in Table 3. However, as a second step, one increases the
detection limit to 4.1 × σ. This is equivalent to estimate as
significant all peaks with a FAP≤ 10−3 on the total frequency
range of the FT up to the Nyquist frequency. This more severe
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Fig. 2. Fourier amplitude spectrum of HL Tau 76 in the range 0
to 2000 µHz. The amplitude expressed in milli-modulation amplitude
(mma) is plotted as a function of the frequency expressed in µHz. Note
that the vertical scale for the amplitude varies for each panel.

selection criterion eliminates 7 of the peaks previously selected
whose significance is consequently dubious. Those peaks are
noted by a colon (:) in Table 3. Five of them will be identified
as linear combinations below. Their elimination does not affect
the following discussion. This is not the case for the remain-
ing two (peaks 13 and 26 in Table 3) which were considered
as independent frequencies after the first step. To be conserva-
tive, we will not use them in the proposed asteroseismological
interpretation. We are then left with 78 significant peaks.

Table 3 gives the list of the frequencies in Col. 2. The
third column gives δ f , the formal error on the frequencies
derived from the least-squares analysis. The fourth and fifth
columns give the corresponding periods and their uncertain-
ties. The sixth column gives the amplitude in units of milli-
modulation amplitude (mma). The phases derived from the
least-squares fits are given in the seventh column (between 0
and 1 for the interval 0 to 2π). The formal errors estimated
in this way are lower limits to the true uncertainties. Another
way of estimating the uncertainty on the frequency determi-
nation consists in using the frequencies of the linear combi-
nation peaks. As discussed below, a number of peaks in the
Fourier spectrum are linear combinations of higher amplitude
peaks. The differences ∆ f between the observed frequency of
these combination peaks and the frequency resulting from the
sum or the difference of their “parent” peaks frequency is a
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Fig. 3. Same as Fig. 2 for the frequency range 2000 to 4000 µHz.

measure of the “true” uncertainty on the frequency determina-
tion. The linear combinations are identified in the eighth col-
umn and ∆ f is given in the last column of Table 3. The average
δ f is 0.028 µHz and the average ∆ f is 0.038 µHz.

The amplitude spectrum is characterized by a small number
of large amplitude peaks, with amplitudes exceeding 10 mma,
plus a large number of smaller amplitude peaks. It is immedi-
ately clear that many of these small amplitude peaks are linear
combinations and/or harmonics of the large amplitude ones.
These frequency combinations reflect the nonlinear response
of the flux perturbations at the level of the photosphere to the
sinusoidal perturbations at the bottom of the convection zone.
This is a consequence of the variations of the depth of the con-
vection zone and of the correlated convective flux during the
pulsations. These nonlinearities induce the non-sinusoidal na-
ture of the pulse shapes, which in turn materialize in the Fourier
spectrum by the occurence of combination frequencies and har-
monics. This is a frequent property of the cool DAV Fourier
amplitude spectra. As always in such cases, one finds frequency
combinations such that:

f1 ± f2 = f3,

with no a priori knowledge of which are the “parent” frequen-
cies and which is the “combination”.

To select which are the most probable linear combinations,
we used the following arguments: i) the comparison with other
epochs of data to check that modes may show up without
their linear combinations while the contrary is excluded; ii) the
combination of two multiplets results in a much different fine
structure than each parent multiplet; iii) the amplitude of the
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Fig. 4. Same as Fig. 2 for the range 4000 to 6000 µHz.
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Fig. 5. Window function obtained during the 1999 WET campaign.
The window function is shown on the same frequency scale than the
Fourier amplitude spectrum. The upper panel shows the window func-
tion normalized to an amplitude of unity at maximum. The lower panel
shows the same window function truncated at an amplitude of 0.2 for
a better visibility of the remaining aliases

combinations is generally smaller than the amplitude of their
parent modes; iv) combinations of combinations are less likely
than “first order” combinations; and v) if one knows the period
spacings one can check whether a mode is at the expected fre-
quency, which is an indication that it may rather be a real mode.
We made use of these criteria to select the linear combinations
in the list of frequencies given in Table 3.

We started our search for linear combinations by looking
for peaks whose frequency corresponds to the sums or the
differences of frequencies of other peaks within ≈two formal
errors of the frequency determination as obtained from the
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Fig. 6. Illustration of the frequency extraction process. The successive
steps of prewhitening are shown for the first six frequencies. Each
panel shows the Fourier amplitude spectrum, in unit of mma, in the
frequency interval 0−3000 µHz. The panels are labelled from hl01
to hl07. The panel hl01 is the full Fourier spectrum. The next panel,
hl02, is the Fourier spectrum after prewhitening by the largest ampli-
tude peak at 1848 µHz. The next panel, hl03 is the Fourier spectrum
after prewhitening by the two largest amplitude peaks at 1848 µHz
and 2023 µHz, etc. The last panel shows the residuals after prewhiten-
ing by the first 52 largest amplitude frequencies. All the remaining
low amplitude but still significant peaks are linear combination of the
previously extracted largest amplitude peaks.

least-squares fit. By applying these rules, we find more than one
set of two “parent” frequencies for almost every linear combi-
nation. To select the most probable “parent” combination, we
used one or more of the following additional criteria: i) the
sum (difference) of the “parent” frequencies is the closest to
the frequency of the resulting combination; or ii) the selected
“parent” peaks have a larger amplitude than the other “parent”
candidates; or iii) a quadratic linear combination of two fre-
quencies is more probable than a higher degree combination
involving more than two parent frequencies (cubic and higher).
The first harmonics of the four largest amplitude peaks are also
found but, with one exception, they overlap with another linear
combination so that the resulting frequency does not match ex-
actly the expected harmonics frequency. That is case for the
peak 62 which is at 1.75 µHz of the first harmonics of the
peak 44 and is also the combination of peak 39 and 48.
The exception is the peak 67 which is exactly the first har-
monics of the peak 48. The peak 79 is at 1.95 µHz of the first
harmonics of the peak 53 but is also the (less probable) cu-
bic linear combination of the peaks 11, 39 and 53. Finally, the
peak 59 is at 2.7 µHz of the first harmonics of the peak 39, but
is also the quadratic linear combination of the peaks 29 and 44.
It must be noted that some linear combinations resulting from
large amplitude peaks do have themselves an amplitude large
enough to produce higher order linear combinations with their
former “parent” peaks or with other large amplitude peaks. It is
one of the reasons why the power spectrum has such a complex
structure. One example of such a hierarchical series of linear

combinations is the combination of the two largest amplitude
modes at 1848.58 µHz (44) and at 2023.36 µHz (48) which
produces a quadratic linear combination at 3871.96 µHz (65)
of 8.0 mma amplitude. This resulting frequency combines with
the fourth largest amplitude peak (39) to produce the cubic lin-
ear combination at 5547.46 µHz (peak 79). Another interest-
ing case is the peak 83 resulting from a combination of the
first harmonics of the largest amplitude peak (44) with the sec-
ond largest amplitude peak (48). Table 3 lists the selected most
probable linear combination in Col. 7. As a summary, among
the listed 85 significant peaks (below 6000 µHz) we find 31
quadratic combinations, of which 4 are also first harmonics of
the largest amplitude peaks, and 19 cubic combinations.

Since the non-linear least squares fit used to derive the fre-
quencies and amplitudes from the light curve also gives the
phases, one could anticipate using the analytical relation be-
tween the phases of the parent modes and the phase of their
linear combination (Wu 2001) to check whether the combina-
tions have been correctly identified. The theory developed by
Wu (2001), after Brickhill, relies on the assumption that the
convective turn-over time-scale is much shorter than the pul-
sation periods. It describes how the flux perturbations at the
photosphere is related to the flux perturbations at the bottom
of the convection zone. In the case of a linear combination of
two modes, the phase delay between the two parent modes and
their linear combination implies a thermal time constant τc0

which is related to the thermal relaxation time scale of the
convection zone and to the characteristic time scales of the
response of the photosphere and of the superadiabatic region
towards gravity-mode pulsations. With the adopted ML2/α =
0.6 version of the mixing-length theory, after Bergeron et al.
(1995), the thermal relaxation time scale of the convection zone
in HL Tau 76 is of the same order, ≈300 s, than the pulsation
periods. The response of the photosphere to the flux perturba-
tions at the bottom of the convection zone is not straightfor-
ward in this case. The potentially useful informations given by
the phases of the linear combinations compared to the phases
of their parent modes is not easy to interpret in the case of
HL Tau 76. It is why, while those phases are given in Table 3,
they are not used in the present paper to check the validity of
our linear combination identification.

4. Analysis of the amplitude spectrum

Having eliminated the doubtful peaks and the linear combina-
tions, one is left with 33 frequencies which have to be con-
sidered as independent frequencies present in the star. This
makes HL Tau 76 the next richest pulsator after PG 1159−035
(Winget et al. 1991), GD 358 (Winget et al. 1994; Kepler et al.
2003) and RX J2117+3412 (Vauclair et al. 2002). These fre-
quencies appear in 10 separated groups between 718.99 µHz
and 2614.55 µHz. All the higher frequency peaks in XCOV18
are identified as linear combinations (quadratic and higher) of
lower frequency peaks. In their analysis of the XCOV13 data
Dolez & Kleinman (1997) also conclude that all the peaks with
frequency above 2614 µHz are linear combination peaks.
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Table 3. List of the frequencies identified in HL Tau 76.

n Frequency δ f Period δP A ± 0.26 Phase linear ∆ f

[µHz] [µHz] [s] [s] [mma] combination [µHz]

1 333.68 0.026 2996.88 0.234 3.83 0.7481 44−35 0.01

2 572.99 0.015 1745.23 0.045 7.02 0.7008 30−10 0.03

3 718.99 0.028 1390.84 0.054 3.62 0.1139

4 736.67: 0.033 1357.46 0.061 3.14 0.3150 37−10 0.09

5 765.96 0.036 1305.55 0.060 2.68 0.3277 53−44 0.01

6 819.34 0.029 1220.49 0.043 3.48 0.4134 41−17 0.06

7 901.44 0.030 1109.33 0.036 3.31 0.0941 41−14 0.23

8 906.72 0.017 1102.87 0.020 6.22 0.2139 44−14 0.05

9 932.40 0.019 1072.50 0.021 5.19 0.2807 15 + 29−36 0.08

10 933.87 0.010 1070.81 0.011 9.61 0.5495

11 936.73 0.010 1067.54 0.011 9.74 0.1600

12 938.99 0.009 1064.97 0.011 11.30 0.7761 53−39 0.05

13 941.09: 0.030 1062.60 0.033 3.23 0.2608

14 941.80 0.009 1061.80 0.010 11.44 0.3381

15 943.20 0.012 1060.22 0.013 7.67 0.5337

16 1021.26 0.024 979.18 0.022 4.34 0.3558

17 1024.19 0.016 976.38 0.015 6.46 0.0317

18 1026.23 0.020 974.44 0.019 4.96 0.4627

19 1029.23 0.026 971.60 0.024 3.89 0.1976

20 1071.58 0.032 933.20 0.027 3.22 0.3445

21 1074.52 0.028 930.64 0.024 3.62 0.3974

22 1089.33: 0.034 917.99 0.028 3.09 0.6275 48−10 0.156

23 1251.40 0.020 799.10 0.012 5.19 0.4890

24 1252.64 0.025 798.31 0.016 4.04 0.1624

25 1255.69 0.027 796.37 0.017 3.74 0.3478

26 1256.69: 0.029 795.74 0.018 3.55 0.2307

27 1259.31 0.020 794.08 0.012 5.10 0.5619

28 1261.50 0.025 792.70 0.016 4.08 0.1001

29 1505.54 0.007 664.21 0.003 14.99 0.3064

30 1506.83 0.008 663.64 0.003 11.90 0.8742

31 1508.71 0.027 662.81 0.011 3.49 0.6391

32 1509.83 0.009 662.32 0.004 10.84 0.5580

33 1510.77 0.013 661.91 0.005 7.61 0.1502

34 1511.96 0.011 661.39 0.005 9.30 0.0849

35 1514.91 0.013 660.10 0.005 7.35 0.7732

36 1516.26 0.009 659.51 0.004 10.71 0.9114

37 1670.45 0.029 598.64 0.010 3.55 0.4324

38 1674.63 0.022 597.14 0.008 4.48 0.9758

39 1675.61 0.007 596.79 0.002 14.60 0.2749

40 1840.56 0.018 543.31 0.005 5.57 0.8478 10−14 + 44 0.04

41 1843.48 0.015 542.45 0.004 6.95 0.9503

42 1844.61 0.025 542.12 0.007 3.99 0.7636 30 + 44−33 0.03

43 1845.74 0.013 541.78 0.004 8.05 0.5639
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Table 3. continued.

n Frequency δ f Period δP A ± 0.26 Phase linear ∆ f

[µHz] [µHz] [s] [s] [mma] combination [µHz]

44 1848.58 0.003 540.95 0.001 28.45 0.1751

45 1849.87 0.022 540.57 0.006 4.40 0.7465 30 + 44−29 0.00

46 1875.77 0.025 533.11 0.007 3.98 0.4290 10 + 14 0.10

47 1963.15 0.030 509.38 0.008 3.40 0.2265 14 + 16 0.08

48 2023.36 0.004 494.22 0.001 4.42 0.8567

49 2027.53 0.014 493.21 0.003 7.12 0.7159

50 2198.32: 0.035 454.89 0.007 2.78 0.3055 11 + 28 0.07

51 2448.74 0.018 408.37 0.003 5.62 0.7558 15 + 29 0.00

52 2612.58 0.022 382.76 0.003 4.50 0.7803 11 + 39 0.23

53 2614.55 0.006 382.47 0.001 16.47 0.5812

54 2782.47 0.018 359.39 0.002 5.69 0.7640 10 + 44 0.02

55 2965.17: 0.030 337.24 0.003 3.18 0.6527 14 + 48 0.01

56 3104.91 0.044 322.07 0.003 2.04 0.0194 28 + 41 0.08

57 3181.10 0.033 314.35 0.004 3.68 0.9605 29 + 39 0.05

58 3274.64 0.049 305.37 0.005 1.60 0.1444 23 + 48 0.12

59 3353.96: 0.033 298.15 0.003 3.60 0.8302 29 + 44 0.15

60 3355.37 0.015 298.03 0.001 7.08 0.4778 30 + 44 0.04

61 3524.18 0.023 283.75 0.001 4.06 0.8590 39 + 44 0.01

62 3698.91 0.033 270.35 0.002 3.73 0.5215 39 + 48 0.06

63 3724.34 0.047 268.50 0.003 1.74 0.0055 11 +15 + 41 0.92

64 3811.80 0.054 262.34 0.004 1.35 0.4416 13 + 16 + 44 0.86

65 3871.96 0.014 258.26 0.001 8.00 0.5168 44 + 48 0.02

66 3876.06 0.049 257.99 0.003 1.62 0.2944 44 + 49 0.05

67 4046.80 0.034 247.10 0.002 2.84 0.2555 2 × 48 0.08

68 4050.98 0.046 246.85 0.003 1.84 0.1111 48 + 49 0.09

69 4120.14 0.034 242.71 0.002 2.88 0.4000 29 + 53 0.05

70 4292.04 0.058 232.98 0.003 1.06 0.1166 14 + 38 + 39 0.01

71 4297.37 0.040 232.70 0.003 1.82 0.3944 10 + 35 + 44 0.01

72 4455.00 0.048 224.46 0.003 1.66 0.2486 13 + 37 + 41 0.03

73 4458.02 0.050 224.31 0.002 1.52 0.4555 41 + 53 0.01

74 4461.19 0.038 224.15 0.002 2.42 0.4500 43 + 53 0.90

75 4637.91 0.025 215.61 0.001 3.96 0.8972 48 + 53 0.00

76 5029.76 0.044 198.81 0.002 2.06 0.1555 29 + 39 + 44 0.02

77 5199.63 0.052 192.32 0.002 1.37 0.3944 30 + 41 + 44 0.73

78 5204.10 0.052 192.15 0.002 1.36 0.1236 32 + 43 + 44 0.05

79 5227.15 0.056 191.30 0.002 1.24 0.3805 11 + 39 + 53 0.24

80 5364.76 0.048 186.40 0.001 1.70 0.1972 39 + 41 + 43 0.08

81 5378.73 0.052 185.91 0.001 1.40 0.2750 30 + 44 + 48 0.05

82 5547.46 0.045 180.26 0.001 1.90 0.1069 39 + 44 + 48 0.09

83 5720.65 0.055 174.80 0.001 1.34 0.2166 2 x 44 + 48 0.13

84 5795.72 0.060 172.54 0.002 1.06 0.4875 29 + 39 + 53 0.01

85 5895.42 0.049 169.62 0.001 1.60 0.4000 26 + 48 + 53 0.81

4.1. Time variations

The observations of the HL Tau 76 pulsations span a total
interval of 35 years between their discovery and the present

WET campaign. They provide some information on the star’s
amplitude and/or frequency variations. Such information is of
interest to understand the physics underlying the excitation
mechanism. It is also important to check whether there are
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pulsations modes stable enough in amplitude and frequency to
be suitable for Ṗ measurements. Such Ṗ measurements can be
used to estimate the cooling time and constrain the core com-
position (see Kepler et al. 2000a).

The available observations consist in part of: the original
discovery of the HL Tau 76 variability by Landolt (1968),
the observations themselves having been carried out in 1964;
the confirmation data and additional data by Warner & Nather
(1970, 1972), the later ones reanalysed by Page (1972); the data
published by Fitch (1973). It seems that the star was forgotten
for some time until new observations, making use of 3-channel
photometers, were undertaken through single-site or multi-site
campaigns. These new observations, including a WET cam-
paign (XCOV13) during which HL Tau was a second priority
target, have been analysed by Dolez & Kleinman (1997).

Landolt’s discovery light curve was dominated by a 746 s
period (1340 µHz frequency) of 0.14 mag amplitude. Later
on, Page (1972) identified three frequencies in the Warner &
Nather (1972) light curve, at 1341 µHz (746 s), 1504 µHz
(665 s) and 1592 µHz (628 s). In his data, Fitch (1973) found
two frequencies at 1340 µHz (746 s) and 2023 µHz (494 s).
During these early days, HL Tau 76 was pulsating with a pre-
ferred frequency around 1340 µHz. This frequency, as well as
the 1592 µHz, have not been observed since, or at least had am-
plitudes below detection limits. From the frequencies observed
in those early data, only those at 1504 µHz and 2023 µHz are
still detected in the data analysed by Dolez & Kleinman (1997)
and in the present WET data.

Because the amplitude spectrum of HL Tau 76 is so rich,
one must be careful when comparing spectra of different fre-
quency resolutions to infer amplitude and/or frequency varia-
tions. As can be seen from Table 3, some frequency regions
contain a number of closely-spaced frequency peaks which
could not be resolved in short data sets. For instance, the time-
resolved spectroscopy observations presented by Kotak et al.
(2002b) are too short to resolve most of the complex structures
seen in the amplitude spectrum. While this method is supposed
to be insensitive to the azimuthal degree, yet it is necessary to
resolve the modes of different � degrees which may overlap in
frequency. This case occurs in HL Tau 76 as discussed in the
next section. The only comparison one can attempt here is with
the data of the 1996 WET campaign (XCOV13). The frequency
resolution of the amplitude spectrum achieved by XCOV13
is about 2.6 µHz. The formal error on the frequencies of the
largest amplitude peaks, derived from the least-squares fit, is of
the order of 0.01 µHz. By comparison, the frequency resolu-
tion achieved by the present XCOV18 data set is 0.65 µHz,
4 times better. Considering the frequency differences of the
peaks listed in Table 3, one concludes that most of them, if
present during XCOV13, should have been resolved. So, it is
meaningful to compare both WET campaigns. This comparison
gives us some information on the variability of the power spec-
trum’s fine structure on a 3.7 year time scale. The amplitudes
and frequencies of the modes in common between XCOV13
and XCOV18 are given in Table 4. Some cases require specific
comments.

The 741.9 µHz peak seen in XCOV13 and not de-
tected in XCOV18 and the 736.7 µHz marginally detected in

Table 4. Amplitude variations in HL Tau 76 between XCOV13
and XCOV18.

Frequency Amplitude Frequency Amplitude

[µHz] [mma] [µHz] [mma]

XCOV13 XCOV13 XCOV18 XCOV18

741.9 9.2 736.7 3.1

939.4 18.3 939.0 11.3

1072.4 23.2 1071.6 3.2

1255.5 8.9 1255.7 3.7

1280.3 9.1 abs abs

1521.0 10.3 1516.3 10.7

1675.0 14.4 1675.6 14.6

1848.3 37.3 1848.6 28.4

2023.4 27.8 2023.4 24.4

2223.3 6.7 abs abs

2614.6 20.1 2614.5 16.5

XCOV18 are probably two components of a same multiplet
(see discussion in 5.2.4 below).

Dolez & Kleinman (1997) considered the peak
at 939.4 µHz as a linear combination between their 2614 µHz
and 1675 µHz peaks. We also suggest that this peak may be
a linear combination of the same peaks but on a different
basis; namely, in XCOV18, both the 1675.61 µHz and the
2614.55 µHz peaks are present and have amplitudes larger than
the 938.99 µHz peak (14.6 mma, 16.47 mma and 11.30 mma
respectively). On this argument we suggest that 938.99 µHz
peak may be a linear combination of the two other peaks.
In contrast, during XCOV13, the 939.4 µHz peak amplitude
was intermediate between the amplitudes of the two other
peaks. Applying the selection rule used in the present paper
to the XCOV13 data, we would have concluded that it is
the 1675 µHz peak which is a linear combination of the two
others. This illustrates the ambiguous identification of the
“true” stellar independent pulsation frequencies versus their
linear combinations. In this particular case, one sees that the
amplitude of the 1675 µHz peak did not change from XCOV13
to XCOV18 (14.4 mma and 14.60 mma respectively) while
the 2614 µHz peak decreased its amplitude from 20.1 mma
during XCOV13 to 16.47 mma during XCOV18. The 939 µHz
peak decreased in amplitude also from 18.3 mma during
XCOV13 to 11.30 during XCOV18. If the 1675 µHz was the
resultant linear combination, one would not expect its ampli-
tude to remain constant while its two presumable “parent”
peaks decreased in amplitude. To solve the puzzling nature of
this 939 µHz frequency, we looked back into the unpublished
earlier single-site data taken in November and December 1989
and in October 1990. We find that the three frequencies are
always detected except the 939 µHz peak in December 1989.
This suggests that the two other frequencies must be inde-
pendent modes. In the other runs, both the 939 µHz and the
2614 µHz peaks had the highest amplitude in turn. These data
suggest that the three frequencies may correspond to three
independent modes. In that case, they would not be simply
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linked through a linear combination but could form a true
resonance. We will check below whether there are modes
expected by the asymptotic theory at those frequencies.

The peak at 1072 µHz experienced a spectacular decrease
of its amplitude. In XCOV18, this peak is resolved into a
doublet, but both components have much lower amplitude:
3.22 and 3.62 mma respectively, than the peak seen during
XCOV13. One of the peaks, at least, must have changed sig-
nificantly in amplitude between the two runs. The 1255.5 µHz
peak seen in XCOV13 with a 8.9 mma amplitude, is seen
in XCOV18 at 1255.69 µHz, within a complex structure of low-
amplitude peaks. The fact that this complex structure was not
seen in the XCOV13 data may result from a combination of a
lower S/N ratio and lower frequency resolution.

The 1521 µHz peak seen in XCOV13 and the 1516.26 µHz
peak seen during XCOV18 are suggested to belong to the same
multiplet (see Sect. 5.2.5).

We note that the peaks at 741.86 µHz and 1280.30 µHz,
seen only in XCOV13, and 2023.4 µHz, seen in all the
data, are close to form a linear combination (741.86 µHz+
1280.30 µHz= 2022.16 µHz). It is intriguing, and may
be meaningful, that this combination was “active” during
XCOV13 and “inactive” during XCOV18. While the
2023.4 µHz frequency must be an independent “parent”
mode, it is not possible to know from the WET data alone
which of the two other frequencies is the other “parent” mode
and which results from their linear combination, since they
had the same amplitude during XCOV13 and none was seen
during XCOV18. To solve this, we looked back again in
the 1989 and 1990 single-site data. We see that the 2023 µHz
peak is always present in the data. A peak at 738.72 µHz with
an amplitude of 7.2 mma is seen in the October 1990 data. It
cannot be the same peak as the one seen at 741.86 µHz during
XCOV13 but could be a component of a same multiplet.
This peak is not detected in the other runs, unless it could be
associated to the peak at 736.67 µHz suspected in the XCOV18
data (see Table 3) and considered as an insignificant linear
combination. The 1280 µHz peak is never seen. We conclude
that the other parent mode should be the 741.86 µHz one and
that the 1280.30 µHz peak may be the linear combination seen
only during XCOV13, unless it could be another example of a
true resonance. As far as the peaks at 741.86 µHz, 738.72 µHz
and 736.67 µHz are concerned, they could be components of a
same multiplet. We come back to theses points later.

We also looked for amplitude variations on shorter time
scales by dividing the XCOV18 time series in two halves
and comparing the amplitudes of the two corresponding FTs.
Restricting ourselves to the independent modes of larger am-
plitudes, we find some variations for all except one mode: the
1675.61 µHz peak kept a constant amplitude. One finds large
variations for the peaks at 1505.54 µHz and 1516.26 µHz which
increased by 25% and 45% respectively. It is noteworthy to
mention that the peak at 938.99 µHz, considered as forming
a resonance with the 2614 µHz mode and the 1675 µHz mode,
shows the largest amplitude change during the two halves of the
run (50%) while its “companion” modes changed their ampli-
tudes by only 12% for the 2614 µHz peak and by 0% for the
1675 µHz peak.

It is finally worthwhile to emphasize once more that the
peak at 1675.61 µHz had the same amplitude in XCOV18
and XCOV13, and that its amplitude did not change on the
approximately one week time scale separating the two halves
of XCOV18. One may wonder whether this mode could be
a potentially interesting candidate for a measurement of Ṗ
in HL Tau 76. However, as this frequency might be involved
in a resonance with two other modes or a result of their lin-
ear combination, any Ṗ measurement would not be unambigu-
ously interpretable. The value of Ṗ in those cases could rather
be dominated by other mechanisms than the cooling of the de-
generate core. Furthermore, we checked that on the longer time
scale involved when one takes into account earlier data, the am-
plitude of this mode is no longer constant. For instance, while
it was at 14.8 mma in October 1989, it increased to 21.8 mma
in December 1989 and was back to 15.6 mma in October 1990,
to decrease during the two WET campaigns to the same value
as observed in October 1989. Furthermore, in the time-resolved
spectroscopy performed in October 1997, Kotak et al. (2002b)
find that the peak at 1675 µHz was insignificant in the velocity
power spectrum. So, our conclusion is that we do not find any
mode with a stable enough amplitude whose Ṗ measurement
could unambiguously measure the evolutionary time scale.

4.2. Fine structure, multiplets

In this section we look for closely spaced (in frequency) modes
with the hope that triplets (or quintuplets) of equal splittings
will reveal the � values for a number of modes. However,
given our confident estimate of the mass and temperature
of HL Tau 76, another diagnostic – the period spacings –
can provide a reliable estimate of � as we discuss in the next
section.

Recognizing rotationally split modes not only helps in iden-
tifying the degree � but also leads to an estimate of the rotation
period of the star. In the case of HL Tau 76, this exercise is
made difficult by the complexity of the power spectrum which
does not show clear structures. We nevertheless attempted a
mode identification by adopting the following procedure.

We started by looking at closely spaced frequencies in the
low frequency part of the amplitude spectrum, in the asymp-
totic regime where the rotationally split modes should show a
uniform frequency separation. However, the only clearly iso-
lated triplet present in the FT which could safely be identi-
fied as an � = 1 rotationally split mode is in the “high” fre-
quency part of the FT. It is formed by the peaks 41−43−44
around 1848 µHz. For this triplet, the average rotational split-
ting is 2.55 µHz.

Now, we can go back to the low frequency part of the FT
and check that any fine structure identified in this part is com-
patible with similar signatures found at higher frequency, keep-
ing in mind that the modes in the higher frequency part of the
FT may not be in the asymptotic regime. In performing this ex-
ercise, we start by examining the region between 933.87 µHz
and 943.20 µHz. It contains 5 significant frequencies but the in-
terpretation depends on whether one considers the 938.99 µHz
as a real mode in resonance with the 1675.61 µHz and the



248 N. Dolez et al.: Asteroseismology of HL TAU 76

2614.55 µHz ones or as a linear combination. In the previous
section, we gave arguments in favor of the first hypothesis.
In the following discussion, we will consequently consider
these three frequencies as corresponding to real modes. One
finds then in this group three doublets of comparable fre-
quency separation formed by the peaks 10−11 (933.87 µHz and
936.73 µHz), 11−12 (936.73 µHz and 938.99 µHz) and 12−14
(938.99 µHz and 941.80 µHz) separated by 2.86 µHz, 2.26 µHz
and 2.81 µHz, respectively, with the peak 15 (943.20 µHz)
1.4 µHz from peak 14. A possible interpretation is that a � =
1 triplet formed by the peaks 11, 12 and 14 overlaps with three
components formed by the peaks 10, 12 and 15 of a � = 2 quin-
tuplet. It is known that in the slow, solid body rotation limit, the
pulsation frequencies of a mode of degree � and order k for a
rotating star, σl,k,m, are related to the frequencies in the non
rotating case σl,k by:

σl,k,m = σl,k + m(1 −Cl,k)Ω + o(Ω)2

where Cl,k takes a simple form in the asymptotic regime: Cl,k ≈
1/�(� + 1). We expect the rotational spitting for � = 1 and for
� = 2 modes to be in the ratio:

δ f�=1/δ f�=2 = 0.6.

This has been observationally verified in the PG 1159 pulsator
PG 1159-035 (Winget et al. 1991).

The average frequency shift in the triplet 11−12−14
is 2.53 µHz. As it is almost similar to the value derived for the
triplet 41−43−44, we consider that it is due to rotational split-
ting. The frequency separation within the quintuplet is 5.1 µHz
on one side and 4.2 µHz on the other side. The average value,
4.65 µHz, compares satisfactorily with the value (4.22 µHz)
expected in the asymptotic regime for the rotational splitting
of � = 2 modes if the average rotational splitting for the
� = 1 modes is ≈2.53 µHz in this frequency range. But the ratio
δ f�=1/δ f�=2 = 0.544 instead of the expected 0.6. The peak 12
in this case results from the superposition of the m = 0 com-
ponent of the triplet and of one component of the quintuplet,
which could be either m = +1, 0 or −1.

In the following groups of peaks, one sees four doublets
formed by the peaks 16−17 (1021.26 µHz and 1024.19 µHz),
17−18 (1024.19 µHz and 1026.23 µHz), 18−19 (1026.23 µHz
and 1029.23 µHz), separated by 2.93 µHz, 3.0 µHz and
2.04 µHz and 20−21 (1071.58 µHz and 1074.52 µHz), sep-
arated by 2.94 µHz. We consider that the 20−21 doublet is
formed by two components of consecutive m values of a � =
1 mode split by rotation. Since the doublets 16−17, 17−18
and 18−19 are too close to each other to be consecutive or-
der � = 1 modes, we suggest that the group of frequencies 16
to 19 could be formed by a � = 1 triplet overlapping with com-
ponents of a � = 2 mode. The combination 16−19 could then
result from the overlap of an asymmetric triplet formed by the
peaks 16−17−18, with a frequency separation of 2.93 µHz on
one side and of 2.04 µHz on the other side, with two compo-
nents of a quintuplet formed by the peaks 17 and 19, separated
by 5.04 µHz. An alternative combination would be a triplet
formed with peaks 17−18−19, also asymmetric with frequency
separation of 2.04 µHz on one side and 3.0 µHz on the other

side, with two components of a quintuplet formed by peaks 16
and 18, with a frequency separation of 4.97 µHz. In both cases
one component of the triplet coincides exactly with one com-
ponent of the quintuplet. The m = 0 component of the triplet
could be either peak 17 or peak 18. However, in forming the
ratio δ f�=1/δ f�=2 in the two options, one finds 0.493 in the first
case and 0.507 in the second case, instead of the value 0.6 ex-
pected in the asymptotic regime. This weakly favors the second
case as a better interpretation. Another argument based on the
asymmetry of the triplets, which we will discuss in Sect. 5.4
below, could also favor this second case. However we will con-
servatively consider the two alternatives as possible solutions
in the following discussion. We derive an average rotational
splitting of 2.525 µHz for this triplet.

In the high frequency part of the FT, one finds the
triplet mentioned earlier composed by the peaks 41−43−44
(1843.48 µHz, 1845.74 µHz and 1848.58 µHz). One also
finds a doublet formed by the peaks 37−39 (1670.45 µHz
and 1675.61 µHz). The triplet is slightly asymmetric and the
total frequency difference between its two extreme components
is 5.10 µHz. As the frequency separation between the doublet is
5.16 µHz, we interpret this doublet as the two extreme compo-
nents of a triplet whose the central component is not detected.
The peak 38 seen in between the components of the doublet,
0.98 µHz away from peak 39, cannot be the central compo-
nent of the triplet. It is a small amplitude peak (4.5 mma) com-
pared to peak 39 (14.6 mma) which is the fifth largest ampli-
tude peak of the FT. The determination of its frequency may
have been affected by this large amplitude neighbour. As a con-
sequence, the m = 0 component of this triplet may not coincide
with peak 38 but should be at ≈1673.0 µHz (597.7 s). From
this triplet and this doublet, we derive an average rotational
splitting of 2.56 µHz. Finally, one finds a doublet formed by
the peaks 48−49 (2023.36 µHz and 2027.53 µHz), with a fre-
quency separation of 4.17 µHz, a value which is difficult to
reconcile with the one derived from the doublets and triplets
discussed above but in good agreement with the expected ro-
tational splitting for the � = 2 modes. We will argue later
about the � = 2 identification for this doublet. The rotational
splitting derived for the � = 1 modes from the low and high
frequency parts of the FT are in satisfactory agreement. The
weak difference between the values derived from the low fre-
quency multiplets (2.525 µHz) and the higher frequency triplets
(2.56 µHz) is insignificant given the frequency resolution of our
data set. In the following discussion we will use the average
value, 2.54 µHz, for the rotational splitting of � = 1 modes.

5. Asteroseismology of HL Tau 76

5.1. Period spacing

Having tentatively identified doublets and triplets as possible
� = 1 modes, one looks for a uniform period spacing in their pe-
riod distribution. For the same reason that the lower frequency
multiplets must be closer to the asymptotic regime than the
higher frequency ones, we look for periods difference between
the low frequency multiplets first. On the assumption that the
doublets are two successive components of triplets, we do not
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know which of the components is the m = 0 mode. Considering
first the period differences between the triplet 11−12−14 and
the central mode of the next triplet, 17 or 18, we can form
two different values for that difference, according to which
mode, 17 or 18, is considered as the m = 0 in the second
triplet: 88.59 s (corresponding to period of mode 12 − period
of mode 17 (P12 − P17), and 90.53 s (P12 − P18). The average
period difference between these two multiplets is 89.56 s.

Doing the same between the components 17 and 18 of the
triplet and the doublet 20−21, one finds four values: 43.2 s
(P17 − P20), 45.8 s (P17 − P21), 41.2 s (P18 − P20) and 43.8 s
(P18−P21), with an average period difference of 43.5 s. We note
that the 89.56 s average difference between the first multiplets
is 2 × 44.78 s, a value very close to twice the average period
difference between the triplet and the doublet 20−21. We con-
clude that the period spacing for the � = 1 long period modes
should be ≈44.1 s and that there should be a missing multi-
plet between the triplet 11−12−14 and the triplet 16−17−18
or 17−18−19, centered at a period of ≈1020 s.

For the doublet and the triplet at higher frequencies, the pe-
riod difference between the middle of the peaks 37−39 and the
period of the mode 43 is 55.92 s, a value in satisfactory agree-
ment with the value derived at lower frequency, considering
that those multiplets may correspond to modes which are not
in the asymptotic regime and/or that their period spacing may
be affected by mode trapping.

5.2. Mode identification

5.2.1. Search for � = 1 modes

Adopting an average period spacing deduced from both the low
and high frequency multiplets, ∆P = 48.0 ± 3.9 s, one can
roughly estimate the predicted periods of the � = 1 successive
orders, under the assumption of the asymptotic regime.

In the following, we take the period of the mode 43 (the
presumably m = 0 component of this � = 1 triplet) as the ref-
erence for the period estimate. The estimated values are shown
in Table 5-1. They are listed in the first column. The next three
columns give the periods observed during XCOV18, XCOV13
and earlier single-site observations. The last column indicates
the relative order difference, ∆k, with the order of the reference
mode which is defined as ∆k = 0. We should keep in mind that
the average period spacing is estimated with a large uncertainty
and may formally take any value between 44.2 s and 52.0 s.
The cumulative uncertainty on the predicted period becomes
comparable to the period spacing for ∆k = 48.0 s/3.9 s≈ 12.
It means that we cannot predict periods for ∆k larger than 12.
We add a question mark in Table 5-1 for ∆k ≥ 12. However,
since with an average period spacing of 48.0 s one mode is
predicted at 1309.8 s which nicely fit the period of 1308.7 s
observed in archival data (see Sect. 5.2.4) it suggests that the
period distribution should not depart much from the one pre-
dicted in using this value of the average period spacing up to at
least ∆k = 16. In cumulating these data, one finds 14 modes,
or groups of modes, whose periods may be compared to the
expected periods of the � = 1 modes. We find a satisfactory
agreement, better or equal to 1%, between the observed and

predicted periods for 11 modes. It does not mean that those
11 modes are all � = 1 modes since we have to check whether
they could also be explained as well by � = 2 modes, which is
discussed in the next section.

It is also possible that the modes whose periods do not fit
exactly the distribution predicted by the asymptotic regime for
� = 1 are indeed � = 1 modes since the period distribution may
not follow exactly the distribution expected in the asymptotic
regime. That may be the case for the low order modes. In ad-
dition, the periods may be altered by mode trapping, whatever
is the hydrogen mass fraction responsible for the trapping. We
check a posteriori that the � = 1 mode predicted at 1069.8 s
is quite close to the observed 1064.97 s one (939 µHz) which
we suspected to be a mode in resonance with the 1675 µHz and
the 2614 µHz modes rather than a linear combination. This re-
inforces our identification of this frequency as a real mode and
increases the number of independent modes to 34. It must be
noticed that among the 22 expected � = 1 modes in the period
range ≈380−1400 s, we detected only 11 potential � = 1 modes
in the cumulative data.

5.2.2. Search for � = 2 modes

The next step consists in using what has been derived about the
period spacing and the rotational splitting for the � = 1 modes
to predict the period distribution of the possible � = 2 modes.
The rotational splitting of � = 1 and � = 2 modes are in the
ratio 0.6 in the asymptotic regime. The period spacing for a
series of modes of degree �, given by (Tassoul 1980)

∆P� = Π0/[�(� + 1)]1/2

where Π0 is related to the structure of the star, implies that the
ratio of the period spacings

∆P�=2/∆P�=1 = 1/
√

3.

Since the average period spacing is 48.0±3.9 s and the average
rotational splitting is 2.54 µHz for the � = 1 modes, the cor-
responding values for the � = 2 modes should be 27.7 ± 2.2 s
and 4.23 µHz. We also need to identify at least one � = 2 mode
to be used as a reference value for the period distribution.

The average period spacing for the � = 1 modes derived
in the previous section, ∆P = 48.0 s, is quite consistent with
the average spacing of 44.98 s in one of the models with a
thick hydrogen layer by Brassard et al. (1992) whose param-
eters are close enough to HL Tau 76 (see for instance their
model 60204). Very similar values are found by Corsico et al.
(2002). Furthermore, in considering the periods of the modes
in many of the models computed by Brassard et al. (1992) as
well as in those computed by Bradley (1993) and Corsico et al.,
one finds many examples of � = 1 and � = 2 modes which
overlap in frequency. For instance, in the Brassard et al. (1992)
model 60204, there are 6 such coincidences of modes � = 1
and � = 2 differing in frequency by less than 11 µHz, within
the frequency range 1100−4300 µHz. In examining the fre-
quency list in Table 3 one finds regions with series of close
frequency peaks which cannot be explained as � = 1 triplets
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Table 5. 1. Search for � = 1 modes in HL Tau 76 with ∆P�=1 = 48.0 s.

Predicted Observed periods (s) Observed periods (s) Observed periods (s) ∆k

Period (s) (XCOV18) (XCOV13) Archival data

1405.8 1390.8 +18?

1357.8 1347.9 1353.7 +17?

1309.8 1308.7 +16?

1261.8 +15?

1213.8 +14?

1165.8 +13?

1117.8 +12?

1069.8 1070.8, 1067.5, 1065.0 1064.5 +11

1021.8 +10

973.8 979.2−971.6 +9

925.8 933.2, 930.6 932.5 +8

877.8 +7

829.8 +6

781.8 799.1−792.7 796.5, 781.0 +5

733.8 748.5 +4

685.8 689.3 +3

637.8 659.5 657.4 628 +2

589.8 598.6, 597.1, 596.8 597.0 +1

541.8 542.4, 541.8, 540.9 541.0 0

493.8 493.2, 494.2 494 −1

445.8 449.8 −2

397.8 382.5 382.5 −3

nor by � = 2 quintuplets alone. We suggest that they should re-
sult from such multiplets overlapping. If we exclude the pres-
ence of � = 3 modes on visibility arguments, one is left with
this only explanation to interpret the 5 peaks seen between 933
and 943 µHz, the 5 close frequencies detected between 1251
and 1261 µHz, as well as the series of frequencies detected be-
tween 1505 and 1516 µHz.

As there is no complete quintuplet identified, we do not
have a solid reference � = 2, m = 0 mode to start with to
predict the � = 2 modes period distribution. Any suspected
� = 2 mode in our data is a component of an incomplete multi-
plet of unknown m value. In the search for fine structures in the
frequency spectrum, it was implicitely assumed that the rota-
tional splitting does not change within the range of the periods
observed in HL Tau 76. That is consistent with the hypothe-
sis that the rotation law in HL Tau 76 must be close to uni-
form rotation. In this case, since the frequency shift induced
by the rotational splitting is fixed for a given �, the uncertainty
on the period scale is smaller if we can identify a high fre-
quency peak as a � = 2 mode. Fortunately, we have such
a possible � = 2 candidate with the high amplitude doublet
at 2023.36 and 2027.53 µHz. This identification is based on
the frequency separation of these two peaks, 4.17 µHz, which
is in good agreement with the expected rotational splitting for
� = 2 modes. Considering this doublet as two components of
an � = 2 mode and the adopted rotational splitting, there are

4 possible values for the period of the m = 0 component of
the quintuplet: 495.3 s, 494.2 s, 493.1 s and 492.1. So the cen-
tral mode period of this incomplete multiplet is known within a
3.2 s interval. The center of this interval is at 493.7 s while the
high amplitude component (peak 48 in Table 3) is at 494.2 s.
We consider the mode 48 as a good enough reference point for
the period distribution of the � = 2 modes. In addition, it is the
second highest amplitude mode, so its period is quite precisely
determined.

Table 5-2 shows the corresponding period distribution for
� = 2 modes, assuming the asymptotic regime, a period spac-
ing of 27.7 s and the period of mode 48 as the reference value.
The first column shows the predicted periods. The following
three columns list the periods present in XCOV18, XCOV13
and earlier single-site observations, respectively. The last col-
umn indicates again the relative order difference with the ref-
erence mode, which is ∆k = 0. Regions of the spectrum where
none of the observed periods fits close enough with any pre-
dicted values are not listed. Since the average period spacing
is known with a statistical error of 2.2 s for the � = 2 modes,
we cannot formally predict the periods and the relative ∆k for
∆k ≥ 27.7 s/2.2 s= 12−13, since the uncertainty on the period
becomes comparable to the period spacing. For this reason all
predicted periods larger than 800 s (∆k ≥ 12) are followed with
a question mark. However, since we argued in the previous sec-
tion that the true period distribution for the � = 1 modes should
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Table 5. 2. Search for � = 2 modes in HL Tau 76 with ∆P�=2 = 27.7 s.

Predicted Observed periods (s) Observed periods (s) Observed periods (s) ∆k

Period (s) (XCOV18) (XCOV13) Archival data

1380.6 1390.8 +32?

1352.9 1347.9 1353.7 +31?

. . . . .

. . . . .

1075.9 1060.2−1070.8 1064.5 +21?

. . . . .

. . . . .

965.1 979.2−971.6 +17?

937.4 930.6–933.2 932.5 +16?

. . . . .

. . . . .

798.9 792.7–799.1 796.5, 781.0 +11

. . . . .

. . . . .

743.5 748.5 +9

688.1 689.3 +7

660.4 659.5–664.2 665 +6

632.7 628 +5

605.0 596.8, 597.1, 598.0 597.0 +4

577.3 +3

549.6 540.9, 541.7, 542.4 541.0 +2

521.9 +1

494.2 493.2, 494.2 494.2 494 +0

466.5 −1

438.8 449.8 −2

411.1 −3

383.4 382.4 382.5 −4

not depart much from the one predicted with the average pe-
riod spacing of 48.0 s, this should be true also for the period
distribution of the � = 2 modes, if the reference period is a true
� = 2 mode. We also point out that the predicted � = 2 mode
with period 1380.6 s is close to the observed one at 1390.8 s,
which should be ∆k = 32. It suggests that the period distribu-
tion for the � = 2 modes does not depart much from the one
predicted with the average period spacing of 27.7 s even up
to ∆k = 32.

Again comparing the observed periods with the predicted
periods, one sees that among the 15 groups of observed periods,
12 fit satisfactorily with � = 2 modes, with less than 1% differ-
ence in period.

From Tables 5-1 and 5-2, one finds that at least 9 modes or
groups of modes have periods within 1% of the period of either
an � = 1 or an � = 2 mode. They very probably result from the
overlap between � = 1 and � = 2 modes.

Comparing the periods detected during the two WET
campaigns, one finds three modes which were seen during
XCOV13 and are not present during XCOV18. Since the ar-
guments used to estimate the periods of the modes are based

on the period spacing deduced from the XCOV18 data alone,
it is worth checking whether and how precisely these addi-
tional modes fit the proposed identification. They are the pe-
riods 1347.9 s (741.86 µHz), 781.0 s (1280 µHz) and 449.8 s
(2223 µHz).

The first one at 1347.9 s (741.86 µHz) fits satisfactory,
within 5 s, the period of the predicted � = 2 mode at 1352.9 s
(∆k = +31 in Table 5-2). But it is also at 10 s of the predicted
mode � = 1 at 1357.8 s (∆k = +17 in Table 5-1).

We already argued that the second one at 781.0 s
(1280 µHz) probably results from the linear combination of the
741.86 µHz mode with the 2023 µHz one. We consequently
would not consider it as an independent mode unless there is
one predicted mode at this period. That is precisely the case
since there is a predicted mode at 781.8 s in the � = 1 series
(Table 5-1). It suggests that this period could correspond to a
real mode and points to the possibility that it is another ex-
ample of a true resonance between the three modes. The third
one has a period of 449.8 s (2223 µHz). The closest predicted
period is a � = 1 mode (Table 5-1) at 445.8 s. So, the three ad-
ditional modes present in XCOV13 and not seen in XCOV18 fit
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satisfactorily with the periods predicted by the period spacing
deduced from XCOV18 data.

5.2.3. Back to the XCOV18 amplitude spectrum

We used the asymptotic period distribution to predict the peri-
ods of the expected � = 1 and � = 2 modes. It is worth reex-
amining the best amplitude spectrum obtained for HL Tau 76,
from the XCOV18 WET campaign, to check whether we could
identify some additional modes not selected by our significance
criterion, but whose periods are close enough to the predicted
ones to suggest that they could be real modes. In that case, they
would not have been selected because their amplitudes were
below, or close to the adopted detection limit during XCOV18.
We also check whether those modes were detected in previous
observations.

Visual inspection of the XCOV18 amplitude spectrum
(Figs. 2 and 3) reveals 2 such peaks. The first one at 1353.7 µHz
(738.7 s) has a low amplitude of ≈2.6 mma. This peak is
quite close to the one found in the early observations of
Warner & Nather (1970, 1972) as reanalysed by Page (1972)
at 1336.0 µHz (748.5 s). We note that there is one � = 2 mode
predicted at 743.5 s (Table 5-2). Taken at face value as the
m = 0 component of a � = 2 quintuplet, and using the rota-
tional splitting of 4.23 µHz for � = 2 modes, that would predict
the m = −2 component at 1336.5 µHz and the m = +2 compo-
nent at 1353.4 µHz. We consider this excellent agreement with
the observed frequencies as strong evidence that the suspected
peak at 1353.7 µHz is real and corresponds to a component of
an � = 2 mode whose other component at 1336.0 µHz hap-
pened to be the largest amplitude mode in the early observa-
tions of HL Tau 76.

The other one is at 2536.06 µHz (394.3 s) and has an ampli-
tude of 2.9 mma. It has not been observed before. The closest
observed frequency is the 2614 µHz (382 s) one of large am-
plitude seen in all the observing seasons. This small amplitude
peak is close to the predicted � = 1 mode at 397.8 s (Table 5-1)
and may possibly be identified with that mode.

In the following, we will keep both the 738.7 s and the
394.3 s periods as real modes according to the above men-
tioned argument. However, we will keep in mind that they are
below the detection limit in XCOV18 by marking them with a
colon (:) in the identification list proposed below (Table 6).

5.2.4. Back to archival data

The same checking operation can be performed with the earlier
data. Looking back in the early observations of HL Tau 76, we
already mentioned that among the dominant periods at 748.5 s,
665 s, 628 s and 494 s (Warner & Nather 1970, 1972; Page
1972; Fitch 1973) only two were seen at a significant level
in the XCOV13 and XCOV18 data, the ones at 665 s and
at 494 s. It is interesting to check whether the two missing
ones can be predicted by the asymptotic extrapolation at their
correct values. We have shown in the previous section that
the mode at 748.5 s, which had the largest amplitude in the

original discovery data, may be associated with the 738.7 s
which is present in the XCOV18 data below detection limit.
They are both probable components of the � = 2 mode pre-
dicted at 743.5 s (∆k = +9 in Table 5-2). For the mode at 628 s,
the closest � = 1 mode would be at 637.8 s (∆k = +2 in Table 5-
1) while the closest � = 2 mode would be at 632.7 s (∆k = +5
in Table 5-2). This suggests that this mode is also better fit as
an � = 2 mode.

In the data obtained in 1989 and 1990, we also find a few
significant peaks in their respective amplitude spectra which
are not seen at significant levels in XCOV13 or in XCOV18. In
the October 1990 data, we find a peak at 738.72 µHz (1353.7 s)
with an amplitude of 7.2 mma. This frequency is quite close
to the 736.67 µHz (1357.5 s) listed in Table 3 after the first
step of the selection process and rejected as insignificant after
the second step. It was anyway considered as a linear com-
bination. However, considering that there is an � = 1 mode
predicted at 1357.8 s (736.5 µHz) and an � = 2 mode pre-
dicted at 1352.9 s it is quite possible that it corresponds to a
real mode rather than to a linear combination. A 764.1 µHz
(1308.7 s) was seen in the December 1989 data with a small
amplitude (3.6 mma). It could be a linear combination between
the 2614.5 µHz and the 1847.7 µHz modes seen in the same
data (they correspond to the 2614.55 µHz and 1848.58 µHz
seen in XCOV18). There is also in this case an � = 1 mode
predicted at 1309.8 s. This frequency could consequently be
a linear combination as well as a real mode. Finally, in the
November 1989 data, we find a peak at 1450.8 µHz (689.3 s)
with an amplitude of 8.2 mma. Examination of Tables 5-1
and 5-2 shows that there is an � = 1 mode predicted at 685.8 s
and an � = 2 mode predicted at 688.1 s. It suggests that
this frequency may be identified with the � = 2 mode. These
three periods present in archival single-site data are included
in Tables 5-1 and 5-2. However, for the final identification we
conservatively exclude the two ambiguous cases which could
be either a real mode or a linear combination but keep the mode
at 689.3 s.

5.2.5. Conclusions

To summarize: from XCOV18, we find 36 independent modes.
This includes the mode at 939 µHz, considered as a mode
in resonance with two other modes, and the two modes
at 1353.7 µHz and 2536.06 µHz because the first one coin-
cides with a period observed in the early data and the sec-
ond one coincides with a mode predicted by the asymptotic
period distribution. XCOV13 provides 11 modes of which 4
are not present in XCOV18. Among these four, we discussed
the case of the two modes at 742 µHz and 1280 µHz which
form a linear combination with a third independent mode
at 2023 µHz. We showed that they probably form a resonance
and are real modes. For this reason we add these four modes
as independent modes from XCOV13. Finally, the archival data
provide 5 modes, among which only 2 are present in XCOV18
and/or XCOV13, which adds another 3 independent modes.
The total number of independent modes found in the cumu-
lative data sets is 43.
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In comparing the periods observed with the ones predicted
by the period spacing and taking into account the rotational
splitting, we make a preliminary identification of the modes.
From Tables 5-1 and 5-2, which list the predicted periods for
� = 1 and � = 2 modes, one sees a number of cases were
the observed periods could be identified as either � = 1 or as
� = 2 modes.

For some of those cases, we offered a tentative identifica-
tion above, which lifts the degeneracy between the � = 1 and
� = 2 identification. On the basis of the period differences be-
tween the observed values and the expected values from the
asymptotic relation and from the rotational splitting, we can
choose one solution rather than another one. The preliminary
identification of the modes observed in HL Tau 76 is listed
in Table 6. We discuss some remaining difficult or ambiguous
cases below.

The five modes between 799.1 s and 792.7 s could cor-
respond to the � = 2 mode predicted at 798.9 s. However,
their frequency separation does not fit the expected rotational
splitting. They all show a small amplitude (≤5.2 mma) during
XCOV18 so that their frequencies may not be very precisely
determined. The closest predicted � = 1 mode is at 781.8 s and
is seen in the XCOV13 data (at 781 s). Could this group of
periods results from the overlap of an � = 1 and an � = 2 mul-
tiplet? Considering the value of the rotational splitting associ-
ated to � = 1 modes, ones does not expect a component of the
� = 1 triplet at a period longer than 784 s, which is the extreme
case if the observed 781.0 s is the prograde (m = +1) com-
ponent of the triplet. The multiplets should not overlap within
the period range covered by this group. Considering the pre-
dicted mode at 798.9 s at face value as an � = 2, m = 0 mode
and applying the rotational splitting for � = 2, one predicts the
periods of the other components of the quintuplet at 804.3 s,
801.6 s, 796.2 s and 793.5 s for m = −2, −1, +1 and +2 re-
spectively. We note that 793.5 s falls between the observed
periods at 792.7 s and 794.1 s and that 798.9 s falls between
the observed periods at 798.3 s and 799.1 s. It suggests that
both double-peaks at 792.7−794.1 s and 798.3−799.1 s could
in fact be single peaks incorrectly resolved by the extraction al-
gorithm because of their low amplitudes and correspond to the
two components m = +2 and 0 of the � = 2 mode of which
the m = +1 component corresponds to the 796.4 s period. The
other two components of the quintuplet are missing. For these
cases, we conservatively list all the periods in Table 6 but iden-
tify the two double-peaks as single modes.

The group of modes 29 to 36, from 1505.5 µHz
to 1516 µHz, forms the next complex region in the FT as shown
in Table 3. As there are exactly 8 peaks in the FT of XCOV18
in this frequency range, it suggests that they could correspond
to the superposition of a complete triplet and a complete quin-
tuplet. However, we remark that Dolez & Kleinman (1997)
found a peak at 1520.96 µHz during XCOV13 while a peak
at 1516.26 µHz (36 in Table 3) was present during XCOV18.
They cannot be the same peak because their frequency dif-
ference, 4.7 µHz, is 7 and 4 times the frequency resolution
of the WET run where they were detected and both are large
amplitude peaks (10.7 mma and 10.3 mma respectively), i.e.
their frequencies are determined with a much better accuracy

Table 6. Proposed Identification of the modes in HL Tau 76.

Periods (s) Period (s) Period (s) �

(XCOV18) (XCOV13) Archives

1390.8 2

1347.9 1353.7 2

1308.7 1

1070.8 2

1067.5 1

1065.0 1065.0 1,2

1061.8 1

1060.2 2

979.2 1,2

976.4 1,2

974.4 1,2

971.6 1,2

933.2 932.5 1

930.6 1

799.1 2

798.3 2

796.4 796.5 2

794.1 2

792.7 2

781.0 1

748.5 2

738.7: 2

689.3 2

664.2 665.0 2

663.6 ?

662.8 ?

662.3 2

661.9 ?

661.4 2

660.1 ?

659.5 2

657.4 2

628.0 2

598.6 1

597.1 597.0 1

596.8 1

542.4 1

541.8 1

540.9 541.0 1

494.2 494.2 494.0 2

493.2 2

449.8 1

394.3: 1

382.5 382.5 2
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than the formal frequency resolution. Such a difference sug-
gests that they could be two consecutive components of an
� = 2 quintuplet. In this case, we get 9 frequencies in this fre-
quency interval that cannot be fit by the overlap of a triplet and
a quintuplet. However, one may question the reality of mode 31
(at 1508.71 µHz) whose amplitude (3.49 mma) is small com-
pared to its close neighbours with 11.90 mma amplitude for
peak 30 at 1.88 µHz and with 10.84 mma amplitude for peak 32
at 1.12 µHz. It is not certain again that our extraction algorithm
can disantangle such a small amplitude peak from such a com-
plex and crowded frequency region. But, even if one rejects the
peak 31 as insignificant, one is left with a difficult identification
problem for the remaining 8 peaks. Four or five of them could
be the components of an � = 2 mode. That could be either the
peaks 30 (1506.83 µHz), 34 (1511.96 µHz), 36 (1516.26 µHz)
and the 1520.96 µHz peak seen in XCOV13, separated by 5.1,
4.3 and 4.7 µHz respectively or the peaks 29 (1505.54 µHz),
32 (1509.83 µHz), 34 (1511.96 µHz), 36 (1516.26 µHz) and
the 1520.96 µHz of XCOV13, separated by 4.3, 2.1, 4.3
and 4.7 µHz respectively. In the last case one would have
a complete quintuplet, rather asymmetrical, with the central
component at 1511.96 µHz which fits almost perfectly the pre-
dicted � = 2 mode at 660.4 s. We give a preliminary identifica-
tion of � = 2 for those five modes in Table 6. However, there
is no � = 1 mode predicted in this period range able to overlap
with the quintuplet. The closest � = 1 modes are at 1458.1 µHz
and 1567.9 µHz far from the frequency range covered by
this group of modes, even if one takes into account the rota-
tional splitting. The assumption of an overlap between � = 1
and � = 2 modes does not work for this group, at least in the
limit of the assumptions made in this paper that the period dis-
tribution follows the asymptotic regime. This tentative identifi-
cation leaves at least 3 modes unexplained which are not small
amplitude peaks (12 mma, 7.6 mma and 7.3 mma). They are
left with a question mark in Table 6. It should be pointed out
that large amplitude variations were observed during XCOV18
in this region (Sect. 4.1). The peaks at 1505.54 µHz (29) and
at 1516.26 µHz (36) showed the largest amplitude variations.
These variations may explain why we find one close com-
panion to each of these large amplitude peaks (30 and 35).
That may be the reason why this frequency domain cannot be
satisfactorily interpreted. The two modes below the detection
limit of XCOV18 added according to the discussion presented
in 5.2.3 are marked with a colon (:).

Kotak et al. (2002b), in their analysis of time-resolved spec-
troscopy of HL Tau 76, suggest that most of the modes for
which they detect a significant peak in the velocity power spec-
trum are � = 1 modes (for the periods 657 s, 597 s, 541 s, 494 s
and 382 s) while the last one at 781 s would be better iden-
tified as an � = 2 mode. Their proposed identification relies
on the value of the parameter Rv, the relative velocity to flux
amplitude ratio, after van Kerkwijk et al. (2000). Their iden-
tifications are consistent with the values of Rv that they find.
Our identifications for the 6 modes we have in common agree
for the two modes at 597 s and 541 s, which we also iden-
tify as � = 1 modes, but disagree for the remaining modes.
The modes at 657.4 s, 494.2 s and 382.5 s, which we rather
identify as � = 2 modes, should have been detected with a

larger relative velocity to flux amplitude ratio than the values
they report. We do not offer presently any explanation for this
disagreement.

Finally, it is worth comparing the periods found in
HL Tau 76 with those of G 29-38 (Kleinman et al. 1998).
There are both some similarities and differences. The periods
observed in G 29-38 covers also a large range from 110 s
to 1240 s, comparable to the range observed in HL Tau 76,
from 380 s to 1390 s, but shifted towards shorter periods. Since
G 29-38 is both hotter and more massive than HL Tau 76
(11 820 K and 0.69 M�, according to Bergeron et al. 2004),
such a global shift to shorter periods is expected. The main dif-
ference is that while all the periods seen in G 29-38 may be
attributed to � = 1 modes, HL Tau 76 exhibits a more complex
mixture of � = 1 and � = 2 modes, with some overlapping
between both as discussed above. Among the modes identi-
fied as � = 1 in HL Tau 76, we find many similarities with
the periods found in G 29-38: for instance the period at 933 s,
781 s, 597 s, 542 s and 394 s in HL Tau 76 are close to the
periods at 915 s, 771 s, 610 s, 552 s and 400 s, respectively,
in G 29-38. But all the other similar periods do not correspond
to similar � values in both stars.

5.3. Rotation rate

From the multiplets identified in HL Tau 76 we can derive
the average rotation period of the star. In averaging the fre-
quency separation of the doublets and the triplets, all consid-
ered as � = 1 modes split by rotation, we have obtained an av-
erage rotational splitting δ f = 2.54 µHz. The average rotation
period derived from the rotational splitting is 2.2 days. This
rotational period for HL Tau 76 is in the range of rotation pe-
riods derived from asteroseismology for other pulsating white
dwarfs. It confirms that low and intermediate mass stars lose
most of their angular momentum during their evolution from
the main sequence to the white dwarfs. There is no significant
signature of a dependence of the rotational splitting on the pe-
riod, which is compatible with a uniform rotation but does not
prove it (Kawaler et al. 1999). However, since there are quite
few rotationally split modes detected in the data analysed here,
we cannot exclude a more complex rotation law.

5.4. Search for weak magnetic field

The fine structure of the Fourier amplitude spectrum re-
veals only three probable complete triplets and no quintuplets.
The triplets are formed by the peaks 41−43−44, 16−17−18
or 17−18−19 and 11−12−14, in the order of increasing period.
These triplets are interpreted as � = 1 modes split by rotation.
Rotation by itself would produce symmetric triplets in the limit
of slow rotation. However none of the observed triplets is sym-
metrical. The asymmetry could result from second order rota-
tion effects or from magnetic field. With an average rotation
period of 2.2 days, we do not expect the second order effects of
rotation to have any detectable consequence on rotational split-
ting. The influence of weak magnetic fields on the g-modes in
white dwarfs has been analysed by Jones et al. (1989). Their
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effect is to shift the frequencies to higher values proportion-
ally to m2B2 and the frequency shifts increase with the order
of the mode, i.e. with the period. This produces an asymme-
try in the triplets, ∆ fm = [( fm=+1 − fm=0) − ( fm=0 − fm=−1)]/2,
the retrograde component m = −1 being closer to the central
component m = 0 than the prograde component m = +1.
The two triplets 41−43−44 and 11−12−14 are very similar
in their asymmetry with fm=0 − fm=−1 = 2.26 µHz in both
cases and fm=+1 − fm=0 = 2.84 µHz and 2.81 µHz respec-
tively. In the case of the third triplet, we discussed the two
plausible solutions where the triplet could be formed by the
peaks 16−17−18 or 17−18−19. If the triplet is formed by the
peak 16−17−18, the observed asymmetry cannot be due to
the effect of magnetic field since fm=0 − fm=−1 = 2.93 µHz
and fm=+1 − fm=0 = 2.04 µHz, i.e. the m = ±1 would be
shifted in the wrong direction. If the triplet is 17−18−19 we
find fm=0 − fm=−1 = 2.04 µHz and fm=+1 − fm=0 = 3.0 µHz.
If we assume that the asymmetry in the triplets is due to a
weak magnetic field, this rules out the solution 16−17−18 for
the third triplet. The asymmetry (∆ fm = 0.29 µHz) observed
in the best identified triplet (41−43−44) centered at the pe-
riod of 541 s could be explained with a weak dipole field
of ≈1−2 × 103 G, from the results of Jones et al. (their Fig. 1).
However, when we consider the other two triplets we do not
find the expected variation of the frequency shift with increas-
ing period: ∆ fm = 0.48 µHz at 974 s for the triplet 17−18−19
but ∆ fm = 0.28 µHz at 1065 s for the triplet 11−12−14. If there
is a hint for the presence of a weak magnetic field in HL Tau 76,
as inferred from the asymmetrical triplets, there is no conclu-
sive evidence. Since there is no complete � = 2 quintuplets, it
is not possible to check the effect of the m2 dependence on the
frequency shift.

5.5. Mass of the H outer layers

The average period spacing for � = 1 modes derived from
the present study is ∆P = 48.0 s. This value translates to
Π0 = 67.9 s. A detailed comparison of the periods of ob-
served � = 1 and � = 2 modes with the periods of modes cal-
culated in a grid of models will be presented in a forthcoming
paper. It should provide the model or series of models best fit-
ting the observed periods. With a total of ≈40 observed modes,
the model should be rather well constrained if the pulsations of
HL Tau 76 are still well described by linear nonradial pulsa-
tion theory. As HL Tau 76 shows this large number of modes
on an extended range of periods, from 382 s to 1390 s, there
are very few modes of consecutive orders for a given degree.
Due to this unfortunate circumstance, one cannot build the
period spacing-Period (∆P-vs.-P) diagram which would have
provided a useful tool to search for evidence of mode trapping.
Considering Table 5-1 for � = 1 modes, one finds only few
modes of consecutive order separated by a number of miss-
ing modes. While the data are compatible with a distribution
of periods covering as much as 23 orders, one finds 14 possi-
bly consecutive order modes. The situation is similar for the
� = 2 modes (Table 5-2) where the entire period range cov-
ers 37 orders but where one finds only 9 possibly consecutive

order modes. Hopefully, future observations may reveal addi-
tional modes which could fill the gaps so that a period spacing-
vs.-period diagram could eventually be built.

In comparing with the published models, those of Brassard
et al. (1992) for instance, one finds a series close enough to
HL Tau 76 with a total mass of 0.6 M�, effective temperature
of ≈12 000 K, and a range in hydrogen mass fraction −14 ≤
log qH ≤ −4 and helium mass fraction −8 ≤ log qHe ≤ −2.
The sensitivity of the period spacing to the various stellar pa-
rameters may be estimated from those results. For HL Tau 76,
the total mass is .55 ± 0.03 M� and Teff = 11 440 ± 350 K
(Bergeron et al. 1995). Within this small range of total mass
and effective temperature, the dominant effect on the period
spacing is due to the hydrogen mass fraction. In comparing
with the various models of this sequence of Brassard’s models
(their Tables 2−5), one finds that HL Tau 76 period distribution
is compatible with their moderately “thick” hydrogen models
with log (qH) ≥ −7.0. A precise constraint on the stellar param-
eters of HL Tau 76 must await a detailed comparison of the pe-
riods calculated for realistic models of HL Tau 76 with the ob-
servations described here. This is out of the scope of the present
paper and will be presented in a forthcoming publication.

6. Summary

We have analysed the light curve of HL Tau 76 obtained during
the WET XCOV18 campaign. We found as many as 78 peaks
in the power spectrum. After eliminating the linear combina-
tions, we are left with 36 significant independent modes. That
is the richest spectrum found in any of the ZZ Ceti white dwarfs
studied so far. The range of periods present in HL Tau 76 is ex-
ceptionally large, from 380 s for the shortest period to 1390 s
for the longest. HL Tau 76 belongs to the group of ZZ Ceti
stars close to the red edge of the instability strip which show
both short and long periods. The presence of short periods in
HL Tau 76, which belong to modes which seem to be still in the
asymptotic regime, suggests that HL Tau 76 must have a mod-
eratly “thick” hydrogen layer. We identified a few multiplets,
doublets and triplets, which we interpret as � = 1 modes split
by rotation. From these multiplets we have derived an average
period spacing of 48.0 s for the � = 1 modes. By assuming
that the modes observed in HL Tau 76 are in the asymptotic
regime, we estimated the expected periods for consecutive or-
der � = 1 modes. The comparison with the observed periods
leads to the identification of other � = 1 modes. Some complex
regions of the power spectrum are interpreted as due to over-
lapping � = 1 and � = 2 modes of close periods. We found
some cases of doubtful identification since overlapping � = 1
and � = 2 modes are not rare. We also identify a number of
� = 2 modes which do not overlap with � = 1 modes.

Having identified � = 1 and � = 2 modes in
the XCOV18 data, we looked back in earlier data, the
WET XCOV13 and earlier archival data, to check that the peri-
ods extracted from those data do fit satisfactorily the � = 1 and
� = 2 identifications proposed here. In doing this, we found 7
more independent modes which fit nicely the expected period
distribution. We propose a preliminary identification for most
of the 43 modes detected in HL Tau 76.
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The rotation period derived from the rotational splitting is
2.2 days. There is no evidence for a dependence of the rota-
tional splitting on the periods, which is compatible with the
assumption that HL Tau 76 is rotating as a solid body at least
in the outer layers.

Assuming the total mass and effective temperature well
determined from spectroscopy, the period spacing may be
used to estimate that the hydrogen mass fraction must be
log (qH) ≥ −7.0. In spite of the large number of modes present
in HL Tau 76, their distribution within an extended range, be-
tween 380 s and 1390 s, does not allow to build a period
spacing-vs.-Period diagram (∆P-vs.-P diagram) because of the
large number of missing modes and the small number of con-
secutive order modes. As a consequence, it is not possible from
the available data to derive information on potential mode trap-
ping which would give another way to estimate the hydrogen
mass fraction.

A detailed comparison between the observed periods deter-
mined in the present work and the periods of realistic models
representative of HL Tau 76 should constrain more precisely
the stellar parameters and the internal structure of HL Tau 76.
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Table 2. Journal of observations: 1999 WET (XCOV18).

Run name Telescope Date Start time Run length (s)

(UT) (UTC)

suh-79 Suhora 0.6 m 30 Oct. 99 20:52:00 15 440

jxj-9935 BAO 0.85 m 1 Nov. 99 13:36:40 28 480

suh-80 Suhora 0.6 m 1 Nov. 99 18:24:20 32 240

tsm-0050 McDonald 2.1 m 2 Nov. 99 04:39:30 21 810

sara-016 KPNO SARA 0.9 m 2 Nov. 99 05:11:08 19 010 CCD

jxj-9937 BAO 0.85 m 2 Nov. 99 13:53:00 28 030

suh-81 Suhora 0.6 m 2 Nov. 99 17:48:30 32 800

teide01 IAC 0.8 m 3 Nov. 99 02:10:30 14920

sara-017 KPNO SARA 0.9 m 3 Nov. 99 04:09:35 6210 CCD

tsm-0052 McDonald 2.1 m 3 Nov. 99 04:40:00 26 760

jxj-9938 BAO 0.85 m 3 Nov. 99 13:41:00 28780

teide02 IAC 0.8 m 3 Nov. 99 23:45:50 23830

sara-018 KPNO SARA 0.9 m 4 Nov. 99 03:51:13 32 700 CCD

jxj-9939 BAO 0.85 m 4 Nov. 99 13:23:20 30 010

suh-82 Suhora 0.6 m 4 Nov. 99 17:21:00 34 900

HL1104OI OHP 1.9 m 4 Nov. 99 21:45:00 24 240

tsm-0054 McDonald 2.1 m 5 Nov. 99 04:21:30 28 110

sara-019 KPNO SARA 0.9 m 5 Nov. 99 05:16:28 28 280 CCD

suh-83 Suhora 0.6 m 5 Nov. 99 17:57:00 31 850

sara-020 KPNO SARA 0.9 m 6 Nov. 99 03:12:32 9910 CCD

tsm-0056 McDonald 2.1 m 6 Nov. 99 04:42:30 26 250

N49-0423 Naini Tal 1.0 m 6 Nov. 99 19:51:30 14 060

HL1106OJ OHP 1.9 m 6 Nov. 99 22:01:00 22 820

tsm-0058 McDonald 2.1 m 7 Nov. 99 04:17:30 28 650

jxj-9940 BAO 0.85 m 7 Nov. 99 13:30:30 30 700

n49-0424 Naini Tal 1.0 m 7 Nov. 99 17:25:00 23 010

hl1107oi OHP 1.9 m 7 Nov. 99 20:09:00 27 040

teide04 IAC 0.8 m 8 Nov. 99 01:30:10 17 750

mdr073 CTIO 1.5 m 8 Nov. 99 04:39:10 14 570

no0899q1 Hawaii UH 0.6 m 8 Nov. 99 08:48:40 24 110

jxj-9941 BAO 0.85 m 8 Nov. 99 13:15:30 30 490

wccd-001 Wise, 1 m 8 Nov. 99 18:30:00 27 580 CCD

HL1108OJ OHP 1.93 m 8 Nov. 99 20:53:00 27 160

teide05 IAC 0.8 m 9 Nov. 99 00:06:30 22 360

sara-021 KPNO SARA 0.9 m 9 Nov. 99 03:38:30 32 200 CCD

mdr076 CTIO 1.5 m 9 Nov. 99 04:37:50 6130
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Table 2. continued.

Run name Telescope Date Start time Run length (s)

(UT) (UTC)

no0999q1 Hawaii 0.6 m 9 Nov. 99 07:54:40 27 440

tsm-0059 McDonald 2.1 m 9 Nov. 99 09:04:00 11 160

wccd-005 Wise 1.0 m 9 Nov. 99 18:57:00 16 990 CCD

HL1109OI OHP 1.93 m 9 Nov. 99 21:11:00 28 230

teide06 IAC 0.8 m 9 Nov. 99 21:26:30 26 500

lo09-1.dat Loiano 1.5 m 9 Nov. 99 22:32:40 20 660

sara-022 KPNO SARA 0.9 m 10 Nov. 99 03:05:29 14 100 CCD

tsm-0061 McDonald 2.1 m 10 Nov. 99 03:25:30 30 600

no1099q1 Hawaii 0.6 m 10 Nov. 99 07:54:00 27 350

N49-0429 Naini Tal 1 m 10 Nov. 99 17:52:30 21 470

wccd-008 Wise 1.0 m 10 Nov. 99 18:49:10 27 970 CCD

HL1110OJ OHP 1.9 m 10 Nov. 99 20:35:00 29 470

teide07 IAC 0.8 m 10 Nov. 99 23:12:30 25 260

tsm-0063 McDonald 2.1 m 11 Nov. 99 03:20:00 32 400

no1199q3 Hawaii 0.6 m 11 Nov. 99 11:26:40 14 690

jxj-9942 BAO 0.85 m 11 Nov. 99 17:23:20 2140

wccd-013 Wise 1.0 m 11 Nov. 99 18:54:20 28 500 CCD

teide08 IAC 0.8 m 11 Nov. 99 21:12:30 29 850

tsm-0066 McDonald 2.1 m 12 Nov. 99 03:25:30 20 200

no1299q1 Hawaii 0.6 m 12 Nov. 99 07:20:10 28 140

jxj-9943 BAO 0.85 m 12 Nov. 99 13:12:20 11 920

suh-84 Suhora 0.6 m 12 Nov. 99 17:08:10 40 000

mdr085 CTIO 1.5 m 13 Nov. 99 04:29:20 13 850

no1399q1 Hawaii 0.6 m 13 Nov. 99 07:09:30 24 390

tsm-0067 McDonald 2.1 m 13 Nov. 99 07:29:30 16 830

suh-86 Suhora 0.6 m 13 Nov. 99 17:04:10 19 720

tsm-0069 McDonald 2.1 m 14 Nov. 99 03:13:30 31 100

no1499q2 Hawaii 0.6 m 14 Nov. 99 11:31:10 14 450

edrim01 Moletai 1.65 m 14 Nov. 99 19:18:20 4450

edrim02 Moletai 1.65 m 15 Nov. 99 01:23:20 3510

tsm-0070 McDonald 2.1 m 15 Nov. 99 02:53:00 32 820

no1599q3 Hawaii 0.6 m 15 Nov. 99 11:44:50 13 340

suh-87 Suhora 0.6 m 15 Nov. 99 21:00:10 27 230

tsm-0072 McDonald 2.1 m 16 Nov. 99 03:43:00 29 910

no1699q2 Hawaii 0.6 m 16 Nov. 99 11:20:00 14 700

suh-88 Suhora 0.6 m 16 Nov. 99 16:40:00 17 620

no1799q1 Hawaii 0.6 m 17 Nov. 99 09:43:00 19 810



6.4.2 The unusual pulsation spectrum of the cool ZZ Ceti
star HS 0507+0434B

Original paper:

G. Handler, E. Romero-Colmenero, M. H. Montgomery, 2002, MNRAS 335, 399
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6.5 A search for pulsations among low-mass DAO

white dwarfs

Original paper:

G. Handler, 1998, A&A 339, 170
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Abstract. We performed a search for periodic light variations
among low-mass DAO white dwarfs. These objects have theo-
retically been predicted to exhibit low-order g-mode pulsations
due to a potentε mechanism in hydrogen-burning shells accord-
ing to model calculations of Charpinet et al. (1997).

No pulsations were detected in any of our nine candidate
stars. This can be attributed to the very narrow instability strip
predicted or to the fact that pulsationally unstable modes are not
necessarily excited, a common phenomenon among pulsating
stars. It may also be the case that hydrogen-burning shells in the
stars are too small to drive pulsations or not present.

Key words: white dwarfs – stars: oscillations

1. Introduction

Pulsational driving via nuclear burning (theε-mechanism) has
been suspected to be present in a number of different classes
of star. Some examples are Wolf-Rayet stars (Maeder 1985),
where the driving region is located in the stellar core, or hot
central stars of Planetary Nebulae and hot white dwarfs with
hydrogen surface layers (Kawaler et al. 1986, Kawaler 1988),
whose pulsations are to be powered by nuclear-burning shell
sources.

For the latter objects Kawaler (1988) theoretically predicted
pulsationally unstable nonradial g-modes under the condition
that the stars still contain an active hydrogen-burning shell. Hine
(1988) carried out an extensive optical search for such pulsators
and did not find any. Kawaler (1988) suggested that this may be
due to a fundamental problem in the standard hydrogen-burning
models of central stars of Planetary Nebulae. In any case, no
class of star whose pulsations are driven by theε mechanism
has been observationally detected yet.

Recently, Charpinet et al. (1997) discovered a potentε mech-
anism operating in their models of post-extreme horizontal
branch stars with active hydrogen-burning shells. They pre-
dicted luminosity variations with periods in the range 40–125 s

Send offprint requests to: gerald@dsn.astro.univie.ac.at
? Visiting Astronomer, The University of Texas and McDonald Ob-

servatory

in low-mass DAO white dwarfs, suggested to search for such
pulsations in these objects and particularly recommended six
objects which seem to be the most promising candidates.

In an effort to discover pulsations in low-mass DAO white
dwarfs, we photometrically observed five of the stars recom-
mended by Charpinet et al. (1997) plus four further DAO white
dwarfs (partly of presently unknown mass). The results of this
survey are reported below.

2. Observations, reductions and analysis

Time-series photometric measurements of our targets were ac-
quired during two observing runs at McDonald Observatory,
Fort Davis, Texas. Both the 2.1m and 0.9m telescopes were used
together with a standard two-channel photoelectric photometer.
Continuous integrations on the target star and a comparison star
in the field were obtained, only interrupted by sky measure-
ments. No filter was used to maximize the number of photons
counted.

Reductions were started with sky subtraction using a piece-
wise linear or spline fit to our background measurements. Then
the data were corrected for extinction. The mean magnitude of
each run was set to zero. Remaining long-period variations in
the data were removed by low-order polynomial fits, since we
were only interested in variations occurring on time scales of
10 minutes and less. Finally, the HJD of each observation was
calculated.

These reduced data were subjected to frequency analysis
using a modified version of the program PERIOD (Breger 1990).
Amplitude spectra of each run were calculated out to the Nyquist
frequency of the respective data set, and are shown in Fig. 1
together with some further information.

3. Interpretation of results

We did not detect any coherent periodic variations in the light
curves of any of our targets. The detection levels we achieved
are generally between 0.7 and 1.5 mmag for each star except for
PG 0134+181, where it is about 5 mmag. This star should be re-
observed, but its faintness (V =16.12 mag) requires a long run on
a fairly large telescope. Ton 353 is the only object suggested to
be observed (Charpinet et al. 1997), where we could not acquire
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Fig. 1. Amplitude spectra for all our runs in chronological order. They are calculated out to the corresponding Nyquist frequency. The latter is
usually 50 mHz, except for the October 3, 1997 observations of PG 0834+501, where it is 100 mHz. Informations about the targets, the telescope,
the number of k-second integrations (nk) on the stars themselves and about the run lengths (T ) are also given.
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any data. This faint, southern object should be examined for light
variations as well.

The only star where one could suspect periodic light varia-
tions in the frequency region of interest is PG 0834+501, whose
amplitude spectrum of the first run showed some higher peaks.
There are also higher peaks in the amplitude spectrum of the
second run, but at different frequencies. A combined analysis
of both runs (which were taken in consecutive nights) does not
show any significant peak. The third run taken on the 2.1m tele-
scope confirms this conclusion.

We can think of three possible explanations of this absence
of observed pulsations. First, the instability strip determined
by Charpinet et al. (1997) is very narrow. It may simply be
the case that all our target stars do not fall into the predicted
instability region and hence cannot pulsate. Second, it is a well-
known fact that not all stars inside a given instability strip are
necessarily pulsators; only a small number of promising objects
was available. Mode-selection mechanisms may be at work or
our noise levels were too high that we would be able to detect
the light variations.

Third, and astrophysically most interesting, it is possible
that the evolutionary history of the models used by Charpinet et
al. (1997) is different from that of the real stars. The hydrogen
layer masses of the progenitors may be too small for a driving
region being efficient enough to generate pulsational instabili-
ties. Furthermore, no model is perfect. As an example, stellar
winds which may be present in the stars might be sufficient to
remove enough hydrogen that a driving region cannot develop.

To conclude, still no class of pulsating star definitely being
driven by anε mechanism is known. Pulsating low-mass DAO
white dwarfs may exist, but the number of promising objects is
still small. Spectroscopic observations will reveal further can-
didates to be examined for pulsational light variations. This will
both increase the chances to find pulsators and contribute to a
better understanding of this phase of stellar evolution, even if
no variables are found.
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